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Abstract.  Using the recently completed Giant Meterwave Radio
Telescope, we have detected the HI 21 cm-line absorption from the
peculiar galaxy C153 in the galaxy cluster Abell 2125. The HI absorp-
tion is at a redshift of 0.2533, with a peak optical depth of 0.36. The
full width at half minimum of the absorption line is 100 km s~!. The
estimated column density of atomic Hydrogen is 0.7x 10%2(T,/100)
cm~2, The HI absorption is redshifted by ~ 400 km s~ compared to
the [OIl] emission line from this system. We attribute this to an in-
falling cold gas, or to an out-flowing ionised gas, or to a combination
of both as a consequence of tidal interactions of C153 with either a
cluster galaxy or the cluster potential.

Key words: Galaxies: active — galaxies: clusters: individual (A2125)
— galaxies: star-burst — radio lines: galaxies.

1. Introduction

Abell 2125 is a rich cluster of galaxies (Abell Class 4) at a redshift of 0.246. Re-
cently detailed optical and radio studies of this cluster were published (Dwarakanath
& Owen 1999, Owen ef al 1999). These studies have detected 27 radio galaxies in
this cluster above a 20 cm luminosity limit of 14 x 102 WHz ! (H, =75 km s~}
Mpc~1, q, = 0.1). Tn projection, thése radio galaxies extend over ~ 5 Mpc along a
band running from the northeast to the southwest of the cluster center. About half
of these galaxies show signs of star formation, with the largest concentration of
them in the southwest clump ~ 2 Mpc in projection from the cluster center. There
is a bimodal distribution of the 27 cluster members in radio luminosity, with the
majority below a spectral luminosity at 20 cm of 102 W Hz~!. Star formation is
primarily responsible for the radio emission of these galaxies. Rest of the members
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with a spectral luminosity above this value owe most of their radio emission to an
AGN activity in them.

In Fig. 1 aradio image of the central region of the cluster is reproduced from
Dwarakanath & Owen (1999). All the sources in this figure are cluster members.
The brightest source in this figure (C153) has a peak flux density of 23.2 mJy/beam
and is within 30" (~ 100 kpc) in projection from the cluster core. This is the second
brightest radio source in the cluster with a 20 cm spectral luminosity of 3.3 x 10%
W Hz~'. Most of this radio emission arises in the core of this galaxy. The core
is essentially unresolved at a resolution of ~ 1.8". However, faint extended radio
emission can be seen towards northwest and southeast directions. This galaxy has
a ratio of [NII] to H,, consistent with an AGN (Owen ef al. 1999). But, the value
of the continuum break around 4000 A(D(4000)), and the value of B-R (color) are
very small and consistent with star formation as well as AGN activity. The star
formation rates implied by the H, and O[II] lines are consistent with each other
but are 2 factor of 50 too small to account for the observed radio emission (Owen
et al. 1999). This discrepancy can arise either because the star formation rates are
under-estimated due to dust in C153, or most of the radio emission from C153 is
due to an AGN activity. In comparison with the blue luminosities and colors of
other cluster members where the star formation rates estimated by the optical lines
and the radio continuum agree, it is apparent that dust obscuration is unlikely to be
significant in C153. Most of the radio emission from C153 must therefore be due
to an AGN activity at its center,

Since there is star formation and AGN activity in C153, we might expect to de-
tect some of the cold gas feeding the AGN. Such a cold gas could be in a torus close
to the nucleus. Alternatively, we might expect to detect the HI in the inferstellar
medium of the host galaxy. Such a system with muitiple HI absorption componenis
was indeed detected in Hydra A (Dwarakanath, Owen & van Gorkom 1995). In-
fall velocities of HI absorption components up to 400 km s—! have been detected
in radio elliptical galaxies (van Gorkom ef al. 1989, van der Hulst ef al. 1983,
Shostak et al. 1983). This in-falling HI gas has been attributed to cold gas loosing
its angular momentum due to frictional drag on it by the pressure supported hot gas
in the ellipticals. Interactions and mergers are quite commeon in cluster galaxies
(Lavery & Henry 1994, Dressler et al. 1994, Couch ef al. 1994, Wirth, Xoo & Kron
1994). Such interactions can lead to disturbed morphologies and chaotic velocity
fields of the interacting galaxies, In-flow and/or out-flow of ionised and/or atomic
gas is expected from such galaxies, It is interesting to explore if C153 displays any
such phenomena.

2. GMRT Observations

The Giant Meterwave Radio Telescope (GMRT) located at Khodad near Pune in
India, is an aperture synthesis instrument consisting of 30 fully steerable parabolic
dishes of 45 m diameter. Six antennas are distributed along each of the three arms
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Figure 1. Radio image of the center of Abell 2125. This is a 20 cm image made with
the VLA in its A configuration with a resolution ~ 1.8". The crosses mark the positions
of optical identifications. The brightest source in this figure (C153) has a peak continuum
surface brightness of 23.2 mly/beam and is within ~ 100 kpc (in projection) from the
cluster core. This source shows signs of star formation although it is an. AGN. The rms in
this image is ~ 30 yJy/beam, The contours are in steps of 60 pJy/beam from —120 to 300
wJy/beam (excluding 0), in steps of 0.6 mJy/beam from 0.6 to 3 mJy/beam, in steps of 1.5
mJy/beam from 4.5 to 15 mJy/beam, and in steps of 3 mJy/beam from 18 to 30 mJy/beam.
The synthesised beam is at the botiom left corner.

of arough Y ahd the remaining 12 antennas are more or less randomly placed in
a compact cluster near the center of the Y. The center of the Y, called the “Central
Square” has a minimum baseline of ~ 100 m and a maximum baseline of ~ 1
km. The maximum baseline of the GMRT array is ~ 25 km (Swarup et al. 1991).
Currently the antennas have dual polarised feeds at 5 frequencies viz., 150, 230,
327, 610, and 1420 MHz. The 1420 MHz feed is a broad-band corrugated horn
covering the frequency range of 900-1450 MHz continuously. The full width at
half maximum of the primary beams of the GMRT dishes at 20 cm is ~ 25'.
For the current observations the antennas were pointed at (J2000) = 15*41™09°

and §(J2000) = 66°15’44" . The backend used was a 30 station FX correlator which
produces 128 spectral channels across the chosen baseband bandwidth. Any band-
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width which is 27 x 62.5 KHz with n taking integer values between O and 8 can be
chosen. In the present observations, a bandwidth of 8 MHz centered at 1134 MHz
was used. This 8 MHz band covered a velocity range of ~ 2000 km s~! at the
redshift of 0.2526 of C153. The corresponding velocity resolution is ~ 15.7 km
s~1, Although most of the 30 antennas were included in the observations, the total
number of antennas that were used in the final analysis was 14 with a maximum
baseline of ~ 2.5 km. The integration time on the source was ~ 4 Hr. Gain and
bandpass calibrations were carried out by observing the VLA calibrator 1634+627
once an hour. The absolute flux densities were estimated by observing 1331+305
(3C 286). '

The raw data from the telescope was converted to FITS format and analysed
using the Astronomical Image Processing System (AIPS — developed by the Na-
tional Radio Astronomy Observatory). The channels from the flat portion of the
spectrum and which were free from line absorption were used to estimate the con-
tinuum visibilities. Spectral-line visibilities in each of the spectral channels were
obtained by subtracting the estimated continuum contribution from the observed
visibilities. A continuum image and a spectral cube were made using AIPS. The
synthesised beam was 36" x 22" at a position angle of —22°. The r.m.s. value in the
spectral cube was 1.5 mJy/beam/channel, close to the expected value. The spectral
cube was featureless except for the absorption line in the galaxy C153. The spec-
tral cube was Hanning smoothed with a resulting r.m.s. of 0.9 mJy/beam/channel.
The spectrum towards C153 from this cube is displayed in Fig. 2. The velocity
resolution in this spectrum is ~ 32 km s~1.

The HI absorption line is at a redshift of 0.2533, or, at a systemic velocity of
66550 km s~!. The best-fit Gaussian gives a full width at half minimum of 100 km
s~1. The peak optical depth is 0.36 and the corresponding HI column density is 0.7
x 10%2(T,/100) cm~2. The corresponding HI mass in a sphere of radius 1 kpc is
~108Mg.

3. Discussion

The most interesting aspect of the HY absorption in C153 is that it is redshifted by
~ 400 km s~ w.r.t. the velocity of the [OIIl] emission line, but is within ~60 km
s~ of the H,, and [OII] emission lines (Owen, under preparation). The errors in the
redshift estimates based on the optical lines are expected to be ~60 km s~ making
the velocity difference between the HI absotption line and the [OIII] emission line
significant. The [OIf] and the [OIII] line emission appear to come from a more
extended, disturbed region than the HI absorption and the He emission lines. There
can be different scenarios accounting for the observed differences in the velocities
and in the spatial extents of different lines. There can be an outflow of [OIII]
emitting gas while the HI absorption, the He, and the [OII] lines are at rest w.r.t.
the galaxy, or there can be an in-fall of the gas seen in HI absorption, He, and
[OI] lines while the [OIII] emitting gas is at rest, or there can be a combination of
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Figure 2. The HI 21 cm-line absorption in €153 obtained using the GMRT. The zero
on the y-axis corresponds to the peak continuum surface brightness of C153 of 24.1+1.5
mJy/beam and is in excellent agreement with 23.2+0.075 mJy/beam estimated from ear-
lier VLA observations (Dwarakanath & Owen 1999). The spectrum was obtained at
2(J2000) = 15%41™09.83°, and §(J2000) = 66°15 44.1" . The original spectrum was Han-
ning smoothed and alternate channels plotted to obtain the spectrum shown here with a
velocity resolution of ~ 32 km s~1. The peak absorption has an optical depth of 0.36
and corresponds to a redshift of 0.2533. The [OIII] emission line from this system is biue
shifted w.r.t. the HI absorption line by ~ 400 km s,

these two situations. Any model that attempts to explain the current observations
should also account for the width, and the HI column density of the absorption
line. We consider the following physical models and discuss their plausibilities
in the context of the current observations : (a) a gas torus close to the AGN, (b)
the interstellar medium of the host galaxy, (c) an interacting, intervening cluster
galaxy, and (d) tidal interactions with the cluster potential.
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If the HI absorption is due to a gas torus surrounding the AGN, both the width,
and the column density of the HI line can be explained. A rotating gas torus of
dimensions comparable to the linear size of the central radio contimuum source
can easily account for the observed width of the HI absorption line. While the
linear size of the radio continuum source is unknown, it is expected to be less
than 1 kpc based on the earlier observations with the VLA (Dwarakanath & Owen
1999). For e.g., a gas torus of HI density ~ 20 ¢cm ™2, and of extent ~ 100 pc
with a circular velocity ~ 250 km s~! surrounding a radio continnum source of
comparable extent can account for the observed width and column density of the
HI absorption line. The HI absorption will be essentially at rest w.r.t. the AGN
since there is no systematic motion involved other than the circular motion of the
torus. The He emission could come from ionised part of the torus. However, the
spatially extended [OII] and [OIII] emission must have a different origin. Thus, a
gas torus has a limited scope in explaining the current observations.

If the HI absorption is due to the interstellar medium of the host galaxy, then,
for an assumed spin temperature of 100 K, the total column density of HI in the
line is comparable to the integrated HI column density along the line of sight at
low galactic latitudes (|b| < 5°} in the Galaxy (Dickey & Lockman 1990). This
similarity in the column densities indicates that the HI absorption in C153 could
also be due to the line of sight gas in its galaxy. However, the observed HI column
density requires a near edge-on alignment of the disk of the galaxy to our line of
sight which has a rather small probability. In addition, since the circular motion
of the disk-gas is not expected to have any significant component of velocity along
the line of sight, the HI absorption is expected at a velocity not too far from the
systemic velocity. It is possible to account for some inward velocities by gravi-
tational in-fall of the cold HI gas due to loss of angular momentum. This loss of
angular momentum is due to the frictional drag on the cold gas by the surrounding
hot gas (Gunn 1979). This model has been adapted by van Gorkom et al.(1989)
to account for the HI in-fall velocities observed in radio ellipticals. In their adap-
tation of this model, they assume spherical cold clouds moving in circular orbits
through pressure supported hot gas. These clouds experience a frictional drag and
acquire radial in-fall velocities. Geometrical consistency demands that the radial
velocity be not more than 1/(27) times the circular velocity, While smal! HI in-
fall velocities ~ 50 km s~ observed in some radio ellipticals can be explained by
this model, larger HI in-fall velocities observed by them in these ellipticals must
have a different origin. Note that there is one example (viz., NGC 315) of an HI
absorption redshifted by ~ 400 km s~* w.r.t. the systemic velocity (Shostak et al
1983). In this case, the column density is 4.6x10%% cm™? and the line width is
< 5 km s~1. These values are typical of interstellar clouds in the Galaxy. In the
case of NGC315 one is witnessing a single cloud along the line of sight which is
presumably in a state of free-fall to its center. However, in the present case, the
HI column density is 15 times larger, and the line is 20 times wider. This cold gas
presumably has a different origin. Even if we assume that the HI absorption is at
rest w.r.t. the galaxy (C153), thus alleviating the difficnlties in accounting for its
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large in-fall velocities, the requirement of near edge-on alignment of the galaxy to
our line of sight to account for the observed HI column density makes this model
less probable.

Absorption due to an intervening cluster galaxy alleviates the difficulties en-
countered in the two scenarios mentioned earlier, Galaxies in clusters are known
to undergo interactions, and mergers. If a dwarf galaxy of HI mass ~ 10® Mg, and
of size a few kpc is interacting, and falling into C153, it can explain the current
observations. The in-fail velocity of the dwart will be at least as much as the es-
cape velocity from C153. The escape velocities from galaxies can be greater, or, of
~400 km s~. Such an in-falling dwarf can easily explain the observed redshift of
the HI absorption line, if we attribute the observed velocity difference between the
HI absorption and [OIII] emission to an in-falling cold HI gas. The width of the HI
absorption line simply results from the rotation of the dwarf. Given a sufficient size
for this dwarf of a few kpc, its alignment with the AGN need not be as critical as in
the earlier scenario (case (b)) to give rise to the HI absorption. A consequence of
such an interaction is a disturbed morphology of the galaxies. Indeed, C153 shows
a disturbed morphology as seen in the HST images. In addition, such an interac-
tion can pull off gas from the outer regions of galaxies due to tidal interactions, and
causge an outflow of gas. This can also account for the observed difference in the
velocities of HI absorption and [OIII] emission lines. However, there is one draw-
back in this picture. The galaxy C153 is within ~ 100 kpc in projection from the
cluster core. If C153 is indeed close to the cluster core, i.e., no projection effects,
then a dwarf galaxy in-fall into C153 is less likely in the core of a high velocity
dispersion (~900 km s~1) cluster like Abell 2125. This drawback is less serious if
C153 were to be in the outer regions of the cluster.

If C153 is not in the outskirts of the cluster but is indeed close to the core
then we can advance the following alternative scenario. The observed galaxy den-
sity distribution in Abell 2125 and its X-ray intensity distribution obtained from
ROSAT PSPC observations are very similar (Owen et al. 1999). The galaxy C153
is within ~ 100 kpc from the peaks of these two distributions. Since C153 has a ve-
locity ~ 1500 km s—! w.r.t. the cluster mean and is in the dense core of the cluster,
both tidal stripping and ram-pressure stripping are expected to be very effective.
Recent simulations show that stripped gas quite often falls back onto the galaxy
(Barnes & Hernquist 1998, and references therein). In such a situation, redshifted
HI absorption from the in-falling cold gas is expected. Alternatively, the stripping
can lead to an outflow of gas which is seen in the linés of {OII] emission. Thus,
this model can account for both in-falling cold gas and out-flowing ionised gas.
A consequence of tidal stripping and ram-pressure stripping is a disturbed mor-
phology of C153 which is seen in its HST images. Foture VLBA images in radio
continuum and in the 21 em-line of HI as well as imaging in the optical emission
fines could throw more light on the nature of this source.
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Abstract. The black hole candidate Cyg X-1 was observed in ultra
low state on March 30, 1997 using Large Area Scintillation counter
Experiment (LASE) in the hard X-ray energy region of 20-180 keV.
During the 30 minute exposure a combined signal of 68 sigma was
obtained, however, the measured flux at 50 keV was lower by a fac-
tor of 2 than the minimum flux reported so far. Using the recent or-
bital ephemeris of the source, our snap-shot observations were made
at ¢5.5 = 0.915, which corresponds to the binary minimum revealed
by the ASM light curves. The daily average data from the BATSE
detectors give the source intensity level to be higher by a factor of 5.
Very low flux values measured in the present experiment suggest that
the hard X-ray source may have been partially occulted by the primary
companion during its transit near the X-ray minimum.

Key words:  Accretion, accretion disks — X-rays: stars — black hole
candidate: individual- Cyg X-1.

1. Imtroduction

Cyg X-1 is the brightest X-ray binary source in the hard X-ray and soft gamma ray
energy region to date, and is the best candidate for stellar mass black holes. In spite
of extensive studies during the last 35 years, the X-ray source still remains enig-
matic. Apart from the 5.6% binary orbital period (Dolan et al. 1979), the source also
exhibits a 294¢ periodicity (Manchanda 1983, Priedhorsky ef al. 1983, Kemp et al.
1983, Kemp ef al. 1987). Intensity variability down to millisec time scales, and
chaotic rapid variations have been observed from the source. Spectral variability in
hard X-rays on time scales of minutes has been reported in the literature (Tanaka
& Lewin 1995 and references therein).

The source shows two distinct spectral states, ‘X-ray low’ and ‘X-ray high’,
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depending on the low energy flux below 10 keV and the power law index changes
from 1.5 to ~ 3 — 4 between the two states. During its low state, the X-ray spec-
trum is dominated by photons up to several hundred keV. However, the HEAQ-C
observations during September 1979 to July 1980 revealed the presence of a ‘super-
low’ state in which both the soft X-ray and hard X-ray flux dropped simultaneously
(Ling et al. 1983). Three distinct intensity levels namely ‘X-ray low’ (v), ‘X-ray
high’ (ys) and ‘X-ray very high’ (v3), have been suggested on the basis of the
power density spectrum analysis (PDS) of the source intensity and the strength of
the quasi-periodic oscillations (Tanaka 1989; van der Klis 1995). Cyg X-1 went
through an extended low luminosity level (yg) in 1994 during which the 45-140
keV flux decreased to almost 25% of the normal X-ray high state value (Ling et
al. 1997). Discrete intensity states for source is a simplified description for deriv-
ing the model parameters, the BATSE light curve of the daily averaged intensity
suggests a continuous luminosity variation of the source.

The binary period of 5.6% for the source has been established from the optical
observations and the X-ray sinusoidal binary light curve has been recently observed
from the RXTE data (Pooley et al. 1999). No clear dip due to the eclipsing by the
primary companion has been seen either in the optical data or the soft X-ray light
curve. Cygnus X-1 is also one of the most variable high energy source, and no
systematic spectral studies at high energies with its binary phase have been made
so far. The model fitting for the broad band X-ray spectrum of the source itself has
been a matter of great debate. While the low energy components are modeled with
galactic absorption for a black body input spectrum with a K, fluorescence emis-
sion line due to Iron at 6.7 keV, high energy continuam has been fitted both with
Comptonized power law, addition of a reflection component and two component
Comptonized spectra (Chitnis ef al. 1998).

The snap-shot X-ray spectrum obtained during the present experiment is much
steeper than the canonical power index o ~2, suggestive of the ‘mid’ or ‘low’
state. The total luminosity of the source was also found to be lower by a factor of
about 2 compared to the measurements even during the super low state. Since the
present observations correspond to the minimum in binary light curve as seen in
the ASM phase data, and the daily averaged intensity of the source in the 45-150
keV energy band on the day of our observation was by a factor of 5 higher (BATSE
archival data), the present observations suggest a partial eclipsing of the hard X-ray
emission region of the source near the minimum phase. The source spectrum has
a peculiar knee-shaped profile and we discuss the physical conditions, which can
Jead to this behaviour.

2. Experimental details

The observations were made with a Large Area Scintillation counter Experiment
{LASE) which is designed to study fast variations in the flux of X-ray sources in the
hard X-ray energy region up to 200 keV. The payload consists of three large area
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X-ray detector modules mounted on a servo-controlled platform. The detectors are
a specially designed combination of thin and thick large area Nal(T1} scintillation
counters configured in back-to-back geometry. Each of the detector modules has a
geometrical area of 400 cm? and the thickness of the prime detector is 3mm. The
active anti-coincidence shield is provided by a 30 mm thick crystal. The field of
view of each module is 4.5° x 4.5° and is defined by demountable mechanical slat
collimator specially designed with a sandwiched material of lead, tin and copper.
Each module along with the collimator is further encased with a passive shield.
Each detector is designed as a stand-alone unit with independent on-board subsys-
tems for HV power and data processing. LASE payload is fully automatic with an
on-board star tracker and requires no ground control during the flight. The detec-
tor modules have 100% detection efficiency in the operative energy region and the
back-to-back configuration gives 80% reduction in the detector background. The
details of the detector design, associated electronics, control sub-systems and the
in-flight behaviour of the instrument are presented elsewhere (ID’Silva et al. 1998).
The response matrix of each detector was constructed from the pre flight calibra-
tion of the detectors at different X-ray line energies using a variety of radioactive
sources Am?4! (24.7 keV and 59.6 keV), Ba!®3 ( 32.4 keV and 81 keV), C410?
(22.1 keV and 97.5 keV). To calibrate the high energy end of chosen energy range,
we used highly accurate ‘divide by two’ attenuators in the detector outputs and ob-
served the 300 keV and 357 keV lines from Ba!33. In addition, an Am?%! source is
mounted on the payload for periodic calibration of the payload by command dur-
ing the flight. Accepted events from various detectors are pulse height analyzed
and time tagged with 25 usec resolution and are transmitted to the ground on a 40
kbit PCM/FM link. The 3o sensitivity of the LLASE telescope in the entire energy
range up to 180 keV is ~ 1.5 x 10~ 8cm~2s~1keV ! for a source observation of
10¢ sec.

The balloon flight was launched on 30 March 1997 from Hyderabad, India (cut-
off rigidity 16.8 GV) and reached a ceiling altitude of 3.3 mbs. A number of X-ray
sources Her X-1, GR 1744-28, GS 1843+00, GRS 1905+105, Cyg X-1 and Cyg
X-3 were observed during the experiment. Cyg X-1 was in the field of view of
the two detectors for a total period of 30 minutes during 0530 to 0600 UT. The
background was derived from two observations of a blank field before and after
the source pointing. The present observation of the source corresponds to MJD
50536.07.

3. Resulis and Discussion

The counting rate profile from the two detectors during the source observation is
shown in Fig. 1. The data are plotted as the total counts in the entire energy band
versus bin number (~ 30sec) for each detector. The top panel gives the azimuthal
information about the source acquisition and the tracking during the observation.
The source observation interval is marked by the arrows. It is clearly seen from
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Figure 1. The counting rate profile of the two detectors during the observation of Cyg X-1.
The top panel gives the target tracking and is marked by arrows. The bin size is ~ 30 sec.
Y-axis gives the integral counts for the detectors and azimuth shaft-encoder value for the
upper panel.

the figure that the observed counting rate registered a significant increase as soon
as the detectors acquired the target and an excess of ~ 6 ct. s~ was recorded due
to the source. A total excess of 11070 and 12750 counts was obtained in each of
the two detectors and corresponds to a combined statistical significance of 68¢ in
the 20-180keV energy band. The source contribution was divided in 16 energy
bins and corrected for the atmospheric absorption of 3.3 mbs corresponding to the
float altitude, window transmission, detection efficiency and the energy resolution
of each detector. An additional correction of 10% due to the systematic effects was
applied to data below 26 keV.

The combined deconvolved hard X-ray spectrum of the source is shown in Fig.
2. The observed spectra of the source obtained during ‘X-ray low/hard’ (), ‘X-ray
high/soft’ («v2) and super low state (7yp) are also plotted in the figure for comparison.
The high state spectrum is taken from the HEXTE data on board RXTE satellite
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Figuore 2. Hard X-ray spectrum of Cyg X-1. “X-ray high/soft’, “X-ray low/hard’ and super
low state spectra are shown for comparison. Solid line represents a two temperature thermal
fit.

(Cui et al. 1998). The low state spectrum (Ubertini ez al. 1991, Ling et al. 1997)
and super low state data corresponds to Ling et a/.(1997) and Phlips et al. (1996).
It is seen from the figure that the present data show a peculiar knee-shaped spectral
profile and is quite different from the observations made so far, It is interesting
to note that the low energy point compares well with the other data while the data
above 30 keV are a factor of ~5-7 lower than the high state spectrum and a factor
of 2 lower than the super low state. In order to further establish that the observed
features in the spectrum of Cyg X-1 are genuine and that there was no other un-
known systematic effect, we have plotted the observed spectrum of Cyg X-3 in Fig.
3, which was tracked after Cyg X-1. The data of Rao ef al. (1991) obtained using
a xenon filled proportional counter telescope are also shown for comparison. It is
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Figure 3. Hard X-ray spectra of Cyg X-3. The data of Rao et al. (1991} are shown for
comparison (A). The dotted line gives the best fit spectrum (11.3 E~2-%) by the authors.

clear from Fig. 3 that both data agree completely both in magnitude and in the
spectral shape. This comparison clearly supports the reliability of data presented in
Fig. 2.

It is seen from Fig. 2, that the entire data can not be fitted to a simple math-
ematical function either with a single power law of the form %% = K E~% ph.
cm~2 571 keV— or a thermal spectrum of the type 4.e~Z/*T. However above 40
keV the data can be reasonably represented by either of the two forms. The best fit
model parameters for a ‘forced fit’ with single power law are K = 1.8 £0.2x 1071
and o = 1.95 £ 0.2 for x? ~ 2.3 per degree of freedom thereby suggesting a corm-
posite fit. The spectral index of 1.95 % 0.2 compares well with that of “X-ray low’
state value of ~ 2.1 (Ubertini et. al. 1991, Ling et al. (1997) and is not surprising
as the source was observed to be in the X-ray low/hard state since October 1996
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(RXTE archival data). Similarly, a simple exponential function with a kT~35 keV
can be fitted to the data above 40 keV with a poor x? value and the temperature
compares well with the value of kT=362-6 keV reported by Ubertini ez al. {(1991).
No acceptable fit to the entire data was found even for a composite two component
spectrum. A combined mathematical function with two temperatures fitted to the
data is shown in Fig. 2 for illustration. The composite fit parameter values are
Aq ~ 12kT~3.54 keV, Ag ~ 7.3 x 10~2 and kT value of 52 keV for a x? value of
4.7. Similarly the best attempt with two component power law fit to the data cor-
responded to spectral indices of c; = 1.76 £ 0.06 and a9 = 2.76 £ 0.1 and with
the roll over energy F, ~ 26 £ 2 keV. The estimated luminosity of the source in
the 20-200 band at the time of present observations is 2 x 1026 ergs/sec, assuming
a source distance of 10 kpc.

In order to pinpoint the cause of disparity between the present measurements
and the earlier data and its possible relation to its binary nature, we have plotted
the binary light curve of Cyg X-1 in Fig. 3. The data shown in the lower panel
are taken from Pooley ez al. (1999) who have made a comparative study of orbital
modulation in the X-ray and radio bands. The top panel corresponds to the phaso-
gram computed from the BATSE daily average intensity of the source along with
the present observation. For computing the 5.6¢ phase, we have used the spectro-
scopic ephemeris of P=5%.599847 + 0¢.000018 and T=JD 2441874.703 :0.009
(Brocksopp et al. 1999). It is seen from Fig. 4, that the epoch of our observation
¢sa g = 0.91 does correlate to the minimum in the ASM light curve. Since the
daily average intensity of the source obtained from the BATSE data does not show
any large variation during the binary cycle of present observation and the average
flux is higher by a factor of 5, we conclude that there may be a partial eclipsing
of the hard X-ray emission region around the source. As discussed later, the knee-
shaped spectral profile in the hard X-ray region is consistent with this conclusion.
This feature might have been missed in the past experiments due to long integration
intervals used to derive hard X-ray spectra because of the low sensitivity of the de-
tector systems. High sensitivity of the present instrument allows snap-shot spectra
of the bright X-ray sources with high ‘statistical significance.

The wide band X-ray spectrum of Cygnus X-1 in the energy range 2-500 keV
is very complex and requires multiple functions to fit the different sub-sets of the
data and gives an acceptable value of x2. Cui et al. (1997) have fitted the high
state spectrum with a black body, broken power law and a high energy cut-off,
while Chitnis ez al. (1998) obtained the best y? value with the addition of reflec-
tion component and an ad hoc edge at 7.76keV. In these models the black-body
component with kT~ 0.3 keV accounts for 35% of the observed flux in the 2~
10keV band. A variety of physical models for black hole candidate X-ray sources
describing the dynamical and thermodynamical properties of mass accretion like
advection dominated accretion flow, Comptonization due to bulk motion, super
Keplarian boundary layers and sub Keplarian mass flow, on to the compact objects
have been discussed in literature (Narayan & Yi 1994; Titarchuk 1994; Chakrabarti
& Titarchuk 1995). In the case of Cyg X-1, the X-ray photons are believed to orig-



16 R. K. Manchanda

|

o L L .
"'g e L L Lt T
. - ]
a L -
— - .

s - i

2

8t ]
xg- | ‘ present & -
z

0'01 1 I i 1) T i T L] T T T L T T T T
| I I

ASM counts/sec

0.0 0.5 1.0 1.5 2.0
BINARY PHASE (P = 5.50986")

Figure 4. Binary phase histogram for Cyg X-1. See text for details

inate in two different sites. The low energy photons below 10 keV are emitted in
optically thick accretion disk, while the hard X-ray photons originate in the Inverse
Compton scattering process of the low energy photons in the hot corona around
the X-ray object (Sunyaev & Titarchuk 1980, Liang & Nolan 1984). In order to fit
the X-ray high/soft (;) state, a two temperature conceatric spherical geometry is
adopted for the corona models, in which the photons between 25 and 300keV orig-
inate in the outer corona and the inner core contributes photons between 25 keV
and 2 MeV (Skibo & Dermer 1995; Ling ¢f al. 1997).

In a bot plasma, multiple scattering will control the energy exchange between
electron and photon only if the plasma is very tenuous, since the bremstrahlung and
recombination losses are oc p? and Thompson scattering goes as o< p ; where pis
the number density. If 4kT, > hv, the seed photons will be upgraded in energy.
Even for a Maxwellian distribution of electrons with kT, < m.c?, the energy
shift during each collision is given by %’ ~ 1+ -;1;[72 — 1]. Therefore, multiple
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Figure 5. Sample curves for Comptonization of low energy photons in a cloud of weekly
relativistic plasma for two values of optical depths and differing number of scattering.

scattering even by a Maxwellian gas can lead to very high photon energies. In a
non-relativistic plasma where &7, < mec? and T 3> 1, the average number of
scattering for the seed photon ns; ~ 72 and the probability density for multipie

scattering is given as; P(n,) o exp[ﬁf%;]. The emergent spectrum therefore,
3

develops into a unified power law from the ensemble of spectra produced by the
photons scattered by differing number of times. Both analytical and Monte-Carlo
solutions for the spherical cloud and disk-shape geometry have been discussed in
literature in relation to Cyg X-1 (Shapiro 1973; Sunyaev & Titarchuk 1980, Pozd-
nyakov et al. 1983, Hua & Titarchuk 1995) In the disk shape medium the output
spectrum is a power law for A ~ kT, and above hv > KT, it can be represented
by Wein’s distribution function given as (%)3.6_]1”/ ¥Te ' A sample computation
of Comptonization of the low energy photons in a weekly relativistic plasma for
two values of optical depth is shown in Fig. 5. The dotted curves give the individ-
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Figure 6. The spectral fit to the present data with multi-component Wien distribution
function. Individual curves correspond to kT value of 2.8, 11.8 and 30 keV respectively.

ual contribution due to events with differing scatfering nomber (Pozdnyakov et gl.
1983).

It is clear from Fig. 5, that in the absence of any one of the individual compo-
nents, the resultant spectrum will exhibit a sudden dip in the corresponding energy
band. Therefore, in the physical model of hard X-ray generation due to Comp-
tonization of the seed photons, it is possible to synthesize knee-shaped spectral
profile by preferred selection of photon species, which have undergone differing
number of scattering collisions. In a hot plasma with kT.= 27 keV, an input seed
photon with 1 keV energy requires about 20 scatterings to reach the maximum
value of 3kT, =81 keV.

It is therefore suggestive that the spectral shape seen in the present measure-
ment is an ensemble with missing spectral components in which the input photons
have gone through less number of scatterings. This can arise in an eclipsed ge-
ometry of the emitting region, where a part of the photons in the forward cone are
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blocked and only albedo photons with a large average scattering angle are seen
in the visibility cone. A large average scattering angle should in turn only arise in
large number of scatterings. Fig. 5 shows the observed data fitted with a three com-
ponent Wien spectrum. The best-fit parameters correspond to the kT value of 2.8,
11.8 and 30 keV. It is seen from the figure that multi-component Wien's function
gives a very close fit to the data. The highest plasma temperature inferred from the
present fit agrees well with the best fit kT, value of 26.5 keV inferred by Sunyaev &
Titarchuk (1980) in their original paper and derived temperatures during the X-ray
low/hard state.

4, Summary

In this paper we have presented hard X-ray observations of Cyg X-1 which are
radically different than the earlier measurements. Orbital analysis shows that the
present data were taken in the minimum phase and the observed low flux indicates a
possible partial eclipse of the hard X-ray emission region. The observed spectrum
has a knee-shaped profile and can arise by selective summation of the multiple
components in a physical model in which the hard X-ray emission arises due to
Inverse Compton scattering of the seed photons.
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Abstract. The redshifted 1420 MIIz emission from the HI in unre-
solved damped Lyman-o clouds at high z will appear as a background
radiation in low frequency radio observations. This holds the possibil-
ity of a new tool for studying the universe at high-z, using the mean
brightness temperature to probe the HI content and its fluctuations to
probe the power spectrum. Existing estimates of the HI density at-
% ~ 3 imply a mean brightness temperature of 1 mK at 320 MHz. The
cross-correlation between the temperature fluctuations across differ-
ent frequencies and sight lines is predicted to vary from 1077 K2 to
1078 K? over intervals corresponding to spatial scales from 10 Mpc
to 40 Mpc for some of the currently favoured cosmological models.
Comparing this with the expected sensitivity of the GMRT, we find
that this can be detected with ~ 10 hrs of integration, provided we can
distinguish it from the galactic and extragalactic foregrounds which
will swamp this signal. We discuss a strategy based on the very dis-
tinct spectral properties of the foregrounds as against the H emission,
possibly allowing the removal of the foregrounds from the observed
maps.

Key words: Cosmology: theory, observations, large scale structures—
diffuse radiation.

1. Introduction

The problem of determining the distribution of matter on large scales in the universe
and understanding the large scale structure (LSS) formation is of prime importance

*e~mail: somnath ®phy.iitkgp.ernet.in
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*e-mail:sethi @mri ernet.in
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in modern cosmology. Observing the angular positions and redshifts of galax-
ies has been the most straightforward method of mapping the LSS in the present
day universe (Peebles 1993; Peebles 1980), but the interpretation of these observa-
tions is complicated by the fact that the relation between the distribution of galax-
ies and the distribution of underlying matter is not fully understood (Bardeen et
al.1986). Other direct methods use galaxy clusters or super-clusters as tracers to
map the large scale structures. A large variety of techniques have been developed
and applied to quantify the distribution of galaxies, and amongst these the cor-
relation functions (two-, three-point correlation functions, etc) and their Fourier
counterparts (power spectrum, bi-spectrum, efc.) have been most popular (Peebles
1980). Much of the work comparing the observations with different theories has
been based on these.

An alternative approach is to use observations of fluctuations in the diffuse ex-
tragalactic background radiation at different wavelengths to probe the large scale
structure. Here, the observations of anisotropies in the cosmic microwave back-
ground radiation (CMBR) have been most important. These observations probe the
clustering of matter at the last scattering surface (e.g. Bond 1996), and combined
with the information from the galaxy surveys, they have been successful in narrow-
ing down the allowed class of theoretical models of LSS formation (e.g., Peacock
1999 and reference therein). The study of diffuse background at other wavelengths
has been used to infer the clustering properties of matter at more recent epochs.
Shectman (1974) observed fluctuations in the optical background; the results of
this observation are consistent with predictions from galaxy counts (Peebles 1980).
This method has also been applied to far-infrared background (Kashlinsky et al.
1997) and recently the first detection of fluctuations in this background has been
reported (Kashlinsky ef al. 1999). Gorjian, Wright & Chary (1999) have recently
reported a tentative detection of a near-infrared background. There are similar pre-
dictions for fluctuations in the X-ray background (Barcons ef al. 1998, 2000).

In this paper we investigate the possibility of using the extragalactic back-
ground radiation at low radio frequencies (meter wave) to probe the L.SS. This is
largely motivated by the fact that the Giant Meter-wave Radio Telescope (GMRT;
Swarup et al.1991) which is designed to observe in several frequency bands in
the interval 150 MHz to 1420 MHz has recently started functioning. This fre-
quency range corresponds to the 1420MHz emission from HI in the redshift range
0 < z £ 8.5. Absorption studies along sight lines to quasars indicate that most of
the HI in the redshift range 0 < 2z < 3 is in damped Lyman-o: (DLA) clouds and
the density of HI in DLAs has been determined reasonably well from absorption
studies (Lanzetta, Wolfe & Turnshek 1995). Although the HI emission from indi-
vidual DLAs at high 2 is too faint to detect using presently available telescopes, the
redshifted HI emission from unresolved DL.As will contribute to the background
radiation at low frequencies. In this paper we investigate how the brightness tem-
perature of this radiation is related to the density and peculiar velocity of the HI.
We consider the possibility of detecting correlations in the fluctuations in this com-
ponent of the background radiation and using this to probe LSS at high z.
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The possibility of observing the redshifted 21 cm emission from HI at high #
has been discussed earlier by many authors in a large variety of contexts. One of
the first papers (Sunyaev & Zel’dovich 1975) considers the possibility of meter-
wave observations to detect protogalaxies and protoclusters at z < 10. There have
been several attempts to detect the HI in proto-clusters and proto-super clusters (see
Subrahmanyan & Anantharamaiah 1990 and reference therein).

More recently Subramanian & Padmanabhan (1993) have calculated the abun-
dance of protoclusters as a function of the redshifted HI flux density for various
redshifts for both the CDM and HDM models. In a later paper Kumar, Padman-
abhan & Subramanian (1995) have calculated the line profile of the HI emission
from a spherically symmetric protocluster. Bagla, Nath & Padmanabhan (1997)
and Bagla (1999) have used a combination of N-body simulations and a model for
the behaviour of the baryons to calculate the abundance and the expected flux from
the HI in structures like protoclusters at high redshifts. A major uncertainty in all
of these works is in the assumptions about the HI content of the universe at high
redshifts. The main focus of all of these works has been on individual peaks of the
density fluctuations (protoclustersy which will manifest themselves as detectable
features in low-frequency radio maps. Subramanian & Padmanabhan (1993) have
also studied the possibility of detecting the excess variance in radio images due to
the density fluctuations in the HI at high 2.

Katz, Weinberg & Hernquist (1999) have used smoothed particle hydrody-
namic simulations to study the distribution of HI gas at high z and they consider
the possibility of detecting HI emission from galaxies at z > 2.

Tozzi et al.(2000) and Shaver et al.(1999) have studied the possibility of detect-
ing the HI in the IGM at z > 5. The state of the HI at these redshifts is unknown
and these works are based on different scenarios for the reionization of the universe.

The work presented here differs significantly from the previous papers in that:

(1) It is restricted to z < 3.5 where the HI content of the universe is well deter-
mined from DLA absorption studies. We use the results of these observations
as inputs to our calculations.

(2) Inmstead of looking at the possibility of detecting individual features (as has
been the focus of a large number of previous papers) we have studied the
statistical properties of the fluctuations in the brightness temperature in Iow
frequency radio maps. The statistical quantity we have studied is the cross-
correlation between the temperature fluctuations along different lines of sight
in the radio map made at different frequencies. Individual features corre-
sponding to protoclusters are rare events and protoclusters with flux in the
range 1.5 — 3m Jy are predicted to occur with abundances in the range
10~8 — 10~" Mpc~? in the CDM model (Subramanjan & Padmanabhan
1993). Even small density fluctuations will contribute to the cross-correlation
signal and our proposal has the advantage of simultaneously using the sig-
nal in all the pixels in all the frequency channels across the bandwidth of
observation.
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The structure of the paper is as follows: in §2 we discuss the basic formalism
of calculating the brightness temperature and fluctuations in the redshifted 21 cm
radiation, in §3 we discuss the numerical results for two currently favoured cos-
mological models. In §4, the observational difficulties in the presence of galactic
and extragalactic foregrounds are presented, and we discuss a possible strategy for
overcoming these. §5 gives a summary of our main results.

2. Formalism

We treat the HI in damped Lyman-« (DLA) systems as a continuous distribution
with nyi(x, t) denoting the comoving number density of HI atoms in the excited
state of the hyperfine transition. Such a treatment is justified in a situation where
the resolution of the observations is not sufficient to detect individual DLAs. In
addition, the fact that the HI actually does not have a continuous distribution but is
distributed in discrete objects can, if required, be taken into account when calculat-
ing statistical measures of the fluctuation in the HI distribution.

The HI emission which is at a frequency v, = 1420MHz in the rest frame of
the gas it is emitted from is redshifted to a frequency v for an observer located at
the origin of the coordinate system. Taking into account the effects of both the
expansion of the universe as well as the peculiar velocity v(x, t) of the HI at the
time of emission and v(0, %) of the observer at the present time, the comoving
coordinate x of the HI and v are related by

1 da
x:ncf )
s a.ZH(a)

in a spatially flat universe. Here n = x/z is a unit vector along the line of sight to
the HI, W(x) = n - [v(x,t) — v(0,%p)]/c accounts for the effects of the peculiar

velocities and .
H(a) = % = Hov/'Omoa=3 + Ag (2)

is the Hubble parameter at the epoch when the scale factor has value a.

‘When discussing observations of the redshifted HI emission, it is convenient
to use ¥ = nw to simultaneously denote the frequency and the direction of the
observation. The vector v fixes both the comoving position x of the HI from where
the radiation originates and the time 4 at which the radiation originates, and we
shall use v and (x, ¢} interchangeably. Here we calculate how T'(1) the brightness
temperature of the radiation is related to the density ngi(x, ) and the the peculiar
velocity v(x,) of the HI.

The energy flux in the frequency interval d3v can be calculated if we know the
number of excited HI atoms in the comoving volume d°z from where the radiation
originates and it is given by

hp Ve Ag1 nui(x, t) &

Flux = T2 . 3)
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Here 7y, is the luminosity distance which is given by
124
rr(x) =w[1—W]f. @

The flux is also related to the specific intensity as follows

Flux = L’;)d% (5
v

which allows us to calculate the specific intensity to be

I(v1) _ hpveAn nHI(v){ 1 3}2
v? 4712 1-—W)z

(6)

o
v

where | 8% | is the Jacobian of the transformation from v to x given in equation (1).

It should be noted here that the effect of the peculiar velocity (i.e.W) can
be neglected if we restrict the analysis to scales which are much smaller than the
horizon. This is not true for the spatial derivatives of the peculiar velocities which
appear in the Jacobian and we retain such terms in our analysis. Calculating the
Jdcobian gives us

2= (2) oy - wa 0
ov| \v/ H(Z)»? v H(Z) '
Equations {(6) and (7) allow us to calculate the brightness temperature of the
radiation .
[ € \I{v)
T(v) = (%) —Z (8)

which gives us

Ve\ 2 Ve (M- "V
T(V):Tzlfgil(v)ﬁzi) (7) [1_7( ;()(_n) )}

Ve Ve

®

where To1 = hyve/kp and Noi (v) = (¢/ve)® ngr{v) is the number of HI atoms
in the excited state in a comoving volume (21cm)?.

The number density npy(1/) can be written as a sum of two parts, namely the
mean 7igy(v) and the fluctuation Angr(r). We assume that the fluctuation in
the number density of HI can be related to the perturbations in the underlying dark
matter distribution §(r) through a time dependent linear bias parameter b(z) which
gives us

N1 (v) = Na (v)[1 + b(r)d(v)]. (10)

We use this to calculate the isotropic part of the temperature

s v _ 2.38Kh™ Ny (v) (2)2

T(v
) A/ Qmo (%) + 4 VY

(11



26 Bharadwaj, Nath & Sethi

and the fluctuation

AT(v) = T() |b(v)8(v) - E;(n;_()g)t)

Ve

(12)

Now, in the linear theory of density perturbations, both the perturbation and the
peculiar velocity can be expressed in terms of a potential i.e.

i(x,t) = D(H)V?9(x) (13)
and
v(x,t) = —f(Qm)H(t)a(t)D(t) Vi (x) (14)

where D(t) is the growing mode of linear density perturbations (Peebles 1980).
In a spatially flat universe the function f can be well approximated by the form
(Lahav ef al. 1991)

1 1
F(Om) = Q%F + 7ot = 5% (1 + )] (15)
where the time dependence of ), can be expressed as
2
- Hy Ve) 3
Qm(V) - (H(i)) ( v QmO . (16)

Using this and defining a time dependent linear redshift space distortion parameter
B(v) = f(Qm)/b{r) we can express the fluctuation in the temperature as

AT(v) = Ta(p@)DE) [V +B0)(n - V)] ). a7

‘We next calculate the cross-correlation between the temperature fluctuations
along two different lines of sight ny and ng at two different frequencies ¢ and .
The quantity we consider is the correlation

w(vy, v} = (AT(11)AT(14)) (18)

which is a function of the two frequencies v1, to and @ the angle between the two
lines of sight. Using equation (17) and defining ¢(z12) = {¥(x1)9(x2)} to be the
two point correlation of the potential 1(x), we obtain

w(vy,ve) = TiToD1 Dabrby [V2 + (o - V)z] [V2 + fa(nz - V)z] ${z12)
1%
where z12 =| X3 ~ X3 | and we have used the notation T} = T(21), ete.

The function ¢(z) is related to the correlation of the perturbations in the under-
lying dark matter distribution, and £(x1,%1, X2, t3) = {6(x1,£1)d(x2a, t2)) the two
point correlation of the perturbation in the dark matter density at the point x4 at the
epoch ?; and x3 at the epoch ¢5 can be written in terms of the potential ¢ as

§(x1,t1,}c2,t2) = D(tl)D(tg)f(mlg) = D(tl)D(tg)V4q5(m12) . (20)
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Xy

= cos(a) ' \\ \
~N

Figure 1. This shows the various distances and angles involved in calculating w(/ , v2, §),
where 14 can be converted to x1 using equation (1).

We have introduced the function £(z3) so that we can write £(x1, 1, X2,t2) as
a product of two parts, one which has the temporal variation and another the spa-
tial variation. Equation (20) can be inverted to express the different derivatives of
¢(z12) which appear in equation (19) in terms of moments of £(z12) which are
defined as

g +1
En(12) nnH/ Ew)ydy. (21)

The form of the angular correlation is further simplified if we restrict 6 to be
very small. Under this assumption n; ~ ns, and we use n to denote the common
line of sight. We also use p = n-{x1 —x2)/x12 for the cosine of the angle between
the line of sight n and the vector x; — X2 joining the two points between which
we are measuring the correlation. The relation between the different distances and

angles is shown in figure 1, and we have z12 = /23 + 22 — 22133 cos(6) and
p = (z1 — z2 cos(#))/z12. Using these we finally obtain the following expression
for the two point correlation of the temperature

w(v1,v9,0) = TyToD1Daboby {[(1+ Bru®)(1 + Baps®)] E(12)

|G =B+ B) + (5~ 3+ Su0B1Be bl

3 ¢
N [10+3“ T

5"4(m12)} . 22)

3. Predictions for different models

The density of HI (Qy1) in DLAS has been determined reasonably well forQ < z <
3 from absorption studies (Lanzetta, Wolfe & Turnshek 1995) and they find that
the observed evolution of Q1 is well approximated by Qm1(2) = Qo exp(a 2)
with Qg = 0.18 £ 0.04 x 10734 and @ = 0.60 £ 0.15 for gg = 0, and
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Figuore 2. This shows the isotropic part of the brightness temperature at different frequen-
cies. The solid line shows model (I) and the dashed line model (11} of section 3.

Qe = 0.19 £ 0.04 % 1034 and o = 0.83 £ 0.15 for go = 0.5, We have
used this to calculate the isotropic part of the background brightness temperature
due to the redshifted HI emission (equation 17). We have considered two spatially
flat FRW cosmological models with parameters () (g = 1.0 and Xy = 0, and
) O = 0.3 and Xy = 0.7, with i = 0.5 in both cases. It should be pointed
out that the fits given in Lanzetta et al. (1995) are not valid for the model with a
cosmological constant, and we use the gp = ( fit in this case. Figure 2 shows the
brightness temperature as a function of frequency for both the cases.

We find that the temperature increases rapidly as we go to lower frequencies
(higher 2) and it is around 1 mK at v ~ 330MHz which corresponds to # ~ 3. The
increase in the temperature is a direct consequence of the increase of HI density
with increasing redshift. The HI density is not very well determined at z > 3
and there i3 evidence that Qg falls off at higher redshifts (Stortie-Lombardi et al.
1996).

We next consider w{vy, s, 8) the cross-correlation in the temperature fluctua-
tion at different freguencies which we have calculated for the two cases discussed
above. We have calculated the dark-matter two point correlation function (equa-
tion 20) using the analytic fitting form for the CDM power spectrum given by Efs-
tathiou, Bond & White (1992). For case (I) we use a value of the shape parameter
T = 0.25 and for (If) we use I" = 0.14. The power spectra are normalized using the
results of Bunn & White (1996) based on the 4-year COBE data. It should be noted
that the redshift evolution of the matter correlation function and f(£),,) are quite
different in the two cases that we have considered. The predictions for w{vy, vg, 8)
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are shown in figures 3 and 4. We have assumed that the HI faithfully traces the
matter distribution and set b(r) = 1 throughout.

In our analysis we have kept 14 fixed at 320MHz and let v» vary over a band
of 16MHz centered around v, while § takes values upto 2°, In order to measure
w(v1, 19, 0) over this range we would need radio images of the background tem-
perature fluctuation in a 2° x 2° field at different frequencies in a 16MHz band
centered around 320MHz and w(yy, ve, #) could be estimated using

w(wi, v, 8) = (AT, (01)AT,, (n2)) 23)

where AT}, (n;) refers to the temperature fluctuation along the direction n; in the
image made at frequency v, and the angular brackets denote average over all pairs
of directions ny and ns which are separated by an angle 6. The central frequency,
bandwidth and angular range have been chosen keeping in mind the Giant Meter
wave Radio Telescope (GMRT, Swarup ef al.1991) which has recently become
operational. The frequency intervals and angular separation can be converted to a
corresponding comoving length-scale and in case (I) 1IMHz = 8.9Mpc and 1=
1.8Mpe, while in case (II) 1IMHz = 16.0Mpc and 1’ = 2.7Mpec. The linear
theory of density perturbations which we have used here can be applied at scales
> 10Mpc, which covers most of the region shown in the figures.

We find that w (1, 1o, 0) is between 1077K? and 10~8K? when the comoving-
distance corresponding to the separation in frequencies and direction is less be-
tween 10Mpc and 40Mpc beyond which it falls off. The cross-correlation between
the temperature fluctuations is expected to be larger at small scales where the linear
theory of density perturbations will not be valid and we have not considered these
scales here. The temperature fluctuations are anti-correlated when the separation
in frequencies exceeds the angular separation. This occurs because of the effect of

T
o F T T 3
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Figure 3. For Q0 = 1,k = 0.5, (a) shows w(v,v3,0) in K2 vs. 6 with 1, = 320MHz
and curves (1},(2) and (3) corresponding to v = 320MHz, 322MHz and 324MHz re-
spectively; (b) shows contours of equal w(wy,,8) at logarithmic intervals of w with
1, = 320MHz. Here IMHz = 8.9Mpcand 1 = 1.8Mpc. The dashed lines show negative
values of w.
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@ arc minutes

Figure 4. For Q0 = 0.3, = 0.7,h = 0.5, (a) shows w(v1,1s,0) in K? vs. 8 with
vi = 320MHz and curves (1),(2) and (3) corresponding to v5 = 320MHz, 322MHz and
324MHz respectively; (b) shows contours of equal w (e, vz, 8) at logarithmic intervals of
w with », = 320MHz. Here IMHz = 16.0Mpcand 1' = 2.7Mpc. The dashed lines show
negative values of w.

the peculiar velocity which produces a “distortion” very similar to the effect it has
on the two-point correlation function in redshift surveys.

4. Observational prospects

In this section we discuss the prospects of actually observing the background ra-
diation from the Hi in damped Lyman-« clouds. Our discussion is restricted to
observations at around 320 MIIz largely because we have reliable estimates of the
HI content at z < J and there are indications that z ~ 3 might be the redshift where -
the HI content of the universe is maximum (Storrie-Lombardi ¢z al, 1996). Another
reason for our choice of this frequency range is that the GMRT (Swarup et al. 1991)
which is already functioning at these frequencies is expected to have an angular
resolution of 10" and reach noise levels of 100pK in around 10 hrs of integration.
The angular resolution and sensitivity of the GMRT will be sufficient for detecting
both the isofropic component as well as the correlations in the component of the
background radiation arising from the HI at z ~ 3 (Figs. 2, 3 and 4) provided we
can distinguish this component from the contribution due to other sources.

4.1 Galactic and extra-galactic foregrounds

Any observations at low frequencies will have a very large contribution from the
synchrotron radiation from our own galaxy. Observations at 408 MHz (Haslam ef
al. 1982) with resolution 1°x1° indicate a minimum temperature of ~ 10K at
408 MHz. Using 7' o« v~ 27 as indicated by the spectral index of galactic syn-
chrotron radiation, the temperature at » ~ 320 Mz is ~ 20 K. Comparing this
number with the expected background from redshifted HI radiation (Fig. 2) the
galactic foreground is seen to be several orders above the expected signal. Another
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quantity of interest to us is the fluctuations in the galactic radiation at angles < 1°.
However as the resolution of Haslam maps is ~ 1° it cannot be used to make any
predictions about the fluctuations at the angular scales of interest, ‘

Another source of contamination is the continuum radiation from unresolved
extragalactic sources (the resolved ones will be removed from the image before
analysis) and we use results from the recent FIRST survey (for details sece White
et al. 1997 and references therein) to estimate this. Tegmark & Estathiou (1996)
provide an analytic fit for the number of sources per unit flux ¢[mJy| per steradian
in this survey, and at flux levels ¢ < 100mJy this can be approximated by

dn _ 524 x 10° ( ¢ )—1-65
d¢  mJysr 0.75mJy

‘We use this to estimate the total contribution from sources fainter than 100 uJy,
and converting this to brightness temperature we find that the continuum emission
from vnresolved radio sources is expected to produce a background radiation with
brightness temperature ~ .1K at 1.5 Ghz. For the purposes of estimating an order-
of-magnitude we assume this value to be representative of what we expect at ~
320 MHz.

The two-point correlation function of the sources detected by FIRST has been
estimated (Cress et al. 1996): w(0) = 0.180~!1, with 8 in arcminutes. Little is
known about the correlations expected in the fluctuations in the contribution to the
background radiation from unresolved radio sources.

It is clear from the foregoing discussion that both galactic and extragalactic
continuum signals are likely to be so high that they would totally swamp the sig-
nal which we want to detect and therefore it is not possible to directly detect the
radiation from HI unless we find some method for removing the foregrounds.

At present the most promising strategy is to use the proposed observations
themselves to determine the foreground and remove this from the data, and we
next discuss a possible method for doing this.

(24)

4.2 Removing foregrounds

We consider the GMRT band centered at 325 MHz for our discussion in this sec-
tion. The total bandwidth of 16 MHz is divided in 128 channels each with Ay =
1.25kHz, and the signal in any frequency channel is expected to be dominated by
the foregrounds.

Here we briefly review the standard method of continuum subtraction which is
generally used in spectral line detections and then discuss how this method can be
used for the analysis proposed here. The reader is referred to Subrahmanyam &
Anantharamaiah (1990) and references therein for examples of how this method is
applied in searches for HI emission from protociusters.

We represent the observed signal y;(n) in the ¢ th frequency channel in the
direction n as:

yi(n) = zi(n) + fi(n) + N; (25)



32 Bharadwaj, Nath & Sethi

where z;(n) and f;(n) are the contribution to the output signal from the HI and the
foregrounds respectively, and V; is the receiver noise.

‘We should at this stage remind ourselves that foregrounds are sources which are
emitting continuum radiation—the primary of such source being the synchrotron
radiation from our own galaxy. We also have the contribution from unresolved
extragalactic radio sources which, as we have seen above, is a smaller contribution.
The sum fotal of these along any line of sight is expected to be a smooth function
of the frequency. On the contrary the contribution from the HI will come from
individual damped Lyman o clouds along the line of sight with a velocity width
~ 200kmsec™! (Prochaska & Wolfe 1998) and this will correspond to lines of
width:

Ay~ gv ~ (.2MHz. (26)

Although the total number of damped Lyman-c cloudsina 1° x 1° x 16 MHz
field is expected to be quite large (=~ 3 x 10%) we expect to have only one damped
Lyman-c cloud along a single 20" x 20" x 16 MHz synthesized GMRT beam. The
probability of two damped Lyman-c clouds occurring right next to each other in
the same synthesized beam and causing confusion is quite small, and hence the
signal we are looking for will come in the form of lines of width ~ 0.2MHz which
we will not be able to detect as the individual lines will be swamped by both the
foreground as well as the noise. What we can do is to fit the smooth component
of the signal y;(n) by a function F;(n) and subtract this from the output signal to
remove the effect of the foregrounds

S;(n) = yi(n) — Fi(n) = x;(n) + N;(n) + E;j(n) 27

where we call S;(n) the reduced signal and F;(n) is the possible error in the fitting
procedure. H our foreground subtraction works correctly, the reduced signal should
have contributions from only the HI signal and the noise.

We first determine the mean reduced signal

Si = (Si(n)) = (zs(n)) + (Ni(n)) + (Ei(n)) (28)

where the angular brackets denote average over all lines of sight. If the errors in the
foreground subtraction can be made smaller than the signal i.e. (E;(n)) < {(z;(n))
then this will give an estimate of the background brightness temperature due to the
HI emission i.e. T(v) = 5; where the index 4 refers to the channel with central
frequency v.

‘We next consider the quantity

ASi(n) = Si(n) - 5; (29)

which gives the fluctuation in the brighiness temperature. We can use this to esti-
mate the cross-correlation in the fluctuations at different frequencies

w(v, v, 0} = (AS;(n)AS;(m)) (30)
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where ¢ and § are the channel with frequency v and 14 respectively, and n and
m are two lines of sight separated by an angle  and the angular brackets denote
average over all such pairs of lines of sight.

5. Summary and Conclusions

‘We have investigated the contribution from the HI in unresolved damped Lyman-c
clouds at high redshifts to the background radiation at low frequency radio waves
(meter waves). The isotropic part of this radiation depends on the density of HI
and the background cosmological model, while the fluctuations in this component
of the background radiation have an added dependence on the fluctuations in the
distribution of the damped Lyman-« clouds and. their peculiar velocities.

‘We have used estimates of the HI density available from absorption studies to
calculate the brightness temperature of this radiation. We find that this has a value
~ 1mK at 320 MHz which corresponds to z ~ 3. The distribution of damped
Lyman-cx clouds is assumed to trace the underlying dark matter distribution which
also determines the peculiar velocities. Using this and the linear theory of den-
sity perturbations, we have calculated the relation between the fluctuation in this
component of the background radiation and the density perturbations at high z. Ob-
servations of the cross-correlations of the fluctuations at different sight lines across
images produced at different frequencies holds the possibility of allowing us to
probe the two point correlation function {or power spectrumy) at high redshifts. We
have calculated the expected cross-correlations for two currently acceptable CDM
models and find it to be in the range 1077K? to 10~8K? at v ~ 320MHz for separa-
tions in sight lines and frequencies such that the corresponding spaftial separation is
in the range 10 Mpc and 40 Mpc. The cross-correlations are expected to be larger
at smaller scales where the linear theory cannot be applied. Our results show that
both the isotropic background (Fig. 2} and its fluctuations (Figs. 3 and 4) can be de-
tected by GMRT which is the largest telescope operating at meter waves at present,
provided this signal can be distinguished from other sources which contribute to
the low frequency background radiation.

The biggest obstacles in detecting the HI contribution are the galactic and extra-
galactic foregrounds, both of which are many orders larger than the signal we want
to detect. The fact that both those sources of contamination emit continuvm radi-
ation while the HI contribution is from individual damped Lyman-c clouds each
of which emits a spectral line with a relatively small velocity width keeps alive the
possibility of being able to distinguish this signal from the contamination. We have,
in this paper, considered one possible approach which might allow us to model and
subtract the foreground along any line of sight. More work is needed in this direc-
tion and work is currently underway in investigating other viable possibilities for
foreground removal.
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Abstract.  Nearby interstellar clouds with high (ju| > 10kms™%)
random velocities although easily detected in Nal and Call lines have
hitherto not been detected (in emission or absorption) in the HI 21cm
line. We describe here deep Giant Metrewave Radio Telescope (GMRT)
HI absorption observations toward radio sources with small angular
separation from bright O and B stars whose spectra reveal the pres-
ence of intervening high random velocity Call absorbing clouds. In 5
out of the 14 directions searched we detect HI 21cm absorption fea-
tures from these clouds. The mean optical depth of these detections is
~ (.09 and FWHM is ~ 10 km s7L, consistent with absorption arising
from CNM clouds.

Key words: I1SM: clouds, kinematics and dynamics — Radio Tines:
ISM.

1. Background and motivation

This study is a part of our continuing effort to detect interstellar clouds in the lines
of sight to bright O and B stars in absorption in the 21cm line of neutral hydro-
gen. Such clouds have been extensively studied using absorption lines of singly
ionized calcium. The most famous of such investigations is that by Adams (1949),
who used the Call absorption spectra towards 300 stars to determine their radial
velocities. In an equally seminal paper Blaauw (1952) used Adams’ data to obtain
a histogram of the random velocities of interstellar clouds, often (roughly) allow-
ing for the contribution to their radial velocity due to the differential rotation of
the Galaxy. One of Blaauw’s main conclusions was that interstellar clouds have
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significant peculiar velocities, with the tail of the distribution extending upto 80 —
100 km s~1. In an independent investigation, Routly & Spitzer (1952) found an in-
teresting systematic behavior of the ratio of the column density of neutral Sodium
to singly ionized Calcium (Nyor/Nearr). They found this ratio to decrease with
increasing random velocity of the clond. The ratic was less than 1 for the faster
clouds (|v| > 20 km s~1), but significantly greater than 1 in clouds with smaller
random velocities. This seems to suggest two “classes” of interstellar clouds: those
with negligible random velocities and those with substantial random velocities (Jo|
> 15-20km s™1),

Soon after the 21em line of the hydrogen atom was discovered, there were at-
ternpts to detect atomic hydrogen in the interstellar clouds along the lines of sight
studied by Adams (Habing 1968,1969; Goldstein & MacDonald 1969). Interest-
ingly, whereas many lines of sight towards the O and B stars studied by Adams
showed the presence of several clouds — some with very small random velocities,
while others with larger random velocities — only the low velocity ones (Ju| < 10
km s—1) were seen in emission in the 21cm line. The emission occurred at veloc-
ities that agreed well with the velocities of the Call absorption line features. For
some reason, there was no emission that could be attributed to the higher (random)
velocity clouds. Although this was very intriguing, after some speculations it was
soon forgotten. Recently Rajagopal et al. (1998a, 1998b) revived this question.
Unlike in earlier 21cm studies, they attempted to detect the atomic hydrogen in
these clouds in a 21cm absorption study. They selected some two dozen stars
from the Adams’ sample and used the VLA to do a 21cm absorption measurement
against known radio sources whose angular separation from the star in question
was within a few arc minutes. The idea was that such a line of sight to the radio
source would pass through the same interstellar clouds that were detected earlier
through the absorption lines of Call. Surprisingly the conclusions of this absorption
study were the same as that of the earlier emission studies: Only the clouds with
random velocities less than ~ 10 km s~ were detected (and in each case the 21cm
absorption velocity agreed with the velocity of the 21cm emission feature and also
with the velocity of the Call absorption line). No 21cm absorption was detected
from the clouds with random velocities in excess of 10 km s~! down to an optical
depth of 0.1.

To explain this, Rajagopal ef al (1998b) invoked the hypothesis that the pe-
culiar velocities of interstellar clouds was due to their encounters with expanding
supernova remnants. They argued that if this was the operative mechanism then the
clouds accelerated to higher velocities would be warmer (due to their being dragged
along by the hot gas behind the SNR shock front) and will also have smaller col-
umn densities compared to the slower clouds (due to evaporation). This would
explain the small optical depth for the 21cm absorption (which is directly propor-
tional to the column density and inversely proportional to the temperature). The
Routly-Spitzer cifect referred to earlier, will also have a natural explanation in this
hypothesis. In clouds shocked by supernova blast waves, less of Calcium is likely
to be locked up in grains due to sputtering of the grains.
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Although shock acceleration of clouds seemed to provide satisfactory explana-
tion, to strengthen that hypothesis it was important to observationally establish a
correlation between the 21cm optical depth and the peculiar velocity. The present
study is a part of a continuing effort towards this end. In this paper, we wish
to report the results obtained from the first set of observations with the recently
constructed Giant Meterwave Radio Telescope (GMRT). In these observations we
obtained a limit on the optical depth roughly ten times better than that achieved by
Rajagopal et al (1998a). The strategy for selecting the sources is outlined in the
next section and some details pertaining to the observations are given in section 3.
The results obtained by us are given in section 4 and a brief discussion in section 3.

2. Source selection

The basic finding list of stars with the Call absorption line data was from Adams
(1949) and Welty ez al. (1996). The selection criteria was that the spectra of the
stars should contain both low (Jv| < 10 km s™!) and high random velocity (|v| > 10
km s~1) optical absorption features. Even though it is not possible to derive a sharp
distinction between the low and the high random velocities, we have adopted the
value 10 km s~! as the dividing line (Spitzer 1978). The distances to the stars were
obtained from the HIPPARCOS catalog (1997). The background radio sources
towards which we measured HI absorption were selected from the National Ra-
dio Astronomy Observatory Very Large Array Sky Survey (NVSS, Condon et al.
1996). Rajagopal et al (1998a) chose their directions such that at half the distance
to the star, the linear separation between the lines of sight towards the star and the
- radio source was ~ 3 pc. In the present observations, we have chosen the directions
where this value is < 1 pc in most cases. This gives a better chance for both lines
of sight to sample the same gas. Since our aim was to reach an rms of 0.01 in opti-
cal depth, only those radio scurces with flux densities at 20cm greater than ~ 100
mly were considered, so that we could reach the target sensitivity in a reasonable
integration time. However, for a few directions we compromised the separation
between the lines of sight for the higher flux density of the background source. Our
final list consisted of 14 fields. Table 1 lists a summary of the fields observed. In a
few cases, there was more than one radio source within the GMRT primary beam.
Four out of the fourteen stars in our list have been previously studied by Rajagopal
et al (1998) using the VLA,

3. Observations

3.1 The Giant Meterwave Radio Telescope

The Giant Meterwave Radio Telescope (GMRT) consists of 30 fully steerable dishes,
of diameter 45 m with a maximum baseline of 25 km (Swarup et al. 1991). The
aperture cfficiency of the dishes is ~ 40% in the 21cm band, which implies an
effective area of ~ 19000 m2. This telescope is equipped with an FX correlator



38 R. Mohar et al.

Table 1. A summary of the observed directions: Column 1 lists the stars, whose spectra are
known to contain high random velocity optical absorption lines. Those fields which were
observed earlier by Rajagopal et al. (1998a) is marked with an asterix (*). Column 2 shows
the distance to these stars obtained from the HIPPARCOS catalog. The flux density of the
radio sources listed in column 6 are from the present observations. The angle 8 (column 7)
is the angle between the lines of sight to the star and the radio source. The linear separation
between the two lines of sight at half the distance to the star is given in column 8.

Star d 1 b Radio source S ) r
pc deg deg mly pc

HD 175754* 680.0 1646 —10.02 NVSSJI1856—192 67 28 2.8
HD 1559561 143 3590 +22.58 NVSSII732+125 174 41 0.1
HD 166182 4673 4742 +18.03 NVSSJ1809+208 383 13 0.9
HD 193322 4762 78.10 +2.78 NVSSJ2019+403 310 28 1.9
HD 199478* 2857 8751 +142 NVSSJ2056+475 180 8 3.3
HD 21278 1748 14752 —6.19 NVSS8J0330+489 343 28 0.7

NVSS JO331+489 189 22 0.6
HD 24760 165.0 15735 -10.10 NVSSJ0400+400 191 30 0.7
HD 47339 3135 203.00 +230 NVSSJ0642+098 340 & 04
HD 37128 4115 20526 -—17.14 NVSSJ0536-014 171 18 1.0
HD 37742*  250.6 20650 —16.49 NVSSJ0542-019 408 7 03
HD 37043 406.5 20950 -—19.60 NVSSJ0535-057 299 14 09

NVSS J0536-054 215 21 1.2
HD 38771 2212 21452 —18.50 NVSSJ0549-092 170 32 1.0

NVSS J0549—-092 97 32 1.0
HD 143018 140.8 34720 +20.14 NVSSJ1559-262 328 10 0.2
HD 147165 2252 351.38 +16.90 NVSSJ1623-261 287 33 1.3

providing 128 channels per polarization per baseline. A baseband bandwidth rang-
ing from 16 MHz down to 64 kHz variable in steps of 2 can be chosen. The 21
cm receiver is a wide band system covering the frequency range of 900 to 1450
MHez. It is a prime focus uncooled receiver with a characteristic system tempera-
ture of 70 K. The 21cm system has four sub bands, centered at 1060, 1170, 1280
and 1390 MHz, each with a 3 dB bandwidth of 120 MHz. Provision exists in the
recejver to bypass the narrow bandpass filters to obtain the full 450 MHz band.

3.2 Observing strategy

The radio observations were carried out during the period April—May, and Septem-
ber, 1999. Only 8 —10 antennas within the central square km of the array were used.
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Table 2. The Observational Setup.

Telescope GMRT
System temperature ~ 70 K
Aperture efficiency  ~ 40%
Number of antennas 8 to 10
Base band used 2.0 MHz
Number of channels 128
Velocity resolution 3.3 km s~1
On source integration time ~ 1 to 7 hour

We used a baseband bandwidth of 2 MHz, which translates to ~ 422 km s~ in ve-
locity. and a resolution of ~ 3.3 km s~1. The center of the band was set at 1420.4
MHz. The observing band was found to be free from interference. We used one of
the VLA primary flux calibrators (3C48/3C147/3C286) for setting the flux density
scale. We observed anearby secondary calibrator from the VLA calibrator manual
for phase and bandpass calibration. The phase calibration was carried out once ev-
ery hour. Bandpass calibration was carried out once every two hours for 10 minutes
with the observing frequency shifted by 2 MHz below the band, which corresponds
to a velocity shift of ~ 400 km s—L. This shift is adequate to move the observing
band out of the velocity spread of the Galactic 21cm line spectral features. On
source integration time ranged from ~ 1 to 7 hours, depending on the strength of
the background radio source. The rms sensitivity in optical depth varied from 0.02
to 0.007 towards different sources. A summary of the observational setup is given
in Table 2.

The analysis of the data was carried out using the Astronomical Image Process-
ing System (AIPS) developed by the National Radio Astronomy Observatory. The
resulting data set consisted of 14 image cubes containing a total of 17 HI absorp-
tion profiles. Continuum subtraction was carried out by fitting a linear baseline to
the line free channels in the visibility domain and subtracting the best fit continuum
from all the channels. For the point sources amongst the list of program sources,
the flux densities guoted in the NVSS (Condon et al, 1996) was found to agree with
the flux densities obtained from the GMRT to within 10%. Separate line images
of short and long baselines were made to convince ourselves that contamination
due to HI emission was minimal. The rms noise level ranged from 1.5 mly to 5
mJy/channel/beam depending upon the integration time. Out of the 17 directions,
the lowest HI optical depth of ~ 0.007 was achieved towards the source NVSS
J0542—-019. In order to study the individual IIT absorption components, multiple
Gaussian-profiles were fitted to the absorption Iine spectra using the Groningen
Image Processing System (GIPSY).
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4, Results

We have examined the HI absorption spectra towards 14 stars having optical ab-
sorption lines at both low and high random velocities. In all these fields, we have
detected HI absorption at low random velocities. In all the directions, at low ran-
dom velocities (Jv| < 10 km s~1) there is a good agreement between the veloci-
ties of the HI absorption features and that of the Call absorption line components,
within the limits of our velocity resolution (~ 3.3 km s™1). In 5 out of the 14 fields,
for the first time, we have detected HI absorption features coincident with the high
random velocity Call absorption lines.

The 2lcm absorption profiles have a typical optical depth 7 ~ 0.1, and a
FWHM ~ 10 km s—}. This velocity width is less than would be expected from
thermal broadening in the WNM, and in any case, the path length of WNM re-
quired to produce an optical depth of ~ (.1 is considerably larger than the distance
to the star against which the Nal/Call lines have been observed. The observed ve-
locity width and optical depth are instead completely consistent with what would
be expected from absorption in a CNM cloud. In contrast with the classical galac-
tic emission/absorption line studies however, this cloud is too small to produce a
clearly identifiable single dish emission signal. An estimate of the column density
can however be obtained from the Leiden-Dwingeloo Survey (1.DS) of Galactic
neutral hydrogen (Hartmann & Burton 1995). Note that the column density as
measured in this survey is at best indicative, since beam dilution causes it to un-
derestimate the true N7 of the cloud while contamination from the WINM causes
it to overestimate the true Ng;. Nonetheless we have used the L.DS HI column
density to get a handle on the spin temperatures of the high random velocity clouds
that we have detected. The Ny was estimated by integrating. over the FWHM of
the HI absorption line. The same procedure was repeated for the low LSR veloc-
ity HI absorption features in the spectra and gave values that were consistent with
earlier estimates. However, note that for the smaller clouds at higher velocity the
fractional contribution from the WNM would be more in the HI emission spectra
and would hence lead to greater errors in the estimation of Ngy and thus Tg.

Each of the five detections are discussed separately below. A summary of the
detections is listed in Table 3. Since our velocity resolution is ~ 3 km s~ ! and
the optical absorption data for majority of the stars were obtained from a high
resolution (0.3 — 1.2 ki s™1) survey (Welty et al 1996), the number of intersteliar
absorption features seen in the optical study is greater than those revealed by our
HI absorption study. This is evident in figures 1 to 6 which display optical depth
profiles.

4.1 HI absorption detections from high random velocity clouds.

HD37043/NVSS J0535—057: Towards the star HD37043, the high resolution Call
absorption line study by Welty ez al. (1996) revealed 12 interstellar absorption fea-
tures over the velocity range —22 to +23 km s~!. The HI absorption was measured
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Table 3. Detections of high random velocity HI absorption: Column 2 lists the high ve-
locity (Jv| > 10 km s™!) Call absorption lines seen towards the star. Column 3 gives the
radial component of the Galactic rotation velocity at the distance to the star. Column 4
gives the HI optical depth at the velocity of the Call absorption line and Columns 5,6 and
7 list the parameters of the gaussian fit to the HI absorption profile. Column 8 lists the HI
colurnn density in the respective line of sight derived from the Leiden Dwingeloo Survey
(Hartmann & Burton 1995) and Column 9 gives the derived HI spin temperature.

Star Call VGal Mean Peak FWHM Npr Ts
HD no. Visr THI Vigr THI X 1020

(kms™)  (kms™h) (km s~1) (kms™) (em™?) (K)
37043 —16.86 +2.5 0.12 --15.1 0.12 12.8 0.27 Fii

—12.34 0.10

+22.68 0.06 +24.0 0.06 204 1.8 78
159561 —14.07 +1.9 0.06 —13.0 0.06 11.6 0.5 40
193322  +21.68 +5.2 0.36 +24.0 0.24 6.3 2.6 89
143018 —26.48 ~1.4 0.04

—21.63 0.07

24760 +12.96 ~0 0.06

t: Upper limit, possibility of beam dilution.

towards NVSS J0535—057, which is 14 in projection from the star. This angular
separation is equivalent to a linear separation of 0.9 pc at half the distance to the
star. The HI optical depth profile shows weak but significant absorption corre-
sponding to the high random velocity Call absorption lines (Fig. 1). This weak HI
absorption persists over the velocity spread of the Call absorption lines. The HI
absorption profile was fitted with 5 gaussians, centered at +24, 12, 45, —2 and
—15km s~1. For the direction towards this star, negative velocities are forbidden
by the Galactic rotation model (Brand & Blitz 1993). Presumably due to the lack
of adequate velocity resolution in the 21cm spectra, the individual HI absorption
features are spread over many optical absorption line components and it is difficult
to obtain a one to one correspondence between them,

The HI absorption feature centered at around —15 km s coincides with the
optical absorption line at —16.86 km s™!, well within the limits of our velocity
resolution. The FWHM of this HI feature is & 13 km s~* and the peak optical
depth is = 0.12. In the LDS survey, there is no distinct HI emission feature at the
velocity of the Call and HI absorption lines, but only a shoulder of HI emission.
If the gas associated with this cloud fills the Dwingeloo telescope beam, then the
LDS provides an upper limit of 2.0 x 10'° em~2 for the HI column density of this
cloud. The upper limit on HI spin temperature implied by the Nz from LDS is
7K, which is about an order of magnitude lower than typical diffuse interstellar HI
clouds. Tt seems highly likely therefore that the high random velocity optical and
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Figure 1. The HI optical depth spectrum (solid line) towards the radio source NVSS
J0535—057. The vertical tick marks indicate the velocities of the Call absorption lines
in the spectrum towards the star HD37043. The radio source and the star are separated by
14’ in the sky, which is equivalent to a linear separation of ~ 0.9 pc at half the distance to
the star. The weak HI absorption extends over the velocity spread of the Call absorption
lines, with a distinct absorption feature at vy ~ —15 km s~1, The broken curve plotted
along with the optical depth prefile is the model from the Gaussian fitting to the absorption
specirum. The lower panel shows the radial component of Galactic rotational velocity for
this direction as a function of heliocentric distance.

HI absorption arises from a cloud much smaller in size compared to the Dwingeloo
telescope beam.

Corresponding to the Call line at +22.68 km s~!, the HI absorption feature at
+24 km 57! has a derived Ngy ~ 1.8 x 10% cm™2 from the LDS. The implied
spin temperature for this cloud is ~ 78 K.

The second radio source NVSS J0536—054 in the same field of view is at an
angular distance of 21" from the star (corresponding to 1.2 pc at half the distance
to the star). Interestingly, even though HI absorption is seen over a wide range
of velocities towards this source, the correlation of Call and HI absorption line
positions at higher velocities is poor (Fig. 2). In fact, the high velocity feature at ~
—15 km s~* seen clearly in Fig. 1 is absent in this figure. Obviously, this line of
sight is outside the HI absorbing clond.

HID159561/NVSS J1732+125: The Call absorption ling data obtained from Welty
et al (1996) indicates three interstellar Call absorption features, one of which is at
a high random velocity of = —14 km s~! (Fig. 3). The background source for the
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Figure 2. The HI optical depth profile towards the radio source NVSS J0536—054. The
radio source is ~ 21’ away in projection from the star HD37043 which implies a linear
separation of ~ 1.2 pc at half the distance to the star. The high random velocity HI absorp-
tion feature at ~ —15 km s~! seen towards the radio source NVSS J0535—057 (Fig. 1) is
not detected here.

HI absorption study was NVSS J1732+125, 41 in projection from the star. This
angular extent is equivalent to a linear separation of 0.1 pc at half the distance to the
star. Multiple gaussian fitting to the HI absorption profile provided 4 components,
centered at +24, +12, —0.5 and —13 km s~!. The feature at —13 km s~!, with
FWHM of 12 km s~ and a peak optical depth of ~ 0.06 coincides with the Call
absorption line at —14 km s~!. At a longitude of 36°, this velocity is forbidden by
the model of Galactic rotation (Brand & Blitz 1993). Given a distance to the star ~
14 pc, Call and the HI absorption should be from a cloud in the local neighborhood.
The HI column density estimated from the LDS is ~ 5.3 x 10*® cm~2. This implies
a spin temperature ~ 40 K.
HD193322/NVSS J2019+403: The star HD 193322 was observed by Adams (1949)
for interstellar Call absorption lines. This direction is at a low Galactic latitude (b
~ 2°) and hence the HI absorption profile towards an extra-galactic radio source
- can be complicated with a large number of absorption features arising from cold
clouds in front of the star as well as from behind it. However it was chosen for our
HI absorption study due to the presence of Call absorption lines at velocities for-
bidden by the Galactic rotation. The HI absorption was measured towards NVSS
J2019+403 which is 28  in projection from the star. This angular separation is
equivalent to a linear separation of about 1.9 pc at half the distance to the star. The
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Figure 3. The HI optical depth profile towards the radio source NVSS J1732+125. The
vertical tick marks indicate the velocities of the Call absorption lines in the spectrum to-
wards the star HD159561. The line of sight towards the radio source is separated by ~
0.1 pc from that towards the star at half the distance to the star. The HI absorption feature
at ~ —13 km s™! coincides well with the Call absorption line. The dotted curve plotted
along with the optical depth profile is the model from the gaussian fitting to the absorption
spectrum. The lower panel shows the radial component of Galactic rotational velocity in
this direction as a function of heliocentric distance.

HI optical depth profile is complicated as expected (Fig. 4). The absorption profile
was fitted with 9 gaussian components. There is a prominent component at an LSR
velocity of = +24 km s~ near the Call absorption component at +21.68 km s~*.
The FWHM of this HI absorption feature is ~ 6 km s~ and the peak optical depth
is ~ 0.24. The N obtained from the LDS is ~ 2.6 x 10?° cm™2, and the HI spin
temperature ~ 89 K. However, we failed to detect HI absorption at the velocity of
the Call absorption line at +31 km s~ (Fig. 4).

HD143018/NVSS J1559—262: The Call absorption data for this star is from Welty
et al (1996). The interstellar Call absorption lines exist at negative LSR velocities
upto —26 km s!. Since the star is located at a distance of 141 pc, the radial
component of Galactic rotational velocity is only —1.4 km s~ at the distance of
the star. Hence, the Call lines are arising from high random velocity clouds in the
interstellar space. The HI absorption was measured towards NVSS J1559-262,
10 in projection from the star, which implies a linear separation of 0.2 pc at half
the distance to the star. An HI absorption measurement towards an extragalactic
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Figure 4, The HI optical depth profile towards the radio source NVSS J2019+403. The
vertical tick marks indicate the velocities of the Call absorption lines in the spectrum to-
wards the star HD193322, which is at an angular separation of ~ 28 from the radio source
in the sky. The line of sight towards the radio source is separated by ~ 1.9 pc from that
towards the star at half the distance to the star. The Call absorption line at ~ 23 km s~ has
a coincident HI absorption feature. The dotted curve plotted along with the optical depth
profile is the model from the gaussian fitting to the absorption spectrum. The lower panel
shows the radial component of Galactic rotational velocity in this direction as a function of
heliocentric distance.

source would sample gas all along the line of sight, even beyond the star. The HI
optical depth profile is shown in Fig. 5. It is clear from the figure that

e There is non-zero HI optical depth at the positions of the high random veloc-
ity Call absorption lines.

» The HI absorption decreases to zero beyond the highest velocity optical ab-
sorption line component.

e For the latitude ~ +20°, any low random velocity cloud (i.e. a cloud whose
radial velocity is mainly due to Galactic rotation) with an LSR velocity of ~
~21 km s~! should be at a distance of about 1 kpc above the Galactic plane,
which places it in the Galactic halo. This appears unlikely. It is more likely
that this HI cloud is in front of the star and has a high random velocity.

The Gaussian profile fitting provided three components, at velocities —12.5,



46 R. Mohan et al.

HD143018 (¢ = 347.20 &= +20.14 )
© NVSS J1559-262 (1= 347.23 & = +20.06 ) T e = 0013
o T— g e e e e e e ey
-
-
S L
1
—
2 |
é —
- |
il P 4 1 " A i i 1 i " i " L i i i i
-100 =50 0 50 100

Vyyr (km s™")

Figure 5. The HI optical depth profile towards the source J1559—262 at a distance of ~
10" in projection from the star HD143018 The vertical tick marks indicate the velocities of
the Call absorption lines in the spectrum towards the star. The lower panel shows the radial
component of Galactic rotational velocity for the direction as a function of heliocentric
distance. For the latitude of this direction, any low random velocity cloud at ~ —21 km
s~ should be at a distance of about 1 kpc above the Galactic plane, in the Galactic halo.
Hence, any HI absorption at these velocities has to be from a nearer cloud with a large
random velocity. The dotted curve plotted along with the optical depth profile is the model
from the Gaussian fitting to the absorption spectra.

—7 and —4.5 km 571, with 5, 32 and 3.5 km s~ respectively as the FWHM. The
existence of non zero HI optical depth at the velocities of the Call absorption lines
makes this a detection of high random velocity clouds in HI absorption but the poor
signal to noise ratio prevented a faithful Gaussian fit to this data. However, the non
zero HI optical depth at the positive LSR velocities, extending beyond +20 km s~!
demands more attention.

HD24760/NVSS J1400+400: The Call absorption data was obtained from Welty
et al. (1996). There are 8 discrete interstellar absorption features seen in the line
of Call, out of which two at LSR velocities of +13 and -+16.5 km s~ are at
high random velocities. These velocities are forbidden by the Galactic rotation
model (Brand & Blitz 1993). The HI absorption towards the radio source NVSS
J1400+400, which is 30’ in projection from the star HD24760 is shown in Fig. 6.
The HI optical depth profile indicate a non zero HI optical depth at the position
of the Call absorption line at +13 km s™1, at a level of 0.06. However, as in the
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Figure 6. The HI optical depth profile towards the source NVSS J1400+400. This radio
source is separated by ~ 30" in projection from the star HD24760. The vertical tick marks
indicate the velocities of the Call absorption lines in the spectrum towards the star, There
is a nonzero optical depth at the position of the Call absorption line at ~ +13 km s~ 1,
However the gaussian fitting to the HI absorption data gave no discrete component to this
high velocity feature. The dotted curve plotted along with the optical depth profile shows
the model from the Gaussian fitting to the absorption spectra.

previous case, the gaussian fitting to this data gave no discrete component to the
high velocity feature (see Table 3).

5. Summary and discussion

¢ We have obtained absorption specfra in the 21cm line of hydrogen in 14
directions which are close to the lines of sight of known bright stars against
which optical absorption studies had been done earlier.

e We achieved an optical depth limit of approximately 0.01, which is abont ten
times better than the previous attempts in this context.

¢ The angular separation between the line of sight to the star and the line of
sight to the radio source is also roughly two times smaller than in the earlier
study.

e In 5 out of the 14 directions we have detected HI absorption at (random)
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velocities in excess of 10 km s~1. To recall, in their attempt Rajagopal ef al
(1998a) did not detect absorption from these faster clouds.

As mentioned earlier, our selection criteria restricted background radio sources
to those with an angular separation from the star less than ~ 40’ (implying a linear
separation less than ~ 1 pc at half the distance to the star). In the previous 21cm ab-
sorption search (Rajagopal et al. 1998a) larger angular separations (implying linear
separations ~ 3 pc) were included in the sample. Qur survey is also considerably
more sensitive than that of Rajagopal ef al (1998a). Four out of the 14 directions
observed in this study — the fields containing the stars HD 175754, HD 199478,
HD 21278 and HD 37742 respectively — were previously studied by Rajagopal et
al. (1998a, 1998b). The rms optical depth levels achieved in their study in these
directions were 0.09, 0.21, 0.08 and 0.03, respectively. Whereas in our study, these
figures are 0.03, 0.015, 0.008 and 0.007, respectively. However, we too failed to
detect any HI absorption from the clouds in all these four directions. This is in-
triguing since the results of our study indicate that about 30% of the high random
velocity clouds are detectable (5 detections out of the 14 observed directions) at
the sensitivity levels reached in this study (757 ~ 0.01). For more than 50% of the
directions studied by Rajagopal et al. (1998a, 1998b), the rms optical depth level
was above 0.1. The mean value of peak optical depth for our detections is ~ 0.09.
Only one of the fields studied by Rajagopal ez al (1998a) had the sensitivity level
to detect this optical depth.

Earlier we recalled the conclusion by Blaauw (1952) viz. the distribution of
random velocities of clouds extended beyond ~ 80 km s~*. But this high velocity
tail seemed distinct from the rest of the distribution that was well fit by a gaussian
with a dispersion of ~ 5 km s~!. Indeed, Blaauw was careful to remark on this.
Later 21cm surveys of the Galaxy also yielded, as a byproduct, information about
the velocities of the interstellar clouds. Unlike in the optical absorption studies
towards relatively nearby stars (with good distance estimates), in the radio obser-
vation one did not have reliable distance estimates to the clouds and therefore one
could not correct for the Galactic differential rotation to derive a distribution of
random velocities. This was remedied by Radhakrishnan & Sarma (1980) who
analyzed the HI absorption spectrum towards the Galactic center, for in this par-
ticular direction the observed radial velocities of clouds could be unambiguously
attributed to random or peculiar velocities. Their analysis clearly showed that the
distribution of random velocities could be well fit with a gaussian with a dispersion
of 5 km s~1, in excellent agreement with Blaauw’s conclusion. Radhakrishnan
& Srinivasan (1980) while interpreting the analysis of Radhakrishnan & Sarma
{1980) suggested that whereas the narrow gaussian may represent the population
of strongly absorbing clouds, there is possible evidence for a second population
of weakly absorbing clouds, with a much larger velocity dispersion ~ 35 km s~ L.
The peak optical depth of this distinct population (if at all one could decompose
them into two population) was 0.3. Radhakrishnan & Srinivasan (1980) interpreted
these high velocity, low optical depth clouds as those that have been shocked by
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supernova remnants. The existence of a high velocity tail in the Galactic center
observation has however, remained controversial (see, for example Schwarz et al
1982 and Kulkarni & Fitch 1985). Not withstanding this, we wish to assume that
Radhakrishnan & Srinivasan (1980) were correct in their inference and ask if the
results reported in this paper are consistent with their findings. Let us elaborate on
this part. Given the statistics of clouds (the number of clouds per Kpc), and the long
path length to the Galactic center, the profile of 21cm optical depth as a function
of velocity can straightaway be interpreted as a velocity distribution of clouds. In
the present observations, on the other hand, one encounters only a couple of clouds
in any given line of sight. But it is worth asking if the optical depth of clouds we
have detected with particular velocities is consistent with the optical depth versus
velocity profile in the Galactic center observation.

The mean optical depth of our detections is 7 ~ 0.09, and the velocities ( |v| in
the LSR) of the absorption features fall in the range 13 to 26 km s—*. The distances
to the stars towards which these detections were made are between 14 and 476 pe,
implying a mean distance to the absorbing clouds > 250 pc. The HI optical depth
of the wide component discussed by Radhakrishnan & Srinivasan was ~ 0.25 in
the velocity range referred above. This value is, of course, for a path length of ~
8 Kpc to the Galactic center, and would translate to an equivalent optical depth of
~ 0.01 for a distance ~ 250 pc. Such an estimate may be unwarranted in view
of the uncertainties in the statistics of clouds. We merely wish to remark that the
detections reported in this paper are not inconsistent with the existing data towards
the Galactic center. As for the spin temperatures of the clouds we have detected in
absorption, a mean value ~ 70 K would suggest that there isn’t much difference
between the slower and faster clouds at least as far as their spin temperatures are
concerned. The tentative conclusion one can draw at this stage is that the much
smaller optical depths of the faster clouds might be solely due to their smaller col-
umn densities.
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Abstract. We present the results of a search for carbon recombina-
tion lines in the Galaxy at 34.5 MHz (C575a) made using the dipole
array at Gauribidanur near Bangalore. Observations made towards 32
directions resulted in detections of lines in absorption at nine posi-
tions. Followup observations at 328 MHz (C272a) using the Ooty
Radio Telescope detected these lines in emission. A VLA D-array
observation of one of the positions at 330 MHz yielded no detection
implying a lower limit of 10’ for the angular size of the line forming
region.

The longitude-velocity distribution of the observed carbon lines in-
dicate that the line forming regions are located mainly between 4 kpc
and 7 kpc from the Galactic centre. Combining our results with pub-
lished carbon recombination line data near 76 MHz (Erickson, Mc-
Connell & Anantharamaiah 1995), we obtain constraintson the physi-
cal parameters of the line forming regions. We find thatif the angular
size of the line forming regions is > 4°, then the range of parame-
ters that fit the data are: T, = 20 — 40 K, no ~ 0.1 — 0.3 cm~3and
pathlengths ~ 0.07 — 0.9 pc which may correspond to thin photo-
dissociated regions around molecular clowds. On the other hand, if
the line forming regions are ~ 2° in extent, then warmer gas (1.
~ 60 — 300 K) with lower electron densities (e ~ 0.03 —0.05 cm™%)
extending over several tens of parsecs along the line of sight and possi-
bly associated with atomic H1gas can fit the data. Based on the range
of derived parameters, we suggest that the carbon line regions are most
likely asscociated with photo-dissociation regions.

Key words:  Interstellar medium: clouds, lines, line profiles, radio
lines.
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1. Introduction

Radio recombination lines have been extensively used to investigate the ionized
component of the interstellar medium. Recombination lines of hydrogen, helivm
and carbon have been unambiguously identified in the spectra obtained towards
Huo regions. Since the ionization potentials of hydrogen (13.6 eV) and helium
(24.4 eV) are relatively high, these elements are ionized by the strong UV radiation
in the vicinity of O and B stars. Therefore radio recombination lines of H & He
generally trace hot ionized regions (I, ~ 5000-10000 K). On the other hand, the
first and second ionization potential of the fourth most abundant element, carbon
are 11.4 ¢V and ~ 24 V. Carbon is likely to be doubly-ionized inside the Hn
regions. However, lower energy photons (E < 13.6 eV) which escape from the
Hu regions can singly-ionize carbon both in the immediate vicinity of the Hu
region (if the HI region is ionization bounded) as well as in the interstellar clouds
which may be farther away. In these regions where hydrogen, heliom and oxygen
are largely neutral and where carbon and few other elements with lower ionization
potential {e.g. suiphur) are singly ionized, the temperatures are likely to be much
lower i.e. less than a few hundred K. Radio recombination lines of singly-ionized
carbon, thus, generally trace cooler regions of the interstellar medivim.

The Co regions detectable in recombination lines can be categorized into two
types. The first type are the ionized-carbon regions which occur in the immediate
vicinity of some bright Hn regions such as W3 and NGC 2024. We shall refer
to such regions as classical Cx regions since these are carbon Stromgren spheres
around a central star. Carbon recombination lines were first detected from such
classical Cu regions by Palmer et al.(1967) at a frequency of ~ 5 GHz and have
subsequently been studied at » > 1 GHz towards many H1 regions using both
single dishes and interferometers (e.g. Pankonin et al, 1977, van Gorkom et al. 1980,
Roelfsema et 1987, Onello & Phillips 1995, Kantharia et @l 1998a). Carbon
recombination lines from classical C1i regions are narrow (4 — 10 kms™! ) and are
sometimes comparable in strength to the hydrogen recombination line observed
from the associated hot Hir region. Both the narrow width and intensity of the line
suggest that the carbon line originates in a cooler (< few hundred K) region where
stimulated emission of the background continuum is likely to cause enhanced line
emission. Classical C1 regions are generally observed in carbon recombination
lines at frequencies i > 1 GHz. To our knowledge no carbon recombination line
from classical Cir regions has been detected below 1 GHz.

A second class of Cn regions, which we will refer to as diffuse C regions,
and which this paper is mainly concerned with, were discovered by Konovalenko &
Sodin (1980). Using the UTR-2 low-frequency radio telescope in Ukraine, Kono-
valenko & Sodin (1980) observed an absorption line at 26.13 MHz in the direction
of the strong radio scurce Cas A. This low-frequency absorption feature was later
correctly identified by Blake, Crutcher & Watson (1980) as the C631a recombina-
tion line arising in a region at a temperature of ~ 50 K and electron density ~ 0.1
cm™3. The region was tentatively identified with the diffuse neutral Hiclouds in
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the Perseus arm. Since then, the direction of Cas A has been observed in recombi-
nation lines of carbon at frequencies ranging from 14 MHz to 1420 MHz ( Payne
et al.1989, Payne et al.1994 and the references therein). The most recent results
(Kantharia et al.1998b) suggest that the diffuse C1r region in the Perseus arm to-
wards Cas A could be at a temperature of ~75 K with an electron density of ~0.02
cm~3, which supports the identification of these regions with neutral Hiclouds.
Interferometric observations of the spatial distribution of the C272¢ carbon line
(near 332 MHz) over the face of Cas A also supports this association ( Ananthara-
maiah et al.1994, Kantharia et al.1998b). The low-frequency recombination lines
from diffuse C1 region towards Cas A exhibit inferesting characteristics. The lines
which are in absorption below 150 MHz turnover into emission above 200 MHz.
Moreover, the width of the lines increase dramatically towards lower frequencies
because of pressure and radiation broadening: The variation of line strength and
line width with frequency are important diagnostics of the physical conditions in
the line forming regions.

If the diffuse CI regions which are detected in low-frequency recombination
lines of carbon towards Cas A are associated with the neutral Hi component of the
interstellar medium, then it may be expected that such low-frequency lines are a
widespread phenomenon. Detections have indeed been made in several other di-
rections. Carbon recombination lines were detected in absorption near 25 MHz
from the directions of G75.0+0.0 & NGC 2024 by Konovalenko (1984a) and to-
wards L1407, DR21 & S140 by Golynkin & Konovalenko (1991). Anantharamaiah
et al.(1988) detected absorption lines near 75 MHz towards M16 and the Galactic
Center. With hindsight, it now appears that the carbon lines detected in emission
near 327 MHz using the Ooty Radio Telescope towards 14 directions in the galactic
plane by Anantharamaiah (1985) belong to this category. The first major fruitful
search for low-frequency recombination lines of carbon was conducted by Erick-
son et al.{1995) at 76 MHz using the Parkes radio telescope in Australia. Absorp-
tion lines of carbon were detected from all the observed positions with longitudes
< 20° in the Galactic plane. These observations showed that diffuse Cu regions
are a common phenomenon in the inner Galaxy.

In this paper, we present observations of recombination lines of carbon around
34.5 MHz made using the low-frequency dipole array at Gauribidanur (which is
near Bangalore, India) and around 328 MHz made using the Ooty Radio Telescope
(ORT). Out of the 32 directions, most of them in the galactic plane, that were
searched at 34.5 MHz, lines were detected in absorption towards nine directions.
At 327 MHz, twelve positions were observed and lines were detected in emission
towards seven of these. Six of the detected lines are common to 34.5 MHz and 328
MHz. To obtain an estimate of the size of the line-forming region, observations
were made with two angular resolutions (~ 2° x 2° and ~ 2° x 6') using the ORT.
We also followed up one of the detections with observations near 332 MHz vsing
the D-Configuration of the Very Large Array. All the six directions towards which
lines were detected here at 34.5 MHz and 328 MHz, have also been detected at 76
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MHz by Erickson et al.(1995). In this paper, we combine the results at these three
frequencies to constrain the nature of the line forming region.

This paper is organized as follows. In Section 2, the observations at 34.5 MHz
using the Gauribidanur dipole atray, at 327 MHz using the Ooty Radio Telescope
and at 332 MHz using the Very Large Array are described and the results are pre-
sented. In Section 3, we obtain constraints on the sizes of the line forming regions
using line ratios observed with different angular resolutions. The probable location
of the line forming region in the galactic disk is constrained using an { — v diagram
of the observed lines. In Section 3, we also derive constraints on the combination
of electron density, temperature and radiation field surrounding the line forming
region using the variation of line width with frequency. Section 4 is devoted to
modelling the line forming region by fitting the observed variation of integrated
optical depth with frequency. In Section 5, the results of modelling are discussed
in the light of what we know about the interstellar medium. Finally the paper is
summarized in Section 6.

2. Observations and Resulis

2.1  Gauribidanur observations near 34.5 MHz

The low-frequency dipole array at Gauribidanur which operates near 34.5 MHz
{Deshpande et al. 1989 and references therein) was used during July —Qctober 19935
to observe several a.—transitions (An = 1) with principal quantum numbers rang-
ing from n = 570 to 580. The Gauribidanur radio telescope is a meridian transit
instrument consisting of 1000 broadband dipoles arranged in a T-shaped configura-
tion. The East-West (EW) arm consists of 640 dipoles, distributed over a distance
of 1.38km whereas the North-South arm extends southwards from the centre of the
EW arm and consists of 360 dipoles laid over a distance of 0.45 km. The present
set of observations were carried out using the EW arm in total power mode, which
gave an angular resolution of ~ 21’ x 25° (o % §) at zenith. The effective collecting
area of the EW arm is 16032 (A=8.67 m).

The Gauribidanur telescope has limited tracking facility (Deshpande ¢t al. 1989)
which enables the array to track a source with declination 4, for a period of 40secd
minutes about its transit time. Since these low-frequency recombination lings are
weak, each position would have required several weeks of observations with the
Gauribidanur telescope to reach the desired sensitivity. In order to reduce the to-
tal duration of the observations, we employed a multi-line receiver in which eight
different transitions with An = 1 near n = 575 were observed simultaneously
and the spectra averaged. The details of the muiti-line receiver and the observing
procedure have been described in Kantharia ef al.(1998b).

The data collected were carefully examined and all those affected by interfer-
ence were removed. The final spectrum was obtained by averaging all the observed
transitions. The spectra are hanning smoothed and therefore have a resolution of
0.5 kHz. The total bandwidth is 32 kHz (~ 250 ks~ ).
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Table 1. List of sources that were searched for carbon radio recombination lines at 34.5
MHz.

Position (1950)  6(1950) Central Vel A’I%,? Effective
setting int time
bhmmss °'/ kms™!  x10"%  hours
G342+00 165034 -433738 -20.0 0.35 63.5
G352+00 172147 -353725 -20.0 0.20 95.3
GO00+00 174227 -285500 0.0 0.20 58.7
GO5+00 175400 -2437359 0.0 0.23 703
G10+00 180447 -201751 0.0 0.20 01.3
G14+00 181259 -164800 20.0 0.22 55.0
G16.5+00 181757 -143618 25.0 0.22 68.3
G25+00 183412 70551 45.0 0.23 78.3
G45.2+00 191144 104850 20.0 0.23 45.8
G50+00 0192102 150241 250 0.27 108.0
G55+00 193108 192532 25.0 0.23 50.7
G63+00 194831 262112 20.0 0.19 72.0
G75+00 201902 362646 0.0 0.15 188.0
G81+00 203717 411658 250 0.31 114.0
G&5+00 202308 212205 250 0.34 41.7
G97+00 214221 525610 -20.0 0.29 91.5
G99+00 215247 541159 -20.0 0.33 169.5
G100+00 215815 544834 -20.0 0.20 1783
G125+00 010622 623158 -20.0 0.37 88.8
G130+00 014845 614714 -20.0 037 - 1285
G145+00 033408 552412 -20.0 0.37 100.0
S 140 221736 630400 -20.0 (.39 24.3
DR 21 203713 420900 0.0 0.35 28.3
Orion 053248 -052700 0.0 0.54 19.7
CygmusLoop 204930 295000  25.0 0.16  99.8
Cygnus A 195745 403600 0.0 0.23 62.3
W3 022150 615320 -50.0 0.39 238.8
W49 190851 090227 60.0 0.46 429
Wi1 192017 140201 50.0 0.20 69.0
G203.1+2.1 063817 094320 8.0 0.5 12.0
G224.6-2.4 070156 -112355 15.0 0.22 49.1

Rosette Nebula 062918 045700 0.0 0.34 375
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We observed 32 positions, most of these being in the Galactic plane. Table
1 gives the observational parameters. The observable positions were limited by
the trangit nature of the Gauribidanor telescope. Within the declination range ac-
cessible to the Gauribidanur telescope (—45° to 75°), the selection of positions
was determined partly by the strong Galactic background in the inner Galaxy and
partly by the positive results of other low-frequency observations ( Konovalenko
1984a, Anantharamaiah 1985, Golynkin & Konovalenko 1991). Carbon recombi-
nation lines were detected in absorption from nine of these directions. At such high
quantum levels, collisions thermalize the level populations and since the brightness
temperature of the non-thermal background radiation field is much higher than the
temperature of the thermal gas, the lines appear in absorption. The spectra obtained
towards nine of the directions are shown in Fig. 1. The results from a high signal-
to-noise ratio spectrum obtained towards Cas A have been presented in a separate
publication (Kantharia et al. 1998b). The peak line-to-continuum ratios observed
towards the nine directions shown in Fig. 1 are of the order of a few times 104,
Gaussians were fitted to the detected spectra and the parameters are listed in Table
2. No lines were detected from the other positions to a 5o limit of 5.0 X 10~%. In
almost all the cases, only a linear baseline had to be removed to obtain the final
spectra.

A relatively strong absorption line of carbon was detected from the direction
of the Galactic centre (G0O + 00) as shown in Fig. 1. Carbon recombination lines
have been observed from this direction in absorption at 76 MHz ( Anantharamaiah
et al. 1988, Erickson et al.1995), 42 MHz ( Smirnov et al. 1996) and in emission
at 408 MHz ( Pedlar et al.1978) and 328 MHz ( Anantharamaiah 1985, Roshi &
Anantharamaiah 1997).

Carbon lines were detected from all the six observed directions in the inner
galactic plane ({ = 352°—17°). This result is similar to that of Erickson ez al.(1995)
who detected carbon recombination lines near 76 MHz from all their observed po-
sitions in the longitude range 342° to 20°. We also detected lines near 34.5 MHz
from DR 21, G63+00 and G75+00. The lines detected are either at positive veloc-
ities or close to 0 kms™! . The line-to-contintum ratios of these lines range from
a few times 107 to 1072 and the width-integrated line-to-continuum ratio ranges
from 1.5 to 4 s~1. The lines have widely varying widths with the narrowest lines
(~ 19 kms™! ) occurring towards DR 21 and the broadest lines (~ 54 kms™1)
towards G14+00. Erickson et al.(1995) have also observed line widths (near 76
MHz) ranging from 5 kms™! to 47 kms™! .

The carbon line observed towards G10+00 appears to be composed of two com-
ponents. Parameters derived from a double component Gaussian fit to this profile
are listed in Table 2. A similar trend is also seen in the profiles towards G05+00
and G14+00. However, the signal-to-noise is not adequate for a double component
fit.

The rms noise and the effective integration time on the spectra with no de-
tection are listed in Table 1. The spectra were smoothed to a spectral resolution
corresponding to a typical line width (~ 20 kms™! ) and the spectra were again
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Figure 1. Carbon recombination lines detected near 34.5 MHz (n ~ 575). The smooth
curve superposed on the observed spectrum is the Gaussian fit to the line profile.

examined for the presence of a spectral feature. A few of the spectra seem to sug-
gest the presence of a weak signal e.g., G342+00, G55+00 and G99+00. However
further observations are required to confirm these.

2.2 Qoty observations near 328 MHz

The observations with the ORT (Swarup et al.1971) were carried out in two ses-
sions: March—April 1995 and October 1995. The ORT is a 30mx530m (EW X
NS) parabolic cylinder with an equatorial mount. The length of the telescope along
the NS is divided into 11 north and 11 south modules. Since the main aim of these
observations was to search for the emission counterpart of the carbon lines seen at
34.5 MHz, a subset of the positions observed at 34.5 MHz were observed with the
ORT. Since the size of the carbon line-forming regions is not known, we undertook
observations in two modes of operation of the ORT which yielded two different
angular resolutions (~ 2° x 6’ and ~ 2° x 2° at zenith).

In the first mode, 12 positions were observed with the resolution of the entire
telescope (i.e. ~ 2° x 6') whereas in the second mode, 10 of these positions were
investigated with the resolution of a single module (i.e. ~ 2° x 2°). The telescope
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Table 2. Parameters of the lines detected at 34.5 MHz. AV is the FWHM. The quoted
uncertainties are lo.

No. Source Ti/Tsys Vier AV *%::z Trms/ Tsys
x 103 kms™! kms™! g1 x10-3

1 G352+40 —0.65(0.07) —1.2(1.8) 34.8(26) -3.3(0.3) 021
2 GO0+00 —1.16(0.09) 5.3(0.8) 20.5(1.1) -3.5(0.3)  0.21
3 GO5+00 —0.74(0.10) 10.2(1.4) 21.2(2.0) —2.3(0.3)  0.26
4 G10+00 —0.81(0.08) 14.3(1.7) 37.5(25) —4.3(0.2) 029
42 GI10+00 —0.93(0.10) 9.6(L5) 24.9(2.3) -4.7(0.4)  0.28
—0.47(0.11)  40.2(2.6) 18.4(3.7)
5 GI4+00 —0.66(0.07) 37.8(2.7) 54.0(3.8) -5.1(0.4) 022
6 G165+0 —0.59(0.07) 26.4(2.0) 32.8(2.8) —2.8(0.3)  0.22
7 G63+00 —0.42(0.06) 36.2(3.2) 46.0(4.5) —2.8(0.4) 021
8 G75+00 —0.40(0.05) 6.9(1.8) 27.1(2.6) —1.5(0.2)  0.I8

9 DR21  -0.74(0.13) 4.5(1.6) 18.8(22) —2.0(0.3) 026

was used in the total power mode and each position was observed for at least 6
hours, In the higher resolution mode, data are collected simultaneously from two
beams (which are labelled beams 5 and 7), separated by 6.6’ in declination. Four
successive recombination line transitions (C270« to C273«;) were observed simul-
taneously from both the beams using a dual 4-line receiver developed for Galactic
recombination line observations (Roshi & Anantharamaiah 2000). The four transi-
tions were averaged to get the final spectra, which on the average have an effective
integration time ~ 30 hours. A spectral resolution of 2.1 kms ™! was obtained for
each band after hanning smoothing. All the lines were detected in emission.

Table 3 shows the observational parameters. On the average, the rms noise on
the spectra obtained using the full ORT was Typys/Tgys ~ 2 X 10~4 and on the
spectra obtained using a single module Tyms/Tsys ~ 1.5 x 1074,

Totally, 12 positions (see Table 3) were observed near 328 MHz with the ORT.
At the higher resolution, lines were detected from seven of these directions whereas
in the low-resolution observations, lines were detected from six directions. The line
profiles are shown in Fig 2.

The observed spectra were modelled by Gaussian profiles and the parameters
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Table 3. Positions searched for carbon recombination lines at 328 MHz using the ORT.

Full Telescope  Single Module
Source a(1950)  §(1950) T—r; teir ’;—m tes
hh mm ss o 1073 hrs 1072 hrs
G355+00 172954 -330801 019 29.0 0.13 347
GO00+00 174227 -285500 0.16 230 0.11 345
G05+00 175400 -243759 0.15 205 013 344
G10+00 180447 -201751 017 257 013 371
G14+00 181259 -164800 020 193 019 20.1
Gi16.5+00 181757 -143618 0.19 339 015 312
G30+00 184329 -023948 026 160 - -
G50+00 192102 150241 - - 0.17 282
G62+00 194615 252940 019 261 015 339
W45 190851 090227 020 207 017 429
W51 192017 140201 020 145 015 265
G75+00 201902 362646 020 307 - -
NGC2024 053911 -015550 020 145 - -

are listed in Table 4. The carbon lines detected in the Galactic plane are broader
(AV > 20 kms~!) and weaker as compared to those detected towards Cas A
(Payne et al.1989) at this frequency. The lines detected using the full ORT and
using the single module had comparable strengths as is evident in Fig 2. No car-
bon line was detected towards other directions and the rms noise on the spectra are
listed in Table 3.

2.3 VLA observations at 332 MHz

Observations made with the ORT with two different angular resolutions, provided
some preliminary information regarding the angular size of the line-forming re-
gion. To obtain constraints on the possible clumpiness of the line-forming gas, we
used the VLA to observe the carbon line emission near 332 MHz (270¢) towards
one of the positions in the Galactic plane which was detected with the ORT. The
direction towards Galactic longitude 14° in the Galactic plane was observed for
4.5 hours in June 1995 using the D-configuration of the VLA. Details of this ob-
servation are given in Table 5. An amplitude calibrator was observed at the start
of the observations. The phase calibrator which was also used for bandpass cali-
bration, was observed once every 30 minutes. The four-IF mode of the correlator
which consisted of two circular polarisations (Stokes RR and Stokes LL) and two
IF frequencies, was used. Two recombination line transitions (270c & 271¢) were
observed simultaneously.
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Table 4. Parameters of the carbon lines observed with the ORT. AV is the FWHM of the
line, The numbers in the brackets are the 1o unceriainty.

Source T / Tsys Visr AV JTTS:V
x107®  kms!  kms! s~

ORT Beam 7
G355+0  0.2(0.02) -17.6(3.0) 45.0(7.1) 10.5(2.5)
G00+00  0.65(0.07) -34(0.5) 18.7(L1) 14.2(2.6)
GOS+00  0.4(0.03) 10.7(0.8) 24.2(1.9) 11.1(1.0)
G10+00  0.3(0.02) 20.1(1.3) 32.83.0) 11.1(1.2)
G14+00  03(0.02) 27.7(L0) 31.92.3) 10.9(0.9)
G165+0  0.2(0.02) 32.7(23) 39.153) 9.1(2.3)

G30+00 <0.15 - 6.2 <11
W49 0.3(0.06) 42.2(1.5) 30.73.6) 10.7(2.4)
W51 <0.12 - 6.2 <11
G62+00 < 0.14 - 6.2 <12
G75+00 <0.12 - 6.2 <11
NGC2024 < 0.11 - 6.2 <1l

ORT Beam 5
G355+0 0.2¢0.04) -8.8(1.9) 21944 5.1(2.5
GO0+00 0.61(0.07) -4.1(0.5) 20.6(1.1) 14.8(1.8)
GO5+00 0.5(0.03) 12.3(0.6) 19.0(1.4) 10.9(0.%9)
G10+00 0.4(0.02) 20.3(0.8) 299200 13.7(1.1D)
G14+-00 0.5(0.06) 24.6(1.7) 32.7(3.9) 18.8(1.2)
G16.5+0 0.45(0.1) 20.3(1.4) 11.4(33) 6.5(0.8)

G30+00 < 0.20 - 6.2 <15

W49 < 0.17 - 6.2 <1.2

W51 < 0.14 - 6.2 <1.2

G62+00 < 0.13 - 6.2 < 1.1

G75+00 < 0.19 - 6.2 <14

NGC2024 < 0.11 - 6.2 <11
ORT Single Module

G355+0  0.3(0.02) 0.8(0.7) 20.1(L.7)  6.9(0.D
GO0+00  0.43(0.05) 0.5(0.6) 27.0(1.5) 13.5(1.8)
GO5+00  0.52(0.02) 8.2(04) 162(0.9) 9.8(0.6)
G10+00  026(0.02) 21.7(12) 363(2.9) 10.7(1.0)
G14+00  02(0.04) 36537 54.6(8.7) 12.7(4.1)
G165+0  0.48(0.07) 20.0(0.8) 12.72.0) 7.0(0.6)
W49 <0.10 - 6.2 < 1.0
G50+00  0.2(0.02) 50.5(1.9) 35.4(4.6) 8.3(2.5)
G62+00 <042 ] 8.0 <3.7
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Figure 2. Spectra of carbon lines detected near 327 MHz using beam 5 and beam 7 of the
full ORT and using a single module of the ORT are shown. In each frame, the lowermost
spectrum is from beam 5 and uppermost is from a single module. These two specira are
offset along the y-axis from their zero-position. The vertical scale applies to all these
spectra. The jagged line is the observed spectrum and the smooth line superposed on it is
the Gaussian fit to the profile.

The UV data were processed using the standard procedures in the Astronomi-
cal Image Processing System (AIPS) developed by NRAO. The continuum image
was generated by averaging the visibilities in the central three-quarters of the band.
Natural weighting of the data gave a beam size of 5.4" x 3.5’ with PA.= 1.5°. A
line cube was obtained by Fourier transforming the residual visibilities after sub-
tracting the continuum. To obtain the maximum possible signal-to-noise ratio, nat-
ural weighting was applied to the visibilities. Although we aimed at achieving an
rms noise of 7-8 mJy/beam in the line images, severe problems due to interference
forced us to discard more than 50 % of the data. The rms noise on the line images
that we finally obtained was 25 mJy/beam.

The 2° field centred on ] = 14°,b = (° which was imaged using the VLA at
332 MHz is shown in Fig. 3 (a). The rms noise in the image is 150 mlJy/beam.
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Table 5. Parameters of VLA observations.

Field Centre: o(1950) 18812mK9s
0(1950) —16°48'03"
Observing Epoch June 1995
Duration of Observations 4.5 hours
Observed Transitions 270¢, 271
Rest Frequencies (Carbon) 332.419 MHz
328.76 MHz
Primary Beam 150°
Shortest spacing 0.035 km
Longest spacing 1.03 km
Observing Mode 4IF
Total bandwidth 781 kHz
(693 kms~1)
Number of Channels 64
Frequency Resolution 12.207 kHz
Velocity Resolution 11 kms™~!
Amplitude Calibrator 3C286
Phase Calibrator 1827-360
Bandpass Calibrator 1827-360
Synthesized beam 321.47x209”
(natural weighting)
Rms noise, line 25 mly/beam
Rms noise, continuum 150 mJy/beam

M17 (the bright source at the bottom-left corner of the image), a Ho region, is
the brightest source in the 2° field with a peak brightness of 40 Jy/beam. The
central regions of this nebula are optically thick at low frequencies. The observed
brightness temperature at 330 MHz indicates an electron temperature of 7885 °K
for the peak emission of M17. which is comparable to the value 8000 K obtained
by Subrahmanyan & Goss (1996). Counterparts of other features in Fig. 3 (a) are
identifiable on the 5 GHz (Altenhoff ef ¢l.1979) and 2.7 GHz (Reich ez al. 1990)
continuuIin maps.

The line images showed no emission to a 3¢ limit of 75 mJy beam~!. In Fig.
3 (b}, the line emission integrated over the ORT beam and divided by the integrated
continnum flux (19 Jy) is shown. No line emission is seen in the spectrum and the
upper limit on the line-to-continuum ratio of carbon and hydrogen lines is 7.8 x
1073 (30 limit). This upper limit is consistent with the ORT results. The VLA
observations place a lower limit of 10’ on the size of ‘clumps’, if any, in the ORT
beam. This inference follows from a comparison of the results by Anantharamaiah
(1985) who detected the C272¢ line with a peak flux of 160 mJy using a 2° x 6’
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beam and the 3o detection limit of 75 ml]y obtained from the present VLA data
with a beam of 5.4’ x 3.5’

3. Constraints on the physical properties of the carbon line regions

3.1  Angular size of the line forming regions

Since the interpretation of the observed recombination lines, in terms of the physi-
cal properties of the gas in which they arise, depends sensitively on the fraction of
the beam that is filled by the thermal gas, it is necessary to obtain a preliminary idea
of its angular distribution. Qur observations have been made at different anguiar
resolutions ranging from 21’ x 25° at 34.5 MHz to 2° x 2° at 328 MHz and we
also make use of the line data at 76 MHz ( Erickson er al. 1993) with a resolution of
4° % 4°. Unless the line radiation fills the beam or the distribution of the continuum
intensity is highly concentrated and dotninates the system temperature (e.g. Cas A),
beam dilution effects will be significant, and the actual line optical depths will be
very ditferent from the apparent (observed) optical depths. Comparison of the line-
to~-continuum ratios integrated over the width, observed with the two different an-
gular resolutions at 328 MHz (see Table 4) shows that, within the errors, the two
ratios are almost equal for most of the positions. This equality indicates that the
angular extent of the cloud giving rise to these lines in the inner Galaxy is > 2°
for most lines of sight. However, the possibility that the line-forming regions are
made of a number of nearly uniformly distributed clumps within the field of view is
not ruled out by the ORT observations. The VLA observations have placed a lower
limit of 10’ on the size of ‘clumps’, if any, in the ORT beam.

From their observation of carbon lines near 76 MHz as a function of Galactic
latitude, Erickson er al.(1995) concluded that the angular extent of the carbon line-
forming regions in the inner Galaxy must be approximately 4°. Very low-frequency
{near 25 MHz) observation towards ! = 75° in the Galactic plane ( Konovalenko
1984a) has also indicated that the carbon line-producing region is > 4° in extent.

Thus, from the existing observational data on low-frequency carbon recombi-
nation lines, it appears that the ionized carbon gas is distributed in form of clouds
or clumps with individual sizes > 10/ and with an overall extent of at least a few
degrees.

3.2 Constraints from the observed line widths

One notable difference between the carbon lines observed towards Cas A and the
lines observed from positions in the Galactic plane is the width of the lines (Table
6). While the lines detected towards Cas A (last row of Table 6) are seen to broaden
with increase in quantum number, which is a clear indication of pressure & radi-
ation broadening, no such trend is seen in the lines observed from the Galactic
plane.

The lack of n—dependent line broadening towards the Galactic plane seems to
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Table 6. Widths of carbon recombination lines observed at different frequencies.

n~686 n~575 n~443 n~271
Position 25 MHz 345 MHz 76 MHz 328 MHz

kms™1 kms—! kms~? kms™!
G352+0 - 36.4(3.6) 11(1) 20.1(1.7)

(G355+00)
GO00+00 - 20.5(1.2) 24(1) 27.0(1.5)
G05+00 - 21.0(2.5) 25(4) 16.2(0.9)
(G06+00)

G10+00 - 37.0(3.2) 26(2) 36.3(2.9)
G14+00 - 56.0(4.5) (3) 54.6(8.7)
G16.5+0 - 32.6(3.4) 47(4) 12.7(2)
G63+00 - 45.9(4.4) - -
G75+00 15(0.9)! 24.4(2.8) - -
DR21 42(12)2  18.5(2.7) - -

Cas A 71.9(16.4)% 26.0(3.1) 6.7(0.4)*  5.0(0.5)
! From Konovalenko (1984a).
2 From Golynkin & Konovalenko (1991).
2 From Konovalenko (1984b).
4 From PAES9.

indicate that lower electron densities and weaker ambient radiation fields prevail
here compared to those in front of Cas A. However, the observed widths (> 20
kms™—' ) of the lines from the Galactic plane cannot be explained by thermal mo-
tions and micro-turbulence (~ few kms™! ) in the cool clouds. We suggest that
the lines are broadened by the systematic motions owing to differential Galactic
rotation and hence lack an n—dependence.

Since pressure (AVp) and radiation (AVg) broadenings are expected to be
maximum at 34.5 MHz, the line widths at this frequency can be used to derive
upper limits on the electron density and the ambient radiation field. We used Equa-
tions (1) and (2) from the paper by Shaver (1975) for deriving the limits which are
listed in Table 7; and we reproduce them below for ready reference

26 \ nen®? cf{kms™*)
AVp =2x 1078 - e kms™!
Ve x 10 emp( Telfg) TI5 o /(RE?) ms ()
-1
AVg =8 x 1072 W, Tg 100 n°8 oflkms™) gt @)

v/ (kHz)

where AVp and AVy are the FWHM due to pressure and radiation broadening
(kms™1), Ty is the electron temperature (K), n, is the electron density (cm™2), n
is the quantum number, ¢ is the velocity of light (kms™!), v is the frequency (kHz),
W, is the dilution factor, T’ 100 is the radiation temperature (K) at 100 MHz.
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Table 7. Upper limits on the electron density and radiation temperature (at 100 MHz) from
the observations at 34.5 MHz.

Position AV s Mg maz TI%,IOD,ma:c Tho AV e
kms™! cm™3 K K kms™?!
G352+00 364(3.6) 1.21(0.12) 5160(510) 3460 24.4
GO0+00  20.5(1.2) 0.68(0.04) 2906(170) 5030 355
G05+00  21.02.5) 0.7(0.08) 2977(354) 5030 355
G10+00  37.0(3.2) 1.23(0.11) 5245(454) 5660 40.0
G14+00  56.0(4.5) 1.86(0.15) 7938(638) 5660 40.0
G16.5+0 32.6(3.4) 1.08(0.11) 4621(482) 5030 355
G63+00 459(44) 151(0.15) 6507(624) 2830  20.0
G75+00 24.4(2.8) 0.81(0.09) 3459(370) 2830 20.0
DRZ1 18.5(2.7y 0.61(0.09) 2622(383) 2680 19.0

! Upper limit derived from the observed line width at 34.5 MHz and using T, = 20 K and
W, =1

2 Averaged value over the Gauribidanur beam of 25° obtained from the continuum map
at 34.5 MHz (Dwarakanath 1989) and extrapolated to 100 MHz using a spectral index
a=2.6whereTs xx ™%

3 Bxpected line broadening at 34.5 MHz due to Tr1go noted in column 6 and assuming
W, =1.

The widths listed in Table 7 were calculated assuming that the entire width
is due to either of the broadening mechanisms. The upper limits on the electron
density in the medium were calculated for a nebula at 20 K.

The insignificant contribution of pressure and radiation broadening to the line
width at 34.5 MHz indicates that the actual electron densities and radiation fields
are much smaller than those listed in columnns 4 and 5 of Table 7. Furthermore, the
electron density decreases if the kinetic temperature is increased e.g. the values of
n,e noted in column 4 will decrease by a factor of ~ 4 if T, increased to 75 K. The
derived upper limit for the radiation temperature in the Table assumes a dilution
factor of unity which implies that the absorbing cloud is isotropically iHuminated
by the non-thermal radiation field. The actual radiation temperature seen by the
cloud could be equal to or less than the values listed in column 6, which were
obtained from the 26’ x 42 continuum map of Dwarakanath (1989) at 34.5 MHz.
The widths of the carbon lines near 34.5 MHz as predicted by this radiation field
are listed in column 7.

The limits listed in Table 7 are useful because they define the absolute bound-
aries of the parameter space that we use for modelling the observed recombination
lines.
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Figure 4. The Longitude-Velocity diagram of the carbon recombination lines at
34.5 MHz(circles) and 328 MHz(squares) from the Galactic plane. The horizontal lines
about each point represent the observed widths of the lines. The solid line shows the varia-
tion of the radial velocity with longitude for a cloud placed at a Galactocentric distance of
7.5 kpc whereas the dashed line shows the expected 1-v plot for a cloud at a distance of 4
kpe. These are obtained using the Galactic rotation model of Burton (1988).

3.3 Longitude-Velocity diagram

The 1-v diagram for the carbon recombination lines observed at 34.5 and 328 MHz
is shown in Fig. 4. The Galactic rotation model by Burton (1988) has been used.
The kinematic nature displayed by gas at Galactocentric distances of 7.5 kpc (solid
line) and 4 kpc (dashed line) is also shown in the figure.

All the observed points with [ > 0° lie between 4 and 7.5 kpc. This range coin-
cides with the regions observed to be rich in molecular clouds ( Scoville & Solomon
1975), H166a emission ( Lockman 1976) and strong Hu regions (Downes ef
al.1980). Broad lines of Hi1emisston (Burton 1988) and absorption (Garwood &
Dickey 1989), 2CO (Bania 1977), H166« { Lockman 1976) and [Cur ] 158 um
(Mizutani et al.1994) emission are observed towards the Galactic centre. These
broad (> 100 kms™! ) lines are due to non-circular motions near the Galactic cen-
tre. However, the low-frequency carbon recombination lines observed by us are
relatively narrow (~ 20 kms™! ). The hydrogen recombination lines near 327 MHz
observed by Anantharamaiah (1985) and Roshi & Anantharamaiah (1997) are also
relatively narrow. Excluding the Galactic centre direction, the I-v distribution of
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the carbon lines that we observe resembles that traced by Hiabsorption, diffuse
Huo (Lockman ef al.1996) and 12CO (except for the features due to the 3 kpc arm).
Erickson ef al.(1995) have a more continucus sampling of carbon lines near 76
MHz (n ~ 445) in the inner Galaxy and they also find that the gas responsible for
the lines lies between galactocentric distances of 5 and 8 kpc. With the available
data, we can only say that the gas giving rise to carbon lines in the inner Galaxy
is likely to be distributed between galactocentric distances of 4 and 8 kpc and is
likely to be associated with either the cold H1gas, or the molecular gas or the Hix
regions. From the similarity of the ] — v distributions of the emission lines observed
near 328 MHz and the absorption lines detected near 34.5 MHz and 76 MHz from
the inner Galaxy (I < 17°), we assume that all these lines arise in the same ionized
carbon gas.

3.4 Origin of carbon lines in cold, neutral gas

Although the widths of the observed lines do not rule out an origin in classical Hi
regions, the low electron densities (previous section) and the absence of hydrogen
recombination lines at low frequencies rule out such an origin. Hence, the lines are
most likely associated with cold gas where only carbon is ionized. The possibili-
ties are either the atomic H1 gas (the cold nentral medium), the molecular gas or the
low-excitation photodissociation regions in the interstellar medium. Interpretation
of low-frequency recombination lines observed towards the direction of Cas A has
shown that these lines are most likely to be associated with atomic Higas. How-
ever, the different pressure and radiation broadening seen in the low-frequency lines
observed from Cas A and the Galactic plane suggests that detectable low-frequency
lines may arise in regions with a range of physical properties. In a review paper,
Sorochenko (1996) discusses Cas A and other such directions towards which car-
bon lines have been detected and concludes that Cu regions are formed on the
surface of molecular clouds exposed to external ionizing UV radiation either close
to H1u regions or around isolated molecular clouds.

4. Modelling the line-forming regions

4.1  Assumptions of the model

We assurmed a cloud of vniform density n. , temperature T, and emission mea-
sure EM illuminated by a non-thermal radiation field characterized by a brightness
temperature Tr1gg at 100 MHz. Although this is a simplified model and the real
cloud is likely to contain density condensations, it can be used to derive the average
properties of the medium under consideration. The solution of the radiative transfer
equation is (Shaver 1975):
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Ty =T, [e (T —1)] + T [(bi?thT—c) (1—e ™)~ (1—e7™)].
c
3)

In Equation (3), T; is the line temperature, 7 is the background temperature,
T is the electron temperature, 7. is the continuum optical depth at the given fre-
quency, 7;° is the LTE line optical depth, 7; is the non-LTE line optical depth and
by, and 3, are the departure coefficients which measure the deviation of the level
populations from LTE values. Further simplifying assumptions which approximate
the real system are made. At low frequencies, the lines are sensitive to tenuous,
cool nebulae e T, << T,. Since 7,7y << 1 at these frequencies, the second
term in the above equation is much smaller than the first term and can be neglected.
Hence, the line temperature can be expressed under these conditions as:.

=T [e_n (e~ obn 1’)] , @
Since T = T e77¢ and 7. << 1, the line-to-continuum ratio can be approximated
as

T

7 = ~bafari = -7, 5)

The departure coefficients b, and 3, quantify the non-LTE effects influencing the
level populations. The true population of a level n is given as Ny, = b, N, where
N is the expected LTE population. 8, = 1 — %ﬂﬁ’—“) depends on the gradient
of b, with n. A negative value of f,, signifies inverted populations and hence
stimulated emission. A positive value of 3,, means that the line at that frequency is
likely to appear in absorption if the background temperature 75, > 7. The RHS of
Equation (5) is the non-LTE value of the line optical depth.
Rewriting Equation (5) in terms of antenna temperatures:

_ % Tw
QL TA,c

T

(6)

where €., {}; are the solid angles subtended by the continuum and the line-forming
regions. 2, (Y < p where 23 is the solid angle subtended by the telescope
beam. T4 ; and T4 . are the line and continuum antenna temperatures. At 34.5MHz,
the non-thermal background radiation dominates the continuum temperature. Since
this background is all-pervasive in the Galaxy, {2, > Qp and the main factor re-
sponsible for the unknown beam dilution factor is the extent of the line-forming
gas within the observing beam.

At low frequencies, line-widths are likely to be affected by various n-dependent
line broadening mechanisms, leading to reduction in the peak optical depths and
increased widths. Therefore, the integrated optical depth is the correct physical
quantity to compare at different frequencies. Theoretically, the integral of the line
optical depth can be written as (Payne et al. 1994):
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/ ndv = 2.046 x 10° T3/%eXn EM; b8, s~V 7)

Using this Equation, we attempt to fit the observed variation in the integrated
optical depth given by Equation (5) with principal quantum number for plausible
combinations of T, and n, .

4.2 The modelling procedure

We use carbon line observations at three frequencies to model the Cn regions— our
observations at 34.5 MHz and 328 MHz and the Parkes observations by Erickson
et al.(1995) at 76 MHz. The angular resolution of these observations are different.
We assume that the lines at the three frequencies arise in the same gas.

Each model is characterized by an electron temperature 7, electron density
T, emission measure EM, radiation temperature Thrigo , carbon depletion factor
d¢ and the angular size of the line-forming region. As discussed earlier, the upper
limits on Tripp and n. were determined from the widihs of the lines observed at
34.5 MHz. We consider a range of possible temperatures for the line-forming re-
gion which include the typical temperatures of cold H1, Ha, and photo-dissociation
regions which are all probable places of origin for the carbon lines. The lower limit
on the electron densities is set from the maximum pathlengths through the Galaxy.
We considered models with a carbon depletion factor of 0.5. Since observations
indicate that the line-forming region could have an angular size > 2°, we explore
models in which the line-forming region is (a) ubiquitous (i.e. fills all the beams
that are used); (b) 4° and (c) 2°. The departure coefficients b, and 5, which ac-
count for the non-LTE effects were calculated using the computer code, originally
due to Salem & Brocklehurst (1979) and later modified by Walmsley & Watson
(1982) and Payne et al.(1994).

The model integrated optical depths are calculated for different n using Equa-
tion (7) and the models are normalized to the observed integrated optical depth at
328 MHz. The ratio of line temperature to system temperature is considered to
be equivalent to the line-to-continuum ratio, since the system temperature is dom-
inated by the strong sky background at these low frequencies. Any model that we

generate needs to satisfy the observed integrated optical depth # J Tors ” and be con-
sistent with the upper limits on the physical conditions placed by ‘the line data at
34.5 MHz. Since the observed width of the line is independent of frequency, we
assumed that the contribution to the width at 34.5 MHz due to pressure broadening
is < 5 kms™! . This assumption translated to an upper limit on the electron density
of 0.3 cm™3. The lower limit was 0.001 cm—2. The electron temperature space
was varied from 20 K to 400 K. These models were generated for two values of the
radiation temperature at 100 MHz which were 1250 K and 2500 K.

The non-LTE population is calculated assuming that the quantum levels are in
statistical equilibrium so that the rate of population of a level n due to all possible
physical processes is equal to the rate of depopulation of that level (Shaver 1975).
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The main physical processes which determine the level populations are collisional
and radiative excitation and de-excitation. The departure coefficients are calculated
by solving a series of differential equations after imposing a boundary condition
by — 1 asn — co ( Salem & Brocklehurst 1979) i.e. the levels are assumed to
be in LTE at very large n. In case of carbon, it is necessary to also consider a
dielectronic-like recombination process which significantly influences the high-n
populations if the temperatures are around 100 K ( Watson et al. 1980)

4.3  Results of modelling

We examine the models which explain the observed variation in the integrated op-
tical depth with frequency. The criteria used to select the possible physical models
are (a) the observed behaviour of the integrated optical depth as a function of n,
(b) the path lengths through the region which should be < 5 kpc, as required by
the observed line widths and (c) the turnover from emission to absorption which
should occur at n < 443 as the lines are observed in absorption at 76 MHz ( Er-
ickson et al.1995). We classify the results on the basis of the assumed angular size
of the line-forming regions. The angular size determines the beam dilution and the
scaling from the observed to true optical depth. The data at the three frequencies
have different angular resolutions and therefore different beam-filling factors. In all
the cases, we assume, for simplicity, that the non-thermai radiation field uniformly
fills the beams.

4.3.1 Case 1. Cloud size > 4° or equal beam coverage by line and continuum

We found that remarkably similar physical models reasonably explained the ob-
served data towards the six positions in the inner Galaxy. The best-fitting models
towards three of the positions, [ = 0°,! = 5°, and [ = 14° are shown in Fig.
5 (panels on left) and the parameters are listed in Table 8(a). In all these mod-
els, we assumed Tr1pp = 1250 K. Similar physical properties were found if Tr g
= 2500 K. All the models were constrained by the data at 328 MHz. The turnover
from emission to absorption occurs around n ~ 400. We found no model which
simultaneously explains the data at 76 MHz and 34.5 MHz, which is most likely
due to the unknown beam dilution at 34.5 MHz. The models which explained the

observed variation in AT?[‘Q with n were within the temperature range 20 — 40 K.
Cutside this range, the models predicted large optical depths at 76 MHz and 34.
5 MHz. The electron densities in the acceptable models are 0.1 cm—2. Although
higher electron densities provided better fits to the data (e.g. the dashed line in Fig.
5 for GOO+00 has n, = 0.3 ecm™?), the resulting collisional broadening at 34.5 MHz
exceeded the limit of 5 kms™! and hence are not favoured.

The path lengths through the cloud range from 0.07 pc to 0.9 pc suggesting a
sheet-like morphology for the regions and the emission measures are < 0.01 pc
cm~®. Typical pressures in terms of ng7, are a few tens of thousands cm 3K,
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Table 8. Model parameters for three positions for three assumed cloud sizes. Trygg = 1250
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K.

Position T The EM Size ngT,
K em™3 peem™ pe em 3K

(a) Cloudsize > 4°
G00+00 40 0.1 0.009 0.9 26680
20 0.3 0.006 0.07 40000
G05+00 20 0.1 0.002 0.2 13340
40 0.1 0.007 0.7 26680
G14+00 40 0.1 0.007 0.7 26680

(b) Cloudsize = 4°
G00+00 80 0.03 0019 21.1 16000
200 0.03 0079 87.8 40000
GO5+00 60  0.05 0.01 4.0 19980
80 003 0014 156 16000
G14+00 80 0.03 0018 200 16000
100 003 0025 278 20000

(c) Cloudsize = 2°
G00+00 150 0.03 0051 567 30000
300 0.03 0151 167.8 60000
GO5+00 150 0.03  0.037 41.1 30000
200 0.03 0058 644 40000
G14+00 200 0.03 0075 833 40000
300 003 0142 157.8 60000

which is higher than the average thermal pressure in the interstellar medium. We
did not find any model which was in pressure equilibrium with H1. The relatively
low temperatures in these models suggest association with molecular clouds.



Carbon Recombination Lines 73

60
G00+00 G00+00
40 1

G05+00 G05+00 G05+00

Jtav o == - N

-20

-40 + t+

&0

20 t

-20

200 400 600 200 400 600 200 400 600
quantum number

Figure 5. Model fits to observed carbon line data shown for three Galactic plane positions.
The unbroken line and broken lines represent the two best-fit models for the two sets of
parameters given in Table 8. The left panels show models for clouds assumed to be > 4°;
the centrepanels show model fits for clouds assumed to be = 4°; and the panels on the right
show models for clouds = 2°, Towards G0O0+00, the n = 252,n = 300 points are from
Pedlar ef al.(1978), n = 356 is from Anantharamaiah ef al.(1988) and n = 530 is from
Smirnov ef al.(1996).

432 Case 2: Cloud size = 4°

These regions, if placed at a radial distance of 3.5 kpc from us, would have a linear
size of 250 pc which is comparable to the scale height of the atomic gas. The
best-fitting physical models have T, in the range of 60 — 80 K, n, in the range of
0.03 —0.05 crn™2, and path lengths range from 4 pc to 30 pe. Fig. 5 (centre panels)
shows the models for the positions [ = 0°, ] = 5° and | = 14° and Table 8(b)
lists the parameters. All the models are for Tr1p0 = 1250 K. The turnover from
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emission to absorption occurs around r: ~ 400. The relatively warmer temperatures
in these models favour association with atomic H1 gas in the Galaxy. However, the
thermal pressures are more than 3 times the average interstellar pressure (ng1, ~
5000 cm—3K). There was no change in model parameters with Trigo = 2500 K
except for a slight lowering of quantum number at which the turnover occurs.

4.3.3 Case 3; Cloud size = 2°

If these regions are placed at a radial distance of 3.5 kpe, then their linear size
would be ~ 125 pc. Models for three Galactic plane positions are shown in Fig. 5
(panels on the right) and the parameters are listed in Table 8(c). Best-fitting models
have T, between 150 K and 200 K and the electron density 7, ~ 0.03 cn™3. Lower
temperatures are possible if the upper limit on the electron density is relaxed i.e.
the pressure broadening is > 5 kms™! . The path lengths required by these models
ranged from 40 to 170 pc. The models with Tz199 = 2500 K slightly lowered the
quantum numbers at which the turnover occurs, but the overall model parameters
remained similar,

5. Discussion

The modelling described in the previous sections showed that most of the positions
within [ = 352° to [ = 17° possess remarkably similar physical properties. Quan-
titatively, if the clouds along the line-of-sight are > 4° in extent, then typically T,
=20 — 40 K, ne ~ 0.1 cm™? and the pathlengths are tiny (< 1 pc). On the other
hand, if the cloud is 4° in size then it is likely to be at a temperature between 60
and 200 K, with electron density between ~ 0.03 and 0.05 cm 3. The path lengths
through these clouds are in the range 4 — 90 pc. If the cloud subiends an angle of
2°, then they are likely to have T, = 150 — 300 K and n, = 0.03 cm ™2 and path-
lengths between 40 and 170 pc. All these models are able to reasonably explain
the observed variation in the optical depth with n. Since the data is limited and the
angular resolution is coarse, it is not possible to derive more stringent consfraints
on the parameters. It is entirely possible that the observed carbon recombination
lines arise in clouds possessing a range of temperatures, electron densities and an-
gular sizes. Here we discuss the plausibility of the above models using qualitative
arguments.

The low temperature (7, = 20 K) models give a good fit to the observed line
strengths at two frequencies for most positions. If these models correctly explain
the physical properties of the line-forming regions then their inability to explain
the third data point is probably telling us about the beam dilution at the lowest res-
olution. However, these models require extremely short pathlengths through the
ionized carbon gas. Since the widths of the lines detected at frequencies differ-
ing by a factor of ~ 10, are found to be very similar, it implies that pressure and
radiation broadening,. which are strong functions of n is not responsible for the
line widths even at the lowest frequency (i.e. ~ 34.5 MHz). The origin of the ob-
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served width is, most likely, due to the differential Galactic rotation with the gas
distributed between galactocentric distances of 4 and 7 kpe. However, the path-
lengths required by the low-temperature models are tiny < 1 pc. If this pathlength
is to be divided into smaller regions and distributed over ~ 3 kpc (to explain the
line width), then it would require individual clouds to be < 0.1 pe thick which im-
plies an extremely thin sheet-like geometry sincé the angular extent of the clouds
is > 4°. This peculiar morphology for the clouds makes the models difficult to
accept; however they are not entirely implausible. These thin sheet-like structures
are reminiscent of ionization fronts near star-forming regions which typically have
a thickness of ~ 0.02 pc suggesting a scenario where carbon is photo-ionized in
a thin outer layer of molecular clouds by the ambient ultraviolet radiation field.
However, to expect many such sheet-like objects to be distributed along every line-
of-sight to generate the observed strength and widths appears too contrived. In the
case of Cas A (the most-studied direction in recombination lines at low frequen-
cies; Payne ef al., 1994 and the references therein), the low—7, models were ruled
out since they failed to explain the observed variation in optical depth. Another in-
teresting difference is that the carbon lines towards Cas A were distinctly affected
by frequency-dependent line broadening whercas the lines from the Galactic plane
positions hardly show any n—dependent broadening suggesting different physical
conditions, especially the electron density and radiation field. The main drawback
of the data we use here is that they are at only three frequencies, and with different
and coarse angular resolutions which makes beam dilution an important issue. In
contrast, for the data towards Cas A, the beam-size was determined by the con-
tinuum emission from Cas A since it dominates the system noise. One argument
in favour of the low-ternperature models is that the constraint on pressure equilib-
rium with the interstellar medium is lifted since the gas is assumed to coexist with
molecular gas. Moreover, since the carbon lines seem to be widely detectable in the
inner Galaxy, it also favours association with molecular gas which has maximum
surface brightness in that region.

The higher temperature (T, > 60 K) models, which indirectly assume coex-
istence of ionized catbon with atomic Higas in the Galaxy, successfully fit the
observed data towards most of the inner Galaxy positions if the angular size of the
clouds is 4° or 2°. Due to the low electron densities (~ 0.03 cm™?) in these mod-
els, they are sensitive to changes in the radiation temperature. For Trigg = 5500
K (such high radiation temperatures are ruled out by the observed line widths near
34.5 MHz), data from all the positions could be fitted assuming a cloud size of
4° or 2°, whereas for Trigo = 1250 K (which produces a radiation width of < 5
kms™! at 34.5 MHz for a dilution factor of 0.5), a few of the positions could not
be fitted to the model. With the present data, we cannot obtain a more quantitative
interpretation of this result. As mentioned before, the range of physical conditions
in the clouds predicted by the warm models appears to be well-constrained. How-
ever, we had to relax the criterion of pressure equilibrium with H1to obtain good
fits to most of the data. So, all the models in which the temperature favours associ-
ation with Hrhave kinetic pressures which range from 3 — 10 times the interstellar
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pressures. These models do predict reasonable pathlengths for the line-forming
clouds. Recall that towards Cas A, the warm models ( Payne et al. 1989, Payne
et al. 1994) satisfactorily explained the observed variation in optical depth over a
wide frequency range. Thus, we favour the view that a significant fraction of low-
frequency carbon recombination lines arise in warm H1 gas in the photodissociation
regions.

The range of physical parameters that we obtain in this analysis seems to
favour an association of the Cu gas with the photo-dissociation regions. A photo-
dissociation region as defined by Tielens & Hollenbach (1985) are “regions where
FUV radiation (6 — 13.6 eV) dominates the heating and/or some important aspect
of the chemistry” and contains most of the atomic and molecular gas in the Galaxy.
The low-excitation photo-dissociation region discussed by Hollenbach et al.(1991)
are illuminated by the interstellar radiation field. These regions, according to them,
include a warm (T> 100 K) atomic region comprised of hydrogen, oxygen and
ionized carbon near the surface. Beyond that, is a cool {T" ~ 50 K) partially dis-
sociated region and still further in the interior is a cooler (T ~ 10 - 20 K) region.
The photo-dissociation regions encompass a wide range of physical properties. It
appears highly probable that carbon recombination lines arise at various depths in
the photo-dissociation region. From the present results, it appears that ionized car-
bon can be distributed in clouds of a range of angular sizes along the line of sight
and possess a variety of physical properties resulting in detectable carbon lines.

However, the above argument also raises more questions. If the carbon lines
arise in the neutral gas, probably within a low-excitation photo-dissociation region
with temperatures ranging from 80 to 300 K (and possibly 20 K), then why are
they not detected from many more directions in the Galaxy? It appears reason-
able to expect the existence of stronger carbon lines from directions which show
high Hioptical depth or high >CO emission. However, this is not always the case.
For example, inspite of the large Hioptical depth observed towards [ = 30° in
the Galactic plane, no carbon line near 328 MHz or 34.5 MHz has been detected.
Another such interesting direction is towards the extragalactic source 3C 123. Al-
though, this direction shows a high Hroptical depth (rgg; ~ 2.5), no carbon re-
combination line near 318 MHz (n ~ 274) (Payne er al, 1984) have been detected
down to an optical depth limit of 3 x 10~%. Payne et aL(1994) explain that this
non-detection could be due to the slightly higher temperature of the Hiclouds in
this direction which renders the lines undetectable. However, from the modelling in
the previous section, we find that a range of temperatures (80 — 300 K in the warm
models) for the carbon line-forming regions can give rise to detectable peak optical
depths of 1073 —~107* for a range of electron densities. If pressure equilibrium with
Higasis assumed, then the models we find have electron densities between 0.005
and 0.007 cm ™2 implying atomic densities ng ~ 50 cm 3. Larger electron densi-
ties (~ 0.03 cmn~2) that we find for the best-fitting models cause the gas to move
out of pressure equilibrium with H1. On the other hand, lower electron densities
(ne < 0.003 cm™3) require extremely long pathlengths through the ionized-carbon
gas to generate the observed line intensities. Therefore, if such electron densities
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existed in the ionized-carbon gas then also the recombination lines would be un-
detectable. Hence it appears that detectablity of the low-frequency recombination
lines is a sensitive function of both the electron density and temperature. At this
point, it may be useful to note that low-frequency observations have detected car-
bon lines with line-to-continvum ratios ranging from a few times 107 to a few
times 10~2, It appears certain that lines very much stronger than a few times 10~*
are not common. However, the lower limit is set by the sensitivity of the obser-
vations conducted till date. Hence, lines intrinsically weaker than few times 1074
might possibly exist and would require more deeper observations to detect them. It
therefore appears that with the present sensitivity only a subset of the range of val-
ues possible for these parameters has so far been accessible through low-frequency
recombination lines of carbon.

The physical properties of the gas in the inner Galaxy are remarkably vniform.
Surprisingly, these lines which are so widespread in the inner Galaxy (I < 17°)
appear to be difficult to detect in the outer Galaxy except towards a few directions
{I = 63°&75°). The reason possibly lies in the cloud sizes and also in the reduced
background radiation field. Alternatively, since these observations have shown that
the clouds in the inner Galaxy are > 2°, the non-detectability could be due to
the different physical conditions that may exist in the photo-dissociation regions
in the inner and the outer Galaxy. More sensitive multifrequency observations to-
wards several directions in the outer and inner Galaxy are required to ascertain the
widespread existence of low—u carbon recombination lines.

5.1 The site of formation of the [Cn ] 158 um line and the low—v carbon recom-
bination lines

The [CH] 158 pm line is a result of the radiative decay of the fine-structure tran-
sition, 2P j2 P, /2 in singly ionized carbon. The recombination lines, on the
other hand, are a result of the electronic transitions of an electron which has most
likely dielectronically recombined by exciting the same fine structure transition.
The two lines are thus, intimately related and it is natural to look for a correlation
between the two. However, although dielectronic-like recombination process is
one excitation mechanism for the fine-structure line, it is not the only one. Recent
advances in infrared observations have extensively detected the [CIT] 158 ym line
from the Galaxy and it has been inferred that a wide range of physical conditions are
conducive to the formation of the fine-structure line. C* ions giving rise to the in-
frared line are found to exist in both neutral and ionized regions. Shibat ef al.(1991)
concluded from their balloon-borne experiments that the diffuse [CII] emission of
the Galactic plane comes from the diffuse gas whereas Benneit & Hinshaw (1993)
showed that the [CII] emission measared with COBE/FIRAS may originate in the
photo-dissociation region. Petuchowski & Bennett (1993) and Heiles (1994), in
separate studies, analysed the [CII] data and studied its correlation with the var-
ious possible sites of origin. Both the studies find that the extended low-density
warm ionized medium which has a temperature around 10* K is the main global
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contributor to the 158 um fine-structure emission line, especially in the Galactic
interior. Heiles (1994) argues that the next dominant contributor to the infra-red
line is the cold neutral medivm and the last is the photo-dissociation region. On
the other hand, low-frequency carbon recombination line emission is detected only
from cold neutral gas and probably molecular gas and not from the extended low-
density warm ionized medium. The major contributor to the two species of lines,
the Co 158um and low-frequency carbon recombination lines seem to be different
and hence we have not pursued a rigorous treatment of the correlation.

6. Summary

In this paper, we have presented observations of carbon recombination lines at
34.5 MHz and 325 MHz in the Galactic plane. The cbservations at 34.5 MHz
(n ~ 575) were conducted using the low-frequency dipole array at Gauribidanur
and at 328 MHz (n ~ 272) using the Ooty Radic Telescope. Carbon lines were
detected from nine out of the 32 directions that were observed at 34.5 MHz. The
lines at both the frequencies are weak with line-to-continuum ratios ranging from
a few times 10~ to 10~3 and line widths of 15 — 50 kms~—!. The similarity
of widths observed at the two frequencies suggest that the effect of radiation and
pressure broadening is negligible and it is likely that the widths are due to differ-
ential Galactic rotation. Observations at 328 MHz, which were made with two
angular resolutions, indicate that the angular size of the line-forming gas is > 2°.
Higher resolution VI.A observations at 330 MHz towards one of the directions,
[ = 14°,b = 0° failed to detect any carbon line emission to a 3o level of 75
mJy beam~land implies a lower limit of 10’ on the angular size of any possible
clumps in the line-forming regions.

The 1-v distribution of the carbon line data indicates that the line-forming re-
gions are located between 4 and 7 kpc from the Galactic Centre. Combining the
data at 34.5 MHz and 328 MHz with those of Erickson et af.(1995) at 76 MHz
obtained using the Parkes telescope, we modeled the line-forming regions. Up-
per limits on the electron densifies and the ‘radiation fields were obtained from
the observed line widths at 34.5 MHz. For different assumed angular sizes of the
line-forming regions, we found combinations of temperature 7, , density n. and
pathlength [ which could satisfactorily explain the observed variation of infegrated
line optical depth with frequency. The models were found to be sensitive to the
assumed size of the line-forming region. In all the models, we assumned that the
background continuunm radiation uniformly fills the beam. Models were obtained
for two values of the background radiation field T'r1op = 1250 K and T'g10p = 2500
K. For an assumed cloud size > 4°, we found that the best-fitting parameters are T,
~20—-40K,ne~0.1lcm 3 andl < 1 pe. For an angular size of 4°, models with
T, ranging from 60 K to 200 K, n, between 0.03 and 0.05 cm—2and [ between
4 pc and 90 pc fitted the data. Finally, if the angular size of the clouds is 2° then
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models with T, ranging from 150 K to 300 K, n, ~ 0.03 cm~3and { between 40
pe and 170 pc could explain the observations.

The range of possible physical parameters suggest that the line-forming regions
may be associated with photo-dissociation regions. Although photo-dissociation
regions are known to be widespread in the Galactic disk, carbon lines are detected
only in about 30% of the observed positions. We attribute the paucity of the de-
tections to (a) limitation of sensitivity, (b) lack of strong background radiation in
some directions and (c) variation in the physical parameters of photo-dissociation
regions. Further observations of low frequency carbon recombination lines with
higher sensitivity are likely to yeild many more detections.
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Abstract. In a previous paper we presented a low-resolution (2° x
2°) survey of radio recombination lines (RRLs) at 327 MHz in the lon-
gitude range ! = 330° to 0° to 89°. In this paper, we present the results
of a higher resolution (2° x 6') survey of RRLs from seven 2°-wide
fields and two 6°-wide fields in the same longitude range. Observa-
tions were made using the Ooty Radio Telescope (ORT). A total of
252 spectra that were obtained are presented. RRLs were detected in
almost all the individual positions within the fields with { < 35° and
at several individual positions within the fields in the longitude range
I = 35° to 85°. Detailed analysis of the data towards the ficld cen-
tered at G45.54+0.0, shows that the line emission consists of discrete
zones of ionized gas. The angular extent of these zones are likely to be
one degree or more corresponding to a linear size of > 110 pe at the
kinematic distance.

Key words: Galaxy: general — HII regions — ISM: clouds — ISM:
general — ISM: structure — radio lines: ISM.

1. Introduction

Radio Recombination Lines (RRLs) are normally observed from compact, dense
H1I regions that are bright in radio continvum. Several surveys of RRLs at fre-
quencies near 4.8 GHz (Downes ef al. 1980, Caswell & Haynes 1987), 10 GHz
(Lockman 1989) and 15 GHz (Wood & Churchwell 1989) have been made towards
discrete H1I regions in the Galaxy. The physical properties derived from these
observations show that there exists a variety of H1I regions. At one extreme are
the ultra-compact H1T regions with n, > 10* c¢m™3 and sizes < 1 pc which are
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formed around young, hot stars (Wood & Churchwell 1989). H 11 regions with den-
sities between n, ~ 50 and 1000 ¢cm~3 and size ranging from few parsecs to few
tens of parsecs are widely observed in the Galaxy. These regions have a relatively
narrow range of temperatures (7T, ~ 3000-10000 K).

In early observations by Gottesman & Gordon (1970) and Gordon & Cato
(1972), at frequencies < few GHz, RRLs were detected from several positions
along the galactic plane which are free of discrete continuum sources. These low
frequency RRLs do not originate in compact, dense HII regions due to the effects of
continuum opacity, pressure broadening and beam dilution (Shaver 1975). These
RRLs originate from low-density ionized gas (n. ~ 0.5 - 50 em™%). Several
surveys of RRLs near 1.4 GHz have been made (Hart & Pedlar 1976, Lockman
1976, 1980, Cersosimo 1990, Heiles, Reach & Koo 1996) to study this compo-
nent of the Galaxy. RRLs from this gas were also observed by Anantharamaiah
(1985a) near 325 MHz. These observations were used to study the distribution
and physical properties of the low-density ionized gas (Hart & Pedlar 1976, Lock-
man 1976, 1980, Anantharamaiah 1985b, 1986) and aiso its association with other
components of the Galaxy. Several suggestions have been made on the origin
of this low-density ionized gas. Matthews, Pedlar & Davies (1973) and Shaver
(1976) suggested that the low-density component is a population of “evolved H1I
regions”, Mezger (1978) portrayed this gas as an ensemble of low-density HII re-
gions which he referred to as “extended low-density” (ELD) ionized gas. Heiles
et al. (1996) suggested a morphological model where the ELD gas is conflated with
the “Warm Ionized Medium”™ and referred to it as “extended low-density warm
ionized medium” (ELDWIM) (Petuchowski & Bennett 1993, Heiles 1994, Heiles
et al.1996). Anantharamaiah (1986) suggested that the low-density ionized gas are
associated with large, low-density envelopes of normal H 11 regions.

In a previous paper, Roshi & Anantharamaiah (2000} (hereafter paper I) pre-
sented a new, extensive low-resolution (~ 2° x 2°) observations of RRLs near 327
MHz from the Galactic plane. A part of the Ooty Radio Telescope (ORT) with a
size of 23 m x 23 m, called a ‘module’, was used for these observations. RRLs
were detected in more than 80 % of the observed positions in the longitude range [
= 332° to 0° to 89° (inner Galaxy). The observed RRL, emission showed large fluc-
tuations as a function of galactic longitude indicating that the line emitting region
may be clumpy (paper I). Higher resolution observations can help in studying the
nature of the clumpiness and in determining the angular size of the line emitting
region. With these objectives in mind, we observed a selected set of 2°-wide fields
in the inner Galaxy using the full ORT (530m X 30 m) which gives a beam of 2°
X 6. This paper discusses these higher resolution observations and is organized
as follows. The observations and results are described in Section 2. Comparison
of the average spectra over a 2° x 2° region and the spectra obtained in the same
direction in the low resolution survey is made in Section 3. Section 4 discusses
the angular extent of the line emiitting region inferred from the higher resolution
observations. The paper is summarized in Section 5.
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2. Observations and Results

The RRL survey was made using the ORT which is a2 530 m x 30 m parabolic
cylinder operating at a nominal center frequency of 327 MHz (Swarup ef al. 1971).
In the normal configuration of the ORT, the signals received by groups of 48 dipoles
of the 1056 element linear array at the focal line are added in phase. 22 such
groups, which are known as “modules”, each having a half power beam width of
2°.3 (in RA) x 2°.2 sec(d) (in Dec.), are combined later through a beam forming
network to produce twelve beams of ~ 2° x 5.5 sec(d), ¢ being the declination.
The twelve beams are spread along the north-south direction separated by 3 sec(6).
The spectrometer used for the observations was configured (see below) to collect
data from two such beams simultaneously. The two selected beams are separated
in the sky by 6 sec(d).

The center frequency of operation of the ORT is 326.5 MHz. The RRL transi-
tions from principal quantum numbers n = 270, 271, 272 and 273 with A n = 1 fall
inside the 15 MHz bandwidth of the ORT. A digital spectrometer which could si-
multaneously observe all the four transitions with a.velocity resolution of ~ 1.0 km
s~ (Paper I) was used. The four RRL transitions from two beams were observed
simultaneously using 2 such spectrometers. The reference spectrum was obtained
by switching the frequency every second by half the bandwidth (i.e. 384 KHz). The
velocity coverage is about 320 km s after rejecting the edge channels. The final
spectrum is obtained by averaging the four spectra corresponding to the four RRL
transitions of each beam. Thus two final spectra from two sky positions, separated
in declination by 6 sec(4), are obtained from each observing session. Details of
the mode of observations and the data reduction procedure have been presented in
paper L

RRL at low frequencies are weak (line to system temperature ratio ~ 1072)
and hence it is extremely time consuming to make a complete survey of the galac-
tic plane with the 2° X 6 beam. Therefore we selected a set of seven fields which
are 2° wide and two fields which are 6° wide in longitude. The selected fields were
spread over the longitude range ! = 347° to 0° to 67°. Fig. 1 (Appendix 2 contains
all the figures of this paper) shows schematically all the positions in the galactic
plane observed with the 2° x 6 beam. Except for the two 6°-wide fields, the
beam centers were chosen so that a set of 20 adjacent positions in declination cor-
respond to a 2° x 2° region from which RRLs were observed in the low-resolution
survey (paper I). For the two 6°-wide fields, the center of the two beams of the
ORT, from which RRLs were observed simultaneously, is positioned at the galactic
plane. Since the ORT is a north-south oriented telescope, the 2° x 2° beam is in-
clined with respect to the galactic plane. Figs. 2 to 15 (Appendix 2) present all the
observed spectra. In these figures, spectra are grouped such that they correspond,
wherever possible, to a 2° x 2° field observed at lower resolution using a single
‘module’ of the ORT (see paper I). A contour map of the 11 cm continuum emis-
sion (Reich ef al. 1990) towards the 2° x 2° field is also shown in each figure to
compare the continuum emission within the observed fields. For example, field 9
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is devoid of any bright, extended continuum emission (see Fig. 15). An average of
all the individual spectra within the 2° field and the corresponding lower resolution
spectrum (taken from paper I) are also given in each of these figures. The average
spectrum, obtained from the 20 adiacent higher resolution observations should be
equivalent to the spectrum observed in the low resolution survey towards the same
direction (see Section 3). Table 1 (Appendix 1 contains all the Tables of this pa-
per) gives a summary of the observations and the parameters derived from the line
profiles shown in Figs. 2 to 15 in Appendix 2. The observed spectra are given in
units of Tz /Tsys, where T, is the line antenna temperature and Ty is the system
temperature. The velocity resolution to which the final spectra (shown in Figs. 2
to 15) are smoothed is given in column 6 of Table 1. Effective integration time
for the spectra range from 8 hrs to 12 hrs. In many of the spectra, two emission
features are detected. The feature at the higher velocity is the hydrogen line and
the feature which is about —150 km s~! from the hydrogen line is most likely a
carbon recombination line. In many cases, the detected carbon lines are almost as
strong as the hydrogen line in spite of the small C/H abundance ratio in the ISM
(< 3 x 10~%) indicating that the two lines arise in regions with different physicat
properties. The carbon lines seen in Figs 2 to 15 most likely belong to the class
of low-frequency recombination lines first observed in absorption at 26 MHz by
Konovalenko & Sodin (1980). These RRLs were shown to turn over into emission
above 200 MHz (Payne, Anantharamaiah & Erickson 1989) and to be widespread
in the inner Galaxy (Erickson, McConnell & Anantharamaiah 1995, Kantharia &
Anantharamaiah 2001). Carbon RRLs are not discussed further in this paper.

Hydrogen lines were detected in almost all the positions in the fields with [ <
35°. In several cases, the line parameters seem to vary when the beam center is
moved by 6 in declination. For example, the width of the lines detected towards
G347.78—0.14 and G347.70—0.20 differ by more than a factor of two. These two
positions are separated in declination by only 0°.1. The range in the central velocity
of the lines observed towards fields with [ < 35° is typically 15 km s~1. This
difference is about half the typical line width observed in the survey. RRLS were
not detected in many positions within the fields with [ > 35° (Figs 11 to 15 in
Appendix 2).

2.1  Line widths

The width of the RRLs detected in these observations are in.the range 20 — 45 km
s~1. Fig. 16 (Appendix 2) shows the histogram of the observed line widths. The
median line width is 32.5 km s~} which is somewhat large compared to the width
of lines from normal H II regions (~ 26 km s—*; Lockman et al. 1996). Line widths
near 327 MHz can be affected by pressure broadening (Shaver 1975) and blending
of lines from cbjects within the beam or from objects along the line of sight with
different central velocities. In a few positions, the line width observed is less than
10 km s, which constrains the kinetic temperature of the line emitting region to
< 2200 K.
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Comparison of the distribution of line widths obtained from the observations
with 2° x 2° (paper I) and 2° X 6 beams shows that they are similar. The me-
dian widths from the low resolution observations is ~ 31 km s~ (paper I). If the
broadening is due to blending of lines from different objects either along the line
of sight or within the beam, then we may expect larger widths in the low resolution
survey. However, the low resolution observations are not sensitive to line emitting
zones of relatively small angular extent due to beam dilution. On the other hand,
such line emitting zones can contribute to line emission observed with the 2° x 6
beam. Thus it is possible for the lines detected in the two observations to have sim-
ilar median widths. Examination of the distribution of the widths, obtained from
the two observations, shows that lines with width between 50 and 70 km s—1 are
observed more frequently in the low resolution survey. These larger widths are
most likely due to blending of lines from different objects within the coarse beam.
Towards a few positions (e.g. G6.11+0.03), line with widths ~ 10 km s~! has been
observed in the high resolution survey. Such narrow lines are not detected in any
of the positions in the 2° x 2° observations.

2.2 1-v Diagram

An l-v diagram obtained from the data in Table 1 is shown in Fig. 17 (Appendix
2). Some confinement of line emission to the spiral arms 2 and 3 below [ = 50° is
seen in the /-v diagram. On the other hand, at longitudes [ > 50°, the line emission
does not seem to be confined to any of the spiral arms. The I-v diagram shows good
similarity with that obtained by Anantharamaiah (1985a} from the H272« line ob-
servations with similar resolution towards a selected set of sources in the longitude
range —2° < @ < 50°. The concentration of line emission towards galactocentric
radius of ~ 5.0 kpc near longitude 15° and the extension of emission to negative
velocities in the longitude range ! < 10° are evident in both the [-v diagrams. The
I-v diagram obtained from the present observations shows, in general, good simi-
larity with that obtained from the low resolution (2° x 2°) survey (paper I). The
line emission observed in the higher resolution survey at longitude [ > 50° shows
extension towards the negative velocities in the I-v space which is not observed in
the low resolution survey.

3. Comparison with the low resolution observations

With the higher resolution beam (2° x 6) used in these observations, 20 indepen-
dent positions can be observed within the 2° x 2° beam of the lower resolution sur-
vey presented in paper I. The higher resclution observations are therefore grouped
into sets of 20 spectra. The aim is to average the 20 spectra in each of these sets and
compare it with the spectrum obtained with the low resolution beam in the same
direction and also to examine all the spectra within a 2° field for possible variations.

The average spectrum, obtained from the the 20 adjacent high resolution beam
observations, should be equivalent to the spectrum observed in the low resolution
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survey towards the same direction. The signal to noise ratio (SNR) of the two spec-
tra will differ by the square root of the ratio of the total integration times involved.
Two effects which can make the average spectrum different from the spectrum
obtained in the low resolution survey in the same direction; (a) the 20 spectra are
averaged without taking into account the angular response function of the low reso-
lution bearn, and (b) the integration time at different positions in the high resolution
observation and the system temperature at different positions within the low reso-
Iution beam are not the same. The spectrum obtained by averaging the 20 spectra
towards a given 2° x 2° region and that observed in the same direction in the low
resolution survey are also shown in Figs. 2 to 15. Table 2 (Appendix 1) gives the
line parameters (columns 3,4,5) obtained from these spectra along with the spectral
resolution (column 6) and the effective integration time {column 8). Examination
of Table 2 shows that the parameters of the hydrogen line in the average spectrum in
most of the fields agree, within the signal to noise ratio, with those of the spectrum
obtained in the low resolution survey. In fields 1 and 8, the line width observed in
the low resolution survey and that obtained from the average spectrum are different.
The line emission appears to be complex in the field 6c, which makes it difficult to
fit a proper baseline to the spectrum. A larger bandwidth is required for observation
in this direction, since line emission seems to extend over a large velocity range.

In two fields, 6a and 9 (Figs. 10 & 15), the line structure in the average spectrum
is different from that of the corresponding spectrum from the low resolution survey.
The average spectrum towards field 6a consists of two hydrogen line features. The
line feature with central velocity close to that observed in the low resolution survey
has line width ~ 30 km s~! which is larger than the width of the line (~ 14 km
s~1) observed with the 2° x 2° beam. If we assume that the line intensities (in units
of Ty, /Tsys ) in the average spectrum and the spectrum obtained with the 2° x 2°
beam are similar, then the line features seen in the average spectrum should be at
about the 2¢ level in the spectrum obtained in the low resolution survey. Towards
field 9, no line emission is detected in the low resolution survey whereas a line
feature is detected (see Table 2) in the average specttum. The line feature seen
in the average spectrum should have been detected at > 3o level in the spectrum
obtained in the low resolution survey if we assume that the line intensities in both
spectra are similar. While the observations towards field 6a may be consistent
within the signal to noise ratio, further investigation is required to understand the
discrepancy observed towards field 9.

4. Angular extent of the line emitting region

In this section we will try to answer the question “do the RRL emitting regions
consist of jonized clumps with emission confined to small angular regions or is
the emission extended and uniform over a large area ? ” The higher resolution
observations show different behavior of line emission for [ < 35° and for { > 35°.
While RRLs were detected in almost all the individual positions within the fields
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with [ < 35°, lines were not detected in several individual positions within the
fields in the longitude range I = 35° to 85°.

If the line emission originates from a homogeneous, ionized region with angu-
lar extent of several degrees, then the line parameters observed at positions within
this angular span are expected to be similar. Examination of the observed spectra
shows that at several positions there is a considerable change in the line parameters
when the beam center is moved by even 6 in declination. For example, towards
the position G4.72+0.02, the detected line has a width of 49 km s~ and a central
velocity of ~ 2 km s~! while the line parameters at G4.64—0.03 are AV = 27 km
s~ and Visg ~ 8 km s~*. The beam centers of these two positions differ by 0°.1.
This difference implies that the line emitting zones have structures on an angular
scale of ~ 0°.1, which is ~ 10 pc, if the distance to the source producing the line
emission is 5 kpc. This scale is smaller than the typical size of the line emitting re~
gions estimated in Roshi & Anantharamaiah (2001). It seems that the line emission
in fields with [ < 35° originate from ionized regions which may extend over several
degrees but which may have clumps with angular structures as small as 0°.1.

4.1 Line emission towards the field G45.5+0.0

We present a more detailed analysis of one of the observed fields, G45.5+0.0
(Fig. 13). The line of sight through the galactic disk over an angle of 2° towards
(G45.5+40.0 is shown in Fig. 18 (Appendix 2). The line-of-sight intersects the spiral
arm 4 at one position and arm 3 at two places. The distances to the three regions of
intersection are ~ 4.7 kpc, 7.8 kpc and 10.7 kpc. The expected radial velocities for
these distances are 58, 56 and 17 km s~ respectively. H 11 regions identified from
higher frequency RRL observations in this field are listed in Table 3 (Appendix 1)
along with the line parameters. RRL near 327 MHz is detected towards some of
these positions and their parameters are also given in Table 3. The central velocities
of the 327 MHz lines and those detected from HII regions at higher frequencies are
comparable.

Examination of the 20 spectra obtained from this field (Fig. 13) shows unam-
biguous presence of lines in only 3 positions. If the line emission is confined to only
these 3 positions, then the expected SINR of the spectrum obtained by averaging 20
spectra is 2.2. However the actnal SNR of the line in the average spectrum is 5.9.
This increased SNR clearly indicates that the line emission is not confined to only
3 positions but spread over a good fraction of the 2° region. To determine the actuai
angular extent of the line emission, the following analysis was made. Different sub-
sets of the 20 spectra were averaged as shown in Fig. 19 (Appendix 2). The spectra
in the left column are obtained by averaging the spectra at adjacent positions. Thus
they are equivalent to observing with a beam of 2° x 12'. The spectra in the cen-
tral column, obtained by averaging five adjacent spectra, have an effective beam of
2° x 0°.5. The rightmost column shows spectra with an effective beam of 2° x
1°. Line parameters of all possible emission features in these spectra are derived
and tabulated in Table 4 (Appendix 1). A narrow {~ 11 km s—!) feature appears
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to be present in all the spectra in the longitude range G44.67—04 to G45.47—0.0
(Fig. 19). This feature does not seem to be present either in other individual spectra
or in the spectrum averaged over 1° centered at G45.954-0.2 (see Fig. 19). Thus
the region responsible for this line is less than 1° in extent. The central velocity of
line emission indicates a kinematic distance to the line emitting region of 6.3 kpc
and the estimated size of the region is ~ 110 pc. The individual spectra towards the
positions G46.35+0.4 to G45.56--0.0 of field 7 (see Table 1) do not scem to have
a common component, although the integrated spectrum obtazined by averaging
them to an effective beam of 2° x 1° shows a broad feature (~ 35 km s~1). Such
broad features are also present in the spectra obtained by averaging over a 2° X
12/ region centered on G46.30+4-0.43 and G45.6+40.05 (sec Fig. 19). These regions
contain known H1I regions. The 2.7 GHz continuum ernission from the HII re-
gion G46.495—0.247 overlaps with the 2° x 12 region centered on G46.30+4-0.43
(see Fig. 13). The 2° x 12/ region centered on G45.6040.05 contains the H1I
regions G45.475+0.13 and G45.45140.06. The central velocities of the features
seen in the integrated spectra towards G46.3040.43 and G45.604-0.05 are com-
parable with those obtained from the H 11 regions. We thus conclude that the line
emission towards the field G45.54-0.0 consists discrete emission zones. Some of
the discrete zones have an angular size as large as a degree or more. There is some
evidence for the line emission zones to be associated with the HII regions in the
field. Similar analysis of other fields (Figs. 2 to 15) will be presented elsewhere.

5. Summary

In an earlier paper (paper I) we presented a low-resolution (2° x 2°) survey of
RRLs at 327 MHz in the inner Galaxy made using 2 single module of the ORT.
In this paper, we discussed RRL observations at 327 MHz with the full ORT (i.e.
all 22 modules), which gives an angular resolution of 2° x 6 . These observations
are used to understand the spatial structure of the line emission observed in the low
resolution survey. Seven 2°- wide fields and two 6°- wide fields in the inner Galaxy
were observed with the 2° x 6 beam. A total of 252 spectra were obtained from
the higher resolution observations. RRLs were detected in almost all individual po-
sitions within the fields with [ < 35° and at several individual positions within the
fields in the longitude range [ = 35° to 85°. The line width observed in these ob-
servations were in the range 20 km s~ to 40 km s~L. In most cases, the integrated
spectrum obtained by averaging the 20 higher resolution spectra towards a 2° x 2°
region is similar, to the spectrum observed at low resolution. Analysis of the line
emission in the high resolution observations towards fields with [ < 35° indicates
that the line emitting region is extended over several degrees but is clumpy. The
clump size can be ~ 10 pc or less. A more detailed analysis of the data towards one
of the fields, G45.5+0.0, shows that the line emission consists of discrete zones of
ionizeéd regions. The angular extent of these zones are likely to be one degree or
more corresponding to linear sizes of > 110 pc at the kinematic distance obtained
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from the central velocity of line emission. There is some evidence for the line
emitting zones being associated with the H Il regions in this field.
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Table 1. Summary of observations with the 2° x 6 beam.

{ b TL/Tsys AV VLSR Vres RMSl tint

) ) x 108 (kms™') (kms™}) (kms7!) x 10° (hrs)
Field 1 (G348.0+0.0)(see Fig, 2 for spectra)
34722 -0.56 & 0.14 6.9
34730 —0.50 5 0.19 7.1
34738 —0.44  0.55(0.02) 31.4(1.5) -9.8(0.6) 8 0.15 8.1
34746 —038 047(0.02) 3942.3) -16.1(1.0) 8 0.12 13.8
347.54 032 0.5000.03) 22.0(1.5) -—11.5(0.6) 5 0.14 12.2
34762 -—-0.26  0.58(0.05) 29.3(2.7) -—-117(1.1) 5 0.16 12.5
347770 —020  0.61(0.03) 11.000.7) —11.7(0.3) 5 0.13 14.2
- 347778 -0.14  0.53(0.01) 37.5(1.1) —13.3(0.5) 8 0.10 16.3
347.86 —0.08 0.52(0.02) 333(14) -—14(0.6) 8 0.12 9.5
34794 —-0.02 0.61(0.03) 3572.2) -13.1(0.9) 8 0.17 6.9
348.02 +0.03  048(0.02) 46.1(2.2) -15.6(0.9) 8 0.14 10.3
348.10 +40.09 0.63(0.02) 31.0{1.1) -14.5(04) 8 0.10 13.6
348.18 4015  0.64(0.02) 39.7(1.5) —15.4(0.6) 8 0.13 10.7
348.26 4021  0.62(0.02) 29.6(0.9) —19.0(0.4) 3 0.13 15.0
34842 4033 8 024 113
348.51 4039  0.63(0.03) 34.9(2.0) -—18.1(0.8) 8 0.12 13.2
348.67 +051  0.55(0.02) 32.41.6) —18.3(0.7 8 0.14 9.7
34875 4057  0.72(0.03) 31.8(1.3) —16.1(0.6) 8 0.13 11.5
Field 2a (see Fig. 3 for spectra)
043 —002 0.84(0.03) 40.8(1.8) 3.3(0.8) 8 0.17 10.2
0.52 +40.03 0.64(0.02) 44.2(1.6) —-2.300.7) 8 0.11 12.8
0.67 —0.00 0.53(0.02) 33.1(1.7) 4.8(0.7) 8 0.11 11.2
0.75 +0.05 0.77(0.04) 34.0(1.9) 0.2(0.8) 3 0.14 116
0.84 +0.10 0.72(0.02) 22.4(0.9) 4.5(0.4) 8 0.11 9.4
092 +0.16 0.78(0.03) 23.7(1.0) 5.1(04) 8 0.11 12,6
Field 2b (G2.3+0.0) (see Fig. 4 for spectra)

1.12  +0.02 0.52(0.02) 40.41.6) 0.4(0.7) 5 0.13 10.2
1.21  +0.07 0.58(0.02) 45.9(1.9) —4.3(0.8) 8 0.10 10.3
129 +0.13  040(0.02) 42.8(3.0) —0.3(1.2) 8 0.12 99
1.38 +40.18 0.52(0.02) 41.92.1) 5.4(0.9) 8 0.12 101
1.58 +0.04 0.66(0.02) 28.3(1.3) 2.1(0.5) 8 0.13 11.8
1.66 +0.09 0.48(0.02) 37.8(2.3) 6.5(0.9) 8 012 122
1.75  +0.14 0.33(0.03)* 25.92.5) 3.2(1.1) 8 0.13 11.1
1.83 4020 0.51(0.03) 36.1(2.2) 7.8(0.9) 8 0.13 11.3
203 +0.06 0.57(0.02) 28.4(1.2) 1.0(0.5) 8 0.13 12.0
212 4011  0.46(0.03) 21.9(1.6) 3.6(0.7 8 0.13 124
221 +0.16  043(0.02) 31.9(2.2) 1.2(0.9) 8 0.11 14.8
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Table 1. (Continued).
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l b TL /Tsys AV VLSR V’res RMSl tint

©) (%) x 10% kms 1) (kmsH) ms™!) x10° (hrs)
229 4021 0.57(0.02) 21.0(1.4) 11.9(0.6) 8 0.10 149
254 —-0.03 8 0.18 8.1
2,63 40.02 (044(0.02) 42.2(2.3) 6.9(1.0) 8 0.11 11.2
278 —-0.03 0.64(0.02) 34.71.2) 7.8(0.5) 8 0.09 11.2
2,86 +0.02  0440.02) 28.2(1.8) 8.5(0.8) 8 0,11 12.5
301 —0.03 0.65(0.03) 27.5(14) 5.2(0.6) 8 0.12 112
309 4002 0400003 21.4(1.8) 7.2(0.8) 8 0.11 117
324 —-0.03 046(0.01) 345(1.3) 5.90.5 8 0.15 10.1
333 +0.02  04000.02) 26.7(2.0) 8.6(0.8) 8 0.11 11.5

Field 2¢ (G4.7+0.0) (see Fig. 5 for spectra)
347 =003 036(0.02)* 33624 7910 8 0.13 9.2
356 +0.02 0.57(0.02) 24.7(0.9) 12.5(0.4) 8 0.09 104
371 003 0.6900.03) 27.0(1.3) 8.4(0.5) 3 0.14 8.8
379 +0.02  049(0.02) 3442.0) 4.0(0.8) 8 0.12 11.6
394 —0.03 0.66(0.04) 183(1.4) 17.3(0.6) 6 0.15 84
403 +0.02 047(0.02)* 257(1.5) 11.0(0.6) 8 0.15 11.0
417 -0.03 047(0.02) 37.924) 8.6(0.9) 8 0.14 9.2
426 4002  045(0.03) 244017 11.9(0.7) 8 0.11 12.2
449 40.02  0.55(0.04) 15.5(1.1) 92.1(0.5) 6 0.11 11.6
464 —0.03 045(0.02) 26.6(1.6) 8407 8 0.11 9.6
472 4002  0.62(0.02) 49.001.6) 1.8(0.7) 8 0.12 i1.5
487 -0.03 0.72(0.04) 2840.7) 8.0(0.7) 5 0.17 8.3
495 4002 049002 201(1.7) 12407 8 0.13 8.5
510 -—-0.03  0.54(0.02) 48.2(2.3) 10.6(1.0) 6 0.16 8.5
519 4-0.02 0.81(0.02) 351(1.1) 9.4(0.5 6 0.11 9.0
533 =003 0.61(0.02) 244(1.0) 12.2(0.4) 8 0.10 10.2
542 +0.02 059004 203(1.4) 12.1(0.6) 5 0.14 10.6
556 —0.03 0.59(0.03) 44.502.3) 89(0.9 8 0.14 10.0
565 40.02  0.69(0.03) 232(1.0) 11.2(0.4€ 8 0.10 12.3
Field 2d (see Fig. 6 for spectra)

580 —-0.03 (0.75(0.04) 22.8(1.3) 10.3(0.6) 6 0.16 7.4
5.88 +0.02  0.85(0.03) 30.9(1.1) 10.6(0.5) 8 0.13 8.6
6.02 —0.02 0.75(0.04) 25.0(1.5) 13.1(0.6) 8 0.16 4.2
6.11 4003 0.89(0.06) 9.6(0.8) 23.4(0.3) 6 0.18 4.2
625 -—-0.02 0.70(0.03) 30.8(1.8) 164007 6 0.16 5.6
6.34 +0.03  0.86(0.05) 29.4(1.9) 16.3(0.3) ] 0.22 5.6
648 —-0.02 0.790.03) 29.0(L.3) 15.1(0.6) 8 0.15 8.0
6.57 +0.03 1.11(0.06)* 8.4{(0.6) 6.6(0.2) 3 0.22 6.8
6.72 —0.02  1.02(0.03) 24.1(0.9) 14.500.4) 5 0.14 10.0
6.80 +0.03  0.94(0.02) 28.000.9) 154(0.4) 5 0.12 11.4
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Table 1. (Continued).

I b Ty /Tsys AV Visr Vres RMS? tint
©) ©) x 108 Gms1)  (kms™!) (kms!) x10° (hs)
Field 3 (G13.9+0.0) (see Fig. 7 for spectra)
13.04 -046 0.77(0.03) 31.8(1.2) 26.0(0.5) 8 0.13 7.9
13.13 -041 041(0.02) 433(3.00 28.7(1.2) 8 0.13 106
13.22 -036 0.61(0.03) 39525 26.0(1.1) 6 0.17 8.2
13.30 -0.36 6 0.18 8.4
13.39 -026 0.80(0.03) 394(1.7) 27.4(0.7) 8 0.14 8.4
1348 022  0.76(0.01) 34.3(0.8) 24.9(0.3) 6 012 112
13.57 -0.17 1.01(0.03) 409014  29.2(0.6) 5 0.16 9.3
1365 -0.12 0.85(0.03) 325(1.3) 26.9(0.6) 6 0.14 9.1
13.74 —-0.07 09000.03) 31.5(1.3) 25.98(0.5) 3 0.18 8.0
13.83 —-0.02 1.00(0.03) 383(1.5) 304(0.6) 5 021 8.8
13.92 +40.03  1.15(0.03) 484(1.4) 33.4(0.6) 8 0.19 6.3
14.00 +0.07 1.10(0.03) 27.1(0.8) 26.2(0.3) 6 0.17 6.7
1409 40.12  0.94(0.03) 30.3(1.1) 24.7(0.5) 5 015 100
14.18 +0.17  0.83(0.02) 402014 24.5(0.6) 6 013 109
1427 4022 0.8000.02) 36.6(1.0) 30.4(0.4) 8 0.13 9.9
1436 +0.26 0.82(0.02) 384(1.4) 30.000.6) 5 013 117
1444 4031  0.68(0.03) 26.3(14) 25.1(0.6) 8 0.14 7.5
1453 4036  0.63(0.02) 349(1.3) 29.8(0.5) 8 0.13 8.0
1462 +40.41 0.63(0.02) 348(14) 28.6(0.6) 8 0.14 101
1471 4046  0.76(0.03) 22.6(0.9) 25.0(0.4) 6 011 118
Field 4 (G25.2+0.0) (see Fig. 8 for spectra)

2437 —044 , 8 013 102
2446 —0.39 0.46(0.03) 19.1(1.3) 104.3(0.5) 8 0.10 106
2455 —0.35 8 0.16 84
24.64 —0.30 8 0.14 9.3
2473 =025 047(0.03)* 37.02.6) 107.2(1.0) 8 017 104
2481 -0.21 8 0.16 8.3
2490 -0.16 033(002) 61.147) 95.3(1.6) 8 013 143
2499 —0.12 8 010 139
2508 -007 8 0.15 84
25.17 —0.02 5 0.16 102
2526 +0.03 8 013 124
2535 +0.07 8 012 132
2543 +40.12 8 014 107
2552 016 8 013 109
25.61 <021 8 0.13 8.5
25770 +0.26 8 0.15 8.5
25779 4030 0.55(002) 38.6(1.6) 110.6(0.7) 3 0.14 7.2
2588 +0.35 0.56(0.02) 23.3(0.8) 102.1(0.4) 8 0.12 8.7
2596 +040 0.57(0.03) 16.0(0.9) 99.4(04) 8 0.11 8.2
2605 +044 047(0.03) 222(1.%) 103.2(0.8) 8 013 106
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Table 1. (Continued).
l b Ty /Tsys AV VLSR V;'es RMSl tint
) ©) x 103 Gkms™")  (kms™!) (kms™!'y x10° (hrs)
Field 5 (G27.5+0.0) (see Fig. 9 for speciza)
26.62 —043  0.63(0.01) 33.1(0.8) 95.9(0.3) 8 0.13 7.1
26.71 —0.39  0.35(0.03) 404(3.7) 904(1.5) 8 0.13 0.6
26.80 —-0.34  04500.02) 37.2(1.7) 100.3(0.7) 8 0.11 7.6
2688 —0.30 04000.03) 49.9(4.9) 101.4(1.7) 8 0.13 10.3
26.97 -025 0.61(0.03) 46.3(2.4) 90.3(1.0) 8 0.17 5.5
27.06 —-0.20 0.68(0.03) 42.7(2.3) 92.8(1.0) 8 0.16 8.0
2715 -0.16 (.38(0.02) 23.0(1.4) 88.4(0.6) 8 0.11 8.6
2724 011 0.6000.02) 21.1(0.8) 95.0(0.4) 8 0.11 11.5
2733 =006 0.53(002) 24.1(1.2) 94.5(0.5) 8 0.13 8.9
2742 002 0.52(0.03) 24.2(1.5) 90.8(0.6) ] 0.13 10.0
2750 +0.03  0.59(0.05) 154(1.4) 94.5(0.6) 8 0.15 8.3
2759 +0.07 0.61(0.04) 21.1(1.4) 94.5(0.6) 8 0.13 10.2
2768 +0.12 0.5000.03)* 16.3(1.2) 88.9(0.5) 8 0.13 8.5
2777 4016 031(0.02) 330029 928012 8 010 101
27.86 +021 035(0.02) 39.8(3.1) 88.9(1.2) 8 Q.17 6.8
2795 4026 0.65(0.02) 29.8(1.1) 85.0(0.%) 8 0.10 8.2
28.04 +0.31  0.53(0.02) 34.8(1.9) 92.1{(0.8) 5 0.14 15.0
28.13 +0.35 041(0.02) 31.1(1.4)  89.3(0.6) 8 0.08 18.6
28.21 4040 0.45(0.02) 48729 91.7(1.0) 3 0.14 7.6
28.30 4044  0.53(0.03) 24.2(1.8) 100.3(0.7) 8 0.14 9.2
Field 6a (G34.2+0.0) (see Fig. 10 for spectra)

3305 -002 8 .13 124
33.14 +40.03 g 0.16 iz24
33.28 ~0.02 g 014 111
3337 +40.03 8 012 141
33.50 -0.02 8 0.13 15.2
3359 +40.03 8 0.13 18.6
3373 -0.02 8 0.13 10.8
33.82 +40.03 3 012 130
3395 -0.02 8 0.16 10.6
34.04 +40.03 ] 0.15 9.4
34.18 -0.02 5 0.18 9.7
3427 +40.03  0.38(0.03) 16.8(1.4) 47.4(0.6) 8 0.10 13.1
3440 --0.02 3 0.19 9.0
3449 +0.03 3 014 122
3463 -0.02 3 0.14 9.8
3472 +0.03 8 010 133
34.85 -0.02 8 0.14 8.9
3494 4003 (.3500.02) 39.0(2.5) 56.5(1.0) 8 0.12 11.0
3508 —0.02 0.3000.02) 38.6(3.0) 524(1.2) 8 0.10 8.9
35.17 +0.03 8 020 119
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Table 1. (Continued).

l b 13, /Tsys AV VLsr Vies RMS! Lint
&) (©) x 10° (kms~') (kms™!) (kms™!) x10° (hrs)

Field 6b (G36.5+0.0) (see Fig. 11 for spectra)

3531 -0.02 0.32(0.02) 454(34) 542(14) 8 .11 111

3540 +40.03 0.36{0.02) 45.1(2.3) 57.5(1.0) 8 0.10 14.3
35.53 —-0.02  0.56(0.02) 36.7(1.6) 55.9(0.7) 8 0.16 7.2
35.62 +0.03 8 0.13 0.4
35.76 —0.02 021(0.02)* 31.6(3.8) 60515 6 0.10 10.7
35.85 +0.02 8 0.13 13.0
3598 -0.02 8 0.13 11.7
36.07 +0.03 5 0.13 13.0
3621 —-0.02 3 0.12 10.6
36.30 +0.02 8 0.16 13.8
36.43 —-0.02 0.61(0.03) 21.2(1.5) 82.0(0.6) 8 0.13 10.9

0.46(0.03) 25.3(2.3) 47.5(0.89) 8 0.13 10.9
36.52 +0.02 0.27(0.02) 47.1(3.8) 71.9(1.5) 8 0.11 9.0
36.66 —0.02 043(0.03) 26.1(2.1) 79.3(0.9) 8 0.11 10.8
36.75 +0.02 8 0.12 13.0
36.89 —0.02 8 0.15 9.9
37.11 -0.02 8 0.17 12.2
3720 +0.03 0.29(0.02) 46.2(34) 69.8(L.3) 8 0.11 14.2
3734 —0.02 048(0.03) 31.5(2.2) 73.8(0.9 8 0.17 54
3743 +40.02 8 0.15 9.5

Field 6¢ (G38.7+0.0) (see Fig. 12 for spectra)
37.56 —-0.02 8 0.14 120
37.65 +0.02 8 0.15 15.5
3779 —-0.02 8 0.15 144
37.88 +40.02 8 0.17 84
38.01 —-0.02 046(0.03) 46.77(3.3) 598014 8 0.14 9.3
38.10 +0.02 8 0.14 140
38.24 —-0.03 033(0.02) 51.6(3.5) 58.6(1.4 8 0.12 8.6
38.33  40.02 8 0.16 9.1
3846 —0.03 0.5000.03) 21.5(1.6) 40.0(0.7) 8 0.13 0.7
38.55 +40.02 8 0.13 12.5
38.69 —-0.03 8 0.19 6.8
38.78 +40.02 8 0.14 9.1
3891 -0.03 8 0.15 10.9
39.00 +40.02 8 0.11 12.3
39.14 -0.02 8 0.26 2.6
39.22  +0.03 8 0.21 4.9
3936  —-0.02 8 0.20 4.3
3945 +0.03 8 0.19 59
3959 —-0.02 8 0.18 42
39.68 +40.03 8 0.16 0.6
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Table 1. (Continued).

95

! b 11 /Tsys AV Visr V’r‘es RMS! tint
Q) ) x 10° (kms™1)  (kms™!) &kms™Y x10°  (hrs)
Field 7 (G45.5+0.0) (see Fig. 13 for spectra)

44.67 —-0.44 0.3000.03y  28.3(2.9) 56.1(1.2) 8 0.12 9.0
4476 —040 8 0.14 9.5
4485 —0.35 8 0.12 10.4
4494 ~0.30 8 0.12 9.2
4503 —-0.25 8 0.13 10.5
4512 -0.21 8 0.10 13.8
4520 —-0.16 8 0.10 10.3
4529 -0.11 8 0.11 12.0
4538 -0.07 8 0.10 10.5
4547 —0.02 0.42(0.02)* 11.2(0.7)y 55.1(0.3) 8 0.10 14.6
4556 +0.03  0.38(0.02) 36.2(2.4) 44.9(1.0) 8 0.13 9.8
45.64 4+0.08 8 0.12 151
4573 +0.12 8 0.19 6.3
4582 +0.17 8 0.14 11.0
4591 +0.22 8 0.13 10.2
46.00 +0.26 8 0.16 10.3
46.08 4031 8 0.14 9.6
46.17 +0.36 8 0.11 9.7
4620 4041  0.53(0.04)  16.0(1.3) 43.9(0.5) 8 0.10 9.5
0.28(0.04) 17.02.5) 12.8(1.0) 8 0.10 9.5

46.35 +045 8 0.12 11.7

Field 8 (G56.9+0.0} (see Fig. 14 for spectra)

56.08 —046 047(0.03) 32727y 23.0(1.1) 8 0.13 12.8
56.17 042  0.24(0.02) 30.6(3.5) 24.5(1.4) 8 0.10 13.7
5626 —037 0.35(0.03) 54.8(6.8) 37.0(2.5) 8 Q.15 0.9
5634 -032 8 014 127
5643 027 033(0.03) 252(2.8) 31.3(1.1) 8 0.13 12.5
5652 -—-0.22 8 0.09 16.1
5660 —0.17 037(0.02) 37.3(3.4) 24.3(1.2) 8 0.13 8.2
5669 =0.12 8 0.13 124
56.78 -0.07 047(0.03) 27.6(24) 23.8(1.0) 8 0.14 101
56.86 —0.02 8 0.15 132
5695 4003 021(0.01)* 32.4(2.5) 253(1.0) 8 0.08 13.1
5704 4008 0.21(0.02) 49.5(7.0) 13.52.4) 8 0.10 16.8
5712 +0.13  0.22(0.02) 64.3(11.2) 15.03.1) 8 0.11 111
5721 +0.18 8 0.16 15.1
5730 +023  0.39(0.02) 29.0(1.7) 12.5(0.6) 8 0.12 8.6
5738 +0.28 8 0.10 11.6
5747 +0.33 8 0.16 9.5
57.56 038 0.27(0.02) 44.4(3.1) 17.2(1.3) 8 0.12 12.0
57.65 4042 0300002y 51737 19.7(1.4) 8 0.13 9.5
5773 4047 8 0.15 11.4
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Table 1. (Continued).

l b TL/Tsys AV Visr T/;'es RMSI ting
©) ©) x 10° (kms™) (kms™!) (kms™') x10° (hrs)
Field 9 (G66.2+0.0) (sce Fig. 15 for spectra)

6539 —0.50 0.38(0.02) 447(2.8) 13.0(1.2) 8 0.10 11.6
6548 —045 0440.03) 37.5(3.1) 5.4(1.3) 8 013 121
65.56 —0.39 0.33(0.03) 447(4.4) 4.8(1.5) 8 0.13 8.9
6565 —0.34 8 0.12 9.6
6573 -0.29 2 0.15 5.8
65.82 —-024 8 0.14 10.8
6590 —0.18 8 013 121
6599 —0.13 3 008 173
66.08 —0.08 8 0.16 4.8
66.16 —0.03 8 0.16 4.1
66.24 +0.03  0.67(0.02) 43.9(1.6) 14.90.7) 8 0.14 8.8
66.33 +0.08 0.42(0.04) 44.3(4.5) 3.2(1.8) 8 0.15 11.1
6641 +0.13 8 0.22 7.5
66.50 +0.19 8 0.19 84
66.59 +0.24 8 0.13 11.5
66.67 +0.29 8 0.11 13.8
66.75 4035 0.33(0.03)" 38.2(4.2) 10.2(1.8) 8 0.15 7.7
66.84 +040 0.27(0.02) 42.6(3.4) 8.3(1.4) 8 0.11 12.2
66.92 4045 3 0.16 8.5
67.01 4050 8 0.14 0.4

TRMS is in units of 77,/ Tsys.
* Tentative detection.
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Table 2. Line parameters from the low resclution observation and the average spectrum.

Field l T/ Tsys AV War Vres RMS! tint
Name b=10°

*) x 108 oms™)  (kms™Y  (kms™l) x 108 (lus)
Field 1 348.0% 0.51(0.02) 359(1.5) —15.5(0.6) 2 008 2141
348.0' 0.42(0.02) 53.6(2.9) —22.6(1.2) 8 0.12 12.7
Field 2b 2.3%  043(0.01) 29.2(1.1) 5.1(0.5) 2 0.06 2079
23" 0.37(0.02) 26.0(2.0) 10.2(0.8) 8 0.10 10.7
Field 2¢ 47%  0.56(0.01) 34.3(1.0) 8.6(0.4) 2 0.06 199.5
47 0.67(0.02) 28.7(0.9) 11.3(0.4) 8 0.09 13.2
Field 3 13.9%  0.76(0.02) 34.9(0.8) 27.5(0.3) 2 0.07 1829
139" 0.90(0.02) 37.7(0.7) 26.7(0.3) 8 0.08 16.8
Field 4 25.2% 0.28(0.01) 30.0(1.7) 101.8(0.7) 3 0.06 205.8
2520 0.44(0.01) 25.5(0.8) 98.2(0.4) 6 0.10 19.8
Field 5 27.5%  0.43(0.01) 31.9(1.0) 92.7(0.4) 3 0.05 189.7
275 0.39(0.02) 28.5(1.4) 91.6(0.6) 3 0.08 18.2
Field 6a 34.2% 0.15(0.02) 15.2(1.8) 90.4(0.8) 3 0.05 2352
0.17(0.01) 27.9(2.2) 50.8(0.9) 3 0.05 2352
342" 0.26(0.02) 14.2(0.9) 45.6(0.4) 5 0.08 384
Field 6b 36.5% 0.27(0.01) 55.6(2.4) 64.7(1.0) 5 0.06 209.1
36,50  0.25(0.01) 60.0(3.2) 65.2(1.2) 3 0.07 33.5
Field 6¢c 38.7% 3 0.09 181.1
38.7" 8 007 276
Field 7 455%  0.18(0.01) 44.6(2.6) 47.5(1.1) 3 0.05 2130
455" 0.20(0.01) 40.5(2.2) 48.8(0.9) 8 0.05 535
Field & 56.9%  024(0.01) 48.0(2.1) 21.2(0.9) 5 0.05 2403
56.9' 0.25(0.01) 21.2(1.6) 20.9(0.7) 8 0.06 46.2
Field 9 66.2%  0.25(0.01) 49.1(1.7) 9.9(0.7) 5 0.04 196.0
66.2' 8 0.07 452

1 RMS is in units of T,/ Teys-
# Parameters from the average spectrum.

! Parameters from the spectrum obtained with a 2° x 2° beam (paper I).



98 D, Anish Roshi & K.R. Anantharamaich

Table 3. HII regions and RRLs near 327 MHgz in field 7 (G45.5+-0.0).

I b Tz AV Visk  Jobs Note
*2 ® mK).  (ams™) (kms™) (cm)

44786 —0.490 17(2.5) 30.0(5.5) 44.8(4.0) 9 L89
44981 —0.646 142.0) 20.3(3.4) 67.3(1.4) 9 Iph96
45.125 0.136 67(4.9) 31.6(2.7) 57.6(1.1) 3 L89
45451 0.060 153(6.3) 27.9(1.3) 55.9(0.6) 3 L89
45475 0.130 57(3.9) 27.5(2.1) 56.0(0.9) 3 189
45824 —0.290 16(2.0) 38.7(5.8) 62.3(4.2) 3 L8
46495 —0.247 83(5.1) 224(1.6) 57.2(0.7) 3 189
RRLs near 327 MHz in field 7

[ b Tr, [Teys AV Visr Note

) ©) (kms™?) (kms™!)

4467 —044 030(0.03) 28.3(29) 56.1(1.2)
4547  —0.02 042(002) 11.2(0.7) 55.1(0.3)
4556  +0.03 0.38(0.02) 36.2(24) 44.9(1.0)
4626  +041 0.53(0.04) 16.0(1.3) 43.9(0.5)

0.28(0.04) 17.0(2.5) 12.8(1.0)

Note: L8 — Lockman (1989); Iph96 — Lockman et al.(1996);
t — Tentative detection.
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Table 4. Line parameters from the set of average spectra in field 7 (G45.5+0.0).

99

l b 17 /Tsya AV VLSR Vres RMS! tint

) (*) x 108 (kms™) (kms™!) (kms™!) x10* (hrs)
Average over 2°x 12

4630 043 0.33(0.02) 33.0(1.1) 53.40.5) 8 0.09 211

46.12 4034 8 0.09 19.3

45.95 +0.24 8 0.10 20.5

4577 +0.14  034(0.03) 13.6(1.3) 57.6(0.6) 5 0.13 17.3

45.60 +0.05 0.28(0.01) 39.8(2.5) 47.6(1.0) 8 0.08 24.8

4543 -0.04 0.33(0.03) 11.7(1.1) 55.0(0.5) 3 0.12 252

4525 —-0.13  0.24(0.04)* 10.1{2.1} 53.2(0.9) 3 0.11 22.3

45.07 —-023 0.18(0.02)* 26.4(3.8) 55.5(1.5) 5 0.09 243

0.23(0.02y* 19.4(2.6) 18.4(1.0) 5 0.09 24.3

44,89 —0.33 0.2900.0%)* 11.6(1.2) 56.9(0.5) 3 0.11 195

4471 —042 037(0.04) 104(1.4) 56.0(0.6) 3 0.12 18.5
Average over 2°x 30

46.17 4036  0.15(0.02) 9.1(1.2) 62.5(0.5) 8 0.06 507

0.21(0.01) 15.8(1.2) 41.9(0.5) 8 0.06 507

45773 40.12  0.30(0.02) 14.2(1.0) 59.06(0.4) 6 0.07 524

0.17¢0.01) 29.3(3.2) 33.4(1.2) 6 0.07 524

45.29 —0.11 0200002y 17.4(1.9) 54.9(0.8) 5 0.07 61.3

4485 035 0300003 11.7(1.3) 56.0(0.5) 3 0.08 48.6
Average over 2°x 1°

4595 4024 0.14(0.01) 35.2(2.6) 47.5(1.1) 6 0.05 1031

4507 023 0240002y 12.8(1.1) 55.3(0.5) 5 005 1099

* RMS is in units of 77, /Tyy,
* Tentative detection.

APPENDIX 2

This Appendix, beginning on the next page, contains all the figures” (Fig. 1 to
Fig. 19) referred to in this paper.
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Figure 2. Spectra of recombination lines near 327 MHz observed with a beam of 2° x 6

towards various positions within field 1 centered at G348.0+0.0 are shown on the left. The
positions observed are shown schematically in galactic coordinates in the top right corner
where the dots indicate the beam center and the length of the line represent the extent of
the 2° beam of the ORT. The spectrum (labeled as AVG) obtained by averaging all the 20
spectra and the spectrum (labeled as MODULE) obtained using a 2° x 2° beam covering
the same region (taken from paper I) are shown in the bottom right corner. The ordinate
of the spectra are in units of T, /Ty, and abscissa are in LSR velocity with respect to the

hydrogen line.
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Figure 3. Spectra of recombination lines near 327 MHz observed with a beam of 2° x
6 towards various positions within field 2a are shown on top. The observed positions are
shown by slanted lines marked on the 11 cm continuum map with an angular resolution of
4' 3 taken from Reich ez al. (1990) (bottom). The slanted line represent the 2° x 6 beam
spectra are in units of 77, /T, and abscissa are in LSR
velocity with respect to the hydrogen line. The contour ievels for the 11 cm continuum
map are in brightness temperatures of 0.5, 1, 1.5, 2, 3, 4, 5, 6, 8, 10, 20, 30, 40, 50, 70,

of the ORT. The ordinate of the

100, 200, 300 K.
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Figure 4. Spectra of recombination lines near 327 MHz observed with a beam of 2° x 6
towards various positions within field 2b centered at G2.3+0.0 are shown on the left. The
observed positions are shown by slanted lines marked on the 1 cm continuum map with
an angular resolution of 4' 3 taken from Reich et al. (1990) (top right corner). The slanted
line represent the 2° x 6 beam of the ORT. The spectrum (labeled as AVG) obtained by
averaging all the 20 spectra and the spectrum (labeled as MODULE) obtained using a 2°
% 2° beam covering the same region (taken from paper I) are shown in the bottom right
corner. The ordinate of the spectra are in units of Ty, /Ty, and abscissa are in LSR velocity
with respect to the hydrogen line. The contour levels for the 11 cm continuum map are in
brightness temperatures of 0.5, 1, 1.5, 2, 3, 4, 6, 8, 10, 15, 20, 25, 30, 40, 50, 60 XK.
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Figure 5. Same as Fig 4 for the field 2c centered at G4.740.0. The contour levels for the
11 ¢m continuum map are in brightness temperatures of 0.5, 1, 1.5, 2, 3, 4, 6, 8, 10, 15, 20,
25, 30, 40, 50 K. ‘
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Figure 6. Same as Fig 3 for the field 2d. The contour levels for the 11 cm continuum map
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Figure 9. Same as Fig 4 for the field 5 centered at G27.5+0.0. The contour levels for the
11 cm continuum map are in brightness temperatures of 0.2, 0.4,0.6,0.8, 1, 1.5, 2, 3,4, 5,
6,7, 8K.
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Figure 10. Same as Fig 4 for the field 6a centered at G34.2+0.0. The contour levels for the
11 cm continuum map are in brightness temperatures of 0.2, 0.5, 1, 2, 4, 6, 8, 10, 14, 18,
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Figure 13. Same as Fig 4 for the field 7 centered at G45.5+0.0. The contour levels for the
11 cm continnum map are in brightness temperatures of 0.2, 0.5, 1, 2, 4, 6, 8, 10, 14, 18 K.
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Figure 14. Same as Fig 4 for the field 8 centered at G56.9+0.0. The contour levels for the
11 cm continuum map are in brightness temperatures of —0.02, 0.1, 0.2, 0.4, 0.6, 0.8, 1,
12,15, 19K
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Figure 16. A histogram of the widths of hydrogen recombination lines near 327 MHz
detected in the observations with a resolution of 2° x 6.
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Figure 17. An /-v diagram obtained from the hydrogen line emission observed with the 2°
% 6 beam. The open circles represent the central velocity and the horizontal lines indicates
the line width. The delineations (solid line} correspend to the four spiral arms (1 to 4 as
designated by Taylor & Cordes 1993), the /-v diagram corresponding to an annuius of 3.5
kpc (dashed line) and 7 kpc (dotted line) and the terminal velocity at different galactic lon-
gitude (dash-dot-dot-dot line). Parameters of galactic rotation given by Burton & Gordon
(1978) after scaling them to conform with R = 8.5 kpc and 6 = 220 km s~ are used to
get these curves. The striped region corresponds to a region devoid of line emission near
327 MHz as observed in the 2° x 2° survey of Roshi & Anantharamaiah (2000).
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Figure 19. Spectra obtained by averaging different subsets of spectra observed towards
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Abstract. HD 111154 is a member of the Coma Cluster. It 'is here
shown to be a somewhat unequal pair of stars of approximately solar
type. They are in an orbit that has a period of just under 27 days and
quite a high eccentricity (0.442). Although the minimum masses (1.08
and 1.00 My,) are large enough to encourage a search for eclipses, no
such events have been detected.

Key words. Radial velocities—spectroscopic binaries——orbits—stars,
individual—HD 111154.

1. Introduction

HD 111154 is seen as an eighth-magnitude solar-type star in Coma Berenices at a
Galactic latitude above 85°; it is little more than 2° north-following 26 Com, the
binary systern with which this series of papers started (Griffin 1981). Tis Henry
Draper Catalogue type (Cannon & Pickering 1920) is G5.

The radial velocity of HD 111154 featured in a substantial list of North Galactic
Pole stars measured by Sandage & Fouts (1987) from spectra obtained with an
intensified reticon system on the coudé spectrograph of the Mount Wilson 100-
inch reflector; they gave its value as —10 km s~'. The presence of the star in
that list led to some of its other properties being estimated by Knude (1989), who
found (and gave to seemingly incredible accuracy) the absolute visual magnitude
of 4™ 325 and the metallicity [Fe/H] = —0.040. He deduced its distance to be 64
pe. In their large survey that was published comparatively recently in this Journal,
Yoss & Griffin (1997) gave the apparent magnitude and (B — V') colour as §™.40
and 0™.56 respectively, found My, = 4™ .4 and estimated an ‘mk’ type of GOV from
DDO-style photometry (McClure 1976 and references therein). On the basis of its
being a single star they assigned a distance of 63 pc, corresponding to a distance
modulus ‘of exactly 4™, but rather conflictingly they announced at the same time
that it had been discovered to be a spectroscopic binary. The Hipparcos catalogue
(1997) gives my = 8M.38, (B — V') = 0™.59, and a parallax of 00130 £ 070011,
indicating a distance of 77 = 7 pc and (m — M) = 4™.44 = 0™ 18.
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Quite recently, Odenkirchen, Soubiran & Colin (1998) listed HD 111154 as one
of 40 stars (two of which seem to share an HD number) that they identified from
Hipparcos as being kinematic members of the Coma Cluster, It is about 65° from
the cluster centre and is well outside the region featured in Trumpler’s (1938) list
of stars in that vicinity. The parailaxes of the members recognized by Odenkirchen
et al. (1998) give a mean topocentric distance of 86 pc for the cluster members.
Since the individually measwred paraflax of HD 111154 does not, however, in-
dicate a radial distance from the cluster centre any larger than corresponds to its
angular offset from that cenire, there is no case for adopting the cluster parallax
in preference to the individually determined one, which, in conjunction with the
mean apparent magnitude of 8™.39, gives the integrated absolute magnitude of the
binary system as 3™.95.

2. Radial-velocity measurements and orbit

The first attempt to measure the radial velocity of HD 111154 was made in 1971
with the original Cambridge spectrometer (Griffin 1967), and failed because no
dips were recognized on the trace. That failure prompted Dr. (at that time Mr.)
G. A. Radford and the writer to include the star in a list of troublesome objects
whose natures might be elucidated by classification-dispersion spectrograms, which
we took with the Cassegrain spectrograph of the Isaac Newton Telescope at Herst-
monceux in the spring of 1974. HD 111154 was observed at a reciprocal dispersion
of 62 A mm~! on 1974 April 1; the spectrum was classified as GOV by Radford,
who also noted that it had broad lines. In retrospect we can tell that there were two
spectra, of mutually comparable intensities, with a separation at that time of more
than 90 km s~! (about 1.3 A in the blue spectral region observed); the splitting of
the lines would amount to about 20 i on the plate, accounting for their somewhat
diffuse appearance.

Some years later, in 1980, when there had been some improvement in perfor-
mance of both the spectrometer and the observer at Cambridge, a fresh attempt to
measure the velocity of HD 111154 was successful; a second measurement, which
disagreed with the first, was made in 1984. It was noted on both occasions that
the ‘dip” was “very feeble”. After a third observation, in 1987 March, had been
made (with Coravel at Haute-Provence (Baranne, Mayor & Poncet 1979)) and dis-
agreed with both the earlier cnes, the object was observed relatively intensively in
Cambridge. Very soon its double-lined nature was discovered, and the period of 27
days was established in that same observing season. As many as 86 observations
(mostly consisting of measurements of both components) have now been accumu-
lated of it. The majority (58} has been made at Haute-Provence, but 17 have come
from Cambridge, 7 from the spectrometer (Fletcher et al. 1982) at the Dominion
Astrophysical Observatory, Victoria, and 4 from the ESO Coravel. They have all
been reduced as well as possible to the Cambridge zero-point (Griffin 1969) and
are set out in Table 1; all but two (identified in the Table) were made personally
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Table 1. Radial-velocity observations of IID 111154.

Heliocentric Date HMJD Velocity Phase (0-C)
Prim. Sec. Prim. Sec.
kms™! kms™! km s~ kms7!

1980 Jan. 13.22" 4425122 —421  — 0187 ~1.0 —

1984 Apr. 27.97* 45817.97 —320  — 58.277 407 @ —

1987 Mar. 1.03 46855.03 +26.6 — 86.727 +0.1 —
20.03* 874.03 —15.0 — 97.432 —-0.6 —
21.07* 875.07 —-2.8 470 — —
22.01* 876.01 =21 .505 — —
25.99* 879.99 +16.8 =177 .653 +19 =27
29.92* 883.92 +37.8 —40.2 .799 -1.0 0.6

Apr. 27.98* 912.98 +53.2 —bH43 08.876 +1.7 402
May 7.96* 922.96 -35.3 +39.9 99.246 +06 0.1

8.97* 923.97 318 4354 .283 +01 —03
19.99* 034.99 4220 - .692 +1.1 —
1988 Jan. 23.511 4718351  +53.9 —58.4  108.906 -01  -1.2
26.411 186.41 +1.0 109.014 — —
27.571 187.57 —249 4+28.3 .057 +04 —0.2
30.52t 19052 —428 +46.2 .166 —-06 —086
31.43t 191.43  —40.4  +43.7 .200 -02 =09
Feb. 1.45 192.45  —37.0 +40.6 238 -0.2 —0.3
Mar. 11.09 231.00  +187 —17.6  110.870 +1.2 402
12.00 232.00 4226 —23.0 704 -0.2 405
12.97 232.97 4273 -31.2 740 ~1.4 —1.4
13.95 233.95  +355 —35.9 776 +0.6  +0.7
14.93 23493  +40.6 —41.7 813 0.7 +1.8
16.91 236.91  +53.3 —55.0 886 +06 408
22.12* 24212  —-359 4393  111.079 —14 409
23.08* 243.08 —43.0 +47.3: 115 1.7 414
Apr. 9.91* 260.91  +35.3 —33.1 776 +05 434
12.95* 263.95  +521 —56.3 889 —08 —0.2
13.93* 264.93  +534 — .925 —0.1 —
May 6.92* 287.92  +33.5 —34.6: 112.777 1.6 422
Nov. 7.21 472.21 +90 —-79 119.610 +0.3 404
1689 Jan. 31.16M 47557.16  +32.0 —32.2  122.760 0.0 +1.3
Feb. 23.26% 580.26 +9.6 —10.0 123.616 00 -08
24.94F 581.24 4151 —15.4 653 +0.2  -0.5
25.30% 582.30 4210 —23.6 692 +0.1 =22
Mar. 24.99 609.99  +248 —26.1  124.719 —-0.3 -0.1
25.92 610.92  +30.7 —32.0 753 —-0.2 402

27.02 612.02 +37.3 —38.4 794 -0.7 +15
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Table 1. {Continued)

Heliocentric Date HMJID Velocity Phase (0-C)
Prim. Sec. Prim.  Sec.
kms™! kms™! km s kms7!

1989 Mar. 27.94 47612.94 +42.8 —475 124.828 -1.2 -11

28.88 613.88 4500 -53.0 .863 +03 04

30.10 615.10 +55.3 - 5676 908 +13 03

30.97 615.97 +51.1 547 940 0.0 -06

Apr. 27.86 643.86  +360 —37.1  125.974 0.7  +15
28.05 644.05  +322 —33.3 981 402 +0.1

28.83 64483  +88 73  126.010 +0.4  +0.6

28.91 64491  +53  —54 013 ~05 —03

28.97 644.97 45  —43 016 +06 -12

29.03 645.03  +3.3 2.1 018 +13  -11

29.10 64510  —0.7  +34 020 ~05  +21

29.94 64594  —22.2 4257 052 +0.2  +0.3

30.08 64608 —24.6 +282 057 +06 —0.2

May 1.03 647.03  —37.7 +4L1 092 +01 09
1.94 647.94  —420 471 126 +0.2  +0.4

2.91 648.91  —42.9 +480 162 ~0.5 +10

1990 Jan. 20.22°% 47911.22 +52.6 —56.8 135.887 -0.2 —-0.9
27.04 918.04 —42.6 +47.1 136.140 0.0 -02

31.12 0922.12 -31.1 +35.0 .201 -0.1 +0.3

Feb. 12.33% 93433 4205 —313 44 102 07
1991 Jan. 28.13 48284.13 +244 255 149.713 +0.1 —-04
29.14 285.14 4305 314 751 0.0 0.4

Feb. 5.01 292.01 +12.1  -133 150.606 ~-05 —0.9
6.15 203.15 —-20.7 4231 .048 ~-05 401

1992 Jan. 14.15 48635.15 +26.4 —28.0 162.728 ~-02 -03
16.12 637.12 +39.0 —408 .801 ~0.2 405

21.18 642.18 +266 —27.6 .989 ~01 401

Feb. 28.42% 680.42 —18.2: +20.1: 164.406 -0.7 0.0
Apr. 22.02 734.02 —18.7 4234 166.394 +04 +1.6
23.04 735.04 —-139 4175 .432 +06 +0.7

23.95 735.95 -104 4118 .465 ~-01 05

20.06 741.06 +154 —14.9 .655 +02 404

June 26.93 799.93 +45.7 —483 168.837 +0.1 -01
Dec. 19.20 975.20 —257 4291 175.336 +0.2  -01
21.21 977.21 —-16.8 4199 410 +0.3 +0.3

1993 Feb. 12.16 49030.16 -21.6 4245 177.374 ~01 401
14.13 032.13 =125 +14.9 447 +0.1 401

July 891 176.91 +41.5 443 182.815 ~01 04

Dec. 25.24 346.24 =377 427 189.093 +03 +0.5
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Table 1. (Continued)

Heliocentric Date HMJID Velocity Phase (0-C)
Prim. Sec. Prim. Sec.
kms™! kms™? kms™! kms!

1994 Feb. 16.14 4939914  —24.0 4269  191.054 —0.2 0.0
Aug. 4.84 568.84 253 4275 197.346 05 -04

Dec. 11.21 697.21  —40.8 4442 2021056 —06 —0.4
12.22 698.22 —42.3 4474 .143 +04 +01

1995 Jan. 4.19 49721.19 +22.0 220 202.995 +0.1 406
5.20 722.20 -85 +12.1 203.032 +0.9 +0.8

7.15 724.15 —39.7 4442 .104 +0.3 -0.3

June 2.99 870.99 +0.5 208.549 o —

1996 Apr. 1.02  50174.02 +358 —38.3 219.784 —04 =03

*Observed with original Cambridge spectrometer.
TObserved with DAO 48-inch telescope.

tObserved with ESO Coravel.

All others observed with Haute-Provence Coravel.
MObserved by Dr. J.-C. Mermilliod.
FPObserved by Monsieur B. Pernier.

by the author. An example of a double-lined Coravel trace is shown as Fig. 1. Only
a minority of the Coravel traces are of that form, however, because owing to the
limited scanning range it was frequently necessary to observe the two components
in separate integrations. In such cases both observations of a pair are listed together
with the same mean time, because even near periastron the change of the compo-
nents’ velocities was never enough to be significant within the overall time taken
to observe them both (normally less than 10 minutes).

Experimental orbital solutions showed first of all that it was appropriate glob-
ally to attribute half-weight to measurements of the secondary star, and that the
Cambridge observations had twice the residuals, and therefore merited one-quarter
of the weight, of Coravel and DAO ones. The residuals given by four observations
in which the two ‘dips’ were closely blended together (AV < 15 km s™1) were
noticed to contribute far more than a fair share towards the total of the squares of
the residuals, so those few measures were rejected altogether. Four other obser-
vations (one Coravel, ane DAQO and two Cambridge) were so closely blended that
they could be reduced only as single-lined, and so have not been used in the or-
bital solution. A few other velocities that were explicitly noted as uncertain at the
time of measurement were arbitrarily assigned half the weight to which they would
otherwise be entitled and are marked with a colon in Table 1. The final solution of
the orbit is illistrated in Fig. 2 and has the following elements:
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26.97128 -~ 0.00013 days  (T)143

= MID 48103.061 = 0.012
¥ = +055+0.05kms? aj sin

= 16.09 £ 0.04 Gm
Ki = 4836£0.10kms! azsini = 17.40 = 0.05 Gm
Ky = 5230+0.14kms™! flm1) = 02286+ 00015 Mg
g = 1.081%0003(=mi/mg) flms) = 02801+ 0.0024 M,
e = 04422400013 mysin®i = 1.071 £ 0.007 Mg
w = 7608 %024 degrees mpsin®i = 0.990 = 0.006 M

R.m.s. residual (unit weight) = 0.51 km s~!
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Figure 1. Double-lined radial-velocity trace of HD 111154, obtained with the Haute-
Provence Coravel on 1993 February 12, illustrating the unequal dips. The number of counts
per bin in the continuum is about 10,000.

3. Discussion

An obvious conclusion that can be made straight away from the orbital elements is
that the y-velocity is exactly the velocity of the Coma Cluster, amply confirming
the system’s cluster membership (Odenkirchen et af. 1998), which might have been
considered questionable on the basis of the Sandage & Fouts (1987) radial velocity,

Another fact of immediate relevance is the mass fatio of 1.081 to 1, which, on
the part of the main sequence in the vicinity of the observed integrated (B ~ V)
colour (0™.58) of HD 111154, corresponds (Allen 1973) to a difference of about
0™.4 in visval luminosity.
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Figure 2. The observed radial velocities of HD 111154 plotted as a function of phase, with
the velocity curves corresponding to the adopted orbital elements drawn through them.
Filled circles represent observations made with the Coravels at Haute-Provence and ESO,
squares indicate DAQO data, and open circles are used for observations made with the orig-
inal Cambridge spectrometer. Plusses show velocities that were not used in the orbital
solution, having come from closely blended traces (AV < 15 km s™') and being less
reliable than those more clearly separated; open diamonds refer to four observations that
were so closely blended that they had to be reduced as single-lined and omitted from the
solution.

The disparity noticeable between the ‘dips’ given by the two component stars
in Fig. 1 is a second factor that can be used to quantify the differences between their
respective magnitudes and spectral types, again on the assumption that they follow
the normal main-sequence relationships between luminosity, colour and spectral
type. The mean equivalent widths found for the areas of the two dips on Coravel
radial-velocity traces are 2.21 & 0.03 and 1.49 + 0.04 km s~L. The total of 3.70
km s7! tallies exactly with expectation for (B — V) = 0™.58, according to the
graphical indication of equivalent widths of dips against colowur index given in
Fig. 21 of Baranne et al. (1979) for stars in the Coma Cluster. The ratio of the
components’ lominosities is rather Jarger than the ratio (1.48 % 0.05; in magni-
tude terms 0™.42 3= 0™.03) of their equivalent widths because, as the cited graph
shows, the intrinsic strength of dips increases with (B — V). When due account
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Table 2. Photometric model (absolute magnitudes, colour indices) for HD 111154,

Star My B-V) (U-B) Mg My
m m m m m
FOV 4.20 0.55 0.04 475 479
Model { GISV 4.60 0.62 0.08 522 530
FOV+GL5SV 3.63 0.58 0.05 421 4.26
HD 111154 (observed) 8.39* 0.58

*Apparent magnitude; the implied distance modulus is 4™.76 (a distance of 90 pc).

is taken of that relationship, a magnitude difference, in the B photometric band that
approximates to the spectral range used by Coravel, close to 0™.5 is determined.
The V magnitude difference must then be close to 0™.4, in very good agreement
with the difference obtained from the mass ratio, and the model set out in Table 2
is derived for the system. It is to be noticed that the integrated absolute magnitude
expected for the system is 3™.63; it is a little brighter (though by less than two
standard deviations) than the 3™.95 & 0™.18 derived from the Hipparcos parallax,
and in fact accords better with the 3™.72 that corresponds to the mean distance of
86 pc adopted by Odenkirchen et al. (1998) for the centre of the Coma Cluster.

The minimum masses, my 2 sin® 4, demanded by the orbital elements are very
close to the masses that stars of the relevant types are supposed (Allen 1973) to
have. Accordingly, sin® 4, and a fortiori sin i, must be expected to be close to unity,
encouraging the idea of the possibility of eclipses. That possibility is enhanced
by the fact that one of the conjunctions occurs very close to the time of perias-
tron passage, when the stars are at only (1 — e} times — little mere than haif —
their mean separation. Eclipses will take place if tani > (1 — e)(a; + ag)(sin
i)/(R1 + Rg), where the R’s stand for the stellar radii; substituting the known
values and estimated radii, we find that for eclipses to occur the inclination must
be above about 85°.6. A ‘self-help’ effort to look for eclipses was made with the
Haute-Provence Coravel on the night of 1989 April 28/29, when several measure-
ments were made during a conjunction passage. In fact all four of the Coravel
measures that have been rejected (see above) were made on that occasion, but their
residuals are not systematically of the character to suggest that an eclipse was being
witnessed.

An idiosyncrasy arising from the nearness of the period to an integral number of
days is that in any particular observing season the opportunity to watch for eclipses
is confined to a particular zone of terrestrial longitude, which migrates about 140°
eastward from one season to the next. In 1989, when European longitudes were
favoured, a call was put out to amateur astronomers possessing photoelectric pho-
tometric equipment to watch for eclipses at the known times of conjunction. Mr. J.
Ells, of Bexleyheath, Kent, England, kindly observed the object during the conjunc-
tion of 1989 April 28.91 and again on the following night for comparison purposes.
No eclipse took place. In the next season Mr. O. Ohshima, of the Bisei Observa-
tory, Okayama, Japan, observed the conjunction of 1990 January 23.63, without
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conclusive indication of eclipse. Much more recently it has been possible to search
the Hipparcos ‘epoch photometry’ for evidence of eclipses, but there is none, The
orbital inclination must therefore be less than the limiting value i,,, = 85°.6, and
the minimum masses of the stars are correspondingly larger than those given di-
rectly by the orbital elements above, by the factor (sinémax) > or about 1.009, to
1.081 and 0.999 M, for the primary and secondary respectively.

Projected rotational velocities, v sin ¢, of 5.7 & 0.5 km s~! for the primary star
and 3.2+ 0.8km s~ for the secondary are found from the Coravel radial-velocity
traces; the quoted errors are formal standard deviations of the mean values, and a
lower limit to the real uncertainties is considered to be 1 km s~!. The rotation
pertods corresponding to the observed velocities are approximately 10 & 3 and
16 &= 6 days respectively. It is of interest to consider whether those values are
consonant with synchronization between the axial rotations and the orbital
motion. Normally rotation is not synchronized in main-sequence binaries with
periods much above 10 days. The important quantity is, however, not the period
but the separation of the stars — the minimum separation, = a(1 — e), in the case
of an eccentric orbit. The minimum separation of the components of HD 111154 is
therefore about (.56 times the semi-axis major of the relative orbit, and owing
to the three-halves-power relationship between period and orbital radius it cor-
responds to the separation of stars in a circular orbit whose period is shorter than
that of HD 111154 by the factor (1 — e)e'f2 — about 11 days; so synchronization
would not be surprising, but neither would its absence. Hut (1981) has demon-
strated how, in an eccentric orbit, tidal effects do not tend to equalize the axial and
orbital periods but rotational ‘pseudo-synchronization’, which is basically related:
to the orbital angular velocity at periastron, is favoured. For the eccentricity of
HD 111154, the pseudo-synchronized rotational period is shorter than the orbital
period by a factor of nearly 2.9, making it a little under 10 days — which is within
the (considerable) limits of uncertainty of the periods inferred from observation
for both components, so we may conclude that the HD 111154 system probably is
pseudo-synchronized.
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Abstract. The design and performance of a portable three channel
photometer installed at the Uttar Pradesh State Observatory (UPSO),
NainiTal is described. The photometer is modular and the whole unit
can be disassembled as individual channels such that the system can
also be used as a single channel or two channel photometer. The sys-
tem also has provision to monitor a guide star. Thé instrument was
put into operation since November 1999 on the 1m Sampumanand
telescope at UPSO, Naini Tal. Since then, it is used extensively for
the “Survey of rapidly oscillating Ap (roAp) stars in the northern sky’
from UPSO. Observational results using this new photometer in its
initial phase of operation are discussed. The advantage of having con-
tinuous sky measurement is demonstrated.

Key words: Photometry-light curves-variable stars,

1. Introduction

Conventional photometers use a single channel to get the light curve of a program
star. Variations in the observed light curve can be interpreted as variations in the
star if the observations are made under ideal observing conditions. However in
practice, even at some of the best sites, under normal observing conditions, the
variations seen in the light curve of the star are often contaminated by the vari-
ations caused due to 1) thin clouds, transparency variations, changes in the sky
background 2) telescope tracking problems 3) instrument related problems such
as electronic noise, misalignment of components and mechanical flexure 4) hu-
man errors such as improper centering and guiding. Therefore, in order to detect
and eliminate most of the above variations from the genuine variations in the light
curve, a 2nd channel is added to the single channel photometer to simultaneously
monitor a nearby field star. Genuine variations in the program star can be seen only

131
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in the 1st channel; any variations of terresirial origin are included in both the chan-
nels. Thus, the two channel data enables distinguishing real and spurious variations
in the time series data. If necessary, using the 2nd channel data, the 1st channel data
can be corrected for cloud effects, transparency variations and extinction effects. It
is also possible to make a good estimation of the extinction coefficient from the
2nd channel data for that night instead of using an average extinction coefficient.
Thus, the addition of another channel to the single channel photometer results in
a two-star photometer one of which we have developed (Venkata Rao er al. 1990)
and have been using on telescopes at Vainu Bappu Observatory (VBO), Kavalur
and UPSO, Naini Tal since 1988.

In a two star photometer, whenever sky measurements are needed, the stars
have to be moved out of the diaphragm for a small interval of time in both the
channels. This process has to be repeated several times during a night. This re-
sults in data breaks depending on the frequency and the length of the sky measure-
ments needed. Such breaks in the data are in addition to those cansed by inclement
weather. The breaks in the data due to the above mentioned problems can cause
aliases when we compute the discrete Fourier transform (DET) of the data to search
for periods. Also, in the two star photometer, the sky background is computed by
interpolating the sky measurements made at different intervals asswming that the
sky variations are always smooth. However, in practice, the sky background can
abruptly vary due to changes in local conditions. A more serious problem arises
doring the times when the moon rises or sets. During this period the background
varies nonlinearly making sky interpolation impossible. Even on dark nights, the
sky background can vary non-uniformly from zenith to horizon. Sometimes zodi-
acal light can also canse considerable sky background variations. Therefore, it is
clear that interpolating a few sky points in space and time to determine the sky back-
ground for the full night is inadequate. A solution is to have a 3rd channel attached
to the two-star photometer to measure the sky background simuitaneously. Thus,
as a necessity, two star + sky, generally named as three channel photometers have
evolved. In a three-channel photometer, sky measurements in all three channels are
made only once at the beginning of the run and once more at the end if possible
and rest of the time the sky is continuously recorded only in ch3. Using these sky
measurements, the sky ratio of chl/ch3 and ch2/ch3 is determined and using this
ratio, the sky value at every point in the 1st and 2nd channel is determined using
the corresponding 3rd channel sky data. Becanse the sky estimations are made for
every data point, continuous sky variations are accounted for. Since the main chan-
nel data is not broken for sky measurements in between, we get continuous data on
the program star. Using the three channel data, it is also possible to estimate, on
éach night, the limits of the scintillation noise and sky transparency noise which
ultimately sets the limit on the range of frequencies which can be detected with a
particular telescope at an observing site (Ashoka er al.2000).

Thus, in order to get reliable, continuous time- series data even under moderate
sky conditions, a three-channel photometer is necessary. We have designed and
developed a prototype three channel photometer in-house that is currently Bcing



Three Channel Photometer 133

used at UPSQO, Naini Tal and VBO, Kavalur, for the study of intermediate polars,
pulsating white dwarfs and other rapid variables.

Recently, we have been involved in a program titled ‘NainiTal-Cape Survey for
pulsating chemically peculiar stars® with UPSQO, Naini Tal and South African As-
tronomical Observatory/University of Cape Town, S. Africa. The survey involves
extensive photometric observations and hence a dedicated three-channel photome-
ter was necessary at UPSO, Naini Tal. Using funds from the Department of Science
and Technology (DST) to UPSO, we have built a three channel photometer at Tech-
nical Physics Division, ISRO Satellite Center, Bangalore jointly with UPSO.

2. Design considerations

The points discussed below are some of the important criteria which have gone into
the design of our present three channel photometer. The photometer is designed to
suit our scientific objectives and other logistical requirements. The instrument is
designed primarily for use at the Cassegrain focus of the 1m telescope at UPSO,
Naini Tal. It can also be used on other similar telescopes.- The focal ratio of the
telescope at Naini Tal is /13 with maximum available backfocal length of 300mm.
Therefore, the size of the photometer is optimised to suit these numbers.

The program star is always observed through the ist channel (main channel).
Unlike the 2nd and 3rd channels, the 1st channel is designed with minimum trans-
mitting optics and without any reflecting optics in order to minimize light loss from
the program star. Even the Fabry lens is made thin and planoconvex and fabricated
using BK-7 material for best transrmission. The 2nd channel is made identical to
the 1st channel except for an additional reflection using a prism to pickup a star
in the 2nd channel. The 1st and the 2nd channel photometers therefore, can be
interchanged if necessary.

The photomultiplier tube (PMT) is placed inside a housing which contains a
Fabry and a shutter. Identical PMT housings with PMTs are made for all the three
channels. Therefore, the PMT housings can be interchanged among the channels if
necessary, and out of the three, the best (high gain, low noise) PMT is used in the
1st channel, the next best in the 3rd channel.

A suitable field star has to be always picked up in the 2nd channel without
moving the telescope but by moving only the 2nd channel X-Y table within the
photometer. Therefore, provision for scanning a large area (15 x 10)sq. arc pin
is provided in the 2nd channel so that stars are always available in any field to be
picked up in the 2nd channel. Hence, even in rarified fields, stars can be picked up
in the Znd channel.

During observations, the stars have to be guided such that they stay within the
diaphragm throughout the observations. If the tracking of the telescope is good,
minimum guiding is sufficient. Generally, the offset guiding is done manually on
the guide telescope using either a high power eyepiece or an autoguider. Since we
need to guide on the same star throughout the night, the flexures between the main
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and the guide telescope result in slow drift of the stars in the diaphragm. Perfect
guiding is possible only if the guiding is done on a star in the main telescope. Pro-
vision is made on top of the photometer to pickup some arbitrary star in the field of
view of the main telescope without disturbing the stars in other channels. There-
fore, a guiding unit is attached to the photometer. In the guiding unit provision
is made to scan large ( 50 x 50) sq. arc min to pick up any suitable bright star.
The guiding is done using either a video CCD camera or a commercially available
guiding CCD camera.

The photometer is designed to use Hamamatsu R647-04 photomultiplier tubes
(PMTs) of half an inch diameter. They are blue sensitive tubes with quanfum effi-
ciency (QE) ~ 30% and do not need any cooling since the dark counts are only ~
20 cps at room temperature. The tube response range (300-700 nm) and the region
of the highest QE (400 nm) are optimal for observing blue stars such as A type
stars, cataclysmic variables and white dwarfs. The usage of these tubes enabled us
to make the unit compact and light weight.

All the three channels are made similar by using identical PMTs, filters and
amplifier/discriminator. All electronics are powered by a single power supply and
all PMTs are powered by the same high voitage (FIV) source so that any electronics
related variations should be reflected in all the three channels,

Since the optical observatories in India are situated throughout the country, a
light weight, modular design is emphasised for transportation ease. All the three
channels can be detached during transportation to fit in a suitcase and assembled
easily at the telescope. The total weight of the photometer is ~15 kgs. The entire
photometer can be carried as a check-in baggage in an aircraft.

3. Description of the instrument

The three-channel photometer in the lab before shipment to UPSO is as shown in
Fig. 1 (The circular plate at the bottom is attached to the telescope/guiding unit at
the observatory). The schematic diagram is shown in Fig. 2. We discuss below,
the different parts of the present photometer. As in the case of any conventional
photometer, a wide angle eyepiece of 2 inch size and 32 mm focal length is used
to identify the star fields, center the program star and select the star for the 2nd
channel. The eyepiece can cover a field of 8 arc min at the focal plane of the 1m
UPSO telescope. The 1st channel photometer is attached below the wide angle
unit. The photometer has all the parts of a conventional single channel photometer
such as a diaphragm plate, a microscope to view the star within the diaphragm and
a filter wheel. An easily detachable type of a photomultiplier housing is attached
to the photometer which consists of a shutter, a Fabry lens and a PMT with wired
base. At the end of the housing, there are two connectors; one for the High Voltage
(HV) input and the other for the signal output. The 2nd channel has got all the
components as in the 1st channel with the addition of a pick-up prism before the
diaphragm. The entire 2nd channel photometer is mounted on an X-Y table. The 2-
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D motion of the photometer is used to pick up a star for the 2nd channel in the same
field other than the program star. The movement of the 2nd channe] is such that 15
x 10 sq. arc min area can be scanned to pick up a suitable star. The 2nd channel
is mounted perpendicular to the 1st channel as shown in the figure. There is a dead
region of 75 arc sec from the 1st channel where stars cannot be picked up in the 2nd
channel. This is purposely introduced to avoid obscuration of the 1st channel star
beam by the 2nd channel pick-up prism. The 3rd channel is a fixed channel which
is used only for the sky background measurement. Similar to the 2nd channel, the

-3rd channel also has a pick-up prism. To make the design simple unlike in the 1st
and 2nd channel, the 3rd channel has a fixed diaphragm and provision for one filter.
Since the sky variations are non gray, most of the time the sky measurements are
made without a filter. The 3rd channel is also mounted perpendicular to the first
channel and diametrically opposite to the 2nd channel. This channel measures the
sky region close to the 1st channel at a distance of 90 arc sec. from the 1st channel
star,

The 1st channel has three diaphragms of size 15, 23.5 and 30 arc sec. The 2nd
channel has the same number of diaphragms but their sizes are 10% less than the
corresponding ones in the 1st channel. This is done so that while guiding, any drift
of the stars within the diaphragm can be detected first in the 2nd channel so that
the telescope is guided in time such that no drift occurs in the 1st channel. The
filter wheel consists of four holes in which three holes are fitted with Johnson UBV
filters and one is left blank for observations without a filter. A neutral density filter
can be used in the blank hole while observing very bright stars. The PMT housing
has a Fabry lens whose focal length is 65mm such that at £/13 focus, it produces an
image of 5mm in size on the 10 mm photocathode of the PMT. The 3rd channel has
a fixed diaphragm (15 arc sec) and provision for one filter only since this channel
is always used only for sky measurements. All the three PMT housings are made
alike so that they can be interchanged among the three channels. The 1si and 2nd
channel photometers are made modular so that they can be moved independently
to get them focused on the stars.

4, Detector, instrumentation and data storage

The detector and the other electronics which are used here are similar to the Whole
Earth Telescope (WET) standard photometer (Kleinman et al. 1995).

The detector is used in photon counting mode. We are interested in the in-
tensity measurement of the star which is proportional to the number of photons
detected. Photons striking the photocathode will produce pulses and the intensity
of the source is determined by pulse counting. The detector is a Hamamatsu R647-
04 PMT made for photon counting applications at low light levels. The tube is blue
sensitive with S-11 response. The photocathode has a size of 10 mm and is made
of bialkali material. It is an end window tube with anti magnetic shield coating on
the outer glass. The tube has a gain of 2.2 x 10%. The quantum efficiency is 30%
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Figure 1. Three Channel Photometer.

around 400 nm. The operating HV is 1000V DC. Positive high voltage is used so
that the cathode will be at ground potential and the magnetic shield is also kept at
ground potential which reduces the noise. All the three PMT's are powered by sin-
gle modular HV unit C4710-51 from Hamamatsu. It has an HV output adjustable
in the range 200-1500V with maximum current of 0.1mA. It has a ripple of 0.005%
(p-p) at maximum rating and veltage stability of 0.01% for 1V change in the input
voltage. The output of the PMT goes to the amplifier/discriminator (PAD) EG&G
PARC 1182 . The PAD amplifies the pulses coming from the PMT, discriminates
the photon pulses from the dark noise pulses using a lower level threshold and then
shapes the pulses suitable for counting. The pulse pair resolution is 20ns. The
output is TTL pulse of width 10-75 nano secs. The PAD is well shielded and is
free from EMI pickups. The output of the PAD is fed to an interface card. The
present one we are using is CCLA three-channel interface card modified and mar-
keted by the Vilnius team at Lithuania for all the WET participants as per the WET
specified standards (Kalytis ez al. 1995). The interface card is designed to operate
as a computer interface to the photometer. It has timing circuits to ensure an ac-
curate clock and integration times. The hardware of the card consists of a micro
controller, counters, oscillator and EPROM. The interface card communicates with
PC through a serial port.

The software which communicates between the PC and the interface card is
the data acquisition software “Quilt-9” developed by the Texas group for the WET
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program and distributed to all the “WET” participants (Nather ef al. 1990). The
software along with the interface card can acquire the data simultancously from
three channels. The software has provision for real time display of the data and
its storage on hard disk and floppy. The data are stored as an ASCII file which
contains header information and data. The header information includes relevant
details such as the file name, name of the object, date of observation, start time of
the run, integration time, filter used and the observatory name. After this the data
follows. The data file can directly be read for further analysis.

A compact powet supply unit is built to power the high voltage module, ampli-
fier—discriminators, interface card and diaphragm illuminating lights. The power
supply along with the interface card, HV unit, amp/disc. are mounted along with
the photometer.

S. Calibration of the photometer

After assembling the photometer the following checks and measurements were
made on it by attaching it to the telescope.

5.1 Focusing of the three channels

The instrument is designed such that when a star is focused in the diaphragm of
the 1st channel, it will be almost focused at the diaphragm of the 2nd channel, di-
aphragm of the 3rd channel and at the wide angle eyepiece. Due to small mechani-
cal errors, the focusing need not be perfect. Therefore, the 1st channel photometer
is independently moved such that the star is focused perfectly in the 1st channel.
Focusing in the wide angle eyepiece is made by moving the wide angle eyepiece
itself. Focusing in the 3rd channel is nearly perfect and here the focus is not so
critical since it measures only the sky. When the guiding unit is attached, the guide
star is exactly focused on the detector plane of the guiding camera.

5.2 Knife edge test

The so called “knife edge test” is a method to ensure perfect focusing of the stars
in the respective diaphragms of the photometer so that the beam width will be
minimum at the diaphragm. Therefore, the star within the diaphragm could drift
till the edge without the light being cut. The focussing is done as follows. The
microscope eyepiece from the eyepiece holder is removed and a star image is put
in the diaphragm such that part of the image is cut by the diaphragm edge. On
changing the telescope focus, when the star is exactly focused at the diaphragm,
the edge of the diaphragm shines like a knife edge. If the focus is before or after
the diaphragm, this will not happen. Thus, the best focus is determined. After this,
the eyepiece is replaced and focused on the star. This test has to be conducted once
at the beginning of the observing run or whenever the telescope focus is changed.
This test may not be needed in ch3 because it measures only the sky.
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5.3 Highvoltage setting

As the high voltage is changed the gain of the PMT also changes. Generally the
high voltage is fixed at the plateau region of the gain versus high voltage curve. The
more effective way is to select the high voltage within the platean region where the
signal to noise is also maximum. This is done as follows. First only the dark signal
at different high voltage values are measured. Next, the diaphragm is illuminated
with a steady light source and the signal is measured at various voliages. The
voltage in the plateau where the S/N is maximum is taken as the optimum high
voltage for that tube. For the tube R647-04, the high voltage is thus fixed at 990V.
Thus the high voltage is fixed at 290V. Since we are using similar tubes in 2nd
and 3rd channel and the same HV unit has to be used for powering all the three
channels, we fixed optimum value of HV as 990V for all the channels.

5.4  Fabry check

Fabry lens is used before the PMT to image the telescope primary mirror on the
photocathode of the PMT. Since the Fabry focal length is much smaller compared to
the telescope focal length, the drift of star due to improper tracking of the telescope
will produce negligibly small drift on the photocathode. Fabry check is a method
to check the optical alignment of Fabry lens and the PMT. Due to the presence of
the Fabry even if the star drifts in the diaphragm from one end to the other, there
should be no variations in the Iight curve. If there is some misalignment of Fabry
lens, or any other obscuration in the path of the light or dust or finger prints on
Fabry or on the filter, their presence can be seen as a variation in the output signal
when the star is put at different places within the diaphragm. Such variations can
be mistaken for actual star light variations and produce spurious results. Even in a
best telescope it is practically impossible to make the tracking so perfect as to avoid
trailing of the star within the diaphragm. Therefore, Fabry lens is made to image
the primary mirror to half the area of the photocathode. Next, the Fabry should
be perfectly aligned to the PMT. In order to check the perfectness, we conduct
a test on the telescope using a star in the 1st channel. First, the star is moved
across the diaphragm in one direction (in right ascension) from one end to the other
with a very slow speed available on the telescope. During this, the star signal is
recorded at a fast integration time of about 200ms. Next, this process is repeated
in the perpendicular direction (declination). Each time the resulting light curve
should produce a sguare wave pattern indicating that the star any where within
the diaphragm will produce the same signal and the alignment is perfect at the
diaphragm. Fabry check is the ultimate test for the perfect optical and mechanical
alignment of all the components in the photometer.

5.5 Dead time correction

Since the experiment is basically a photon counting system, the brightness of the
star is proportional to the number of photons detected. Due to their random arrival,
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all the photons reaching the detector may not be counted if the count rate is high,
resulting in dead time loss. This problem is obvious when bright stars are observed.
Therefore, we have to estimate the dead time loss due to the overall system and cor-
rect for the loss. The dead time correction is determined by the aperture method
( Clemens.J.C, private communications) as follows. Two apertures one stall and
another large are selected. Let S1 and L; be the counts measured for a certain iliu-
mination in small and large apertures respectively. Let S and L be the respective
measured counts for an increased illumination. From the four counting rates,

a=8yxL1,b=51 XxLe,c =81+ L2, d =83+ 1

then the dead time is computed as (a-b)/(ac-bd). Using this method, the estimated
dead time for the present system is 23 nano seconds.

5.6 Selection aof apertures

Apertures in general are selected based on the telescope and observing conditions.
As in the case of a single channel photometer, the 1st channel aperture is selected
based on the telescope performance, sky brightness and the required S/N based on
the brightness of the star. The aperture size should be such that star should not drift
within a consecutive guiding interval. Otherwise frequent guiding will be required.
In general, one prefers to use smallest aperture to reduce the background. However,
if the star is bright, a bigger aperture is selected to allow the entire seeing disk to
be well within the aperture. In a three star photometer, the 1st channel aperture is
selected based on the above criteria. The 2nd channel aperture as a thumb rule, is
kept 10% smaller than the corresponding 1st channel. The 3rd channel being a sky
channel, its diaphragm size is kept same as the 1st channel.

The Fabry check and focusing checks have to be made every time before start-
ing an observing run. The high voltage setting once made should remain un-
changed.

6. Performance of the instrument

The photometer is installed on the 1m telescope at UPSO Naini Tal The photome-
ter was used for the first time in three channel mode during a WET international
campaign on a pulsating DAV white dwarf star HL. Tau 76 (my=15.2) in November
1999. Excellent light curves from all the three channels were obtained. A sample
light curve of one full night observation is shown in Fig. 3. The 1st channel light
curve shows periodic variations of HL Tau 76. The dominant periods around 600s
can be seen visually from the light curve of the star. A field star of comparable
brightness to the program star is observed in the 2nd channel. The 2nd channel
shows no other varjations except for the extinction + sky variations which indicates
that the variations seen in the 1st channel are real, The sky background is mea-
sured in the 3rd channel. We can notice from the figure that the sky variation is
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Figure 3. Three channel data on HL Tau 76,

not smooth throughout the night. In Fig. 4, the advantage of having continuous
sky points instead of discrete sky measurements is demonstrated. The top panel in
Fig. 4 shows the sky subtracted light curve of HL tau 76 with its DFT using the
continuous sky background. The bottom panel in Fig. 4 shows the sky subtracted
light curve and its DFT of the same data if we use only few sky points instead of
continuous ch3 data. On comparing the two panels in Fig. 4, we can notice that the
discrete sky points can introduce-a long period trend in the light curve and thus few
low frequency components in the DFT (bottom panel) which is not seen in the top
panel. Therefore, it is clear that a continuous sky measurement is necessary when-
ever observations are made throughout the night. Thus, three channel photometer
is a necessity for time series photometric studies.

The instroment is now continuously in use at UPSO, Naini Tal for a recently
initiated program titled ‘Naini Tal-Cape Survey for pulsating chemically peculiar
stars’. The survey involves observing more than 300 potential stars in the northern
hemisphere to discover new rapidly oscillating Ap stars and study them in detail.
The survey was initiated on a trial basis in 1997. The program is taken up on a
regular basis after having a three star photometer at the observatory. Since the
survey involves observing many stars, initially each star is observed only for a
duration of 1-2 hrs. Also, since these stars are bright (my=6-10), it is difficult
to get an equally bright star for the 2nd channel. Therefore, the initial survey is
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made using a single channel mode. For a detailed study, the discovered variables
are observed in three channel mode for long durations. The initial efforts resulted
in the discovery of rapid oscillations in an Ap star HD12098. The initial analysis
of the data indicated the presence of an oscillation at 7.61 min. with amplitude 1.5
mmag (Martinez et al. 2000) The light curve and its DFT are shown in Fig. 5 (top).

The survey also resulted in the discovery of a new delta Scuti star HD98851.
Periods are detected at 79.4 min and 167 min (Joshi ef al. 2000). The complex
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Figure 4. Amplitude spectrum of HL Tau 76.
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light curve indicates the presence of multiple periods in this system. A sample
light curve and its DFT is shown in Fig. 5 (bottom).

All the above results indicate the optimal functioning of the instrument during
its operaticnal phase.
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7. Conclusion

The simultaneous monitoring of the program star, a field star and the sky back-
ground is essential to ascertain genuine variability during time series photometric
studies. An instrument of this kind is also useful for the photometric study of
the variables during a non photometric night where the variability can be retrieved
from the 1st channel data using 2nd channel and 3rd channel data. Since the three
channel photometer monitors the sky background continuously, the sky estimations
could be made accurately even during moon-lit nights, dawn/dusk maximizing the
utilization of telescope time. With this objective a 3 channel photometer was jointly
built by the ISAC and the UPSO team. It has undergone all calibrations and its per-
formance is excellent. It is at present being used at the 1meter telescope at UPSO
Naini Tal.
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Abstract. Spectral measurement of Mkn 421 were made in the hard X-ray
energy band of 20-200 keV using a high sensitivity, large area scintillation
counter telescope on November 21, 2000 and these coincided with the
onset of an active X-ray phase as seen in the ASM counting rates on board
RXTE. The observed spectrum can not be fitted to a single power law
similar to the PDS data of BeppoSAX. The data can be fitted both by a
two component power-law function or a combination of an exponential
function with a power law component at the high energies above 80 keV.
We identify these components with those arising from the synchrotron self
compton and the high energy power-law tail arising from the upgrading of
the thermal photons due to multiple Compton scattering a la Cyg X-1. A
comparison with the earlier data clearly suggests a spectral variability in
the hard X-ray spectrum of the source. We propose a continuously flaring
geometry for the source as the underlying mechanism for energy release.

Keywords. X-rays; AGNs—BL Lac sources, massive black hole candi-
dates, jet emission; individual—Mkn 421.

1. Introduction

Among the active galactic nuclei, blazers form a distinct class of highly luminous,
radio loud and rapidly variable objects in the entire electromagnetic spectrum. The
X-ray spectra of these sources extend from the soft X-ray regicn bkeV to the

TeV energy band. Mkn 421 is the brightest of the BL Lac objects in the X-ray band
and the photon flux has been observed up-td.(?eV. This source was the first

BL Lac object to be discovered in X-rays (Rickettsal 1976) and hard X-ray spec-
trum up to 100 keV was first measured by Uberénal (1984). The source has been
repeatedly studied in different wave band regions of radio, UV, X-rays, gamma rays
and at TeV energies both individually and in coordinated campaigns for simultane-
ous multiwavelength monitoring of the source. These observations indicate a complex
spectral variability of the source but a clear correlation of pronounced X-ray flares
with the observation of TeV photons suggests a common emission mode for the two
bands.

The low energy X-ray observations of the source below 10 keV with EXOSAT,
ROSAT and ASCA during the quiescent state reveal that the variability of Mkn 421
in the soft X-ray band can be interpreted as small amplitude variations about a mean
luminosity level which remains almost constant (Gecefyal 1988). The time scale
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of these variations is of the order of (P sec. The temporal analysis of the X-

ray photons during the 1998 flare from the BeppoSAX data suggests that hard pho-
tons between 3 and 10keV band lag the soft photons below 3 keV by abbsgd,0
which is in complete contrast with the observations in the other BL Lac spectra (Fos-
sati et al 2000a). The combined multi-frequency observations of the source with
EUVE, ASCA, RXTE and SAX-LECS and TeV band during the 1998 active phase
(Macombet al 1995) indicate both positive and negative lag in individual flares (Taka-
hashiet al 2000). The measured time lag is also at variance with earlier reported
data (Takahashét al 1996). In summary, the temporal studies in the radio and low
energy X-ray band do not constrain the X-ray emission models, however, the data
does show a clear correlation between the soft X-ray photons and the TeV pho-
tons. No other underlying systematic feature has emerged to date (Maehsthi
1999).

The spectral measurements of the source in the X-ray band below 10keV with
BeppoSAX during 1997 and 1998 flare period show a remarkable variability and
spectral evolution during the flare. The observed spectra does not appear to fit either
a single power law or even a broken power law (Fosgat 2000b), a curved model
has been thus applied to extract the model parametersy-Heplot in the 0.1 to
10keV energy band however, resembles a truncated parabolic shape in all the data
sets. While the description of the spectral features in a narrow 10keV band at low
energies is limited due to the inherent problems of absorption within the source region,
it is likely that the source spectrum may itself consist of both thermal and non-thermal
components. In the hard X-ray region above 20 keV, the available spectral data on
Mkn 421 is very limited. Entire data consists of mainly pre 1990 observations from
balloon-borne instruments and the recent detection of the source up to 100 keV during
aflare.

In the canonical models for blazars, the observed radiation in radio, UV and low
energy X-ray band, is believed to arise in the synchrotron self compton (SSC) emis-
sion from the highly relativistic electrons in the jets which are fortuitously aligned
to the line of sight (Ghiselliniet al 1985). However, in these phenomenological
models the acceleration of electrons to extremely high energies of ab&a\1,0
their survival in a strong photon field and the required energy density of these high
energy electrons, still remains unresolved. Similarly, the shape of the observed spec-
tra of BL Lac sources does not provide a definite clue for any single fundamen-
tal mechanism in the X-ray emitting region. For example, in the low energy X-ray
band of 0.1-10keV, a convex spectral shape is seen for Mkn 421, while the spec-
trum of ON 231 exhibits a concave profile (Tagliafegtial 2000). Therefore, the
hard X-ray spectra from AGNs may be composed of a superposition of multiple
components arising in both thermal and non-thermal processes consisting of the syn-
chrotron tail, synchrotron self compton contribution and possibly a compton tail pro-
duced by upgrading of the low energy photons with thermal electrons in the hot
regions.

A direct way to distinguish between the thermal and non-thermal components is
to observe the AGNs in the hard X-ray and soft gamma ray energy band, where the
spectral breaks are expected for the thermal and Compton models. The hard X-ray
spectral measurements of galactic BHC X-ray sources do show that the non-thermal
spectral component which dominates the flux for energies above 30 keV does not show
spectral variability and therefore, the spectral properties of the thermal component
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must be inferred by computing low energy residuals. In this paper we report the spectral
measurements of Mkn 421 made during the active phase in the energy band 20—
200 keV. The spectral variability is studied using other available data. We also propose
a continuous flaring model and list different processes which may contribute efficiently
in different energy regions.

2. Instrument and observations

The observations were made with a Large Area Scintillation counter Experi-
ment (LASE) which is designed to study fast variations in the flux of X-ray
sources in the hard X-ray energy region up to 200keV. The payload consists
of three large area X-ray detector modules mounted on a servo-controlled plat-
form. The detectors are a specially designed combination of thin and thick large
area Nal(TIl) scintillation counters configured in back-to-back geometry. Each
of the detector modules has a geometrical area of 460amd the thickness of

the prime detector is 4mm. The active anti-coincidence shield is provided by
a 30mm thick crystal. The field of view of each module i%°4x 4.5° and is
defined by a slat collimator specially designed with a sandwiched material of
lead, tin and copper. Each module along with the collimator is further encased
with a passive shield. Each detector is designed as a stand-alone unit with inde-
pendent on-board subsystems for HV power and data processing. The payload
platform is servo-stabilized and the target X-ray source and the corresponding
background region are tracked using an on-board micro-processor controlled star
tracker.

The back-to-back configuration of the detector gives 80% reduction in the detector
background in the operating energy range, most of which is produced due to partial
energy loss by the Compton scattering of high energy photons in the main detector.
The pre-flight calibration of the X-ray detectors is done at different energies using
radioactive sources, €9 (22.1, 87.5keV), Arf*!(24.7 and 59.6 keV) and B#(32.4
and 81 keV). In addition, an Affi* source is mounted on the payload for the calibration
of the detectors during the flight using ground command. The accepted events are
pulse-height analyzed, time tagged with a2&c resolution and transmitted to ground
on a 40 Kbit PCM/FM link. The details of the detector design, associated electronics,
control sub-systems and in-flight behaviour of the instrument are presented elsewhere
(D’Silva et al 1998). A 3osensitivity of the LASE telescope in the entire energy range
up to 200keV is~ 1 x 10 %cm2s L keV ! for a source observation of 46ec.

The balloon flight was launched on November 21st, 2000 from Hyderabad, India
(cut-off rigidity 16.8 GV) and reached the ceiling altitude of 42 km corresponding a
residual atmosphere of 2.5 mbars. A number of X-ray sources in the right ascension
band of 12 to 20" were observed during this experiment. Mkn 421 was in the field of
view of three detectors for a total period of 60 min (two sightings of 20 and 40 min each)
between 0215 UT and 0350 UT and the background was measured for 20 min each
before and after the source observation and for 15 min midway the source pointings.
The off-source pointing location was carefully selected blank field from the known
X-ray source catalog. The X-ray light curve from the all sky monitor onboard RXTE,
suggests that at the time of our observation the source had transited to the active flaring
phase with source luminosity twice the lowest value.
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3. Results and discussion

A total excess of 6960 counts due to Mkn 421 were recorded in the three detectors
in the entire energy region. This corresponds to a combined statistical significance
of ~ 7.50. The positive excess was seen up to 200 keV. The source contribution
was divided in 12 energy bins and corrected for atmospheric absorption, window
transmission, detector efficiency and energy resolution for each detector and co-added.
The combined spectrum of the source is shown in Fig. 1. The errors on the data points
correspond to lestatistical errors. A systematic error of 10% is estimated for the
lowest energy channel and included in the plot.
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Figure 1. Hard X-ray spectrum of Mkn 421 in 20--200 keV. Solid lines represent a composite
power law spectrum with two componentsanda,. The dotted lines give the combination fit
with o and KT.

Itis clearly seen from Fig. 1, that a single power law fit of the form dN A KK E—*
photons cm?s 1 keV~! does not fit the spectral data and the spectrum does consist
of atleast two components. A broken power law or a composite fit with a thermal
and non-thermal terms represent the data fairly well. The representative best fit model
parameters for the two component power law model@e: —3.6 £ 0.1 anda, =
—.86+0.15 for ayZ value of 1.15 per dof. The solid line in the figure shows the power
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law fit. A good fit to the data is also obtained for a composite powertaxponential

function of the form%% = A + 8 ¢~E/K ph cmi?s 1 keV . The best fit parameters
obtained using gradient method (Bevingttral 1969) arekT = 13.5+ 2.2 keV and

o = 0.86 =+ 0.07 for x2 value of 1.2 per dof Lamptogt al (1976). The estimated

2
luminosity of the source in 20-200 band is<710*°-10* (M%;) ergs s?.

The spectral data presented above corresponds to an active X-ray phase of the
source. The long term behaviour of the source as seen in the ASM light curve on-
board RXTE is shown in Fig. 2. The epoch corresponding to the present observations
is marked with an arrow. A continuously varying nature of the source is quite apparent
from the figure after MJD 51860, on which day the source made a transition from a
lower luminosity state.
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Figure 2. Long term variability of Mkn 421 in low energy range. The arrow marks the epoch
for present observations.

InFig. 3, we have plotted the available spectral measurements of the source between
1 and 200keV band. The observations correspond to HXR 81 data (Ubetrahi
1984), OSO-8 data (Catal 1979) and HEAO-A2 data (Mushotzikyal 1979), Upper
limits from OSSE observations (McNaron-Browtral 1995) and the dotted line in the
figure shows the single power law approximation to the BeppoSAX data (Guainazzi
etal 1999). The hard X-ray spectral data obtained during present observations is in fair
agreement with the earlier observations of Ubesiral 1984, however the measured
flux during the present epoch is factor of 20 higher than OSSE data in the 50-200 keV
band. It is also seen from the figure that the present measurement can be construed as
an extension of the OSO-8 data in the low energy band of 1-10 keV, but are in complete
contrast with the HEAO-1 spectrum. Similarly, recent results of a flare spectrum in the
1-10keV flare from BeppoSAX are also not consistent with the present measurements
at higher energies. Although spectral evolution during the flare period is seen from the
source in the low energy data, no simple functional form fits the data. The best fit power
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Figure 3. Acomparison ofthe hard X-ray data of Mkn 421 with the other datain the 1.6—200 keV
band.

index for a broken power law fit above 1.6 ke\wis~1.5-1.8 (Fossatt al 2000a). It

is also clear from the figure that a continuation of the low energy spectrum as shown

in the dotted line, can not fit the present observations. A flattening in the spectrum

above 30keV is essential in any functional form. At the extreme high energy end, a

combined fit to the hard X-ray observations and the EGRET data at GeV energies (Lin
et al 1996) requires further steepening of the shape beyond 200 keV. In summary, a
non-linear nature of the spectral shape between 1 keV and UHE energies, points to
different emission mechanisms which cater to different energy regions.

4. Continuous flaring geometry

The present measurements made during the active phase clearly indicate that X-ray
spectrum of the source in the 20-200 keV band is certainly not a simple power law as
expected from the Synchrotron and Compton scattering models. Even if we assume
that convex spectral shape in the 0.1-10keV from BeppoSAX represents the high
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energy end of the synchrotron emission, the high energy data points represent a new
component. Added to this is the strong variability of the source in all wavebands. In
the X-ray region, the percentage variation increases with increase in photon energies.
It is therefore, necessary to examine alternate models and the possibility of thermal
contribution to the X-ray spectrum. A new look is also necessitated, for the particle
acceleration to higher energies. It is also essential that TeV photons must originate in a
region where the magnetic field is extremely low, in order to avoid strong attenuation
of these photons through magnetic pair-production process. An approximate limit is
given by+/B2[G] < 1012 x ¢/E,,;, (Bednareck 1991).

We therefore, propose a continuously flaring model in which the particle flux con-
sisting of protons and electrons is squirted during each flaring episode and which is
accelerated in the relativistic jets. Random nature of the intensity variations of Mkn 421
in different wavelength bands supports such a geometry. A steady emission from the
source points to continuous injection of the particles into the jets.The active phase is
therefore, analogous to the increase in the amplitude and the flare occurrence rate.
Considering that the large flares are the high amplitude sub-set of continuum of low
level flares and lead to a variability of the ambient particle flux, one can account for
the observed temporal behaviour of the source even at ultra high energies.

4.1 Particle acceleration and the photon emission

The photon spectrum of Mkn 421 extends from radio emission to Fe\L0? eV)
gamma ray energies and is highly variable. The observation of a jet in the source pro-
vides a natural basis for radio emission as due to synchrotron emission from high
energy electrons. The formation of the jet features, their morphology, extent and the
speed of expansion are ultimately ascribable to either the accretion on to the central
black hole or episodic ejection from the centre of the galaxy. The dynamical parame-
ters including mass flow, momentum, collimation, energy, magnetic flux and the cool-
ing depend upon the ambient environment and many hydro-dynamical models of the
formation of narrow jets for AGN'’s and stellar scale compact objects have been pro-
posed in literature (Begelmaat al 1984, Colgate 1990). A continuous input to the
jets as envisaged above does require the formation of accretion disk and the transfer
of the material to the base of the jet. For synchrotron emission from relativistic elec-
trons, the electron energy corresponding to the observed radio emission lie in the range
E ~ 300— 2000x [v/H]*?eV. Hence the detection of radio flux from the source

is itself an evidence of the presence of relativistic particlesiasitu acceleration.

The particle acceleration in the jets is believed to be due to shock wave at the
interaction boundary of the expanding relativistic plasma and the ambient environment.
During the shock acceleration a particle with veloaitgains a momentum: w/v
every time it crosses the shock of velocity If the particles are scattered efficiently
both sides of the shock and stay trapped, the particle can reach relativistic energies
provided the adiabatic losses are negligible. In case of the diffusive shock the maximum
proton energyEhax ~ 10 eV is attainable for a shock compression ratio of 4 and
reasonable values for other parameters (Ogelman 1986). Treating ultrasonic turbulent
mass flow in the jet stream as analogous to the strong stellar winds the maximum
energy may be even higher by 100 at the shock boundary (Cesarsky & Montmerle
1991). In shock acceleration, the resultant spectrum of the particles is a power law and
for a shock compression ef 3 — 4 the exponent lies between 2 and 2.5.
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A large population of high energy electrons within a strong radio photon field can
also give rise to high energy X-ray photons due to Inverse Compton collisions. This
SSC mechanism is generally believed to be the main operative process for photon
emission in the AGN sources. The SSC mechanism however, predicts very definite
relationship between the spectral indices in the radio and the X-ray energy bands
with the electron spectrum. If we take the spectral index for the electron spectrum
to bey ~ 2.5, then the power index for the synchrotron photon flux is given by
a = (nyb — 1 ~ —1.75. With the estimated value & ~ 0.03 G, a break in the
incident electron spectrum and a change of the power index bydue to steepening
caused by the synchrotron and bremsstrahlung losses is expected at electron energies
above 1&*eV. One can therefore, infer a further steepening in the photon spectrum by
> 0.5 at higher energies. Furthermore, the energetic constraints provide that the flux
of X-ray photons produced in Compton collision of high energy electrons with radio
photons increases, if value of B decreases, which in turn requires much higher electron
energy for the production of radio photons. The observed X-ray spectrum below 20 keV
can therefore, be identified with the tail end of the SSC photons. A flattening in the
X-ray spectrum in hard X-ray region and a change of spectral index from 3.6 to 0.86
can not be therefore, ascribed to a non-thermal origin. As seen in Fig. 1. an additional
component dominating the hard X-ray flux above 60 keV is essential. We propose that
the high energy component arises due to upgrading low energy photons by thermal
electrons.

It is well known that a localized non-radiative heating of the plasma can take
place near the shock front. Therefore, a significant fraction of soft X-rays in the
2-10keV region may arise due to thermal bremsstrahlung emission at the col-
lision boundary of the jet since temperature of the hot gas behind the shock is
~ 10’ — 10®K. The presence of an iron line at 6keV in the spectrum clearly
points to the existence of high temperature regions of thermal emission within the
source volume. In addition, the observations of soft excess in bright quasars, without
any obvious correlation with other spectral properties of the source is also indica-
tive of a thermal component in the quasars spectra. Upgrading of the low energy
seed photons due to multiple Compton collision with thermal electrons can lead
to Compton tail in the 40-200keV energy range as seen in the Mkn 421 spec-
trum. During Comptonization, if 4KT > hv, the seed photons will be upgraded
in energy. The increase in photon energy on average during each scattering is
given by Ae = g‘[y2 — 1]e, even for a Maxwellian distribution of electrons with

kT, <« m.c?. Therefore, multiple scattering even by a Maxwellian gas in hot spots
can lead to very high photon energies. The emergent spectrum is a unified power
law but the exact spectral shape is radically modified if the seed photons have a
spectral distribution and there is a temperature gradient in the scattering electron
cloud.

Since the correlated measurements have revealed beyond doubt that TeV gamma
rays have a one-to-one correspondence with the low energy X-ray emission from
the source, one is tempted to assume the TeV emission to be a simple extension of
the SSC spectrum. However, an enhancement by a factor%inlthe energy of
electrons is needed to emit TeV photons and is far more difficult to achieve due to long
acceleration time scale given y~ (c/v)?t,., wheret. is the collision time, which is
necessary to reach these energies, against the efficient cooling due to synchrotron and
bremsstrahlung processes. Recently Dermer and Schlickeiser (1991) have shown that
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production of UHE gamma rays by the inverse Compton process is not plausible even
if one considers the ‘triplet pair production’ process. A much more efficient way of
producing TeV gamma rays is from the protons. UHE photons can arise frontthe
decay which are produced due to the collisions of the accelerated proton component.
The production of gamma ray per target nuclei in pp collisions is given by Ozel &
Ficktel (1988);¢[E,] dE, = dE, [ R(E,, E,)N,(E,) dE,; where R represents

the integrated gamma ray production rate based upon thmeson production and
distribution function andv, is the proton number density. The integral gamma ray
flux from the source volume can be written$is~ 2 x 10%yny V, whereV is the
volume of the source; 4 is the number density of hydrogen nuclei anis the ratio

of the proton spectral density to that in the vicinity of the earth. Another possible
source for the emission of TeV photons is duepte-photomeson photo production
process. The gamma ray Yield efficiency in this case is higher by a facter &f
since the square mass invariantp collisions is higher than the correspondipg
collision with X-ray photons. The estimated efficiency in the first process is only
~ 8%. In addition, the multiplicity of pions ipp collisions increases with energy and
this results in lower energy gamma ray photon for a given proton energy compared
to py process. The observable flux from the jet region will correspond to an oriented
directional beam with a solid angfe. The required proton luminosity for a detectable
gamma ray flux of~ 108 ph cm? s keV ! in the gamma ray region will require

2
a number density of emitting protons given by ~ 3 x 10 x Q x (M%C) . An

apparent simultaneity of the TeV and X-ray photons is maintained in the proposed
process as both the electron and protons are accelerated at the same time. This may
also explain the observed feature that the decay of the TeV flux is faster than the keV
flux.

In conclusion, the presence of jetin Mkn 421 does provide a self consistent basis for
the acceleration of the electrons and protons within the source volume. The emission
of ultra high energy photons can easily be producegpinollisions. The observation
of two component power-law X-ray spectrum of the source, with clear flattening at
higher energies does not support a pure Synchrotron Self Compton emission model
or the continually curved model proposed by Maligtaal (2000). The data points
to an additional component possibly arising from thermal Comptonization in the hot
regions within the emission volume.

Acknowledgements

| wish to thank the dedicated support of J. A. R. D’'Silva, P. P. Madhwani, N. V.
Bhagat, B. G. Bagade and Ms. N. Kamble. The BATSE and RXTE teams are gratefully
acknowledged for their archival data.

References

Bednarek, W. 1991, 22nd ICRC Dublih, 549.

Begelman, M. C., Blandford, R. G. Rees, M. J. 198&y. Mod. Phys., 56(2), 255.
Bevington, P. R. 196%ata reduction and Error analysis (McGraw Hill).
Cesarsky, C. J., Montmerle, T. 19%. Sci. Rev. 36, 173.

Coe, M. S., Dennis, B. R., Dolan, J.dt.al 1979,Ap. Letters, 20, 63.



154 R. K. Manchanda

Colgate, S. Aet al 1990,Astro. Lett. and Commun., 27, 411.

Dermer, C. D., Schlickeiser, R. 1994stron. Astrophys., 252, 414.

D'Silva, J. A. R., Madhwani, P. P., Tembhurne, N. T., Manchanda, R. K. 1998, A421, 342.

Fossati, G., Celotti, A., Chiaberge, M. 200@arophys. J., 541, 153.

Fossati, G., Celotti, A., Chiaberge, M. 200@sirophys. J., 541, 166.

George, I. M., Warwick, R. S. and McHardy, I. M. 1988NRAS, 235, 787.

Ghisellini, G., Marascii, L., Treves, A. 198Bstr. Astrophys., 146, 204.

Guainazzi, M., Vacanti, G., Maliziat al 2000,Astron. Astrophys., 342, 124.

Lampton, M., Morgan, B., Boyer, S. 197Astrophys. J., 208, 177.

Lin, Y. C., Bertsch, D. L., Dingus, B. Let al 1996,Astr. Astrophys., 120, 449.

Macomb, D. J., Akerlof, C. W., Aller, D, 199%strophys. J. 449, 99.

Malizia, A. et al 2000,MNRAS, 312, 123.

Maraschi, L., Fossati, G. and Tavecchio F. 198@rparticle Phys,, 11, 189.

McNaron-Brown K., Johnson W. N., Jung, G.é&f.al 1995,Astrophys. J. 575.

Mushotzky, R. F., Boldt, E. A., Holt, S. S., Serlimitsos, P. J. 19%@rophys. J. (Letters), 232,
L17.

Ricketts, M. J., Cooke, B. A., Pounds, K. A. 19Mgture, 259, 546.

Tagliaferri, G., Ghisellini, G., Giommi, Rt al. 2000,Astr. Astrophys., 354, 431.

Takahashi, Tet al. 1996,Astrophys. J., 470, L 89.

Takahashi, T., Katoka, J., Madejski, &.al. 2000,Astrophys. J. (Letters), 542,L105.

Ubertini, P., Bazzano, A., LaPadula, C., Polcaro, V., Manchanda, R. K. 2884phys. J., 284,
54.

Ogelman, H. 1986, itnt. School of NS, AGN and Jets, Erice.

Ozel M, Fichtel, C 1988Astrophys. J., 335, 135.



J. Astrophys. Astr. (2001p2, 155-172

Ha Emission Line Morphologiesin Markarian Starburst Galaxies

A. Chitrel & U. C. Joshi, Physical Research Laboratory, Navrangpura,
Ahmedabad 380 009, India
IPresent address: Indian Institute of Science, Bangalore 560 012, India.

Received 2000 December 4; accepted 2001 May 10

Abstract. We present broad bamland narrow band Hemission line
images of a sample of optically selected starburst galaxies from the Markar-
ian lists. The emission line morphology is studied and global properties like
luminosities, equivalent widths and star formation rates are derived. The
radial distribution of Haflux and the EW are determined using concen-
tric aperture photometry on the emission line and the continuum images.
Ha flux is generally found to peak in the nuclear region and fall off out-
wards. The EW is found to peak off-center in most of the cases implying
that though the intensity of emission is maximum at the nucleus, the star
formation activity relative to the underlying continuum often peaks away
from the center in Markarian starburst galaxies.

Key words. Galaxies: starburst, photometry.

1. Introduction

Emission line fluxes of the Balmer series provide a measure of the integrated lumi-
nosity of galaxies short ward of the Lyman limit and can be used to provide a direct
measurement of the star formation rate (SFR) for hot, massive stars that dominate the
ionizing continuum. The Heemission from giant HIl regions in galaxies is a good
tracer of OB star formation. The presence of idicates that at least one massive
star has formed there recently. Hence, idiages are ideal for tracing the spatial dis-
tribution of hot, young stars in star forming regions of normal and starburst galaxies.
Extensive Hasurveys of samples of normal galaxies were carried out by Kennicutt &
Kent (1983). They found that the integrated emission of a galaxy is strongly correlated
with its Hubble type and colour. They also inferred that the variation of emission among
galaxies of a given type was due to real dispersion in star formation activity. Several
Ha surveys of large samples of spirals using large apertures (Romanishin 1990) and
CCD images (Gaia-Barretoet al. 1996; Pogge 1989) were made. From a CCD Ha
survey, Gonzalez Delgado & Perez (1997a, 1997b) report considerable circumnuclear
emission in a large sample of active galaxies. Pogge & Eskeridge (1993) conducted an
Ha imaging survey of a sample of neutral-gas rich SO galaxies. Starburst galaxies and
violently interacting systems show enhanced levels of star formation. The nuclear as
well as the global properties of violently interacting galaxies were studied in detail by
Bushouse (1986). Lehnert & Heckman (1996), hereafter LH96; studied a sample of
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IR selected edge-on starburst galaxies usingrdages. In this paper, we present the

Ha images along with th& band images of a sample of Markarian starburst galaxies
and discuss the properties of the line emission. This paper is the second in a series
of papers aimed at studying Markarian starburst galaxié, ivi, R, I and Ho. The
optical B, V, R, I properties of a subset of the sample of Markarian starburst galaxies
can be found in Chitre & Joshi (1999), hereafter, Paper I.

2. Observations and data reduction

The sample of galaxies was selected from the Markarian lists (Markarian, Lipovetskii
& Stepanian 1979 and references therein) with the following criteria: Galaxies des-
ignated as starburst galaxies in the catalogue from CDS wjthrighter than 12.5

and angular sizes greater tharf 3¢ere selected. No consideration was made for any
particular morphological type and the sample is unbiased towards the morphology of
the galaxy. In this paper, we present results on 15 of the sample objects. All morpho-
logical types are represented in the present sample. Table 1 lists the global properties
of the galaxies presented.

Table 1. Global properties of the sample galaxies.

Type Dist.  Seoum Seoum /S100um 109 Lrir  Br log D2s
Mkn NGC UGC CDS Mpc Jy ergs? RC3
1) 2 3) ) (5) (6) (7 (8) 9) (10)
14 — 4242 S0? 44 0.25 0.23 42.69 14.67 0.73
213 4500 7667 SBa 43.6 3.89 0.59 43.67 1318 1.21
363 694 1310 Scp 41.5 2.4 0.65 43.40 14.28 1.58
439 4369 7489 Sa 145 5.91 0.53 42.92 12.65 1.32
449 5014 8271 Sap 154 2.27 0.56 42.54 1345 1.23
602 — 2460 SBbc 38.2 3.55 0.63 43.50 13.50 1.09
603 1222 - E 35.8 126 0.82 43.96 13.24 1.04
708 2966 5181 SB 21.2 5.37 0.672  43.16 1253 1.35
743 3773 6605 EOp 11.7 1.48 0.83 42.06 13.19 1.07
781 4779 8022 SBc 36.6 1.82 0.44 43.25 13.07 1.33
1002 632 1157 E1 43.3 4.85 0.76 43.72 13.60 1.19
1134 7752 12779 10 72 476 0.48 44.23 14.75 0.92
1194 1819 3265 SBO 62.1 6.95 11.40 44.23 13.23 1.22
1308 - 6877 - 11.9 0.99 1.29 41.84 14.04 0.82
1379 5534 — SBbcdbl 36.5 4.73 0.68 43.58 13.29 1.15
Note. Coals. (1), (2) and (3) : The Mkn, NGC and UGC designations respectively of the objects.

Col. (4) : The morphological type taken from the Markarian catalogue downloaded from CDS.
Col. (5) : The adopted distance to the galaxy in M@al. (6) : The 60um flux density in Jy
from IRAS.Col. (7) : The ratio of the 6G«m to the 10Q.m flux densityCal. (8) : The logarithm

of the FIR luminosity in ergs$ calculated using the formula from Lonsdadeal. (1985).

Col. (9) : The total uncorrected B magnitude from Chitre (1999). This was derived by fitting an
exponential disk to the outer part of the luminosity profile in thband and extrapolating it to
infinity to derive Br. Col. (10) : The log of the diameter at 25 mag arcsen units of a tenth

of an arc minute from RC3.
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Figurel. Normalized response curves of the narrow band filters.

Table 2. Narrow-band filter specifications.

Ao Peak trans.  W(eff.width)

Filterno. @) (%) A)
F1 6556 60 91
F2 6618 60 84
F3 6669 65 81

The observations were carried out at the Cassegrain focus of the 1.2m telescope at
Gurushikhar, Mt. Abu. The f-ratio of this telescope j48. A thinned, back illuminated
Tektronix 1024x 1024 pixels CCD chip providing afield of view (3:25.2)) was used
for imaging the galaxies. On chip binning ofx2 2 was employed before recording
the images to increase the signal-to-noise ratio. The final resolution.6@/s/Pixel
which is sufficient to sample the point spread function (PSF) appropriately. The PSF
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values during each galaxy observation are given in Table 3. Images were obtained
through broadband Cousin® and narrow band Hdilters. The sample of galaxies

was observed using appropriately red shifted filters. The response curves of the narrow
band filters used are given in Fig. 1. Table 2 gives the filter specifications viz., the
mean wavelength @) the peak transmission and the effective width (the width of

a rectangle with the same area as that under the response curve and height equal to
the peak transmission; W) of each filter. About 3—4 exposures were taken in each
filter. The exposure times are also given in Table 3. The data were reduced using
IRAF! and standard reduction procedures viz., bias subtraction, flat fielding, cosmic
ray correction were performed on the raw images. Airmass corrections were applied
using the extinction coefficients obtained from the standard stars which were observed
on the same nights together with the narrow band and the broad band images. The
galaxy images in bottR band and narrow band Hwere shifted and co-added to
improve the signal-to-noise ratio. The sky background was computed from the mode
of the histogram of the image since the field of view was large enough as compared
to the size of the galaxy and the histograms were sky dominated. The galaxy images
were subsequently sky subtracted and scaled for 1 second exposure. Figure 2 displays
the R band continuum isophotal contours superimposed on theskission line
images.

Table3. Observational details.

Mkn IR tHa Filter PSF
sec sec no. "

14 480 2100 F2 3.0
213 660 2100 F2 2.3
363 360 1500 F2 2.2
439 360 1600 F1 2

449 450 1800 F1 1.8
602 240 2040 F2 1.7
603 320 1200 F2 1.7
708 1300 1500 F2 2.2
743 420 1500 F1 1.9
781 520 1200 F2 2.7
1002 300 1200 F2 2.0
1134 360 1320 F3 2.4
1194 300 1200 F3 1.9
1308 360 1800 F1 2.3
1379 360 1200 F2 1.9

1IRAF is distributed by National Optical Astronomy Observatories, which is operated by
the Association of Universities Inc. (AURA) under cooperative agreement with the National
Science Foundation, USA.
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Figure 2. R band continuum isophotal
contours superimposed on the HdNII]
emission line gray scale images. The gray
scale has been chosen for best contrast.
North is at the top and East is to the left.
The R band contours are plotted on the
magnitude scale at an interval of 0.&ith

the peak contours at 16.5 mag arcsdor
Mkn 213, Mkn 603 and Mkn 1379; 17.0
mag arcsec® for Mkn 439, Mkn 602 and
Mkn 1194; 17.5 mag arcset for Mkn
449, Mkn 708 and Mkn 781; 18.0 mag
arcsec? for Mkn 14, Mkn 363, Mkn 743,
Mkn 1002 and Mkn 1308 and 18.5 mag
arcsec? for Mkn 1134,
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3. Generation and calibration of pure emission lineimages

The images obtained as discussed above were further reduced in the following way
to obtain the pure emission line images. The FWHM of the stars in each Redrd
Ha frames was examined and the better PSF was degraded to match the BSFs in
and the narrow band. The next step involved determining the scale factor between the
broad band and the narrow band image. For this, all the foreground stars in each frame
were used. Using synthetic aperture photometry, the counts within a fixed aperture
were derived for stars in both the filters and their ratio was taken. The average scaling
factore, between th&® band and Hawas thus determined for each galaxy. Thband
image was then scaled by the corresponding factor and subtracted from the narrow
band images to yield the pure HNII] emission image.

The zero pointR, for the continuumR band was determined using

R=Ro—25IlogN @

whereN is the number of counts arlis the corresponding instrumental magnitude.
We used our broad band data (Chitre 1999) to determine the zero point for each
observing night. Thél « fluxes were determined using the equations explained in detalil
by Macchettcet al. (1996). These values were then corrected for galactic absorption
usingE (B — V) from Burstein & Heiles (1984) and the Whitford (1958) form of the
extinction curve as:

SHacorr = fHaobs X dex(0.969x E(B —V)). (2)
2o [ \ ‘ \ \ —]
ol o _|
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Figure3. Ha equivalent widths (present study) vs. B-V colours (Chitre 1999).
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Table 4. Derived properties of the sample galaxies.

IOQ fHoz loQ Lpo EW(HO{) n/g VYe,Ha Ye,Ha /re,R
Mkn (ergslcm—2) ergst? A (kpc)
) @ 3 (4) % (6 (7)
14 —12.40 40.96 66 1.31 0.55 0.37
213 —-12.29 41.21 21 1.94 0.98 0.43
363 —12.29 41.02 53.2 0.59 1.17 0.64
439 —-11.65 40.74 52 1.38 0.61 0.92
449 —1217 40.28 35 1.63 0.23 0.17
602 —12.04 41.20 45 - 0.939 0.31
603 —11.39 41.79 150 1.17 0.93 0.65
708 —12.14 40.79 53 1.89 1.25 0.255
743 —-12.04 40.17 101 1.15 0.19 0.49
781 —12.27 41.08 21 - 3.52 0.60
1002 —-11.95 41.36 76 1.50 0.643 0.256
1134 —-12.35 41.44 60 1.10 1.87 0.748
1194 —-11.97 41.69 42 0.80 1.42 0.57
1308 —-12.07 40.16 78 1.21 0.21 0.39
1379 —11.54 41.66 79 1.47 1.98 0.83

Note. Coal. (1) : The Mkn numberCaoal. (2) : The total He+[NI1] flux of the
galaxy corrected for galactic absorption using EqiCd. (3) : The corrected
luminosity of the galaxy in logarithmic unit€ol. (4) : The global equivalent

width in A. Col. (5) : The ratio of the nuclear (central 1 kpc) to the global
EW. Cal. (6) : The half light radius in HaCoal. (7) : The ratio of the half light
radius in Hato the half light radius iR band.

We have not applied corrections for the internal extinction within the galaxy. The
corrected fluxes were converted to luminosities using the distances given in Table 1.
The global equivalent widths of the galaxies were estimated by dividing the corrected
He flux in the emitting region of the galaxy by the underlyiRgpband continuum flux
within D,s. The underlyingR band continuum was determined by first subtracting the
emission from the broad band image and then scaling it to the continuum in the narrow
band. The global EW and the — V colours of the galaxy are plotted in Fig. 3. We
do not find a strong correlation between the global EW andbtheV colours of the
galaxy. There is a large scatter in EW arouhd- V of 0.6. All the derived quantities
are presented in Table 4.

4. Discussion

4.1 Spatial distribution of star formation

The large-scale distribution of star formation can be studied in various ways. The
simplest qualitative method is to visually examine the distribution of the emission line
regions. On the basis of the emission line morphologies, the sample can be divided
into the following four sub classes.
e Galaxies showing Hemission in the central regions only. Mkn 14, Mkn 449 and
Mkn 1308 belong to this sub class.
e Galaxies showing extended Hzmission or galaxies with extranuclear emission
in addition to nuclear star formation. This includes most of the spirals which show
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emission from either one or both the ends of the bar or along the bar. Mkn 213,
Mkn 602 are examples of this sub class.

e Galaxies showing global massive star formation. Line emission is observed
throughout the body of the galaxy in Mkn 363, Mkn 603 and Mkn 1134, indicat-
ing that these galaxies are undergoing a global starburst. The fact that massive
star formation is not always confined to the nuclear region alone is best illustrated
in these cases. Their strong stellar continuum at longer wavelengthar{®)
points to the fact that these are not young systems experiencing their first phase
of star formation, but are old systems with a younger burst of star formation.

e This sub class includes starburst galaxies with peculiar emission line morpholo-
gies. Mkn 439 and Mkn 1194 are examples of such systems. Mkn 439 shows
extended Heemission along a bar which is misaligned with the optical contin-
uum isophotes (Chitre, Joshi & Ganesh 1999), while Mkn 1194 shows very faint
emission from the central region but clearly shows a circumnuclear ring of intense
massive star formation.

However, to study the emission line distribution in a quantitative manner and derive
useful information from the results, synthetic aperture photometry was performed on
the continuum subtracted Hmages to derive the radial flux distribution. Concentric
apertures were used for this purpose. The apertures were centered on the nucleus, the
position of which was determined from tiReband continuum images. This convention
was maintained irrespective of whether or not thep#ak coincides with th& band
peak. Circular apertures were considered up to the radius where the signal falls to the
3o level of the background value. The radial distribution of thefHix thus obtained
is plotted in Fig. 4.

To study the regions of current star formation relative to the underlying continuum
contributed by older stars, the equivalent width (EW) was computed. This was done
by dividing the Haflux by the underlying stellar continuum flux at the same location
estimated from the emission subtracted, scaled continuum images. Itis a good measure
for comparing relative levels of star formation from one galaxy to another. The EW
provides a measure of the current star formation rate relative to the recent past star
formation rate, since the line emission is due to massive stars with<adésyears
while the stellar continuum at these wavelengths is due to G and K giants which are
typically a few billion years old (Huchra 1977; Kennicutt 1983). A similar approach
was used by Bushouse (1986) to derive pseudo equivalent widths for a sample of
interacting galaxies.

An inspection of Fig. 4 reveals that most of the galaxies except Mkn 363 and Mkn
1194 show a peak in the flux at the center and a nearly exponentially falling behaviour
outwards irrespective of their morphology. In some cases like Mkn 1308, the profile
flattens out in the outer regions. In the case of Mkn 363 and Mkn 1194, the peak
emission is off-centered from the nucleus. This is clearly seen in the gray scale images
(Fig. 2) also. In general, galaxies with peculiar emission line morphologies or global
emission show considerable deviations from the exponential profiles eg., Mkn 1134
and Mkn 439. However, the EW profiles show startling differences in their behaviour.
The first two panels in Fig. 4 show galaxies with EWs peaking at the center and falling
outwards. The next few panels have EWs peaking away from the center. The interesting
point to be noted in these cases is that the EW peaks away from the center even in those
cases where the peak Htux is maximum at the center. This indicates that though
the flux levels are maximum at the center in some of these galaxies, the current star
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Figure4. (Continued)

formation rate relative to the recent past star formation is maximum away from the
center. The peak occurs in the inner half a kpc in most of these galaxies except in Mkn
363, Mkn 1134, Mkn 1194 and Mkn 1379 all of which show considerable extended
extranuclear star formation. The peak is sharp in most cases except in Mkn 363 where
it is broad and flattened. This is probably a result of the global star formation seen in
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Figure4. (Continued)

Mkn 363. The global EW listed in Table 3 was compared with the EW in the central 1
kpc of each galaxy except for Mkn 602 and Mkn 781. These galaxies were excluded
because the signal-to-noise ratio was not good enough to derive the radial profiles and
only global values were computed for these two galaxies. It was found that the central
nuclear EW was higher than the global value in nearly all cases. This suggests that
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Figure4. (Continued)

the star formation is more enhanced with respect to the underlying population in the
central regions of these starburst galaxies. A few cases like Mkn 363 and Mkn 1194
have the ratio of the nuclear EW to its global value less than unity. Both these galaxies
show a considerable amount of extranuclear star formation.
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4.2 Half-light radii and the relative concentration of star formation

To compare the characteristic sizes of the star forming regions in the sample, we derived
the half-light radius in Ha This parameter enables us to define a model independent
size of the emitting region especially while inter comparing data from a morpholog-
ically dissimilar sample as ours. The half-light radius in Hgp,) is defined as the
radius enclosing half of the total line emission. For deriving this, the radius at which
the counts in the image frame fall to 2f the background value is determined. The
total flux inside this aperture is computed. A growth curve is constructed using con-
centric apertures of increasing radii and the half-light radius is determined from this
curve. The values of, g, derived in this manner are given in column (7) of Table 4.
The mean value of log {r,) derived from our sample is 2.88 in pc. The size of the
emitting regions is directly proportional to the absolute luminosity of the galaxy. This
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Figure5. The absolute3 magnitude as a function of the half-light radius in He
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is illustrated in Fig. 5 where the absolute blue luminogify is plotted against the
half-light radius in Hg 7, p14-

To estimate the degree of concentration of the emission relative to the continuum,
we calculated the ratio of the half-light radius in ltathe half-light radius irR (r, ).
The values of, x were taken from Chitre (1999). For our sample, this ratio is less
than unity for all cases indicating that the emission is more centrally concentrated as
compared to the continuum light. To compare the properties of our sample of optically
selected, uv-excess starburst galaxies with other IR selected starburst galaxy samples,
we have done a comparative study of our sample with LH96 sample. The LH96 sample
was selected based on the following criteria: It contained starburst galaxies which
were edge on, were IR brightdgm > 5 Jy) and IR warm (go,m /S10q.m>0.5. Our
sample galaxies had a range of inclinations with Mkn 439 being nearly face on and
Mkn 1194 being nearly edge on. Our sample galaxies were selected only on the basis
of their redshifts and apparent magnitudes and were found tafagugranging from
0.25 Jy to 12.6 Jy with most galaxies having the value less than 5 Jy. Comparing
the results derived by us with the results derived by LH96 (Table 5), we see that the
average size of the emitting regions in the LH96 sample is nearly 1.8 times larger
than that in our sample. The concentration of HHoour sample is 45% with respect
to the continuum while it is 60% for LH96. In other words, the line emission is more
centrally concentrated in our sample of optically selected starburst galaxies than in
the LH96 sample of IR selected starburst galaxies. We also find that on an average,
LH96 galaxies are only 1.5 times brighter in lBut are about 9 times brighter in FIR.
One reason for this could be that the IR selected galaxies are much dustier and the star
forming regions are hidden by large amounts of dust which could be responsible for
the extinction of the line emission.

Table 5. Average properties of our sample and LH96

sample.

Parameter This work LH96
Se60.m (JY) 0.25-12.6 >5
Seoum / S100um 0.23-0.83 >0.5
Inclination no limit edge-on
Log L yq 41.06 41.23
Log Lr;r 43.25 44.22
Log e, #a (PC) 2.88 3.15
Log (7e.ra /Te.r) ~0.34 -0.22

Figure 6 shows a comparative study of the behaviour of lgg(L ) versus
re.Ha [Te.r fOr three samples, namely our sample, LH96 IR selected starburst galaxies
sample and Usugt al. (1998) sample which consists of early-type spirals with log
(Lrrr /L) higher than the average for early-type spirals. Our sample objects have
smaller ratios of both log (Zz /L ne) andr, p /r..r @s compared to LH96 while the
values do not show much difference as compared to the Usui sample of early-type
star forming galaxies.
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5. Conclusions

A study of a sample of Markarian starburst galaxies has shown that:

e The line emission peaks in the central region and falls nearly exponentially out-
wards in most of the cases.

e Unlike the emission, the radial variation of the equivalent width does not show
a uniform behaviour. This indicates that though the intensity of star formation
is maximum at the center, the relative level of star formation with respect to the
underlying continuum shows different trends. We do not find any clear evidence
for a relation between the radial behaviour of the equivalent width and the mor-
phological type of the galaxy.

e The nuclear EW is greater than the global EW in most of the sample galaxies.

APPENDI X
Notes on individual galaxies

The emission line morphology of each galaxy is described below and compared with
the optical colour maps from Paper | or Chitre (1999).
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Mkn 14 : This SO galaxy shows line emission in the central region. The emission
appears to be more concentrated towards the eastern side of the nucleus (Fig. 2).

Mkn 213: This spiral galaxy shows strong Hmission in the central region fanning
out towards the west and faint emission at the ends of the bar. The EWs are low
compared to other galaxies in the sample indicating that the older stellar population is
dominant in the inner region in this galaxy.

Mkn 363 : A peculiar emission morphology is seen in this galaxy. étaission
is global but the morphology of the emission is disturbed and clumpy. The peak of
emission off-centered from the nucleus. A comparison with the optical colour maps
shows that the bluest region in this galaxy also liéaway from the nucleus. The EW
(Fig. 4) also reaches its peak value at this distance.

Mkn 439 This galaxy is the most peculiar galaxy in the sample. The optical contin-
uum contours and the emission line contours show completely different morphologies.
The peak emission in Hdoes not coincide with the bluest region seen in the optical
colour maps. The line emission is along a bar misaligned with the optical contours of
the galaxy (Chitre, Joshi & Ganesh 1999). The EW pedkavéay from the optical
center of the galaxy.

Mkn 449 : Strong Haeemission is seen only in the central region in this galaxy.

Mkn 602 : This barred spiral shows emission in the nuclear region and very faint
emission from the ends of the bar.

Mkn 603 : Mkn 603 is a part of an interacting system of galaxies. The main galaxy
is an elliptical interacting with two small companions. This galaxy shows extended
line emission while its companions show global line emission.

Mkn 708 : An elongated spiral galaxy with very broad ill-defined spiral arms, Mkn
708 shows line emission only in the central region. However, this galaxy gets redder
inwards unlike other Markarian starburst galaxies which get bluer inwards. We do not
find any clear indications for the presence of dust from isophotal analysis of the optical
continuum images (Chitre 1999).

Mkn 743 : This double nucleus galaxy (Mazzarella & Boroson 1993) shows peak
Ha emission in one of its nucleus. Emission is seen in the inner region in this galaxy.

Mkn 781 : The only flocculent spiral in the sample, this galaxy shows emission in
the nuclear region and as a couple of very faint spots in the arms.

Mkn 1002 : Pogge & Eskridge (1993) have reported ldmission in the nuclear
region as well as clumps of emission in the circumnuclear region of this galaxy. Our
studies show that the line emission does not follow the structure seen in colour maps
but just shows extended emission in the central region.

Mkn 1134 : Global star formation is seen in this small irregular galaxy which is
attached to the tip of the spiral arm of a larger spiral galaxy, NGC 7753. The peak
emission is coincident with the off-centered nucleus of the galaxy.

Mkn 1194 : Star formation is enhanced in a circumnuclear ring in this galaxy. Two
bright Ha spots are seen along the ring to the north and the south. The nucleus appears
faint in emission. The ring lies at about 5om the nucleus. The EW is also found to
peak in this region.

Mkn 1308 : This SO galaxy has an elongated companion. Emission is seen in the
nuclear region. However, the EW peaKsfbm the optical center of the galaxy.

Mkn 1379 : Mkn 1379 forms a part of a system of interacting galaxies. Strong
Ha emission is seen in the nuclear region and diffuse emission is seen along the bar.
Blobs of Ha are seen at the ends of the bars and in the companion galaxies. Global
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star formation is detected in the companions lying to the east. We measured the EWs
in these eastern companions to be as high ad 2ZBe companion to the west has a
EW of about 108.. These values are much higher as compared to the peak EW seen
in Mkn 1379 (Fig. 4).

Acknowledgements

This work was supported by the Department of Space, Government of India. The
authors are thankful to Mr. Shashikiran Ganesh for helping with observations and to
Mr. A. B. Shah and Mr. N. M. Vadher for technical support. This research has made
use of the Vizie R catalogue access tool, CDS, Strasbourg, France.

References

Burstein, D., Heiles C. 198#strophys. J. Suppb4, 33.

Bushouse, H. A. 198@str. J.91, 255.

Chitre, A. A. 1999 PhD thesis, Gujarat University.

Chitre, A., Joshi U. C. 199%str. Astrophys. Suppl39, 105 (Paper ).

Chitre, A., Joshi U. C., Ganesh S. 199&tr. Astrophys.352, 112.

Garda-Barreto, J. A., Franco, J., Carrillo, Bt al. 1996,Rev. Mex. Astron. Astrofi82, 89.

Gonzalez Delgado, R. M., Perez, E. 199&satrophys. J. Suppl08, 155.

Gonzalez Delgado, R. M., Perez, E. 199&btrophys. J. Suppl08, 199.

Huchra, J. P. 197 Astrophys. J217, 926.

Kennicutt, R. C. 1983Astrophys. J272, 54.

Kennicutt, R. C. J R., Kent, S. M. 1988str. J.88, 1094.

Lehnert, M. D., Heckman, T. M. 1998\strophys. J472, 546.

Lonsdale, C. J., Helou, G., Goodel.al. 1985,Catalogued Galaxies and Quasars in the IRAS
Survey(Washington: GPO)

Macchetto, F., Pastoriza, M., Caon &t.al. 1996,Astr. Astrophys. Suppl20, 463.

Markarian, B. E., Lipovetskii, V. A., Stepanian D. A. 19P%trofizikal5, 549.

Mazzarella, J. M., Boroson, T. A. 1998strophys. J. Supp85, 27.

Pogge, R. W., 198%strophys. J. SuppFl, 433.

Pogge, R. W., Eskridge, P. B. 1998str. J.106, 1405.

Romanishin, W. 1990Astr. J.100, 373.

Usui, T., Saito M., Tomita A. 1998\str. J.116, 2166.

Whitford, A. 1958 ,Astr. J.63, 201.



J. Astrophys. Astr. (2001p2, 173-185

Far Infrared Mapping of Three Galactic Star Forming Regions:
W3(OH), S209 & S187

S. K. GhoshA-2* B. Mookerjed3, T. N. Rengarajah S. N. TandoR &
R. P. Verma

1 Tata Institute of Fundamental Research, Bombay 400 005, India.

2 I nstitute of Space and Astronautical Science, Kanagawa 229, Japan.

3 Joint Astronomy Programme, Indian Institute of Science, Bangalore 560 012, India.
4 Department of Physics, Nagoya University, Nagoya 464-8602, Japan.

5 Inter-University Centre for Astronomy & Astrophysics, Pune 411 007, India.

Received 2001 April 7; accepted 2001 May 20

Abstract. Three Galactic star forming regions associated with W3(OH),
S209 and S187 have been simultaneously mapped in two trans-IRAS far
infrared (FIR) bands centered-atl40 and 200um using the TIFR 100 cm
balloon borne FIR telescope. These maps show extended FIR emission with
structures. The HIRES processed IRAS maps of these regions at 12, 25,
60 & 100um have also been presented for comparison. Point-like sources
have been extracted from the longest waveband TIFR maps and searched
for associations in the other five bands. The diffuse emission from these
regions have been quantified, which turns out to be a significant fraction of
the total emission. The spatial distribution of cold dust{BO0 K) for two

of these sources (W3(OH) & S209), has been determined reliably from the
maps in TIFR bands. The dust temperature and optical depth maps show
complex morphology. In general the dust around S209 has been found to
be warmer than that in W3(OH) region.

Keywords. Interstellar dust—W3(OH)-S209—S187.

1. Introduction

The far infrared (FIR) continuum emission from the interstellar dust component
allows one to probe deeper in to the denser regions of Galactic star forming
regions. A long term programme of studying Galactic star forming regions is being
pursued at the Tata Institute of Fundamental Research (TIFR) using its 100cm
balloon-borne FIR telescope. This programme aims at high resolutidf) (vap-

ping in two FIR bands centered at wave-length$50 and 200um, beyond the
longest waveband of IRAS survey. The trans-IRAS wavebands help in detecting
colder component of the dust. Several Galactic star forming regions have been
studied leading to detection of cold dust (up to 15K) and its spatial distribution
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(e.g. Ghostet al. 2000; Mookerjeat al. 2000). The present study deals with three
regions selected on the basis of their association with powerful molecular outflow
activity and their extended/complex morphology. These are: W3(OH), S209 and S187
regions.

The Galactic star forming region known as W3(OH), is a very unique and interesting
source for several reasons. It is situateti3 SE of W3 (main) in the giant molecular
cloud, along the prominent ridge of star formation in the Perseus arm at a distance
of 2.3 kpc. Itis one of the most luminous high emission measure compact Hll region
of shell type morphology (Dreher & Welch 1981). Surrounding the ionized gas, there
exist dense molecular clumps which host spectacular sources of {aHaktl CHOH
maser emission as well as a bipolar outflow source (Véirdd. 1994). Tieftrunket
al. (1998) have surveyed this region in the Nkhe in which they have detected
extended emission. A strong far infrared source is associated with the HIl region
(Campbellet al. 1989). W3(OH) has received a lot of attention recently from cm,
mm and sub-mm waveband researchers, though mostly concentrating on the higher
spatial resolution of the very central few arc sec region. Here we present the study
of the distribution of dust in the general neighbourhood of W3(OH) (within a few
parsec).

The S209 region is an evolved HII region with visible optical nebulosity in the
outer Galaxy. The ionized region is very extended and luminous in radio contin-
uum. The emission at 1.4 GHz has been detected ovVer71®y Fich (1993). The
associated molecular gas extends over a regior b¥ diameter, as inferred from
the CO survey of Blitz, Fich & Stark (1982). The CO line velocity places S209
complex at a Galactocentric distance of 21kpc, one of the outermost sites of star
formation in the Galaxy (Fich & Blitz 1984). Molecular outflow activity has been
inferred from broad CO wings by Wouterloot, Brand & Henkel (1988). AOH
maser source has also been detected in the vicinity by Cesairahi(1988). The
above indicators confirm that star formation is still in progress in the S209 complex.
Despite its large heliocentric distance (12 kpc), S209 is expected to be detectable
in infrared wavebands due to its high intrinsic luminosity. Surprisingly, no study
of the far infrared continuum emission from the S209 region exists in the litera-
ture.

S187 is an optical HIl region (Sharpless 1959) located at the near side of dark
cloud L1317 at a distance of 1kpc, belonging to the Orion arm in the Galaxy.
High angular resolution radio continuum map of this region shows the ionized gas
to extend over~ & with rich structures (Snell & Bally 1986). Association of this
region with a large molecular cloud complex has been known since Biait.
(1975) detected extended CO emission from this region. Bally & Lada (1983) found
first evidence for high velocity molecular outflow from S187, later confirmed to
be of extended and bipolar nature by Casoli, Combes & Gerin (1984a). The full
extent of this molecular complex has become more evident from the large scale sur-
veys (though with crude gridding), carried out%CO and3CO lines by Casoli,
Combes & Gerin (1984b) and Yonekuenal. (1997). Various evidences of recent
star formation activity in this region have been presented by Zavagno, Deharveng
& Caplan (1994). The structurally rich emission from the molecular as well as
the ionized gas, prompted us to study the emission from the dust component in
S187.

The next two sections describe the observations and the results.
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2. Observations

2.1 Balloon-borne observations

The Galactic star forming regions associated with W3(OH), S209 and S187 were
mapped using the 12 channel two band far infrared (FIR) photometer system at the
Cassegrain focus of the TIFR 100cm (f/8) balloon-borne telescope. The photometer
uses a pair of six element (2 x 3 close packed configuration) composite Silicon bolome-
ter arrays cooled to 0.3K using a closed cyithe refrigerator and it has been described

in Vermaet al. (1993). The same region of the sky was viewed simultaneously in two
FIR bands with near identical fields of view of@ per bolometer, thus instantaneously
covering an area of @ x 3’4 in each band. The sky was chopped along the cross-
elevation axis at 10Hz with a throw of 2. Full details of the 100cm telescope system
and the observational procedure can be found in Glebah (1988). These sources
were observed in two different balloon flights with slightly different FIR passbands of
the photometer. The journal of observations and other details are presented in Table 1.
The spectral responses of the two bands, relative responses of the detectors, absolute
calibration of the photometer and other details specific to these two flights in 1993
and 1995 have been presented in Ghesél. (2000) and Mookerjeat al. (1999)
respectively.

Table1l. The journal and other observational details.

Aeff Aeff Planet Planet

FIR Ch-l Ch-lI Planet FWHM FWHM

Flight date target (um) (um) used Ch-l Ch-lI
18th Nov 1993 W3(OH) 148 209 Jupiter 'Qx 1/4 1/0x 1’3
12th Nov 1995 S209 138 205 Saturn  ‘61x 19  1/6x 1.8

S187

The observed chopped signals have been deconvolved using an indigenously devel-
oped procedure based on the Maximum Entropy Method (MEM) similar to that of
Gull & Daniell (1978) (see Ghosét al. 1988, for details). The accuracy of the abso-
lute aspect of the telescope was improved by using a focal plane optical photometer
which detects stars (in an offset field) while the telescope scans the FIR target source.
The achieved absolute positional accuracy i6.’5.

2.2 IRASData

The data from the IRAS survey in the four bands (12, 25, 60 and.&@p for the
regions around the three target sources were HIRES processed (Aerahri®90) at

the Infrared Processing and Analysis Center (IPACaltech). These maps have been
used for extracting sources and quantifying interband positional associations and flux
densities.

1IPAC is funded by NASA as part of the IRAS extended mission program under contract
to JPL.
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3. Results
3.1 Intensity maps

The MEM deconvolved TIFR maps at 148 and 209um and the HIRES processed IRAS
maps at 12, 25, 60 and 100n for the Galactic star forming region W3(OH) has been
presented in Figs 1 and 2 respectively. Similarly, the intensity maps for S209 at 138,
205um and the IRAS bands have been presented in a similar format in Figs 3 and
4. Due to limited dynamic range achieved in the 138m band for S187, the intensity
maps for this source are shown only at 205um and the IRAS bands (Figs 5 and 6).

Whereas the IRAS maps have very high dynamic ranges (>1000), the same for
the TIFR maps is restricted te300 under the best circumstances. The contour levels
displayed in TIFR maps for each programme source depend on the detector noise con-
dition (which varied from time to time) at the time of the corresponding observations.

The angular resolution achieved in the TIFR bands is approximately represented by
the deconvolved sizes of the point-like (planet) source in respective bands (see Table
1). All three programme sources, W3(OH), S209 and S187 show extended emission
in both the TIFR bands.

The angular resolutions in the HIRES processed maps for each region are listed in
Table 2, which depend on the observational details like relative orientation of scan
tracks of the telescope boresight among different HCONs (Aumann, Fowler & Mel-
nyk 1990). Although extensions are seen in many IRAS bands, the TIFR maps show
superior angular resolution as a result of their smaller and circular beam.

Discrete sources have been extracted from the TIFR and HIRES maps using a
procedure described in Ghoatal. (2000). The longest wavelength channel (TIFR Ch-

II) map has been used as the primary band. The sources detected in this are associated
with sources in other bands if they satisfy the positional match criterioti éeparation

with TIFR Ch-l and< 1.5 for HIRES bands). A total of nine sources in all three
regions have been detected, details of which are listed in Table 3. Six of these have
been detected in both the TIFR bands. All these nine sources have an association with
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Figurel. The intensity maps for the region around W3(OH) in TIFR bandg)-at 148um
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Figure 4. The HIRES processed IRAS maps for a similar region around S209, as shown in
Fig. 3, in the four bands {a) at 12,m with peak = 374 Jy/sq. arcmifh) at 25um with peak

= 5470 Jy/sq. arcmir(c) at 60um with peak = 12300 Jy/sq. arcmifd) at 100m with peak

= 5830 Jy/sq. arcmin. The isophot contour levels in (a) are 30, 20, 10, 5, 2.5, 1 & .5 % of the
peak, and in all the other three bands are 90, 80, 70, 60, 50 ,40, 30, 20, 10, 5, 2.5, 1 & .5 % of
the respective peaks.

HIRES source in at least one band (8 have associations in 2 or more IRAS bands). The
listed flux densities have been obtained by integrating over a circledibgneter. Six

of these also appear in the IRAS Point Source Catalog (hereafter PSC). The PSC flux
densities are also listed for comparison with those obtained from the HIRES maps.
Four of these six PSC sources have upper limits in at least one IRAS band. This reflects
the complexity of the morphology of these regions. The dust temperatures in the FIR,
Trr, have been computed from the flux densities in the TIFR bands, assuming an
emissivity law ofe; oc A72. These are also listed in Table 3.

3.1.1 W3(OH)

Strong emission is seen in both 148 and 208 bands from W3(OH) and the peak
position (S2) matches with that of the IRAS PSC source 0223138 (Fig. 1).

The corresponding source is also the strongest in all the four HIRES maps (Fig. 2).
Whereas in TIFR bands S2 is resolved, it is pointlike in the IRAS bands. There are
two other sources detected in both the TIFR maps. The second brightest source (S3)
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Figure5. The intensity map for the region around S187 in TIFR band at2@5The isophot
contour levels are 90, 80, 70, 60, 50, 40, 30, 20 & 10 % of the peak intensity (388 Jy/sqg. arcmin).
The cross denotes the position of the IRAS PSC source 03233 (main source).

has counterparts in 12, 25 and 66 maps and a clear extension in 106 map. The
diffuse emission has been detected in all the six bands.

The extension of the isophot contours towards NE of W3(OH) in the TIFR bands,
match remarkably well with the plume (2pcx 1.3pc) seen in the recent mapping in
NH; line by Tieftrunket al. (1998). In fact they concluded that the W3(OH) core is
much larger than thought earlier.

Combining TIFR data along with the sub-millimeter measurement of Ghiaii.
(1986), the dust emissivity index is found to be 1.8 between 200 ang.850

The total emission from a circular region of’Idiameter around the strong peak
W3(OH), are 9601 and 6305 Jy at 148 and 208 respectively. The fraction of this
in diffuse emission has been estimated to be 15% and 13% respectively by subtracting
the contributions from the detected discrete sources (Table 3). A similar analysis of
the IRAS-HIRES maps of the same region has quantified the diffuse emission to be
85, 55, 56 and 71% at 12, 25, 60 and 10® respectively. It may be noted that since
the mapping in TIFR bands are carried out in sky chopped mode (in contrast to the
IRAS bands), some part of the diffuse emission with low spatial gradient could have
been missed in these bands. The total infrared luminosity estimated from the entire
region is 1.91x19 L.
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Figure6. The HIRES processed IRAS maps for a similar region around S187, as shown in Fig.

5, in the four bands :{a) at 12 m with peak = 48.8 Jy/sq. arcmi(h) at 25, m with peak =

557 Jy/sq. arcmin(c) at 60 um with peak = 754 Jy/sq. arcmifg) at 100um with peak = 460

Jy/sq. arcmin. The isophot contour levels in (a) are 30, 20, 10, 5, 2.5 & 1% of the peak (the peak
is outside the region displayed here) and in (b), (c) & (d) are 90, 80, 70, 60, 50, 40, 30, 20, 10,
5, 2.5, & 1% of the respective peaks.

Table2. Angular resolutions in the HIRES maps.

Resolution Resolution Resolution Resolution
Source at12um at 25um at 60um at 100um
region FWHM FWHM FWHM FWHM
W3(OH) 74" x 29’ 66’ x 31" 114" x 57" 74" x 29’
S209 56" x 27’ 54" x 28’ 91" x 54’ 110’ x 64’
S187 39" x 27’ 41" x 28’ 76" x 46" 113" x 97’
3.1.2 209

There is a good correlation and structural similarity between the extended emission
from the dust component in all the six bands. The complex emission structure has
restricted the reliable source extraction for the IRAS Point Source Catalog as evident
from inconsistent flux densities in different bands for the main source corresponding
to S209, IRAS 04073 5102. However, numerical aperture photometry on HIRES
processed IRAS maps provide reliable estimates of flux densities.

The main source in the S209 region is clearly resolved into two sources (S5 &
S6) at 205um map and there is indication for the same in the 38 map (Fig. 3).
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The strongest peaks in both the TIFR bands (S5) coincide with the position of IRAS
04073+ 5102. The neighbouring source S6 is associated with IRAS 0405200.

In 25 and 6Qum IRAS bands, S6 is clearly seen and an indication is present in the 12
um map (Fig. 4). The 10@m HIRES processed map does not resolve S5/S6.

Chinietal. (1984) have detected S209 in 1-mm continuum and presented the thermal
emission from the dust after correcting for the expected free free emission from the hot
gas. Using the flux densities at 208 and 1-mm, a very flat dust emissivity exponent
of 0.64 has been found for this sub-mm region. In case the emission at 1-mm originates
from a different colder dust component, then the above index is an underestimate.

The total emission from the S209 region presented in Fig. 3 is 5548 and 4000 Jy
at 138 and 205:m respectively. The fraction of this in diffuse emission has been
estimated to be 57% and 46% respectively by subtracting the contributions from the
detected discrete sources. A similar analysis of the IRAS-HIRES maps of the same
region (Fig. 4) has quantified the diffuse emission to be 52, 44, 49 and 77% at 12, 25,
60 and 10Qum respectively. Hence right through the mid and far infrared region, a
good part of the emission is in diffuse form. The total infrared luminosity estimated
from the entire region is 2.0x £Q., (for distance = 12 kpc).

Balseret al. (1995) have modelled their 8.7 GHz radio continuum measurements
of the S209 region (&8) and they conclude that the exciting source is either a
ZAMS 06.5 star or a O5 star depending on the data used (VLA / MPIR). These
stellar types correspond to a luminosity of 1.5 X IQ, or 6.8 x 16 L, respectively
(Thompson 1984).

3.1.3 8187

The dynamic range of the TIFR maps of S187 region is rather limited due to larger
than usual noise in the bolometer channels during these observations (only tine205
map presented here). The strongest source (S9) associated with IRASHO5233

is resolved at 20xm (Fig. 5). The morphology of the diffuse emission in the TIFR
band resembles the same in the HIRES maps (Fig. 6). This is despite the fact that
TIFR observations used sky chopping whereas IRAS survey did not. The emissions
in all the five bands are dominated by the source associated with IRAS 64202
6133. Most of the additional emission originates from an annular ring like structure
of diameter~ 10. The ionized gas resides at the central cavity of the annular region
as inferred from high resolution radio continuum map at 1.4 GHz (Snell & Bally
1986). The position of the high velocity molecular outflow lies abduw@st of S9.

The H,O maser source detected by Henkel, Haschick & Gusten (1986) is positionally
very close to the outflow source. No local enhancement has been observed in any
of the TIFR or HIRES bands at the location of the@Hmaser/outflow source. The
position of the NH core detected in the S187 region (Jijina, Myers & Adams 1999),
also does not show positional match with any peak in the maps of dust continuum
emission.

The total emission from the S187 region presented in Fig. 5 is 7256 Jy at 205um.
The fraction of this in diffuse emission has been estimated to be 55% by subtracting
the contributions from the detected discrete sources. A similar analysis of the IRAS-
HIRES maps of the same region (Fig. 6) has quantified the diffuse emission to be 66,
68,53 and 69% at 12, 25, 60 and 10t respectively. For this source too, right through
the mid and far infrared region, a large part of the emission is in diffuse form, which is
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quite expected considering the complex morphology of the region. The total infrared
luminosty estimated from the entire region is 1.7 £ 1Q, (for distance = 1 kpc).

Using the mass of the molecular cloud associated with S187, as estimated by
Yonekuraet al. (1997) from theit3CO survey (their cloud # 164), we determine the
average luminosity per unit mass tob2.2 L/ M. This value is very similar to that
found for W 31 star forming complex (Ghoshal. 1989).

3.2 Distribution of dust temperature and optical depth

Taking advantage of the nearly identical circular beams of the TIFR bands and the
simultaneity of observations, reliable maps of dust temperature and optical depth (at
200 um, t200) have been generated for W3(OH) and S209 regions. The available
dynamic ranges in both the TIFR bands for these two sources allow us to meaningfully
determine the dust temperature and optical depth distributions. These are presented in
Figs. 7 and 8 respectively. A dust emissivity lawepfox A~2 has been assumed for
this purpose. Details of the procedure can be found in Gbbah (2000).

For W3(OH) region, the distribution af,oo shows a peak near the intensity peak
but the T(148/209) distribution shows a plateau there (Fig. 7). Some regions of higher
dust temperature are also seen. The second peak in the optical depth map clearly
corresponds to the matter distribution around 02238L42. The dust temperature at
the position of IRAS 02232 6138 is 21K, whereas the kinetic temperature of the
NH3; component has been found to be 27K (Tieftruetlal. 1998). In addition, the
shape of theygg distribution around IRAS 02232 6138 (within 2) resembles the
gas distribution traced by NHA detailed comparison should help understanding the
gas-dust coupling in denser regions of star formation, like the interstellar environment
around W3(OH).
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Figure7. The distribution of dust temperature T(148/209), and optical depth atB®G g0,

for the region around W3(OH) assuming a dust emissivity law,0fx »~2. The isotherms
correspond to 15K to 36K in steps of 3K, 40 & 45K. Temperature values are displayed near the
contours. The highest contour afy, (innermost at the bottom) corresponds to a value of 0.16
and the successive contours represent values reducing by factor of 2.
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Figure8. The distribution of dust temperature T(138/205), and optical depth at 200;¢,
for the region around S209 assuming a dust emissivity lagy ef A 2. The isotherms refer to
the same temperatures as in Fig. 7. Thg contours represent 100, 75, 50, 25 & 12.5 % of the
peak value of 0.67.

The T(138/205) and,qo distributions for S209 show an almost anticorrelation (Fig.
8). The hotspots are located near the two resolved sources in ther@®ap. Most
of the region in S209 has the dust temeparture higher than 27 K and the presence of
colder dust is limited to the outermost periphery. This is in contrast to W3(OH) region
where the dust is relatively cooler.
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Abstract. The four stars treated in this paper have been under observation
with photoelectric radial-velocity spectrometers for many years. They have
proved to be binaries with periods of 30, 1828, 1514 and 822 days respec-
tively; the orbits are of modest eccentricity apart from that of HD 110743
which is indistinguishable from a circle. The mass functions are small,
and no companion has been observed for any of the stars. HD 110743, a
K dwarf, is much the nearest of the four, and its orbit is of short enough
period for the photocentric motion to have been recognizedipparcos.

An eleventh-magnitude star rather more thaaviay from HD 106104 is
shown to be a genuine physical companion, with practically identical radial
velocity, proper motion and distance modulus, although the projected sep-
aration is about 13,000 AU.

Key words. Radial velocities—spectroscopic binaries—orbits—stars,
individual—HD 106104—HD 109281—HD 109463—HD 110743.

1. Introduction

A fairly recent publication (Yoss & Griffin 1997) in thigournal described a com-
prehensive photometric and radial-velocity survey of the late-type stars that are in
the North Galactic Cap (b >75°) and feature in thédenry Draper Catalogue. It

was noted in that survey that no fewer than 125 of the 903 stars that were mea-
sured had been identified as spectroscopic binaries. The present author, in some
cases with collaborators, had already published orbits for 33 of them and has subse-
quently provided one more (Griffin 2000), and three have been published by others.
(One of those three (Jasniewicz, Duquennoy & Acker 1987) has since been implic-
itly withdrawn.) There remains, therefore, a formidable collection of the best part of

a hundred loose ends needing to be tied up. The present paper represents a modest
start upon that task, which is not made any easier by the fact that all of the stars
reside within the same small area of sky and so in a sense compete for the same
observing time. Many of them also have long periods, so the work could not be
hurried beyond a certain point, no matter how much observing time might be avail-
able.

The four stars treated in this paper do not share any particular property apart from
inclusion in the Galactic-Pole survey: they have been selected for publication because
they are among the best observed of the binaries whose orbits remain to be determined.
HD 106104, 109281 and 109463 are all in the constellation Coma Berenices, while

187



188 R. F. Griffin

HD 110743 is at a higher declination and is in the south-western part of Canes Venatici.
HD 109463 is sufficiently close to the Coma Cluster to have received a Trumpler (1938)
designation, no. 189. It is also the brightest(7) and latest (K5) of the stars and
gives very fine radial-velocity traces. At the other extreme, HD 106104 is remarkably
faint (10"™. 3) for an HD star; probably for that reason its HD number is overlooked in
a catalogue (Hill 1982) specifically compiled to give cross-identifications of A- and
F-type stars in the North-Galactic-Pole region, as well as in a photometric catalogue
by Knude (1993). HD 106104 is also particularly early8) in type — much earlier

than the ostensible limit of G5 imposed in the selection of late types frorklémey
Draper Catalogue- and consequently is more troublesome to to observe. The other
two stars are of intermediate character.

Table 1 recapitulates salient data from the survey paper (Yoss & Griffin 1997)
about the four stars. It includes a fifth star, a visual companion (albeit a distant one,
about 76 away in position angle 124to HD 106104; the object was included in the
Galactic-Pole survey (Yoss & Griffin 1997) purely out of inquisitiveness because of
its proximity to a star that was validly selected for the programme. The ‘mk’ spectral
types in Table 1 were inferred from DDO-type photometry (McClure 1976, and see
the survey paper cited above) and are not actual spectral classifications although they
form a good substitute. Equally, the values 86y, the impliedz distances (which are
for practical purposes equal to the line-of-sight distances to the stars, in view of the
very high Galactic latitudes), and [Fe/H] are all derived from the DDO photometry.

Table 1. Properties of the stars discussed (Yoss & Griffin 1997).

HD A% B-V  Type Type My z [Fe/H]
m m HD ‘mk’ m pc
106104 1034  0.53 G5 FoV +42 164 —
109281 8.68 1.01 KO KO I11 +1.4 285  +0.02
109463 7.69 1.41 K2 KSII-IV  +1.6 165  —0.02
110743 876  0.83 KO K1V +6.1 34 +0.04
106104 B 1127  0.62 — G3V +49 182 —

Some additional photoelectric photometry in tfieand B bands (but none i)
is available for the stars and is listed in Table 2; published spectral types are given
in Table 3. There is a difference of opinion regarding the type of HD 110743, but it
is readily resolved: the giant type proposed by Upgren (1962) was obviously wrong
from the outset, because it implied a distance at which the star’s large proper motion
of about .38 per annum, which has been known since the nineteenth century (Porter
1895)1, would correspond to an unacceptable transverse velocity in the range 500-1000
km s

Rather surprisingly in view of the faintness of HD 106104 in particular, all four
stars feature in thllipparcos(1997) catalogue; their parallaxes and the corresponding
distances, distance moduli and absolute magnitudes are set out in Table 4. The uncer-
tainties of small parallaxes are reflected very asymmetrically in the derived distance
estimates, so distances corresponding tb o are given in brackets after the central
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Table 2. Additional photoelectric magnitudes.

Star \ B-V Reference
m m
HD 106104 10.352 — Knude (1993)
10.34 0.56: Hipparcos (1997)

HD 109281 8.67 1.03 Ljunggren (1965)
8.67 1.03 Hartkopf & Yoss (1982)
8.71 — Hansen & Radford (1983)
8.68 — Hipparcos (1997)

HD 109463 7.70 1.39 Haggkvist & Oja (1973)
7.81 — Hartkopf & Yoss (1982)
7.69 — Hipparcos (1997)

HD 110743 8.79 0.83 Ljunggren (1965)

Table 3. Additional spectral types.

Star Type Reference
HD 106104 g:F8 Schwassmann & van Rhijn (1951)
F8 Hill (1982)
HD 109281 gG8 Malmquist (1960)
KO III Upgren (1962)

GO II-1IT*  Hartkopf & Yoss (1982)

HD 109463 K5 HI-IV*  Yoss (1977)
K5 III-IV*  Hartkopf & Yoss (1982)

HD 110743 dKO Malmquist (1960)
G8 III Upgren (1962)
K1 Bidelman (1985) [vice Kuiper]

*From DDO photometry, not spectra

Table4. Hipparcos parallaxes and derived distances and absolute magnitudes

Star Parallax Distance Dist. modulus vM
ms of arc pc m m

HD 106104 5.82+ 1.73 172 (132-245) 6.1F 0.7 +4.2 £ 0.7

HD 109281  0.44t 1.14 & 630) >9.0 <03
HD 109463  2.58t 0.97 390 (290-620)  7.94 0.9  —0.2 + 0.9
HD 110743  22.9Gt 1.65 44 (41-47) 3.28 016  +5.59+ 0.16

values; the asymmetries of the distance moduli are less serious and are glossed over
in a representative uncertainty value.
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2. Radial velocities

The first photoelectric radial-velocity measurements of the three brighter stars were
made nearly (in one case more than) thirty years ago; HD 106104 was not observed
until 1982. Because the stars were part of a large survey programme and the initial
purpose was to obtain just two observations of each object, there was a deliberate delay
in obtaining a second observation, and several years elapsed before velocity variability
was established and the objects transferred to the spectroscopic-binary programme
for systematic surveillance. Thus systematic observation has lasted only for intervals
ranging from 12 to 22 years, but as even the longest orbital period is 5 years all the
stars have been seen round several cycles and their orbits are very well established.
The longest period belongs to HD 109281 and is so precisely an integral number
of years (1828t 3 days, while 5 years is 182§ days) that the observing seasons
correspond to exactly the same set of orbital phases cycle after cycle, causing the data
to be unavoidably bunched in phase; the damage to the orbit determination is, however,
more cosmetic than real, unlike the situation that can arise with periods that are very
close to 1 or 2 years.

Radial-velocity spectrometers that have contributed measurements for this paper
include the original instrument at Cambridge (Griffin 1967), the one made by Dr. J. E.
Gunn and the writer for the Hale 200-inch telescope (Griffin & Gunn 1974), the
Geneva Observatory€oravels (Barannet al. 1979) at Haute-Provence and ESO,
the instrument (Fletchest al. 1982) at the Dominion Astrophysical Observatory’s
48-inch coué reflector at Victoria, and most recentlyCoravel-like instrument at
Cambridge. The numbers of observations made with the respective instruments are
noted in Table 5.

Table5. Usage of the various photoelectric radial-velocity spectrometers.

Spectrometer  HD: 106104 106104B 109281 109463 110743 Totals

Cambridge (old) 2 — 55 28 47 132
Palomar — — 2 1 1 4
Haute-Provence 50 11 28 32 27 148
ESO 3 — 2 2 2 9
DAO 4 — 4 2 7 17
Cambridge (new) 5 2 11 11 8 37
Totals 64 13 102 76 92 347

Very few radial velocities have been published previously for any of the four
stars. For HD 106104 there is none. HD 109281 was observed three times with
the Kottamia 74-inch telescope by Woolley al. (1981), who used a prismatic
Cassegrain spectrograph which gave a reciprocal dispersion Af 86n—* at Hy;
Sandage & Fouts (1987) listed one velocity (+71.6 kmt)s measured with a
reticon detector at the Mount Wilson 100-inch céusbectrograph, but they gave
no date so it is not possible to include their observation in the discussion here.
Heard (1956) reported a mean of four radial velocities obtained for HD 109463
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with the David Dunlap 74-inch reflector at 6 mm™, but the observations were
not given individually and did not suggest to Heard that the velocity was variable.
Two measurements (only two days apart) were obtained of the star &yglbne
(1971), who used the coadspectrograph of the Haute-Provence 193-cm telescope
at a reciprocal dispersion of 28 mm~2. Finally, HD 110743 is the subject of
one observation published by Yoss, Neese & Hartkopf (1987), who noted that it
was obtained with ‘IRS’, which they described by way of explanation as ‘KPNO
0.9-m IRS’. All available radial velocities, already published or newly presented here,
are listed in Tables 6(a)—(d).

Itis a troublesome fact, but one that has to be faced, that radial velocities stemming
from different sources are apt to exhibit different zero-poiGsavelmeasurements
have been particularly troublesome in that regard, since their zero-point has seemed
to possess a dependence on stellar colour zgrfe, Batten & Fletcher 1990). That
has recently been admitted, and a new reduction procedure and zero-point has been
adopted (Udry, Mayor & Queloz 1999). The data in the Tables 6 are intended to be
on the Cambridge zero-point used in the previous papers in this series; to that end,
observations made at Cambridge, Palomar and Victoria have been standardized with
respect to the Cambridge reference stars (Griffin 1969) — meaning in this case 41
Com alone, since that star is conveniently at hand in the Galactic-Pole field. All Haute-
Provence and ESQGoravelobservations are stored in a data base in Geneva, whence
those needed for this paper were kindly retrieved by Dr. S. Udry. They are on the
new zero-point and seem in the case of each star to need an adjustrreh8dm
s~1 (which has already been applied to the velocities as given in Tables 6) to make
them homogeneous with the other data. That is an agreeable finding, because it has
long been considered (Griffin & Herbig 1981) that that is the offset usually needed to
bring measurements that are on the ‘lAU’ zero-point into harmony with those on the
Cambridge basis. For that reason, the same offset has been applied to the few published
observations that feature in the tables.

The homogeneity of the observations made with the new Cambfidgavelis
possibly not above reproach: they agree all right in the case of the two red giants
(HD 109281 and 109463), but for the two bluer stars they would agree more com-
fortably if altered by—0.3 km s1. Not enough experience has yet been gained with
the instrument for there to be any certainty about any colour dependence of the zero-
point; for present purposes the empirical correctionr-6f3 km s* has been made to
the relevant observations of HD 106104 and 110743, and of the visual companion of
HD 106104, but no change has been made to those of HD 109281 or 109463.

3. Orbits

To obtain the best orbits it is necessary not only to coordinate the zero-points of
different data sources but also to assign appropriate weights.

Preliminary orbits showed very clearly thabneof the radial velocities gleaned
from the literature stands comparison with those measured with the photoelectric
spectrometers, so they have all been rejected from the orbital solutions although they
are retained in the Tables 6 and plotted in the orbit diagrams in those cases where they
fall within the boundaries of the plots.

It has been found in many previous analyses, as it has in this one, that radial velocities
measured with the original spectrometer in Cambridge, upon which the photoelectric
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Table 6a. Radial-velocity observations of HD 106104,

Date MJD Velocity Phage (0O—-C)
km s~ km 5!

1982 Mar. R8.00*  43036.00 +12.8 0.501 —-34
1984 Apr. 23.90*  45813.90 +18.9 26.488 +3.2
1988 Jan. 31.5311  47191.51 +15.7 72511 —(.8
1989 Mar. 26.03  47611.03 +16.3 86.526 —0.8
May 1.88 647.88 +18.9 87.757 +1.3
1990 Jan. 27.11 47918.11 +14.8 96.785 —-1.5
Fch. 12.294 934.29 +6.5 97.325 —0.2
14.367 936.36  +11.6 394 403

15.317 937.31  +13.2 4260 404

1991 Jan. 28.11 48284 .11 —8.7 109.012 —0.3
29.10 285.10 —038 045 +0.4

30.05 286.05 -104 077 +0.1

Feb. 3.17 290.17 —-2.2 214 —0.2

4.09 201.09 +0.2 245 —(0.4

2.09 292.09 +3.7 278 +0.5

6.08 293.08 +6.0 S11 +0.3

Dec. 17.15 607.15 +14.7 119.804 —0.4
19.16 609.16 +9.5 871 +0.4

19.21 609.21 +6.7 872 —-2.2

1992 Jan. 14.12 48633.12 +19.1 120.738 +0.8
15.08 636.08 +16.7 770 —-0.4

16.09 637.09 +15.1 .804 0.0

17.12 638.12 +12.7 838 +0.3

18.12 639.12 +9.2 872 +0.2

19.17 640.17 +4.9 907 +0.3

20.15 641.15 +2.0 .939 +1.9

21.15 642.15 —4.3 973 0.0

Fch. 26.491 678.49 —3.5 122,187 +0.7
27.401 679.40 -2.0 217 =03

28.331 680.33 +0.1 248 —0.8

Apr. 21.97 733.97 —10.1 124.040 0.0
22.91 734.91 —10.6 072 0.0

23.90 735.90 96 105 +0.1

24.92 736.92 —8.2 139 —0.4

25.93 737.93 -5.9 173 —0.5

26.95 738.95 —2.3 207 +0.3

27.91 739.91 —-0.9 239 —-1.0

29.89 741.89 +6.7 305 +1.5
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Table Ga. (Continued)

Date MJID Velocity Phase  (0-C)

km 57! km ™!

1992 Apr. 30.92  48742.92 +8.1 124339 404
June 27.92 800.92 £33 126.277 402

Dec. 18.21 97421  —10.5 132066  +0.1
20.18 976.18 —74 132 409

1993 Fch. 12.13  49030.13 +0.6 133934 0.2
Mar. 19.04 065.04 —102  133.101  —0.3

Dec. 25.21 346.21  +15.5 144494  —04
26.08 347.08  +17.8 423 0.8

27.15 34815  +18.2 539 +0.2

28.13 349.15  +18.1 592 0.7

29.16 350.16  +18.4 626 =09

30.16 351.16  +20.0 639 +0.6

1994 Jan. 1.24  49353.24  +18.6  144.729 0.0
3.16 355.16  +15.8 793 0.0

8.13 360.13 -2.9 939 —04

Feb. 21.03 40405 4125 146426 —0.3
Apr. 29.95 47195 4203 148694  +1.1
1995 Jan. 4.15  49721.15  —10.0  1537.020  —1.0
June 2.95 870.95 -9.5 162024  —0.2
1996 Apr. 2.98  350175.98 —2.8 172214 0.8
1997 Apr. 10.99%  50348.99  +19.6  184.676  +0.2
May 10.898 578.80 4200 185674  +0.6
1998 May 2.89  50935.80  +183 197601  —0.6
2000 Jan. 9.14%  31332.14 —4.4 218188 0.3
Apr. 6.9 £40.96 —57 221155 +1.0
May 30.928 694.92 —2.0 222958  40.4

*Observed with original Cambridge spectrometer;

not uscd in orbital solution.
tObserved with DAQ 48-inch tclescope.
tObserved with ESO Coravel.

§0bserved with Cambridge Coravel.

All others observed with Haute-Provence Coravel.
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Table 6b. Radial-velocity observations of HD 109281.

Date MID Velocity  TPhase  (0—-C)

km g! km s~

1967 Mar. 30.88*  39579.88 +76.7 1.343 —2.8
Apr. 13.82~ 593.82 81.4 .350 +1.8
1970 May 11.80"  40717.80 69.8 1.965 +2.6
1971 Feb. 27.08 41009.08 72.9 0.125 +0.4
1975 May 30.93  42562.93 66.5 (.975 -0.7
1977 Apr. 2.05 43235.05 79.0 1.343 —0.5
27.98 260.98 79.5 337 -0.2

1978 Mar. 24.08 43591.08 78.0 1.537 -1.2
May 23.261 651.26 79.6 570 +0.9
June 18.93 677.93 79.5 a8H +1.1
1979 Jan. 3.25 43876.25 77.4 1.693 +1.8
Feb. 25.15 929.15 4.7 722 +0.1
Mar. 8.10 940.10 76.7 .T28 +2.3
Apr. 29.03 992.03 72.9 737 —.a
May 13.97 44006.97 72.3 765 -0.8
June 22.94 046.94 71.5 LT87 —0.7

Dec. 25.22 232.22 67.4 BE8 —-1.0
1980 Feb. 23.11 44292.11 66.1 1.921 -1.5
May 5.97 364.97 67.5 .961 +0.3
1981 Mar. 1.13 44664.13 72.5 2.125 0.0
Apr. 27.98 721.98 74.4 156 +0.3
May 24.99 748.99 73.4 A71 -1.3
1982 Jan. 10.19  44979.19 79.0 2.297 +0.2
Mar. 4.06 45032.06 80.1 .326 +0.8
May 7.03 096.03 78.7 361 —-1.0
1983 Feb. 4.531  45369.53 80.0 2.510 +0.4
Mar. 7.08 400.08 80.9 .a27 +1.3
June 12.93 497.93 76.8 081 -1.7

Dec. 11.22 679.22 76.3 .680 +0.3
1984 Jan. 9.17 4570817 75.2 2.696 —0.3
Apr. 3.01 793.01 74.0 742 +0.1
May 10.94 830.94 73.3 .763 +0.1
Dec. 21.22 46055.22 68.7 886 +0.2
1985 Jan. 24.13 46089.13 +67.2 2.904 —0.8
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Table 6b. (Continued)

Date MID Velocity  TPhase  (0—-C)
km s km s~

1983 Feb. 8461  46104.46 +68.6 2.913 +0.8

Mar. 15.01 139.01 67.4 .032 0.0
May 31.90 216.90 63.2 074 +1.0
1986 Jan. 25.10  46455.10 71.5 3.104 -0.1
Feb. 27.09 488.09 71.1 123 -1.3
Mar. 7.04 496.04 71.7 127 -1.0
Apr. 10.05 530.05 73.9 145 +0.3
May 12.95 562.95 75.0 163 +0.6
June 14.91 595.91 75.7 182 +0.5
Aug. 25.80% 667.80 77.0 221 0.3
Nov. 24.551 758.55 78.9 271 +0.7
1987 Jan. 6.18  46801.18 78.9 3.294 +0.2
Feb. 1.12 827.12 77.8 2308 -1.2
Mar. 1.13% 855.13 79.1 .323 —0.2
Apr. 27.91 912.91 78.9 355 —0.8
May 31.92 946.92 80.3 374 +0.5
Junc 22.93 968.93 79.2 .386 —0.7
Dec. 10.24  47139.24 79.1 A79 —0.8
1088 Jan. 8.22  47168.22 78.9 3.495 —0.8
Feb,  1.421 192.42 79.3 308 —0.3
Mar. 11.078 231.07 79.1 329 —0.3

Apr. 12.91 263.91 +78.5 047 —0.6
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Table 6b. (Continued)
Date MID Velocity  TPhase  (0—-C)
km s~ km s~
1988 May 6.90 47287.90 +79.6 3.060 +0.7
June 2.98 314.98 78.2 a7 —0.4
Nov. 5.20% 470.20 76.3 .660 -0.3
1989 Feb. 11.10 47568.10 73.7 3.713 -1.3
24,231 281.23 4.4 .21 -0.3
Mar. 18.03 603.03 74.6 .733 +0.3
Apr. 28,938 644.93 73.6 756 +0.2
May 26.91 672.91 73.2 771 +0.4
June 19.91 696.91 7.9 784 —0.4
1990 Jan. 31.09%  47922.09 68.3 3.907 +0.4
Feh. 12.317 034.31 68.0 014 +0.2
Mar. 26.96 976.96 67.0 937 —0.4
Apr. 30.87 48011.87 66.4 .936 —0.8
May 26.95 037.95 65.1 971 2.1
Dec. 27.20 252.20 71.5 4.088 +0.8
1991 Jan. 20.11%  489285.11 71.8 4.106 +0.2
May 2.93 378.93 73.9 157 —0.2
Dec. 19.18% 609.18 77.9 283 —.6
1992 Jan. 16.11%  48637.11 78.8 4.298 0.0
Feb. 28.37¢ 680.37 79.4 5322 +0.2
Apr. 23.91% 732.91 79.3 332 —-04
June 25.88% T98.88 +80.6 .3R7 +0.7
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Table 6b. (Continued)

Date MID Velocity  Phase  (0-C)

km s~ km st

1992 Aug. 12.858  48846.83 +79.9 4413 —0.1
Dec. 20.268 976.26 79.8 A84 0.0
1993 Feb. 15.108  49033.10 80.0 4.515 +0.5
Mar. 23.088 069.08 79.3 333 0.0

July  6.89% 174.89 78.5 .593 +0.2
Dec. 30.208 351.20 76.0 .6R9 +0.2
1994 Feb. 21.09¢  49404.09 74.6 4.718 —0.2
May  3.00% 475.00 73.2 757 -0.2
Aug. 1.830 563.83 71.1 807 -0.3
1995 Jan. 5.168  49722.16 67.9 4.892 —0.4
June 4.93% 872.93 66.8 973 —(.4
1996 Mar. 30.98%  50172.98 73.5 5.139 +0.3
1997 Mar. 20.06  50536.06 79.7 5.337 +0.2
Apr. 16.02l 554.02 79.6 347 0.0
May 11.00/ 579.00 79.4 361 —0.3
July 19.90% 648.90 80.4 .399 +0.4
Scpt. 9.78% 700.78 80.2 A28 +0.2
1998 May  1.99%  50934.99 793 5336 +0.3
July 12,90 51006.90 78.0 395 -0.2
1999 Dec. 2026 51532.26 68.6  5.883 0.0
2000 Jan. 9.18/  51552.18 68.8 5.803 +0.5
Mar. 25.00l 628.00 67.9 935 +0.5

Apr. 30.98/ 664.98 67.5 055 +0.3
May 30.91/ 694.91 67.1 972 0.1
Junc 19.94 714.94 67.6 083 +0.3

July 16.91/ 741.91 67.7 997 +0.2
Aug. 1.87 737.87  4+67.0  6.006  —0.7

*Observed at Kottamia by Woolley et al. (1981);
not nsed in orbital solution.

fObserved with Palomar 200-inch telescope.

fObscrved with DA 48-inch tclescope.

fObserved with Haute-Provence Corquel.

YObserved with ESOQ Coravel.

lObserved with Cambridge Coravel.

All others observed with original Cambridge
spectrometer; weighted 14 in orbital solution.
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Table 6¢c. Radial-velocity observations of HD 109463,
Date MJID Velocity Phase (0—C0C)
km s km s~
1968 Apr. 26.92*  39972.92 —-33.2 0.080 —0.4
1969 Jan. 1.217 4022221  —23.8 0.245 +35.0
3.121 22412 —27.9 246 +0.9
1982 Mar. 6.06*  43034.06 —299 3.423 —0.1
1984 Apr. 24.93*  45814.93 -37.9 3.939 +0.1
1985 Feb. 24.03* 4612003  —30.9 4141 0.2
1986 Jan. 26.15*  46456.15 —295 4.363 —0.4
Mar. 7.04* 496.04 —-30.0 389 —-0.6
Apr. 10.06 530.06 —29.6 412 +0.1
May 7.90* 557.90 —30.0 430 —0.1
June 4.91* 585.91 —29.5 449 +0.7
Aug. 25.81 667.81 —30.6 503 +0.7
Nov. 24.557 758.55  —32.6 563 0.0
1987 Jan. 6.21* 46801.21 —-33.8 4.591 —0.6
Feb., 1.11* 827.11 -32.9 608 +0.7
Mar. 1.14 855.14 —33.6 626 +0.5
Apr. 27.92* 912.92 —34.7 665 +0.3
May 24.96% 939.96 —36.0 682 —0.5
31.92* 946.92 —36.5 687 —-0.9
Dec. 10.25*% 47139.25 —38.9 814 -0.6
1988 Jan. &.17¢ 47168.17 —37.4 4.833 +1.1
Feh. 1.436 192.43 —38.7 849 —0.1
Mar. 11.06 231.06 —38.7 875 0.0
May 26.93* 307.93 —-38.1 926 +0.2
June 12.91* 324.91 —-37.2 937 +0.9
Nov. 5.21 470.21 —34.7 5.033 +0.1
1989 Jan. 18.17* 47544.17 -32.2 5.082 +0.6
Feh. 24.24% 581.24 —-32.5 106 -0.7
Apr. 28.93 644.93 —-30.0 148 +0.4
May 26.91* 672.91 —29.8 167 +0.2
June 19.92* 696.92 —284 183 +1.2
July  3.92* 710.92 —28.7 192 +0.7
1990 Jan. 31.09 47922.09 —28.7 5.331 +0.1
Feb. 12.319 934.31 —289 339 0.0
Mar. 26.97* 976.97 —28.8 368 +0.3
Apr, 30.88%  48011.88 —29.1 391 +0.3
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Table 6¢c. (Continued)
Date MJID Velocity Phase (0—C0C)
km ! km s—!
1990 May 26.94*  48037.04  —29.7 5.408 -0.1
Dec. 27.20* 25220 —31.0 549 +1.3
1991 Jan. 29.11  48285.11  —32.6 5.571 +0.1
Apr. 4.00% 350.00  —35.2 614 —14
May 2.94* 37894  —34.1 633 +0.1
June 12.91* 11991  -344 660 +0.5
Dec. 19.18 609.18  —37.7 785 +0.1
1992 Jan. 16.11  48637.11  —38.1 5.804 0.0
Apr. 23.91 73591  —388 869 —0.1
June 25.88 TI8.88 =387 910 —-0.2
Aug. 13.82 847.82  —37.7 943 +0.3
Dec. 20.26 976.26  —34.8 6.028 +0.3
1993 Fch. 15.10  49033.10  —33.3 6.065 +0.1
Mar. 23.12 069.12  —31.9 089 +0.6
July 7.92 175.92 —30.3 160 —0.2
Dec. 29.20 35020 —28.3 275 +0.4
1994 Jan. &.16  49360.16  —28.5 6.281 +0.2
Feb. 18.12 401.12 289 308 0.2
May 3.01 475.01  —28.9 357 +0.1
Aug. 2.85 566.85  —30.0 418 0.3
Dec. 14.21 70021 —32.1 506 -0.8
1995 Jan. 3.18 4972018  —32.1 6.519 —0.5
June 2.96 870.96  —33.9 619 0.0
Dec. 27.17  50078.17  —37.4 756 —0.2
1996 Mar. 30.98  50172.98  —38.3 6.818 0.0
Nov. 21.27] 40827  —378 974 0.7
Dec. 15.26 132.26  —36.6 989 0.0
1997 Mar. 20.071  50536.07  —33.6 7.058 +0.2
Apr. 17.94/ 555.94  —33.1 071 +0.1
May 13.01/ 581.01  —32.9 088 —04
July 20.90 649.90  —31.5 133 —0.6
Dec. 25.18 807.18  —29.3 237 —0.5
1998 May 290  30933.00  —28.7 7.322 +0.1
July 27.84  51021.84  —29.1 379 +0.1
1999 Apr. 18.27%  51286.27 —324 7.554 —0.1
Dec. 20.26] 53226  —36.2 716 +0.1
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Table 6¢c. (Continued)

Date MJID Velocity Phase (0—C0C)

km g~ km s~

2000 Jan. 9.1801  51332.18  —36.3 7.729 +0.3

Feb. 11.18ll 585.18  —37.1 751 0.0
Mar. 25.00l 628.00  —37.7 779 0.0
Apr. 30.98l 664.98  —38.4 804 03
May 30.91/ 69491  —384 824 0.0
June 19.95! 714.95  —384 837 +0.1

*Ohgerved with original Cambridge spectrometer;
weighted 15 in orbital solution.

tObserved at Haute-Provence by Chériguene {1971).
TObserved with Palomar 200-inch telescope.
f0bscrved with DAQ 48-inch telescope.
TObserved with ESQ Coruvel.

[Observed with Cambridge Coravel.

All others observed with OHP Chravel.
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Table 6d. Radial-velocity observations of HD 110743.

Date MJID Velocity  Phase  (0-C)
km ¢! km ¢!

1973 May 16.93 41818.93 —9.5 0.500 +0.5
1977 Apr. 30.98 43263.98 —-4.8 2.258 -0.9
1978 May 23.29* 43651.29 —5.1 2.729 —0.7
1979 May 18.91 44011.91 —-2.1 3.168 —-1.7
1980 Jan. 2.16 44240.16 -938 3.446 —-0.2
May 6.00 3635.00 -8.3 59T +0.5
1981 Mar. 1.13 44664.13 +2.5 3.961 —-0.1
Apr. 27.99 721.99 +3.8 4.032 +1.1
May 31.95 753.95 -0.3 073 -24
1982 Jan. 10.20 44979.20 —6.9 4.345 +0.3
Mar. 4.09 45032.09 —8.6 409 +0.3
May 35.01 094.01 —-10.1 484 —-0.2
1983 Feb. 3.561  45368.56 —-0.6 4.818 +0.3
23.07 388.07 +0.2 842 +0.3

Mar. 7.09 400.09 —0.1 Bh7 —0.5
15.05 408.05 +1.6 866 +0.9

Apr. 15.94 439.94 +2.8 905 +1.1
May 9.94 463.94 +3.1 934 +0.9
June 894 493.94 +3.0 71 +0.3
Dec. 11.23 679.23 —-1.8 5.196 —-0.3
1984 Jan. 2.24 45701.24 -18 5.223 +0.7
Apr. 13.97 R03.97 -9.3 348 2.0
27.94 R17.94 —7.0 365 +0.8

May 11.91 831.91 —8.6 382 -0.3
20.13% 840.13 -17.1 392 —8.6

1985 Jan. 1.21 46066.21 —6.7 5.667 +0.1
24.16 089.16 —-5.8 695 0.0

Fch. 2501 104.50 —5h.8 713 —0.8
18.371 114.37 —5.4 725 —0.8

Mar. 15.04 139.04 -3.4 .755 0.0
May 51.93 216.93 0.0 .R50 —0.2
1986 Jan. 25.17 46455.17 +0.2 6.140 -0.3
Feb. 27.11 488.11 —2.0 180 -1.1
Mar. 7.08 496.08 -1.0 190 +0.2
26.03 515.03 —-3.4 .213 -1.3
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Table 6d. (Continued)
Date MJID Velocity  Phase  (0-C)
km s~ km s !
1986 Apr. 10.08%8  46530.08 ~1.8 6.231 +1.0
May 5.95 555.95 -39 263 +0.2
June 3.96 584.96 —4.8 208 +0.7
Aung. 25.81% 667.81 -8.6 B399 +0.1
Dec. 12.24 776.24 —9.7 .h31 +0.1
1987 Jan. 7.22  46802.22 ~&.3 6.562 +1.2
31.16 826.16 -8.3 591 +0.6
Feb. 21.10 847.10 -7.9 617 +0.4
Mar. 3.09% 857.09 -7.9 629 1+0.1
20.02 874.02 —6.9 650 +0.4
Apr. 27.93 912.93 —6.0 697 ~0.3
May 8.94 923.94 -4.9 710 +0.3
Dec. 10.26  47139.96 +3.0 972 +0.3
22.24 151.24 +2.2 087 —0.6
1988 Jan. 23491 47183.49 +2.5 7.026 —0.2
Feb. 1.44f 192.44 +2.9 037 -04
Mar. 11.08% 231.08 +2.3 084 +0.4
Apr. 12.98 263.98 +0.8 124 -0.1
May 29.95 310.95 ~0.4 181 +0.5
Nov. 3.21% 470.21 —&4 Rird —0.3
1989 Feb. 11.15  47568.15 -10.3 7.494 -0.3
24247 581.24 —10.4 510 —0.5
Mar. 25.09% 610.09 —9.4 545 +0.3
Apr. 2895 G44.95 ~9.1 587 ~0.1
May 26.94 672.94 -6.9 621 +1.3
1990 Jan. 27.13%  47918.13 +1.8 7.920 —0.2
Feb. 12.331 934.33 +2.6 939 +0.3
Mar. 27.01 977.01 +3.6 991 +0.8
Apr. 30.92  48011.92 +2.7 8.034 +0.1
1991 Jan. 29.13%  48285.13 —82 8.366 —0.4
Fch.  6.143 203.14 —&86 376 —0.5
1992 Jan. 16.125  48637.12 -1.9 8.704 -0.1
Feb. 28.411 680.41 +0.1 847 0.0
Apr. 22.028 734.02 +1.1 912 —0.7
June 25.89% 798.89 +34 991 +0.6
Dec. 20.23% 976.25 -2.3 9.207 —0.4
1993 Feb. 15.115  49033.11 —4.3 9.276 +0.3
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Table 6d. (Continued)
Date MID Velocity  Phase (0-C)
km 7! km 7!
1993 Mar. 24.99%  49070.99 —6.5 0.322 —0.1
July  8.90% 176.90 —9.6 451 +0.1
Dec. 27.19% 348.19 —7.0 659 0.0
1994 Feb. 18.13%  49401.13 45 0.724 +0.1
May  3.058% 475.05 -1.1 814 0.0
Aug. 3.858 567.85 +2.0 927 —0.1
Dec. 14.298 700.22 +1.0 10.088 —0.8
1995 Jan. 5.17%  49722.17 +1.6 10.114 +0.4
June 2.97% 870.97 —5.5 295 —0.1
1996 Mar. 30.99¢  50172.99 —5.6 10.663 +1.3
1997 Mar. 31.96]  50538.96 +1.9 11.108 +0.5
Apr. 17.98l 535.08 +1.1 129 403
May 13.02 581.02 —0.5 159 —0.4
July 19.91% 648.91 —2.9 242 +0.4
1998 July 8.87%  51002.87 -6.9 11.672 -0.3
1999 July 12.261  51371.26 +1.5 12.120 +0.5
Dec. 2921 541.21 —6.6 327 0.0
2000 Mar. 4.10/1  51607.10 -85 12.407 +0.4
Apr. 7.01l 641.01 —9.6 A48 0.0
May 29.94/ 693.94  —10.2 513 0.3
June 19.96 714.96 —9.7 538 +0.1

*Obscrved with Palomar 200-inch telescope.
tObscrved with DAQ 48-inch telescope.
iObserved at KPNO by Yoss, Neese & Hartkopf (1987);
not nsed in orbital solution.
§Observed with Haute-Provence Coravel.
TObscrved with ESO Coravel.

IObserved with Cambridge Coravel.

All others observed with original Cambridge

spectrometer; weighted /4 in orbital solution.
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Figurel. The observed radial velocities of the four stars plotted as functions of phase, with the
velocity curves corresponding to the adopted orbital elements drawn through them. Filled circles
represent measurements made with the Haute-Provence an@&8@els, filled squares being
used for the Cambridge one. Open circles refer to velocities obtained with the original Cambridge
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original instrument, which is why only two observations were made with it. They have
been zero-weighted.
HD 109281. The scanning range of the Palomar spectrometer was fixed during any
one series of measurements and could not be centred at will, star by star. HD 109281
has a high velocity which placed its ‘dip’ partly off the end of the two Palomar traces,
impairing the accuracy of the resulting velocities, which have been given the same
weight as the old Cambridge ones.

With those preliminaries settled, the orbits readily follow; they are plotted in Fig. 1
and their elements are set out in Table 7.

4. Discussion
4.1 HD 106104

At 30 days, the period of this star is by far the shortest of the fGoraveltraces
show that HD 106104 is the only one of the four stars to have a significant rotational
velocity — it is about 6 km st . Since the spectral type is slightly earlier than that
of the Sun and the orbital period is slightly longer than the Sun’s period of rotation,
synchronous rotation would necessitate an equatorial velocity almost identical with
the solar oneyiz. 2 km s . The pseudo-synchronous velocity, that takes account
of the eccentricity of the orbit, would be larger by about one-third (Hut 1981). Even
so, and quite apart from the question of the unknown axial inclination, which would
act to make the observed rotational velocity less than the true one, it is fairly cer-
tain that HD 106104 is spinning faster than synchronously with its orbital revolu-
tion.

The inclusion (purely out of curiosity) of the visual companion in the survey pro-
gramme (Yoss & Griffin 1997), for which it did not meet the criteria for selection,
provides an object lesson in serendipity. We have already seen, from Table 1, that the
apparent magnitude of the companion is abduBfainter than that of HD 106104
itself; the companion is also slightly redder, and its DDO ‘pseudo-spectral’ type is
G3 V against the principal star’s F9 V, so the two objects would very well pass for a
physical pair. In fact the deduced distances of 164 and 182 pc are equal to well within
their joint uncertainty, and are uncannily close to the distance implied b¥ifre
parcosparallax (Table 4). The radial velocity of the companion has been measured
thirteen times, with the results given in Table 8.

There is no strong evidence for variability, and the mean velocity®® + 0.3
km st differs by only —0.2 + 0.3 km s™* from that of HD 106104 and makes it
extremely likely that the two stars realyre physically associated with one another.
The matter is clinched by the accurate proper motion derived for the companion,
from Tycho(Hipparcos1997) and preceding astrometric catalogues, inTyeho 2
catalogue described by Hag al. (2000): in Table 9 it is compared with the proper
motions derived both bidipparcosand byTycho 2for the principal star, and is seen
to be sensibly identical.

At the distance of the pair, taken to be about 170 pc, the observed angular separation
of 76 seconds of arc represents a projected rfiieimum) distance of about 13,000
AU or 1—16 of a parsec. The system could be only loosely bound at such a separation,
but bound it must be: if for the sake of illustration we suppose the relative orbit to
be more or less circular and its diameter to be not much greater than the observed
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Table8. Coravel radia-velocity observations of HD 106104 B.

Date Velocity Date Velocity
kms™! kms™!
1990 Feb. 14.36* 6.4 1994 Apr. 29.95 +9.3
1991 Jan. 28.11 +7.2 1995 Jan. 4.16 +7.0
Feb. 5.09 +6.0 June 2.95 +8.1
1992 Jan. 15.09 +6.7 1997 May 10.89 +7.4
Apr. 26.95 +6.1 1998 May 2.89 +6.5
Dec. 20.19 +6.4 2000 Apr. 6.96 +6.7

1993 Dec. 29.16 +5.2

Observedat: *ESO ' Cambridge  All others; OHP

Table9. Proper motions of HD 106104 and its companion.

Arc-milliseconds/year

Q@ §
HD 106104 Hipparcos —35.0+ 20 +514+ 0.9
Tycho 2 —356+ 1.3 +49+ 1.3
HD 106104 B Tycho 2 —339+ 18 +75+ 18

projected distance, the period is of the order of a million years and the relative orbital
velocity about 0.3 kms'. If unbound, therefore, within at most a few million years —
atime short compared with a revolution of the Galaxy — the system would disintegrate
and not attract observers’ attention (as it did ours) by the mutual proximity of its
components. It would also seem to require a disturbance a great deal more localized
than the general tidal field of the Galaxy to disrupt the system by giving the components
differential accelerations sufficientto unbind them within a fraction of an orbital period.

4.2 HD 109281

The property that immediately catches attention concerning HD 109281 is its high
y-velocity of +74.7 km s — fewer than a dozen of the 903 stars measured in the
Galactic-Pole field proved to have velocities (taken without regard to sign) higher than
that. Yet, according to the results derived from DDO photmetry, the high velocity is not
accompanied by any diminution of metallic abundances in comparison with the Sun.
The three radial velocities determined from Kottamia spectrograms by a Greenwich
Observatory consortium under Woolley are excellent in their class and are consonant
with the orbit derived from the photoelectric velocities, which have, however,a%nly

of the variance. The troublesome exactitude with which the orbital period equals an
integral number of years was remarked upon in 82 above.
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4.3 HD 109463

The V magnitude of 7.81 tabulated for HD 109463 by Hartkopf & Yoss (1982) in a
paper that presents a great deal of photoelectric photometry would appear to constitute
prima facieevidence for variability of that star; against that, the r.m.s. internal scatter
in theHipparcosmagnitudes from the 87 individual transits is (8t011) the smallest

for any of the four stars. Dr. Yoss has kindly informed me, however, that his magnitude
was transcribed from the bibliographic catalogue of radial velocities by Abt & Biggs
(1972) — a fact that cannot be divined from the published paper; it is my belief that
Abt & Biggs copied that entry straight from ttéenry Draper Catalogu¢Cannon &
Pickering 1920), which obtained it from visual photometry performed by Pickering
(1890) in the spring of 1887. The unusual distance tabulated for HD 109463 (and the
distances of all the other stars treated in the paper by Hartkopf & Yoss) arises from an
error in the column headings and should be divided by a factor of a thousand.

The two radial velocities published by Efiguene (1971) do not agree with one
another as well as might be expected of cowelocities obtained at practically the
same orbital phase; one of them falls well off the top of the plot in Fig. 1. The mean
given by Heard (1956) for four (un-dated) velocities would also be above the top of
the graph if the usual adjustment-60.8 km s’ were made in an effort to place them
on the Cambridge scale. In a case in which eight radial velocities obtained with the
same equipment (David Dunlap Cassegrain spectrograph, 66n~! at Hy) were
known individually, however, it was found (Griffin 1980) that an offset-&f km st
was needed to put them into systematic agreement with Cambridge measurements,
and Heard himself was quoted there as having found in a substantial unpublished
investigation of his own that his 68- mm~! data needed such a correction. Such a
change would place the mean of the four David Dunlap velocities3dt1 km s,
which would be entirely reasonable. It may be inferred from the ‘probable error’ quoted
for their mean that the individual values have an r.m.s. spread of 4.4 karsund
that value, but in the absence of information on the times of the observations it is not
possible to tell how much the actual changes of HD 109463's velocity contributed to
that spread.

4.4 HD 110743

HD 110743 is by far the nearest of the four stars treated in this paper; its proximity
implies that the angular scale of its orbit as seen on the sky is much larger than in the
cases of the other three objects. With the further circumstance, favourable from the
point of view of theHipparcosmission, that the orbital period is only a little shorter
than the total duration of that mission, so the orbit is about as big as the satellite could
have seen completely round a cydtigpparcossucceeded in discovering the duplicity
of the star from the photocentric motion, from which was derived an orbital solution
(Hipparcos1997,10, p. DO2) entirely independent of the one given in the present
paper. The astrometric orbit is in reasonable agreement with the radial-velocity one,
as may be seen from the comparison given in Table 10; it is not nearly so precise, but
it does provide values, which of course are not determinable spectroscopically, for the
angular semi-axis major and the inclination.

The angular semi-axis of 0221+ 0".0016 is practically identical with the parallax
that was determined lyipparcosat the same time,'002294+0".0016, so the implied
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Table10. Comparison of orbital elements of HD 110743.

Spectroscopic Astrometric
(This paper) (Hipparcos)
P (days) 822.1+ 0.7 799+ 15
T (MJD) 47984.1+ 1.7 48039+ 51
e 0 0.25+ 0.13
w (degrees) 0) 49 £+ 30
a (arcseconds) — 0.0221+ 0.0016
i (degrees) — 49 + 12
aysint  (Gm) 72.0+ 0.9 —

linear measurement of the semi-axis is just about 1 AU. That dimension refers to the
orbit of the photocentre, and could of course be smaller to any degree than that of the
orbit of the visible star around the centre of gravity, depending on the contribution
of the secondary star to the total luminosity. Comparison with the valug sifii
determined spectroscopically is therefore fraught with uncertainty: the spectroscopic
value is less than the true separation by the factot, $he 1-olimits of whose value
according toHipparcos(cf. Table 10) is 0.60-0.87, leading to the expectation that
ai sini is within those limits in terms of astronomical units, or could be larger if the
apparent size of the astrometric orbit is diminished because of significant light from
the secondary star. In fact it is onlyd®1 + 0.006 AU; the discrepancy seems to
suggest that (ithere is little scope for the secondary star to contribute any substantial
luminosity to the system, andHipparcosmust have significantly over-estimatéed
and/ora, or under-estimated. Among those parameters the proportional uncertainty
of the inclinatiori is several times worse than that of the others, so it would be natural
to lay the principal error at its door.

A noteworthy feature of the orbit of HD 110743 is its circularity, despite a period
50 to 100 times longer than the maximum at which tidal effects are supposed to
circularize the orbits of lower-main-sequence stars (¥athieuet al. 1992). When
the eccentricity is permitted as a free parameter in the orbital solution it takes the
value 0.012, less than its own standard error, and in comparison with the result of
the solution with the eccentricity fixed at zero the sum of the squares of the weighted
residuals diminishes by barely 1% — far less than would constitute significance under
Bassett's (1978) statistical tests. As a matter of general principle, thereforee $ince
indistinguishable from zero and as a corollarys indeterminate, the exactly circular
orbital solution is adopted. Astrophysically, however, the principle is hard to justify in
this particular case: no mechanism of circularization can be proposed, so we are left
to suppose that the HD 110743 system actuialiynedin a practically circular orbit.

Even if the companion star has passed through its evolution as a giant — and to the
best of the writer's knowledge no ultraviolet surveys have noticed evidence of a white
dwarf in the system — it would have been unlikely to reduce the orbital eccentricity so
very nearly (or quite) to zero: giant binaries are usually circularized up to periods only
of the order of 200 days (Griffin 1990; Mermilliod & Mayor 1992), and even barium
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stars, which are all supposed to include a highly evolved component, normally show
non-zero eccentricities (McClure & Woodsworth 1990).
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Abstract. A technique to detect man-made interference in the visibility
data of the Mauritius Radio Telescope (MRT) has been developed. This
technique is based on the understanding that the interference is generally
‘spiky’ in nature and has Fourier components beyond the maximum fre-
guency which can arise from the radio sky and can therefore be identified.
We take the sum of magnitudes of visibilities on all the baselines mea-
sured at a given time to improve detectability. This is then high-pass filtered
to get a time series from which the contribution of the sky is removed.
Interference is detected in the high-pass data using an iterative scheme. In
each iteration, interference with amplitudes beyond a certain threshold is
detected. These points are then removed from the original time series and
the resulting data are high-pass filtered and the process repeated. We have
also studied the statistics of the strength, numbers, time of occurrence and
duration of the interference at the MRT. The statistics indicate that most
often the interference excision can be carried out while post-integrating the
visibilities by giving a zero weight to the interference points.

Keywords. Metre-wave radio telescope—Fourier synthesis—interfer-
ence excision.

1. Introduction

Mauritius Radio Telescope (MRT) is a new metre-wave radio telescope operating at
150 MHz. The primary objective of the telescope is to produce a sky survey in the
declination range-70° to —10° with a point source sensitivity of about 200 mJy
(30). This will be the southern sky equivalent of the Cambridge 6C survey. A detailed
description of the telescope is to be found in Gadapl. (1998). Mauritius was cho-

sen as the site for the new telescope due to its strategic geographic location (latitude =
—20.14), where the Galactic Centre is almost overhead. The island was also consid-
ered a paradise for low frequency astronomy due to its interference-free environment.
Unfortunately it no more remains an interference-free site due to the industrial growth
in the country. This has confirmed the general belief that a totally interference-free
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site may be a thing of the past, especially at low frequencies. In Mauritius the band
around 150 MHz is not a primary allocation for radio astronomy. The Government
of Mauritius has allocated only a 1 MHz band from 150 MHz to 151 MHz and not
the band from 150.05 to 153 MHz, generally allocated to radio astronomy (Handbook
on Radio Astronomy 1995). Emission from a new communication facility operating
at 149 MHz, spills into the protected band making it unusable for radio astronomy.
There is also interference from unidentified satellite(s) in this band. We have therefore
moved the frequency of operation from the initially planned 150 MHz to 151.5 MHz.
A narrow band around 151.5 MHz is relatively free of interference. Since this is not a
protected band in Mauritius, an application for protection of this frequency has been
forwarded to the Government of Mauritius.

In the mean time we have carried out observations with the MRT for more than
20,000 hours and data analyses are in progress. The section 2 of this paper briefly
describes the Mauritius Radio Telescope and the observations carried out for the sur-
vey. The next section describes problems related to local interference and basic princi-
ples used for detection of external interference. Section 4 gives the description of the
algorithm developed with a few illustrations of interference detection. In section 5 we
give the statistics of the interference observed. Section 6 describes the principles used
for interference mitigation in the final images.

2. TheMauritius Radio Telescope

The Mauritius Radio Telescope (MRT) is a Fourier synthesis T-shaped array with an
East-West (EW) arm of length 2048m having 1024 helical antennas. The South (S) arm
consists of a rail line of length 880m and 16 movable trolleys each with four helical
antennas. The 1024 helices in the EW arm are divided into 32 groups of 32 helices
each. All the EW groups are not at the same height, a situation imposed by the uneven
terrain. Each trolley in the S arm constitutes one S group.

The 48 group outputs are amplified, heterodyned to 30 MHz in the field and brought
separately to the observatory building via coaxial cables. In the observatory, the 48
group outputs are further amplified and down converted to a second IF of 10.1 MHz.
The 32 EW and 16 S group outputs are fed into ax326 complex, 2-bit 3-level
digital correlator sampling at 12 MHz. The 512 complex visibilities are integrated and
recorded at intervals of 1 second. At the end of 24 hours of observation the trolleys
are moved to a different position and new visibilities are recorded. The S baselines are
sampled with a spacing of 1m, which is half a wavelength at 150 MHz. A minimum
of 60 days of observing are needed to obtain the visibilities up to the 880m spacing.
The Fourier Transform of the phase corrected visibilities obtained after the complete
observing schedule, produces a map of the area of the sky under observation with a
synthesized beam of 4 4.6’ sec(5+ 20.14°). The expected root mean square (RMS)
noise in the image made using an IF bandwidth of 1 MHz and an integration time of
8 seconds is2200 mJy(39.

The full width at half maximum (FWHM) of the primary beam of axSEW inter-
ferometer at MRT is 2x 60°. Due to this broad primary beam and its low operating
frequency, the MRT is very susceptible to terrestrial interference. Interference causes
spurious features in an image. If these effects are greater in strength than the noise
fluctuations, they lead to misinterpretation. Hence, it is important to remove this inter-
ference. Interferences discussed in this paper can be classified as local and external
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depending upon the locations of their sources. Here interference from sources which
are located in-house are classified as local, while external refers to interference from
sources remote to the telescope.

3. Local interference

Local interference is due to oscillators used in the observatory, whose harmonics fall
in the observing band or the IF band.

We found the oscillators in switch mode power supplies of Personal Computers
to be the main source of Radio Frequency Interference (RFI) emanating from the
observatory building. These and the other parts of the receiver system were shielded by
putting them in grounded Faraday cages. The analog and digital parts were grounded
separately. Since the telescope site is rocky, the natural grounding is not good. Three
pits, each 3m deep, with copper grounding plates buried in a mixture of coal and salt
were used to improve the grounding. Two of these were used to separately ground the
digital and analog parts of the receiver system. The third pit was used as ground for the
air-conditioners and the computer systems outside the receiver room. The observatory
building was not built with shielding. We reduced the effect of interference from the
observatory by covering it with grounded stainless steel mesh.

To reduce the effect of common-mode interference picked up by the first IF cables
and by the second IF signal lines, phase switching of the LO was implemented. We
were also faced with the noise generated by the LO generator at 30 MHz, the first IF
frequency. This leaked to the IF port at the first mixer and produced high correlations
in some of the baselines. To reduce this, we used a band elimination filter centered
around 30 MHz in the path of the Local Oscillator (LO).

The first IF at 30 MHz, is heterodyned with an LO of 40 MHz. In this conversion,
stray signals centered around 50 MHz, picked up by long cables carrying the first IF
to the observatory building, gets into the observing band. This resulted in increased
noise in the observing band. To reduce their effects, we introduced band-pass filters
centered around 30 MHz just before the heterodyning.

After sorting out most of the problems related to “in-house” interference, we still
had interference in our data from external sources. The next section discusses the
interference from external sources.

3.1 Interference detection

Some of the well known sources of external interference are communication systems,
ignition systems of vehicles moving close to the telescope, high voltage power lines,
satellites and the active Sun. Many of these produce short-interval, ‘spiky’ interference
which have frequency components at a much higher frequency than that of the response
of the antenna to celestial sources. Interference from man-made sources is highly
polarized. Interference from communication systems is also generally narrow-band.
However, interference with a broader spectrum is produced by arcing sources.

The front end of the receiver system has been built with sufficient bandwidth so that
the observing frequency can be shifted (within 145-155 MHz) to an interference-free
zone by tuning the LO. Presently the telescope is operated at 151.5 MHz which allows
maximum interference-free observations.
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At the MRT, since we do not measure the polarization of the signal, we cannot use
this property of interference in differentiating the interference from the sky signal.
Furthermore since we use XF correlators, we cannot reject parts of the observing band
in which the interference occurs and use the rest of the band.

The ‘spiky’ nature of the interference is used for its detection at MRT. Interference
which is ‘spiky’ in nature generally has Fourier components beyond the maximum due
to the sky signal. In interferometer arrays, the visibility data are generally sampled in
time at rates much faster than the rates required for a given baseline. This can be made
use of in identifying interference which is ‘spiky’ in nature. For example, at the MRT
the baseline with the longest east-west componens{2\) has a maximum fringe
rate of about 0.04 Hz. We have sampled the data every one second which allows us
to identify frequencies up to 0.5 Hz. Therefore interference can be identified by its
contribution to frequencies in the range 0.04 Hz to 0.5 Hz.

The maximum frequency to which the sky contributes at the output of a complex
correlator is given by, x, wherew, = dH /dt = m = 7.27x 107° radians
per sidereal second ands the east-west component of the baseline in wavelengths.
Sincex depends on the baseline used, the ability to distinguish interference from the
sky signal decreases with increasing east-west component of the baseline. To overcome
this baseline dependence, instead of detecting interference @odime and thesine
channels separately, interference is detected in the magnitude of the visibility i.e., in

v co2 + sir?. The magnitude of visibility has a rate of change which is independent of
the baseline used. This rate depends on the primary beam of the interferometer which
is the product of the voltage patterns of a group of antennas (EW and S groups) forming
the interferometer. At MRT the primary beam of the interferometer used for imaging
is 2 x 60°. Thus the expected maximum frequency at the MRT in the magnitude of
the visibility is ~0.003 Hz.

The best method to ensure detection of interference iauttmef magnitudes would
be to look for interference in the resultant obtained by summing all possible combina-
tions of baselines. For example, if the interference had affected only two interferom-
eters, then this interference would best be detected if the detection was carried out on
the summation of magnitudes of these two baselines only, instead of adding the con-
tribution of all the baselines. This, however, is not practical in terms of analysis time.
We find that generally, interference affects all baselines simultaneously. Therefore, to
improve the detectability of interference we add the magnitudes of all the visibilities
used. We refer to this combined data asdim of magnitudes.

The last group of the East array (E16) is fed to the correlator in the place of the
16th trolley of the S array. This gives a set of baselines formed between E16 and the
E-W array on all observing days. This set of baselines is useful for calibration but
reduces the number of usable trolleys to only 15. Thus only 480 @%>baselines
are used for imaging. If the magnitudes of all the visibilities of these 480 baselines
are added, we will be able to detect interference at the level 9f 480 with a 5o

detection, where,, is the RMS noise on the/cog + sir? of any baseline and is the
RMS noise on theum of magnitudes. For statistical considerations, a detection level
greater than five times the RMS of the noise is used. Assuming interference affects all

baselines with equal strength, we are able to detect interference do%go Ge., 7

per baseline. On the other hand if oml\baselines are affected, then an interference
of strength less tha "’HJTSO per baseline would go undetected.
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At MRT images are made by adding 60 days of data. Further four images are post-
integrated to get a final image. Assuming that there is interference on only one of the
sixty days at a given sidereal time, the undetected interference will be of the order of
the noise in this final image. This, in terms of flux density, is of the order of 100 mJy.

In principle, the process of combining visibilities of different baselines may also
be extended to the data of different days to further detect interference which occurs at
the same right ascension on some other day. Since this is very unlikely we decided to
allow undetected interference of the orderggfin the final images.

By detecting interference in theam of magnitudes (incoherent detection), the sen-
sitivity to detection isv'2 times worse than detection carried out on phased visibilities
(coherent detection). In usiraym of magnitudes, there is the advantage of the sim-
plicity of looking at one time series.

4. Implementation scheme

In the implementation of the detection of interference, st of magnitudes is
low-pass filtered. This is done by applying a rectangular window function on the
Fourier transform of theum of magnitudes data. This retains only those frequen-
cies corresponding to the sky contribution. The low pass filter allows a maximum
frequency ofw.x, wherex is the maximum east-west spatial frequency. For an
EW x NS interferometery = 36A. The output of this filter, which contains fre-
guencies up taw.x, is Inverse Fourier Transformed (IFT). This is then subtracted
from the visibility data resulting in the ‘difference’ data from which the sky con-
tribution has been removed. This ‘difference’ data is basically a high pass data
with frequencies greater than.x, i.e., greater than the sky response. This there-
fore may be considered to consist only of contributions from the receiver noise
and from the interference. The interference is detected in this ‘difference’ data.
The detected points are stored in a file and are used to reject these points in sub-
sequent processing. The flow diagram shown in Fig. 1 summarizes the technique
used.

We now look at different ways of detecting the interference to minimize the time
required without losing the reliability of the detections.

We started with a brute-force method in which the maximum deviation is located
in the ‘difference’ data. If this deviation is greater thian, it is noted as interference.
Hereo is the expected RMS deviation due to the receiver noise in the ‘difference’ data
andk determines the threshold level of detection. This noted point is then removed
from the time series and the remaining data are passed through the high pass filter
again. This process is repeated till no points beyiandre detected in the ‘difference’
data.

This method although simple and effective is prohibitively slow as it requires a
filtering operation (involving an FFT and an IFT) for every interference point.

To reduce the time required we used an algorithm in which the interference
is treated as a set of delta functions. In the ‘difference’ data a delta function
appears convolved with the high pass function. In this algorithm, the maximum
greater tharko is detected as earlier. However, instead of removing the marked
out point in the time series and doing the whole process all over again, the high-
pass response of a delta function of strength equal to the detected interference is
subtracted from the ‘difference’ data. A delta function whose height equals the
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Figure2. Extrapolation: The data at the beginning and at the end of a file are extrapolated with
(a) a ramp functior(b) cosine roll-off function.

maximum that has been subtracted is placed in a separate file. The next highest
point in the residual difference data is then located and the procedure is repeated
until a pre-determined level is reached in the residual difference. This is essen-
tially performing a ‘deconvolution’ using the CLEAN algorithm (Hogbom 1974)

on the ‘difference’ data. All detected points are then removed from the visibility
data.

Some erroneous detections occur if there are strong, closely spaced interference
which results in a very distorted ‘difference’ data. To overcome such a problem the
following alternative algorithms were tried out:

(a) Whenever an interference point is found, a scaled high pass response due to
the interference (which is the response of the high pass filter to a delta function) is
removed. This is similar to introduction of a ‘loop gain’ in standard CLEAN algo-
rithms.

(b) The interference is detected in the ‘difference’ data above a certain threshold
level which is set depending on the maximum interference level. In each iteration
interference points of strength greater than 80% of the peak interference detected are
removed. We found that this method gives better results than the method (a) and is
therefore used in the final implementation of interference detection.

A few practical aspects in interference detection are listed below.

1. Most correlators give a finite, non-zero correlation even for uncorrelated inputs.
Because of these offsets, the magnitudes of the visibilities have higher frequency
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Figure3. The different stages in interference detection. The left panels show the extrapolated
sum of magnitudes and the right panels show the corresponding 'difference’ data. The results of
the 1st5th and the 15th, which is the last iteration, are shown.

components than the cut-off criterion udeth the sum of the magnitudes, the
contribution of these frequency components due to any given baseline is only
4—§0. Hence these are not detected as interference. But one would need to take
this into account when applying the technique on a lesser number of baselines
where the contribution of the fringing component produced by the offsets could be
significant.

2. Using a DFT causes ripples whenever there is an offset between the beginning
and the end of the patch being Fourier transforrhedepending on the strength
of the ripple, this may be detected as interference. To overcome this, the data at
the beginning and at the end of the file are extrapolated with a smooth function
before performing DFT. We find that using a cosine roll-off or a ramp function
for extrapolation is generally sufficient. An example of the ramp extrapolation
and cosine roll-off extrapolation is shown in Fig. 2. The cosine roll-off is better
because it does not have a discontinuity at the edges. A larger extrapolation results
in a smoother transform. The standard practice would be to use windowing which

L/(A + cos(wt)? + (B + sin(w1))?2 = /A2 + B2 4+ 1+ 2A cos(wt)+ 2B sin(wt) =
\/AZ + B2+ 14 K cos(wt— ¢) . A andB are the offsets in the cos and the sin channels
respectivelyp = tan~! £ andK = 2v/A2 + B2.

2In a DFT algorithm the patch being transformed is treated as being periodic.
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Figure 4. Interferencedetectionon the sum of magnitudes: Detectedinterferencepointsare
marked out. Overlaid on the datais the fit to the dataafter removal and interpolationof the
interferencepointsfrom the sum of magnitudes.

would requiredatabeforeandafter the patchover which we aretrying to detect
interferenceUsingthe ‘smoothing’ extrapolationwe areableto processary size
of data.

3. Responsedue to a strong source partially appearingat the beginning or
at the end of a patch being processedwill have a rate of change much
higher than that expectedfrom the sky and thereforewould get removed as
interference.This is prevented by increasingthe length of the extrapolat-
ing function at the edge wheneer a sourceof significant strength(> 300
in the sum of magnitudes) is encounterecat the edge of a patch being pro-
cessed.

4. An uppercutoff anda lower-cutoff level areintroducedbasedon a priori infor-
mation of the highestand the lowest levels of the signalsfrom the sky being
processedAny datapoint which is largerthan,or lessthan,the limiting valueis
expungedfrom the databeforeary filtering is carriedout. This reduceghetime
to processnterferenceletectionasthe numberof iterationsaregreatlyreduced.
Thecut-off levelsfor ary sidereatime take into accounthe changesn the Suns
right ascension.

5. We examinedthe differencebetweensum of magnitudes of two days(sametrol-
ley allocation)after removal of interferenceandinterpolationto look for slowly
varyinginterferencenot detectedy our procedure.

6. As a final measurethe sum of magnitude plots after interferenceremoval and
interpolationarevisually inspectedandary suspicioudooking dataaremanually
identified.
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Figure5. Sum of magnitudes after removal of interference and interpolation.

At the MRT, programs have been developed to implement the above algorithm
(Sachdev 1999). The process of interference detection has been automated (except
steps 5 and 6) and is carried out at the end of each sidereal hour. An example of the
different stages in interference detection is shown in Fig. 3 with the column on the left
showing thesum of magnitudesand the column on the right showing the corresponding
'difference’ data. Fig. 4 shows all the interference points which have been detected.
The sum of magnitude after removal of the interference points and interpolation is
shown in Fig. 5.

5. Statistics of detected interference

We have data from observations over a year and have carried out interference detection
on this data. We now look at the statistics of the detected interference.

e A typical histogram of the number of interference points against their strengths
is shown in Fig. 6. From the histogram we note that most of the interference
points have strengths less than &0@~ 85%). We findN « K %8, whereN is
the number of interference points with a strength K

e Figure 7 is a histogram of interference points against strength of interference
up to 50@&. The number of interference points do not fall monotonically and
occasionally there is a large number of interference points at arouncai@o
100y

e Figure 8 shows the number of interference points against the number of consecu-
tive seconds an interference lasts. We see that the largest number of interference
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occur for shorter durations (80% with duration less than 6 seconds). There are
generally less than 20 instances in the full 24 hours when the interference lasted
6 consecutive seconds. These statistics indicate that very often the interference
excision can be carried out while post integrating the visibilities by giving a zero
weighting to the interference points.

o Atypical plot of number of interference points against local time (MST) in a given
day is shown in Fig. 9. The interference is mostly during the day and is between
MST 8:00hrs and 15:00hrs. These are the industrial working hours in Mauritius.
This therefore indicates that interference is linked to the local industry.

e Figure 10 shows the number of interference points on different days during the
observing period. We don't see any particular trend in the number of interferences
over the year. A better indicator of any trend would require an analysis of statistics
of a larger number of days.

interference points on different days during the observing schedule
8000 T T T T T T T

7000 © 1
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Figure10. Number of interference points on different days during the observing schedule.The
last three digits of the Julian Day are shown. The 0 onatfais corresponds to Julian day
2450150.

e We have found that the interference is reduced on Sundays and on other public
holidays. As seen from Fig. 10, on Sunday the number of interference points could
be as low as 1% of the data collected while it could be around 10% on other days.

e We note that we do not have any frequency information of the interfering sig-
nals. However we have found that the interfering signals are correlated in visibil-
ities measured with different delay settings. The extent of the delay to which the
interference is correlated gives an estimate of its bandwidth. Our measurements
indicate that the interference is narrow-bandl@-kHz).
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6. Interference excision

The raw data are not modified by the interference detection programs. The right ascen-
sion of the detected points are stored in a file and this information on interference is
used in the subsequent calibration and imaging programs. As mentioned in the section
on the observations, the visibilities are recorded with one second integration. While
estimating the complex antenna gains, the file containing interference information is
used to give zero weighting to the visibilities affected by interference. The measured
visibilities are calibrated using the complex antenna gains estimated in the calibration
process. The calibrated visibilities are box-car averaged for 4 seconds. Interference
excision is incorporated at this stage by giving zero weighting to the points affected by
interference. The averaged visibilities are phased appropriately to get an image on the
meridian. The images of different days so obtained are precessed to a common epoch
and then added. To obtain an optimum signal-to-noise ratio the images are convolved
in the right ascension with a sinc function having a FWHM of 16 seconds in time. This
is the FWHM in RA of the expected PSF of MRT in EW S mode at zero degree
declination. The simplicity of the method is due to the effective way the statistics of
interference are used in its excision.

7. Conclusion

With the increasing demand for the commercial usage of the electromagnetic spectrum,
it is becoming difficult to carry out radio astronomical observations, especially at low
frequencies. In this environment it is most profitable to study the nature of interference
at different observatory sites and develop techniques to obtain maximum interference-
free observations or mitigate interference in the data recorded.

We have successfully developed a technique to detect man-made interference in the
visibility data of MRT. This is a filtering technique based on the assumption that the
interference is generally ‘spiky’ in nature and has Fourier components beyond the max-
imum frequency which can arise from radio sky and can therefore be identified. We
take the sum of magnitudes of visibilities on all the baselines measured at a given time
to improve detectability. The raw data are not modified by the interference detection
programs. The right ascension of the detected points are stored in a file and this infor-
mation on interference is used in the subsequent calibration and imaging programs.
We have carried out statistical analysis of the interference detected. They indicate that
most of the interference have strengths less tham 18085%). The interference is
largely during the day (MST 8-15 hours) and is linked to the local industry. A large
fraction~80% of the interference occurs for durations less than 6 seconds. There are
generally less than 20 instances in the full 24 hours when the interference lasted 6
consecutive seconds. This indicates that very often the interference excision can be
carried out while post integrating the visibilities by giving a zero weighting to the
interference points. The level of undetected interference is of the order of the noise in
the final image. This, in terms of flux density4sl00 mJy.
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Abstract.

The Mauritius Radio Telescope (MRT) is a Fourier Synthesis T-
shaped array operating at 151.5 MHz. The primary objective of the
telescope is to produce a sky survey in the declination range —7( to
—10°. A 512 channel digital complex correlation receiver is used to
measure the visibility function. The visibilities have to be measured
with four different delay settings to image the entire declination range,
keeping the effects of bandwidth decorrelation to less than 20% on the
longest baseline. To have a reasonable surveying sensitivity this has
to be done in one observation schedule. However the existing corre-
lator system which can measure visibilities with only one presettable
delay setting for each integration time, cannot meet this requirement.
A recirculator system which enables visibility measurements with four
different delay settings in one integration time using the existing cor-
relator has been designed and installed to make the MRT an efficient
surveying instrument. This paper describes the recirculator system,
and the scheme that we use at MRT to calibrate the visibilities mea-
sured with different delay settings. The observations carried out for
the full sky survey and a section of the wide field image made using
the new system are described in this paper.

Key words:
Radio Telescope - Fourier Synthesis - Bandwidth decorrelation -
Bandpass sampling - Single Side band system

1. Introduction

Very few surveys of the southern sky exist at frequencies below 1 GHz, and none
which are as deep as the 6C survey of the northern sky (Baldwin et al 1985).
The Mauritius Radio Telescope (MRT) was built to fill this gap. It is a Founer

* Although this paper was accepted only on 16 October, we have included it because this issue
was delayed due to other reasons.
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synthesis instrument operating at 151.5 MHz and is situated in the north-east of
Mauritius at a southern latitude of 2(F.14. The aim of the survey using the MRT
is to contribute to the database of southern sky sources in the declination range
~T70% < § < —10° covering the entire 24 hours of right ascension, with a resolution
of 4" x 4.6 sec(d + 20°.14) and a point source sensitivity of ~200 mJy(3o).

The MRT is a T-shaped non-coplanar array consisting of a 2048 m long EW
arm and a 880 m long south arm. In the EW arm 1024 fixed helices are arranged
in 32 groups and in the south arm 16 trolleys with four helices on each, which
move on a rail are used. The primary beams of the helices have a full width at
half maximum (FWHM) of 60°, and they are mounted with a tilt of 2(F toward
the south, i.e., the peak of the primary beam is at 6 = —4(F, This allows a better
coverage of the southern sky including the Galactic plane. The outputs of the EW
and the south groups are heterodyned to an intermediate frequency (IF) of 30 MHz
in the field, and are brought to the observatory building through coaxial cables. In
the observatory, these outputs are further amplified and down-converted to a second
IF of 10.1 MHz. These are then quantized to 2-bit 3-levels and sampled at 12 MHz.
These are further processed in a 512-channel digital complex correlation receiver
to measure the visibility function. The 512 complex visibilities are integrated and
recorded at intervals of | second. At the end of 24 hours of observation the trolleys
are moved to a different position 50 as to sample the NS baselines with a spacing
of 1m and new visibilities are recorded. A minimum of 60 days of observing are
needed to obtain the visibilities up to the 880 m spacing. A detailed description of
the telescope is to be found in Golap er al (1998).

A large part of the back-end including the correlator system was acquired from
the Clark Lake Radio Observatory (CLRO) (Erickson et al 1982). We adapted and
modified the CLRO system for use at the MRT. The modified system was then
installed and tested with the rest of the system in Mauritivs. In this paper we
describe the need for a recirculator system to make MRT an efficient surveying
instrument. Section 3 describes its design criteria, the hardware developed and its
interface to a computer. The method developed for the calibration of the visibilities
measured with four delay settings is described in the section 4. The steps involved
in the analysis of the recirculator data and a wide field image with its analysis are
described in the section 5.

2. Recirculator System

Although the use of larger bandwidths results in a better sensitivity (for continuum
observations) of a telescope, it restricts the field of view of the image if the relative
delays between the signals being correlated are not compensated. The loss in sen-
sitivity at the edges of the field is appreciable if delays (7) are comparable to the
inverse of the bandwidth. This effect. known as bandwidth decorrelation, 1s also
referred to by other names like chromatic aberration and fringe washing.

In the MRT the EW group has a narrow primary beam of two degrees in RA.
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To obtain interference free observations, we restrict the bandwidth to 1 MHz. This
bandwidth does not pose a problem for synthesizing the primary beam in the RA
direction. However both the EW and the north-south groups have wide pnmary
beams in declination extending from —7(F to —10°. We will, therefore, be con-
cermned with compensating geometric delays for zenith angles along the menidian
zit,. The delay can be compensated for a zenith angle along the meridian, 2a,, by

introducing a delay of M-“El;ﬂil where ¥, 1s the baseline (in wavelengths) along
the north-south direction. The correlation response around this point in declina-
tion, for a rectangular passband from (v, — S2) to (v, + &), is then graded
by sinc(AvAr). Ar is the uncompensated delay in the direction za given by
At = % (sin(za.) — sin(za,) ) Thompson et al (1986). For a given delay com-
pensation, we will be able to observe only a part of the sky with small decorrela-
tion. This is referred to as the delay zone around the point at which the geometrical
delay has been compensated. Our design goal is to image the declination range
—70°" < 4 < —10°, using a 1 MHz band keeping the bandwidth decorrelation to
less than 20 % even on the longest north-south baseline. This requires visibility
measurements with four delay settings.

The existing system measures visibilities with only one delay setting. Thus one
has to collect data for different delay zones on separate days. So the number of
days required to collect a set of data for survey would increase, thereby reducing
the surveying sensitivity'.
to the 880 m spacing. We measure the visibilities on a given allocation for about
3 sidereal days to ensure interference free data. It therefore takes 180 days to obtain
data for all the baselines. However, during this time the Sun moves through half
the sky (12 hours in right ascension) thereby preventing full sky coverage with the
6 month data. We therefore carry out the observations in two rounds. In the second
round we observe the same NS baselines after about 6 months interval. This ensures
that we have night time observations for all the NS baselines.

Measurement of visibilities with four different delay settings on separate days
makes the total time required for acquiring data for the survey to be of the order of
four years. This would make the MRT a very inefficient surveying instrument.

Thus there i1s a need for a system which will allow visibility data to be col-

Jlected for different delay zones on the same day without degradation in sensitivity.
This requires a system which would store the samples for T seconds followed by
a correlator system that would measure visibilities with each delay setting in %
seconds. Such a system wherein the data is sampled and stored at a slower rate and
then facilitates the correlator to process data N times faster is called a recirculator.
To implement this, a dual-buffer memory system is employed between the sam-

! Surveying sensitivity is the minimum flux density detectable in a survey of a particular region
when the whole survey is completed in a total time {, seconds. The sensitivity is expressed in terms
of £, rather than , the ime spent on the measurement in any one particular direction.
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pler and the correlator. The data from the sampler 1s stored at a given rate in one
bank while the data from the other bank 1s read and processed N times faster in the
correlator, Figure 1 represents the basic principle of a recirculator system,

3. Design Criteria

The MRT receiver system provides an option of using 3.0 MHz, 1.5 MHz, 1 MHz
and 0.15 MHz IF bandwidths. One would generally be interested in using the
widest band available for more sensitivity. Higher sensitivity would also improve
our calibration because we would be able 10 use weaker and therefore more number
of sources for calibration. However, for wide field imaging the bandwidth decor-
relation effect (described in the previous section) becomes more severe. Thus, a
larger bandwidth would imply measurements of correlations at a larger number of
delays to cover a large field of view,

In this section we discuss the choice of bandwidth used, the sampling frequency
employed and the size of memory buffers used, and discuss the specifications and
criteria for the design of a data acquisition system.

3.0.1  Choice of bandwidth

We begin by determining an appropriate bandwidth for use to maximize surveying
sensitivity, given that we intend to map 6(F of the sky using a correlator system
which can work with clock rates of up to 12 MHz. Furthermore, we start with a
design goal of letting the maximum loss due to bandwidth decorrelation to be 20%
on the longest baseline.

The surveying sensitivity ( Christiansen et al 1969), 55,,:n. i1s defined as:

V2 2kp(/T. 1355
SST = N SYspw - SWEN S {I}
nin W .{.J.iFm- mﬂem

where f,. is the degradation factor for a digital correlator, Np, is the number of
days required to cover the complete zenith angle range, T;ys ., and T}y, . are the
system temperatures of EW and NS groups respectively. Np is given by:

Np = int ( Nan ) (2)
Nt

where N, 15 the number of delay settings needed to cover the required zenith angle
range, Naet 15 the number of delays with which the correlations can be measured
using a correlator system that can run up to a maximum frequency of f* and int
denotes the integer part of its argument.

N.q depends on the delay range of interest, 7454, and the maximum allowed
decorrelation loss, @y, . and may be expressed as
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Figure 1. Schematic showing the basic principles of a recirculator. Data 1s stored at a rate
f& 1n a dual-buffer memory and is read out and processed at a rate N f ; in the correlator,
allowing data to be processed N times, each time with a different delay compensation.
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Non 2 it (T} 3
while Ny, 15 given by
ma
Nyet < int ( 2;:;) (4)

where 7 is the oversampling factor and A is the bandwidth used.
We therefore note that for a given array, the surveying sensitivity depends upon
the following:

(a) the bandwidth used (Awv).
(b) the delay range to be imaged (%44 )-
(c) the maximum decorrelation allowed (L0 ).

(d) the maximum clock speed at which the correlator works ({205 ).

(e) the oversampling factor (7) and the degradation factor f,.

The following have to be considered in obtaining an optimal surveying sensi-
tivity.

(1) The sensitivity obtainable increases as the square-root of the bandwidth.
However, the number of days required may increase with the bandwidth.
These two factors affect the surveying sensitivity contrarily.

(i1) The sampling frequency has to be set considering
(i) the bandpass sampling criterion,
(i1) that the harmonics of the sampling clock should not fall inside the RF

and first [F bands because these can cause spurious correlations.

(i1i) The sensitivity also increases to a certain extent with larger oversampling
factor for correlators with limited number of bits. However, a larger over-
sampling factor could reduce the number of delays covered with recircula-
tion for a given correlator speed. This would increase the number of days
required, and hence, reduce the surveying sensitivity.

Let us look at items (11) and (ii1) in more detail:

e For a bandpass signal, we need to sample keeping in mind the criterion for
bandpass or harmonic sampling.

The permissible sampling frequencies for a bandpass signal must satisfy the
following criterion to avoid loss in sensitivity due to aliasing (Das er al 1986),
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,2_ In fs 2 ( fi B )
ﬂ':fh"‘ftlil{fn-fj]iﬂ—l (fn— 1) 1 (3)

where n is an integer such that 1 < n < T fn and f; being the highest
and lowest frequencies in the bandpass. In Figure 2 the areas in between a
broken line and the next solid line represent permissible sampling regions. -

7 B ) 10 12
[

Figure 2. Bandpass sampling criteria: the areas between a broken line and the next solid
line represent permissible sampling regions.

e The sampling frequencies that do not have harmonics in the RF (151.5 MHz)
and first IF (30 MHz) signal bands.

The basic system clock may have to be adjusted so that the harmonics of
the sampling clock and other clocks used in the system do not fall in the
1 MHz bands about 151.5 MHz and 30 MHz. Harmonic pick-ups on the IF
path (30 MHz) which vary faster than the LO switching period would cause
spurious correlations and therefore need to be also considered. The duty
cycle of the sampling clock also needs to be taken into account because the
harmonic contents of the sampling clock depends on it.

# Dependence of sensitivity on the oversampling factor.

A digital correlator has a lower sensitivity compared to that of an unquan-
tized analog correlator. A band-limited signal that is quantized results in the
generation of new frequency components in the waveform, In a digital corre-
lator by sampling at rates higher than the Nyquist rate corresponding to the
unguantized waveform, the loss of sensitivity can be reduced.
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The dependence of the degradation factor, f,., which is basically the deteri-
oration of sensitivity (Klingler 1972) of a 3 = 3 correlator on the sampling
rates is shown in Figure 3.

1.24

over sampling facior, ce=sampling Eoquenay[2xbandywadihg

Figure 3. Degradation factor, f,,, versus over-sampling factor, n, for a 3 x 3 correlator
(Klingler 1972)

We now calculate the surveying sensitivity obtainable with the MRT as a func-
tion of bandwidth to cover the full 6(F (-70° < & < —10°) using a correlator
system working at 12 MHz and allowing a maximum decorrelation of 20% on
the longest baseline. We normalize the surveying sensitivity with that obtained
using a 4 MHz bandwidth which would require 16 days of observations to cover
—70° < & < —10° with decorrelation not exceeding 20%. We choose 4 MHz to
normalize the surveying sensitivity because this is the maximum bandwidth cen-
tered at 10 MHz that we can use with a sampling frequency of 12 MHz. Therefore
the normalized surveying sensitivity may be represented as:

1[4 MHz
S8y = §5min/ (1.23 16 daf,rs) (6)

where 1.23 is the degradation factor (obtained from Figure 3) for Nyquist sampling
in a 3x3 correlator system. The plot of normalized surveying sensitivity is shown
in Figure 4.

The plot of surveying sensitivity against bandwidth is not a smooth curve. This
is because at some bandwidths the number of days required to cover the entire dec-
lination range changes abruptly. From this plot we find that a bandwidth of about
1.1 MHz gives us the best surveying sensitivity. This requires 4 delay settings
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Figure 4. Normalized surveying sensitivity using different bandwidths to image —70° <
d < —10° with a 512-channel complex correlator which can work with a maximum clock
frequency of 12 MHz.

(Nget = 4), one day (Np = 1) and an oversampling factor of 1.08 (n = 1.08).
The bandwidth which gives surveying sensitivity closest to the above criterion is
provided by the 1 MHz filters in the MRT receiver system. So even though the
existing system can be used with a 3 MHz bandwidth, for surveying the declination
range —70° < § < —10° with the best surveying sensitivity using a 512-channel
complex correlator system which can work with a maximum clock frequency of
12 MHz, we use a bandwidth of 1 MHz. This also satisfies our design goal of en-
suring that the maximum loss of sensitivity due to bandwidth decorrelation on the
longest baseline is 20%. The delay beam of the array which takes into considera-
tion all the interferometers used for imaging will have a lower decorrelation in the
different delay zones.

3.0.2 Choice of sampling frequency

The plots in Figure 5 show the allowed sampling frequencies according to different
criteria for a band of 1 MHz centered at 10 MHz and sampled by a clock with
25% duty cycle, i.e., every fourth harmonic is suppressed. We see in Figure 5(a)
the allowed sampling frequency according to the bandpass criterion for a 1 MHz
band centered at 10 MHz. Figures 5(b) and 5(c) show the sampling frequencies
which do not have harmonics within the 1 MHz band centered at 30 MHz and
151.6 MHz respectively. Figures 5(d) shows the maximum frequency usable to be
3 MHz to allow visibility measurements with four delay settings using a correlator
that can work up to a clock frequency of 12 MHz. These different criteria are

© Indian Academy of Sciences * Provided by the NASA Astrophysics Data System



238 S. Sachdev & N. Udava Shankar

finally ANDed to get the permissible sampling frequencies. Figure 5(¢) shows the
permissible sampling frequencies.
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Figure 5. The above plots show the allowed sampling frequencies (a) according to the
bandpass criterion for a 1 MHz band centered at 10.1 MHz. (b) which do not have harmon-
ics within the 1 MHz band centered at 30 MHz (¢) which do not have harmomics within the
1 MHz band centered at 151.5 MHz (d) for recirculating the data 4 times for the four delay
zones using a 12 MHz correlator system (e) obtained after ANDing (a), (b), (c) and (d)

From Figure 5(e), we note that there are two permissible frequency ranges.
One extends from 2.3333 MHz to 2.3750 MHz and the other from 2.6250 MHz to
2.7143 MHz. To get better sensitivity we chose a frequency in the higher band, i.e.,
in the range 2.6250 MHz - 2.7143 MHz. We finally chose a sampling frequency of
2.65625 MHz which is almost at the center of this allowed range of frequencies.

3.03 Choice Of Memory Size

The size of the memory available on the correlator boards is not enough to take care
of the 4 delay zones. Thus it is necessary to transfer the integrated correlation val-
ues of each zone to an external memory and then process the other delay zone. The
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size of the external RAM would be determined by the integration period required
on the correlator boards.

The correlator system at present can output the required 1088 words (512 com-
plex correlations and 64 self-correlations) in about 11 ms (2% x 2* clock cycles at
12 MHz = 11 ms). For an 11 ms integration period, one needs an external RAM
of size 128 K. Thus we undertook the design of a recirculator with external dual
memory buffers each of 128 K.

3.1 Hardware description

The recirculator system is designed as a modular system consisting of several iden-
tical recirculator boards and a central control board for the generation of control
signals. The block diagram of a recirculator board is shown in Figure 6.

The recirculator boards have the facility to select :

1. The number of delay zones. These are programmable to 2, 3, or 4 zones. This
simultaneously selects the resampling frequency and the integration period.

2. Operation in bypass mode: the data in this mode does not go through the
memaory of the recirculator.

3. Operation in test mode: In the test mode, test data may be introduced into
the recirculator system to test the working of an individual recirculator board.
Test data is introduced through the test-buffer on the recirculator boards.

4. Operation in autocorrelation mode: This mode allows the correlator system
to be used as a 128 channel auto-correlator directly and with some additional
hardware, we can use it as a 4096 channel auto-correlator using the recircu-
lator. The data for the autocorrelation is introduced through the auto-buffer
on the recirculator ‘boards.

5. The correlator can be configured in EW and NS fan beam configuration
(NS+W)x NS and (E+W) x E. With the recirculator one can observe in these
maodes in a time multiplexed mode with (E+W) xS (pencil beam configura-
tion).

3.1.1 Design criteria for a Data Acquisition System (DAS)

A PC based design was preferred, since it requires lesser implementation time. At
the MRT site, 80386 PCs with ISA bus were readily available. Using a single PC,
we were not able to complete all the steps of acquisition such as programming the
delays every 11 ms, acquiring the 1088 words of correlation values, integrating
them, acquiring the time information from a sidereal clock and then writing to the
hard drive once every second. Therefore a data acquisition system employing a
dual memory buffer shared by two 80386 PCs running on DOS were used. While
one PC acquires and integrates the data onto one bank, the other PC has enough
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Figure 6. Block diagram of the MET recirculator board,

time to transfer the data to the hard drive. The block diagram of the control and
data acquisition system is shown in Figure 7.

3.2 System rests

The system was debugged using static inputs, carner wave and noise signals as
inputs. Finally, data on actual observations of the calibrator source MRC 1932-
464 were used to compare the images made using the recirculator data with that
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Figure 7. Block diagram of the control and data acquisition system.

obtained without the recirculator. We found the deterioration in the signal-to-noise
ratio due to the recirculator to be less than 10%. Since the delays were identical in
the two cases, the change in S/N expected was due to the reduced sampling from
12 MHz to 2.65625 MHz. This is of the order of 10%.

These tests and comparisons indicated satisfactory performance of the hard-
ware systems developed.
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4. Delay Zone Calibration

The recirculator system was designed to observe with different delay settings. Each
delay setting maximizes the correlation in a given range of declination, which is
called a delay zone. For imaging different delay zones, one has to calibrate visi-
bilities measured with different delay settings. An ideal calibration scheme would
be one in which we use separate calibrators in each declination zone. However we
do not have sufficient number of strong calibrators in the southern sky to calibrate
the visibilities in the different delay zones. Hence we were forced to use the com-
plex antenna gains estimated for one zone, in which we have a strong calibrator, to
calibrate the other zones.

The interferometer setup at MRT is shown in Figure 8. All the relevant equa-
tions for this interferometer are also given in this figure. The correlator response
C'(7) of an interferometer obtained by integrating (Fomalont et al 1974) the single
frequency response over the cross power spectrum may be written as:

() == )| GleX TR RS (7)

where 7 15 the geometrical delay, 7p is the compensating digital delay and
¥(|Tp — |} is the bandwidth decorrelation term (fringe washing term). la and
log are the first and the second local oscillator frequencies respectively. (7 1s the
complex gain of the interferometer expressed in terms of the magnitude |G| and the
phase dine, i.e., G = |Gle?®m=t, 177, is the centroid of the cross power spectrum.

From Equation 7 we see that a discrete change of 7p produces a phase change
equal to 2ai577p. This result is used in estimating the complex antenna gains in
all delay zones by instrumental calibration of any one of the zones with a strong
calibrator.

4.0.1 Measurement of the cross power spectrum

We were concerned at the time of the design of the recirculator system about the
possibility of unequal [F bandshapes of different antennas leading to variations in
the centroids of different interferometers. Such variations limit the accuracy and
the sensitivity of the instrument. We carried out measurements of the cross power
spectrum of the 512 channels employed for synthesis to calculate the variations in
the centroids.

The cross power spectrum is the Fourier transform of the cross correlation
function®. This was measured using the recirculator system configuring the corre-
lator in the auto/cross correlation mode. The distribution of the 512 band-centroids
obtained are shown in Figure 9, It has a mean of 10.1 MHz and an RMS of 0.031
MHz. The measurement of the band-centroids was repeated four times at intervals
of about 10 days. No noticeable changes in the band-centroids were seen.

*The cross correlation of two waveforms Vi and V2 is defined as ffum Vi{t)Vo [t — 7)de
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Figure 8. Schematic of the interferometer at the MRT.
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The instrumental phase in two delay zones was measured using the calibrator
MRC 1932-46 (Flux density == 87 Jy) for south baselines less than ~300 m. On
these baselines, MRC 1932-46 has a good signal-to-noise ratio in two delay zones.
We compared this with the instrumental phase obtained by using the centroid in-
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Figure 9. Histogram showing the distribution of the centroids estimated by feeding noise
in the laboratory.

formation. A histogram of the difference between the instrumental phases obtained
using the two different approaches is shown in Figure 10. The difference has an
RMS ot 5°. This is expected as the day-to-day phase variations of the instrumental
phase estimated using MRC 1932-46 have an RMS of ~ 1(F.

190 — : - -—

Figure 10. Histogram of difference in phase per delay as derived from the laboratory
experiment and that from MRC 1932-46.

There will be phase errors if one uses a value of 10.1 MHz for the band cen-
troids instead of the true values. An BEMS vanation of (0.031 MHz in the band
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centroids leads to an RMS variation in phase of # = 5°. The day-to-day and
source-to-source phase variations are about & = 10°. The net phase error there-
fore builds to -,EH]E + #2=11.18. Thus the spread in the centroid causes the phase
errors to increase by only about 10%. The final image is made by combining 32 x
BB0 visibilities. The dynamic range limitation due to a phase error of 1T {ﬁ ra-
dians) will be of the order of ;1 x ﬂﬂ?hﬁ'ﬁ & g5~ This is quite acceptable. In
fact we will be limited in dynamic range mainly due to errors in estimation of the
point spread function used to deconvolve the images.

In the future, we plan to improve the calibration using multiple source and re-
dundant baseline calibration techniques. These are expected to reduce phase errors
to less than 5. At that stage one can use the accurate knowledge of the band-
centroids. Hence we incorporated the different band-centroid measurements in the
calibration program and also in the imaging programs. Unequal bandshapes also

limit the use of closure phase in calibration and in deriving antenna based gains
from baseline based gains.

5. Wide-field images with a resolution of 4' x 9'.2 sec(d + 20°.14)

For making the first wide-field images from the MRT using the recirculator data
we chose the region between 19 hrs and 20 hrs in RA. This has the calibrator
MRC 1932-464 in the field of view. This choice helped us in the flux density
calibration of other sources in the image. Companson of the estimates of the flux
densities and the positional information of these sources with the existing data helps
us gain confidence in various tools used for imaging. These images use north-south
baselines only up to 441 m, i.e., about the mid-point of the north-south arm.

The flux density of MRC 1932-464 was adapted to be 87 Jy (Golap 1998; Slee
1995) . To obtain the estimates of positions and flux densities of point sources
given in the Molongolo Reference Catalog (MRC) (Large et al 1981), the expected
(theoretical) two-dimensional beam was least-square fitted around the position of
the point sources given in the MRC,

A sample image in the right ascension range 19h19m to 19h40m and the decli-
nation range —40° to —29° chosen from the data analysed, (Sachdev 1999) is given
in Fig.11. Since this is a dirty image, the corrections for the primary beam and for
decorrelation have not been applied. 13 MRC sources in the flux density range
3-10 Jy are seen in the image shown. The parameters of the image presented here
are summarized in Table 1.

The image is presented in J2000 coordinates. The contour levels are
-1.2, -2.0, 4.0, -6.0, -8.0, -1.5, =2.0, -1.2, -0.8, +0.8, +1.2, +2.0, +4.0, +8.0,
+15, +20, +40, +60, +80, +100 Jy/beam.
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Observing frequency 151.5 MHz
Minimum and maximum NS baselines 2m, 441m
No of visibilities used per second 32 x 440 = 14080
Right ascension span 19h02m to 19h52m
Declination coverage —7(F to —10°
Synthesized beam-width 4 = 9. 2zec(d + 20°.14)
Point source sensitivity 550 mly (1 o)

Table 1. Parameters of the images given in this paper.

5.1 Analysis of the Images

To estimate the noise in these images. we selected regions which appeared to be
devoid of sources. The RMS measured in several such regions were then averaged
to get an estimate of the noise. This is about 550 mly.

We calculated the expected total noise in the image due to contributions from
receiver noise, sidelobes of sources, undetected interference and confusion. This is
== 450 mJy. We have 20% of the noise which is unaccounted.

We estimated the flux densities and the positions of the sources given in the
MRC catalogue. There are 34 sources in the MRC in the RA range 19h02m to
19h52m which are expected (assuming a spectral index of -0.7) to have a flux den-
sity S1s0 = 3 Jv/beam (5o) in the MRT field of view. Out of these we have been
able to detect 53 sources. Only the source MRC 1934-63 was not detected in our
image due to 1ts spectral index being different from -0.7. The positional discrepan-
cies in declination are within 2 arcmin. The positional discrepancy in RA is within
(.8 arcmin. We find no systematic errors in position of the declinations and of the
right ascensions. We also carried out positional analysis on artificial point sources
of various strengths which were added to the images at different places. The er-
rors in these detection were within 1.5 arcmin in declination and (0.7 arcmin in RA.
From the ratios of the measured flux to the expected flux densities we have esti-
mated the pnmary beam of our helix and the delay beam. The deviation from the
expected is less than 10% in the declination range of interest.

6. Discussions and Conclusions

During the installation stage of the Mauritius Radio Telescope we identified the
need for wide field imaging with this telescope to make it an efficient surveying
instrument. We designed and built a recirculator system which allows us to mea-
sure visibilities with different delay settings in one observation schedule using the
existing correlator. In the recirculator the digitised data is sampled at a rate of
2.65625 MHz, stored in a dual buffer memory and the correlations are measured
at four times this rate (10.625 MHz). To program the correlator system and the
recirculator boards, and also to acquire data from the correlators, we designed and
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built a new data acquisition and control system (DAS). This data acquisition system
comprises of a double bank of memories shared by two PCs running on DOS.

The recirculator system has been integrated into the receiver system at the MRT
and tested. After ensuring satisfactory performance, we carried out observations for
the survey using the recirculator system up to the longest north-south baseline, i.e.,
up to 880 m during the period September 1995 to October 1996.

The choice of the usable bandwidth and the sampling frequency for the recir-
culator has optimised the telescope performance. The methodology described here
will also be useful in the design of modern receiver systems where digitisation very
early in the receiver chain is preferred. The design has enabled us to measure vis-
ibilities with four delay settings, with the existing correlator with only a 10% loss
in sensitivity. The hardware has added new features to the existing receiver system.
The correlator system can now measure autocorrelation and cross correlation func-
tions up to 128 clock delays. Using the recirculator in this mode the cross power
spectrum of the 512 baselines was measured to establish the centroids of their band-
passes. The telescope can also be operated in a time multiplexed mode to measure
EW X E and NS X NS baselines, This is useful in the calibration of the array using
the Redundant Baseline Calibration technique. The second round of observations
for the survey has been carried out in this mode, using == 10% of the observing time
to obtain these correlations. With this many strong extended sources can be used
for the array calibration and will help to improve the calibration of the visibilities.

Due to paucity of strong sources we have not been able to calibrate the visibil-
ities measured with different delay settings. Using the receiver configuration we
have devised a method of estimating the instrumental phase in the four delay zones
using a calibrator in only one of the delay zones. This needs information about
the centroids of the bandpass used. We measured the vanation in the centroids of
the bandpasses of the 512 baselines used for imaging and established that variation
causes only a 5 degree RMS error in the instrumental phase calibration. Thus the
hardware at MET allows high dynamic range imaging (== 1000).

A one hour region around the calibrator MRC 1932-464 with the full declina-
tion range of the MRT has been imaged with a resolution of 4 x%'.2 sec(§+20°.14).
We have carried out some preliminary analysis of these images. The noise in our
image is approximately 550 mJy and is only 20% higher than expected. We esti-
mated the position and flux densities of the MRC sources in our image. We have
been able to detect in the MRT image, all the 53 sources listed in the MRC cata-
log in the RA range 19h02m to 19h52m (J2000 coordinates) which are expected
to have a flux density S;5p = 3 Jy/beam (57) in the MRT field of view. The posi-
tional discrepancies in declination and in RA are well within the limits expected.
We have also detected a number of sources which are not listed in the MRC. A de-
tailed study of these sources will be undertaken in the future and will be published
separately. We have thus demonstrated the wide-field imaging capability of MRT
using the recirculator system. The usefulness of the recirculator in carrying out a
survey with the MRT cannot be over-emphasized.
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Abstract.

Deconvolution of wide-field images is a well-known problem with
many interesting algorithms. In this paper we describe the solution de-
veloped for deconvolving wide-field images from the Maunitius Radio
Telescope (MRT). MRT is a non-coplanar, Fourier synthesis T array
operating at 151.5 MHz. The non-coplanarity of the MRT produces
dirty images that are convolved by a position dependent point spread
function (PSF). This paper mainly focuses on the methods developed
for estimating the PSF of the array from the dirty images and translat-
ing the PSF estimated at a given declination to the PSF at any another
declination.

1. Introduction

The Mauritius Radio Telescope (MRT) is a Fourier synthesis T-shaped array with
an East-West (EW) arm of length 2048 m having 1024 helical antennas. The South
(5) arm consists of a rail line of length B80m and 16 movable trolleys each with
four helical antennas. The 1024 helices in the EW arm are divided into 32 groups
of 32 helices each. The local terrain is rocky and uneven, especially along the
EW arm with height differences of up to 35 m. To minimize the problems of non-
coplanarity, it was decided to level the EW arm in multiples of 64 m (32)) so that
the antennas in each group will be at the same height. Each trolley in the S arm
constitutes one S group. A detailed description of the telescope is to be found in
Golap et al (1998).

The 48 group outputs are amplified, heterodyned to 30 MHz in the field and
brought separately to the observatory building via coaxial cables. In the observa-
tory, the 48 group outputs are further amplified and down-converted to a second IF
of 10.1 MHz.

The 32 EW and 16 5 group outputs are fed into a 32 x 16 complex, 2-bit 3-level

* Although this paper was accepted only on 16 October, we have included it hE._r;au_se this issue
was delayed due to other reasons. :
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digital correlator sampling at 12 MHz, The 512 complex visibilities are integrated
and recorded at intervals of 1s. At the end of 24 hours of observations the trolleys
are moved to a different position and new visibilities are recorded. The S baselines
are sampled with a spacing of Im, which is half a wavelength at 150 MHz. A
minimum of 60 days of observing are needed to obtain the visibilities up to 880 m
spacing. .

The visibilities measured by an interferometer of baseline b = (u,v,w) is
given by Thompson er al (1986):

Viw,v,w) = ff i'{iﬁ__-rﬂﬂ_giﬂ_%f expl —i(lu 4+ mv + nw))dldm. (1)

where A(l,m) is the amplitude response of the array, B(l,m) is m-:. sky brightness
distribution and I,m,n are the direction cosines,.

Let B'(l,m) = L t]’?fﬂ ‘4_;‘1"1 . Then the above equation becomes

Vi, v,w) = ff B'(1,m) exp(—i(lu + mv + w1 — 12 — m2))dldm. (2)

where B'(l,m) is the modified brightness distribution. For planar arrays this rela-
tionship can be simplified to a 2-dimensional Fourier transform.

The u,v coverage of MET can be thought of as a pleated sheet, extended in both
i and v, with discrete steps in w (height) as we move from one EW group to the
other at a different height. As we are imaging a very large field of view (= 6(F),
the approximate coplanar approach wherein the phase term due to the heights 1s
assumed to be a constant over the synthesized field of view is invalid. Thus for
MRT, a 3D imaging is required.

To avoid the grating response of the EW array, imaging is presently carried out
on the meridian (Golap et al 1998). For meridian transit imaging, we transform the
visibilities using a Fast Fourier Transform (FFT) along the regularly sampled v axis,
apply a Direct Fourier Transform (DFT) along the w axis and finally sum along u
to obtain the image on the meridian. A DFT on w is required as the sampling is
not uniform. The direct transform corrects every term along the zenith angle on
the mendian for the group heights. This is equivalent to phasing the groups to
a common (and artificial) 2D plane and results in a dirty image convolved by a
position dependent PSF.

We discuss in this paper a technique developed to deconvolve wide field images
made using the MET to obtain images with reasonable dynamic ranges (= 1 : 100).
Our deconvolution method is based on the conventional CLEAN algorithm { Clark
et al 1980; Hogbom 1974; Schwartz et al 1978). This needs knowledge of the
Point Spread Function (PSF) of the array. The next section discusses the effect
of the non-coplanarity of the array on the PSF and shows that it is a function of
declination. Section 3 discusses the need and the method for the estimation of the
PSF from the dirty images. Section 4 describes an algorithm to generate PSFs for
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different declinations from the estimate at a given declination. Section 5 describes
the application of the method developed to the deconvolution of images made using
MRT for a low resolution survey (17" = 13'sec(d — ¢)).

2. The effect of non-coplanarity on the PSF

The PSF of a T-array is generally a complex function with a non-zero imaginary
part. The real part of the PSF of a uniformly illuminated T- array is the same
as that of a cross (Christiansen et al 1985). We use only the real beam and the
corresponding real image for deconvolution. However, the imaginary part of the
PSF is required when generating the PSF for a planar array with a non uniform
illumination and for a non-coplanar array (Dwarakanath et al 1990).

Both the EW and the S arrays of the MRT are non-coplanar. The height profile
of the EW array is shown in the Fig. 1.
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Figure 1. A plot showing the height profile of the EW array. Each bar represents a 64 m
long EW group with 32 helices. The profile runs from west to east end.

An abandoned old railway line running North-South was rebuilt for use as the

South arm. This arm slopes downwards at about %g to the horizontal till about 655
m, and then slopes upwards at about 1° to the horizontal. Visibilities measured
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from these two parts are treated separately while transforming. The slope is taken
into account by assuming an instrumental zenith appropriate to the slope of the
track. While combining contributions from different parts we introduce necessary
corrections to get an instrumental zenith equal to the latitude of the place. This
treatment of visibilities does not result in a PSF substantially different from that of
a co-planar T array. The deviation of the PSF of the MRT from that of a co-planar
T array is mainly due to the non-coplanarity of the EW array.

Let us consider an EW group which is at a height h, from the NS array. Signal
from a point source on the meridian, with a zenith angle (za) reaches the EW group
with an extra path difference of h x cos(za). While imaging, one compensates for a
phase shift due to this path difference at each zenith angle along the meridian. This
1s carried out for all the baselines used for imaging. This results in the sidelobe of a
source at zay appearing at zag, getting compensated by a height phase equivalent to
that at zas. This causes a reduction in the level of the sidelobe at za,. However the
sidelobe around za; peaks at some other hour angle (HA) away from the meridian.
Thus sidelobes of a source peaks at an RA which is different from its transit time.
The position and the strength of the sidelobe depends upon how far it is from the
source, the source declination and the EW height distribution. The dirty image
around the source MRC21355-699 shown in the Fig. 2 clearly illustrates this effect.

The Fourier inversion of the visibilities measured by a non-coplanar array gives
the function F(I, m,n) (see, e.g. Cornwell et al 1992),

F(l,m,n) = [B’{E,m,ﬂ]ﬂ{ﬁl - 12 —m? - ﬂ.}l] * P(l,m.n), (3)
where P(I,m,n) is the 3-D PSF. Equation(3) can be simplified to

F(l,m) =
[ B'(lo,mo )Pl — 1y, m — Mg, v1 =12 = m2 — /1 — 12 — m2)dl,dm,. (4)

Now let us consider an isolated point source in the sky. As the point source
drifts in the sky transiting the meridian, its direction cosines [', m' change with the
HA. The dirty image, when the point source is at [, m’, is given by

Fg;?l}{ﬁ,m] = .i:f{ﬂ:.fc, — ' e —m')x

P(l = lpym — mg, V1 — 12 —m2 — /1= 12 - m2)dl,dm,. (5)

=kPl -V m—m' V1B —m2— V1 t2_mD), (6)
Forl =10,

Fﬁf;:ii"}{t]. m) = kP(—l',m —m', V1 —m2 - V1-1?—m'?). (7)

Close to the meridian, m’-can be simplified to sin(—=za). Then the PSF is a one
dimensional function F(0,m) for various values of [’ given by

© Indian Academy of Sciences * Provided by the NASA Astrophysics Data System



Deconvolution of Wide-field Images 253
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Figure 2. Dirty image around the source MRC2155-699. The twisted response of the array
due to the non-coplanarity 1s clearly seen.

FUEN0,m) = kP(~t,m ~m', /1 -m? - VI-T2 —m?), (@

= kP(-1',sin(za') — sin(za), cos(za) — cos(za')). (9)

Thus the two-dimensional PSF at m due to a point source at{’, m' is not merely
a function of m — m' but also depends on m.

Thus the PSF will have different shapes depending on where the point source
is centered. This implies that for deconvolution of the antenna response from the
2-D image we need different functions which depend upon the Zenith Angle of the

source being deconvolved.

2.1 Estimation of the PSF

In the present work the imaging is restricted to making 1-D scans along the merid-
ian. The 2-D image is time stacks of these 1-D scans. As a point source drifts
across the meridian the 1-D stacks will give the point spread function. The T array
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is used in a correlation mode in which the EW array is multiplied with the NS ar-
ray. Thus the observed PSF is that of the NS array multiplied by the PSF of the EW
array. Since the PSF and the aperture illumination are a Fourier transform pair, the
PSF can be generated from the aperture illumination.

At MRT correlation of signals from groups of helices are performed. There are
32 helices in each of the EW groups and 4 helices in each of the NS groups. The
calibration procedure used (Golap ef al 1998} gives the phases and amplitudes of
a group. The illumination pattern within each group 15 not estimated. This sets a
limit to the extent of the PSF that can be estimated from the illumination pattern.
For exampie, in the low resolution survey, only 8 central groups in the EW arm
and trolley positions up to 178 m in the NS arz used (Golap 1998). Thus using
the aperture illumination from our calibration, we can estimate the PSF up to 4
sidelobes on each side of the main beam along the RA direction and 89 sidelobes
along the declination on the meridian. The image will have a dynamic range of
== 12 if such a PSF is used for deconvolution (assuming a sinc pattern for the PSF).
Hence CLEANIng point sources stronger than 12 Jy would leave residues higher
than 1 Iy in the final image; 1 Jy being the approximate noise level (1) of the low
resolution survey. Hence we use the dirty image around a strong point source to
estimate the PSF with an extent larger than four sidelobes on either side of the main
lobe.

To achieve a dynamic range of, say, around 50 the PSF should have an extent
of at least 16 sidelobes on either side of the main beam. In other words we need a
field of 7.5% » 7.5 with the point source in the centre. However such a field will
have other sources apart from the point source under consideration. Such sources
(especially if they lie along the same RA or declination) may not be distinguishable
from the side lobes. Hence we may generate an unsatisfactory PSE This effect
can be minimised by averaging the PSFs estimated using point sources at different
declinations.

The sky coverage of the low resolution survey is 18:00 to 24:00 hrs and 00:00
to 05:00 hrs in RA and from —70° to —10° in declination. There are not many
strong point sources in this field to obtain the PSF at different declinations. The
flux density of the strongest point source MRC1932-464 in this field i1s = 80.Jy
and 1s just strong enough to determine the PSE

The process of averaging of several PSFs of weaker sources will improve the
estimation process. However since the PSF of the MRT is declination dependent
it is not straight forward to sum the PSFs estimated at different declinations. This
can be carmied out if we are able to generate the PSF at a given declination 4§ from
the PSF estimated at some other declination &,. The next section discusses this.

3. Declination Shift Algorithm

If one plots the PSF of a planar array as a function of RA and sin(za), the dec-
lination scan of the PSF remains invariant with the zenith angle. The RA scan of

@ Indian Academy of Sciences * Provided by the NASA Astrophysics Data System



Deconvelution of Wide-field Images 237

the PSF gets stretched by sec(d) as one moves to sources at different declinations.
Because of the ease that m or sin{za) coordinate offers, the images were uniformly
sampled in the sin{za) domain and the (RA, sin(za)) coordinate system was used
for the PSF and dirty images.

To sum the PSF estimated by sources at different declinations, we should be
able to generate the PSF at any given declination & from the PSF at some other
declination &.

Let us consider the PSF of a source centered at &, with its zenith angle zay =
dp — & and my = — sin(zay), where ¢ is the latitude of the telescope.

Any RA cut of the PSF, say at m = m),, which is different from the m of
the source, is complex with non zero imaginary part. While imaging this decli-
nation, a phase correction corresponding to heights seen at the point m = i,
would have been put in. A Fourier transformation of this cut gives the “combined”
spatial frequency response of the EW antennas used. Since in the EW xNS mode
there are no redundant baselines, when the number of Fourier components esti-
mated is equal to integral number of the EW groups, each Fourier component can
be thought of as arising from a given EW group. Assuming that there is only
one point source in the field of view, the entire signal comes from that source,
Hence the Fourier components have been given a height correction due to nf, (
@ (h) = h x cos(za,) = hny) while the signal has a phase due to height as
seen at m, (P, (h) = hn,), where h is the height of the EW group corresponding
to the Fourier component we are considering. Therefore there is a residual phase
error corresponding to the path difference of (3, (h) — ®,,; (h)) in each Fourier
component.

The process of declination shift consists of replacing these residual phase errors
in Fourier components with the values expected if the source were centered at 4,
which are proportional to @, (h) — ®,,,¢ (h). After this phase rotation the Fourier
components are inverse transformed. This procedure is repeated across the decli-
nation range of the PSF to reconstruct it at & . Reconstruction of the PSF at &, also
requires the RA section to be stretched or compressed to have a width proportional

The PSF at any declination can be made to look like the one obtained using
a coplanar array by removing the residual phase errors mentioned above. This is
equivalent of correcting for the heights at the declination of the source rather than
the declination of the sidelobe. This would ensure that all the sidelobes, along the
declination, peak on the meridian and the one dimensional stacks of the images
would look similar to the one obtained with an array in which all the EW groups
are at the same height. Then a pseudo PSF can be obtained by taking the real part
of the complex product of the two one dimensional cuts across RA and declination.
This is a reasonable approach since in the correlation mode one produces the 2-D
response by multiplying the response of the EW and NS arrays (Dwarakanath et
al 1990). Such a two dimensional PSF can later be transformed to the PSF of MRT
at any declination by introducing the residual phase errors in its Fourier transform.
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4. Low Resolution PSF and CLEAN

The declination shift algorithm was used to generate the PSF required for CLEAN-
ing the low resolution images (17" x 13’sec(d — ¢)). As already mentioned a low
resolution survey using the observations covering the NS baselines up to 178 m
has been carried out. To have nearly a symmetric beam for the images, data for
baselines only with the central 512 m of the EW arm was used. The sky coverage
of the low resolution survey is 18:00 to 24:00 hr and 00:00 to 05:00 hr in RA and
from —70% to —10° in declination. The estimated noise in the image is around 1 Jy
and is confusion limited (Golap 1998).

In the field of view of the survey four brightest point sources (flux density range
35-120 Jy) were used for estimating the PSF.

The following points were considered while constructing the PSE

e The sources chosen are far from the Galactic plane but their fields are not
devoid of large scale structures. We used a dirty image without zero spac-
ing for the estimation of the PSF and also for the deconvolution. As regards
the large scale structures in the PSF, we did not take any additional precau-
tions. However, the averaging, of four regions for the estimation of the PSF,
reduced the effect of the large scale structures from any single field.

o [nterference affects the PSF estimation. An inspection of the images around
the sources chosen did not show any interference,

After selecting a region = 7.5 x 7.5° around the sources. The following
procedure was used to estimate the PSF:

1. Select a region with an extent of n sidelobes around the main beam.
To get a dynamic range of d in an image with an rms noise o, source
should have a strength of at least o x d. If the PSF is approximately a
sinc function, n should satisfy the condition n < %.

2. Subtract all identifiable sources in the field of view other than the cen-
tral source of interest. For this we adopted a source detection program
which identifies high points in the selected regions of the dirty image
where gradients are negative in all directions, fits approximate RA and
declination beams in the first step and a two dimensional beam later.
Visual inspection is carried out using the apriori information avail-
able about the region from the Molongolo Reference Catalogue (MRC)
(Large et al 1981) to ensure that the sidelobes of the central source are
not mistaken for independent sources.

3. Phase rotate the Fourier transforms of the complex RA cuts of the above
region to obtain the pseudo PSF of the array at zenith. This is nothing
but the PSF of the MRT with its EW groups at the same height. While
Fourier transforming an RA scan, its extent 15 chosen to give integral
number of points within each group. Helices within each EW group
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are at the same height. Hence each Fourier component will have one
representative height

4. Repeat the steps 1, 2 and 3 for the four regions and average the pseudo
PSF with suitable weighting factors.

5. Obtain two one dimensional complex scans of the above function with
the source at the centre. The real part of the complex product of these
two scans gives an improved average pseudo PSF.

6. While deconvolving this is transformed to the true PSF of MRT at the
declination of interest using the declination shift algorithm.

We used the task APCLN in AIPS for deconvolution. The PSF at zenith gen-
erated by averaging PSFs of four sources with suitable weightages is shown 1n the
Fig. 3. The PSF generated by cross multiplying the complex scans taken from this
average PSF is shown in Fig. 4. The noise in the off-axes regions in this PSF is
much lower than that shown in Fig. 3. The CLEANed image of Fornax A region is
shown in Fig. 5. The source which is just below Fornax A is MRC0320-389 which
has a flux density = 4 Jy. The peak flux of the of the Fornax A is = 290 Jy/beam.
This gives a dynamic range = 70.

Declination in arbitrary wnits
=

5 & B8 B

40 50 G0 Ta B0 a0 100
RA, in arbitrany units

Figure 3. PSF at zenith generated by averaging the PSF of four sources. Note the noise in
the off-axes region when compared to the PSF shown in Fig. 4.
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Figure 4. PSF generated by cross-multiplying the 1-D complex scans taken from the PSF
of Fig.3

The dirty images from the low resolution survey have been CLEANed using the
technique demonstrated here. The low resolution survey details will be discussed
in a separate paper.

5. Conclusions

We have developed a technique to translate the position dependent PSF of a non-
coplanar T-array. Employing this technique gainfully we are able to estimate the
PSF required for deconvolution from the dirty images minimising the effects of
off-axes sources by averaging the PSF of several sources. We have demonstrated
the technique developed here by deconvolving a low resolution MRT image in the
Fornax A region. This is one of the strong sources in the field of view of our survey,
We have been able to achieve a dynamic range of 70, close to the axes of the source
and a much higher dynamic range away from the axes. This technique has been put
to use in preparing a low resolution survey of the southern sky. The sky coverage
of the low resolution survey is 18:00 to 24:00 hr and 00:00 to 05:00 hr in RA and
from —70° to —10° in declination. The estimated noise in several fields is = 1
Jy. This is close to the expected sensitivity which is confusion limited. The next
logical step is to develop techniques similar to hybrid imaging (Pearson et al 1997)
for estimating antenna gains using these images as the first approximation for the
field of view and hence re-calibrate the measured visibilities.
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Figure 5. Fornax-A cleaned with a beam generated with 4 point sources
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Abstract.  Optical variability of extragalactic objects, viz., QSOs, BL
Lacs and Seyfert galaxies has been monitored systematically over an appre-
ciable period of time and a large amount of data have accumulated. The
present work reports results of investigations involving statistical analysis
of updated data on relationships between variability and various observed
properties of the objects, viz., redshift, color indices, radio spectral index
and absorption lines. Itis found that at high frequencies (rest frame) radio
spectral index does not change significantly with the degree of variabil-
ity. However, the degree of variability depends on redshifts. On the other
hand, presence or absence of absorption lines is significantly associated
with variability for QSOs with larger redshiftg > 1.0), while no such
relationship exists for QSOs at smaller redshiftsc 1.0) or other objects.
Correlation between color indices and redshifts depends on the degree of
variability and the sample chosen for the color index.

Key words. Galaxies active: galaxies — quasars: general.

1. Introduction

Optical variability is one of the major criteria used in understanding the characteristics
of QSOs and related extragalactic objects. Investigations of its association with other
properties of different types of closely related objects are expected to throw light on the
true nature of such objects and on any possible link between them. Optical variability of
extragalactic objects has therefore been monitored systematically over an appreciable
period of time.

Accordingly, objects have been classified into three types depending on their degree
of variability (V) based on a criteria defined by Penston & Cannon (1970) and Basu
(1973, 1980a), viz.y = 0 (non-variablesAm < 0™.2, the smallest value ohm
that can be detected without any ambiguity),= V (moderate variables,”"02 <
Am < 1™.0, on a time scale of few weeks or months) and= OVV (optically
violent variables,Am > 1.0, over a period of few days or weeks). In the above
classification, the magnitude change refers to peak to peak variations and the apparent
magnitudes (m) are measured in photographic blue band or Johnson B filter. The
degree of variability has been shown earlier to be related to redshifts, colors, radio
spectral index, and presence or absence of absorption linesOlVillsquasars were
found to exhibit flat radio spectra while the other two classes inclined to show steeper
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Table 1. The data base.

Source Name Type Var z, ze (B=V)* (U-B)* o
0003+ 158 PHL 658 Q Oovv? 0.450 N 0.20 -0.83 —0.60
0007+ 106  1ll Zw2 S OovVv  0.090 - 0.51 —0.83x 0.99
0017+ 154 3C9 Q 0 2.012 Y 0.46 —-0.52 1.05
0024+ 349 OB 338 S 0 0.333 - - - -032
0035+ 121 B \% - - - - -
0048— 097 PHL 856 B vV  >0.20 N 0.37x  —0.66x 0.43
0056— 001 PHL 923 Q 0 0.717 N 0.20x —0.73x —0.46
0058+ 019 PHL 938 Q 0 1.961 Y 0.57 -0.66 -
0106+ 010 4C01.02 Q 0 2.107 N 0.35 -0.53 0.69
0109+ 224 B V - N 0.34x —0.63x 1.19
0119- 046 4C04.04 Q 0 1969 Y 0.67 —0.49 -0.38
0127+ 233 3C43 Q Vv 1.459 N - - -0.71
0128+ 074 PHL 3375 Q Y, 0.39 N 0.32 -050 -
0130+ 033 PHL 1027 Q 0 0.363 N —0.03x —0.77x -
0133+ 476 OC577 Q Y 0.859 N - - -
0134+ 329 3C48 Q \Y, 0.367 N 0.40 -052 -0.85
0135- 057 PHL 1078 Q Y, 0.308 N -0.06 -0.65 -
0137+ 012 PHL 1093 Q \Y 0.258 N -0.03 -0.87 -0.37
0139+ 061 PHL 3632 Q Y, 1.479 N 0.22 -0.63 -
0141+ 339 4C 33.03 Q 0 1455 Y - - =107
0147+ 089 PHL 1186 Q Vv 0.27 N —0.02x —0.83x -
0148+ 090 PHL 1194 Q Y 0.299 N -0.14 -0.89 -
0151+ 048 PHL 1222 Q 0 1.923 Y 0.67 —-0.57 -
0151+ 045 PHL 1226 Q \Y 0404 Y 0.41x —0.78x -
0159-— 117 3C57 Q \% 0.680 N 025 -084 0.74
0202- 170 Q Vv 1.740 N - - -0.13
0215+ 015 B ovw 1715 Y - - 0
0219+ 428 3C 66A B \Y 0.444 N 0.33x  —0.58x -
0222—234 MSH02-27 Q \% 0.23 - - - -
0226— 038 PHL 1305 Q 0 2.064 Y 029 -0.60 -0.24
0229+ 130 4C 13.14 Q 0 2.065 Y 0.25x —-0.73x —-0.24
0232— 042 PHL 1377 Q \% 1434 Y 0.20 -0.66 0.49
0235+ 165 AO B ovv 094 Y 0.96x 0.14x 1.03
0237- 230 Q 0 2.225 Y 0.35 -0.81 0.48
0301— 243 B \% - - - - -0.47
0306+ 102 OE 110 B OvV 0.863 - 0.45x  —0.40x 0.56
0323+ 022 B 0 0.147 - 0.50x  —0.50x -
0333+ 321 NRAO 140 Q 0 1.258 N - - =019
0336— 019 CTA26 Q \Y 0.852 N 0.55x —0.82x 0.25
0338- 214 B \% - N - - 0.21
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Table 1. (Continued)

Source Name Type Var Ze e (B-=-V) (U-B)* o
0340+ 048 3C93 Q \Y 0.357 N 0.35 —0.50 —0.95
0349— 146 MSHO03-19 Q 0 0.614 N 0.43 -0.72 1.13
0350—- 073 3C94 Q 0 0.968 N 0.44x —-068x —094
0403— 130 Q Oovwv? 0571 N 0.28x  —0.57x 0.04
0405-121 MSHO04-12 Q \% 0.574 N 0.18 —0.60 —0.28
0414+ 009 B Y, 0.287 N 0.48x —0.70x -
0414— 060 3C110 Q 0 0.781 N 0.29 —-0.70x -0.83
0420— 014 OF 035 Q OvVwW 0915 Y 048x -032x -0.80
0422+ 004 OF 038 B ovv - N 0.10x —0.49x 0.36
0433+ 052 3C 120 S Oovww 0.033 - 0.67x —0.77x 0.09
0440— 033 NRAO 190 Q Oovww 0844 N 0.37x —-1.05x -0.64
0454— 220 Q \Y 0.534 Y  0.06x -0.62x -0.97
0513— 002 AKN 120 S 0 0.033 - 0.38x  —0.77x -
0518+ 165 3C 138 Q 0 0.759 N -0.04 —0.64 0.57
0538+ 498 3C 147 Q \Y 0.545 N —0.05 —0.82 0.73
0642+ 449 OHA471 Q \% 3408 Y 1.08x 1.70x —0.81
0710+ 118 3C 175 Q \Y 0.768 N 0.13 —0.78 0.98
0711+ 356 Ol 318 Q \% 1626 N - - —-0.32
0725+ 117 3C181 Q \Y 1382 Y 024 —0.88 —0.26
0735+ 170 DA 237 B OoVwW >0424 Y 0.47x —0.58x 0.05
0736+ 017 Ol 061 Q \Y 0.191 N 0.43x  -0.77x -0.10
0738+ 313 0Ol 363 S \Y 0631 Y 0.07x —0.61x 0.24
0740+ 380 3C 186 Q \Y 1.063 N 0.19 -0.81 0.67
0752+ 258 Ol 287 Q \ 0.456 N 0.55x  —0.35x —0.27
07544100 0OI1090.4 B \Y 0.66 N 0.43x  —0.66x 0.58
0802+ 103 3C191 Q 0 1952 Y 0.29 -0.72 0.91
0805+ 046 4C 05.34 Q Y, 2.88 Y 037x -0.04x -0.63
0809+ 483 3C 196 Q \Y 0.871 Y 045 —0.43 0.89
0812+ 020 4C 02.23 Q \% 0.402 N 0.18x —-0.77x —0.63
0818— 128 0J131 B ovwv - N 0.30x  —0.40x -0.02
0829+ 046 0J 049 B Oovv 0.18 N 0.70x  —0.37x 0.07
0833+ 654 3C 204 Q 0 1112 N 0.58 -0.78 0.61
0837— 120 3C 206 Q OvWw 0.200 N 0.02x —-0.85x —0.56
0850+ 140 3CR 208 Q Vv 111 N 0.26 -0.79 —0.93
0851+ 202 0J 287 B OvVV 0.206 N 0.39x  —0.64x 0.11
0906+ 015 4CO01.24 Q ovv 1.018 N 0.47x  —0.85x 0.11
0922+ 149 4C14.31 Q \Y 0.896 N 0.37 —0.51 —0.38
0953+ 254 OK 290 Q \% 0.712 N 0.25x  —0.53x 0.80
0955+ 326 3C 232 Q OovwW 0530 Y 0.08 —0.68 0.22
0957+ 003 OK 096 Q \% 0.907 Y 0.29 —0.69 —0.62
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Table 1. (Continued)

Source Name Type Var Ze 2« (B-=-V)* (U-B)* o
09574561 A Q 0 1.413 Y - - -
0957+ 561 B Q \% 1.425 Y - - -
1004+ 130 OL 331 S ovv? 0.24 - 0.07 -0.82 -0.70
1019+ 309 OL 333 Q Y 1.319 N 0.26x -0.77x -0.64
1021—- 006 Q \ 2.547 N 0.20x —-0.22x  —-0.39
1040+ 123 3CR245 Q \% 1.029 N 0.31 -0.67 -0.67
1048— 090 3C 246 Q \Y, 0.344 N 0.09 -0.37 —-0.94
1049+ 215 4C21.28 Q \% 1.300 N - - =019
10554+ 018 4C01.28 Q \% 0.888 N 0.46x —0.53x 0.13
10554201 4C20.24 Q V 1.110 N 0.36 -0.84 0.82
1100+ 772 3C249.1 Q \% 0.311 N -0.09 -0.64 -0.97
1101+ 384 Mark421 B Y, 0.031 N 0.51x  —0.55x 0.33
11164128 4C12.39 Q \% 2.118 Y 0.35 -061 -0.33
1119+ 183 OM133 Q \% 1.040 N - - 0.00
1127— 145 OM 146 Q 0 1.187 N 0.23 —-0.73 -0.19
11374660 3C 263 Q ovv 0.652 Y 029 -0.68 0.80
1147+ 245 OM 280 B 0 >0.20 N 0.52x  —0.60x 0.39
1148—001 4C00.47 Q \% 1.980 Y 0.37 —1.20 —-0.49
11504497 4C49.22 Q 0 0.334 N 0.30x -0.97x -0.58
1156+ 295 4C29.45 Q ovv 0.729 N 0.39x —-0.50x —-0.42
1206+ 439 3C2684 Q Vv 1.400 Y 0.58x —0.69x —0.94
1215+ 303 ON 325 B ovv 0.237 N 0.46x -0.61x -0.19
1217+ 023 ON 029 Q ovv 0.24 Y -0.06 -0.77 0.04
1218+ 304 RS4 B \% - N 0.65x  —0.50x -
1218+329 3C270.1 Q 0 1.519 Y 0.34 -0.65 0.85
1219+ 285 ON 231 B ovv 0.102 N 0.61x —0.54x -
1226+ 023 3CR273 Q \% 0.158 Y 0.13 -081 0.08
1229-021 4C0255 Q Y, 1.038 Y 055 —-0.66 -0.47
1229+ 202 S \% 0.064 - 0.27x  —1.02x -
1237— 101 ON 162 Q Y, 0.753 N —0.03x —0.75x 0.00
1246+ 377 BSO1 Q Y 1.266 Y 0.34 -0.49 -
1246+ 346 B 46 Q \ 0.271 N 0.35 -0.71 -
1248+ 337 BSO?2 Q Y 0.186 N 032 -1.02 -
1252+ 119 ON 187 Q 0 0.870 N 020 -0.75 —0.30
1252+ 359 B 114 Q \% 0.210 N 0.08 -0.77 -
1253-055 3C 279 Q ovv 0.536 N 035 -071 -0.41
1255+ 353 B 154 Q Y 0.183 N 0.27 -0.72 -
1256+ 357 B 194 Q 0 0.894 Y 0.67 —0.58 —2.66
1257+ 346 B 201 Q 0 1.375 N 029 -0.53 -
1259+ 344 BSO6 Q 0 1.956 N 0.29 —-0.78 -
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Table 1. (Continued)

Source Name Type Var z, za (B-=V)* (U-B)* o
1304+ 374 B312 Q 0 0.450 N 0.28 -081 -
1308+ 3266 OP 313 B OovwW 0.99% Y - - 0.20
1311+ 362 BSO11 Q 0 2.084 Y 0.28 -0.64 -
1318+ 290 Ton 155 Q 0 1703 Y 0.12x  —0.90x -
1318+ 290 Ton 156 Q 0 0549 N 0.08x —0.66x -
1328+ 254 3C 287 Q 0 1.055 N 0.51 —-0.47 0.54
1347+ 214 UMG614 S 0 0.033 - 0.89x - -
1354+ 195 4C19.44 Q Oowv? 0.720 Y 0.25 -0.64 —0.06
1402— 012 UM 632 Q \% 2522 Y 0.21x  —0.27x 0.22
1418+ 546 0OQ 530 B \Y 0.152 N 0.66x —0.50x 0.38
1442+ 101 0Q 172 Q \% 3535 Y 0.80x —0.37x -0.71
1458+ 718  3C309.1 Q V? 0.905 N 029 -0.76 0.54
1502+ 036 Q 0 0411 N 0.47x  —0.56x -
1510-089 ORO017 Q Oovwv? 0.361 Y 021 -0.65 -
1514— 241 Ap Lib B ovv 0.048 N 0.80x —0.29x -0.16
1526+ 285  Ton 236 Q 0 0.450 N 0.00x —0.60x -
1532+ 01E Q? Y 0.310 N - - -
1532+ 01W  1532+016 Q V 1435 N - - —0.26
1538+ 149  4C 14.60 B \ 0.605 N 0.52x  —0.60x 0.34
1545+ 210 3C 3231 Q ovv 0.264 N 0.07 —0.68 —0.56
1546+ 027 OR 078 Q \% 0.413 N 0.17x —0.71x 0.17
1553+ 113 Q \ 0.360 N - - -
1606+ 289 Q \Y 2560 N - - -0.42
1611+ 342 0S 319 Q \Y 1401 N - - 0.19
1612+ 261  Ton 256 Q Vv 0.131 N 0.65x  —0.78x -2.29
1615+ 029 Q 0 1.339 N —0.08x —1.04x  —-0.19
1618+ 177 3CR 334 Q OvW 0555 N 023 -0.94 1.32
1638+ 398 NRAOS512 Q OvVW 1666 N - - 0.12
1641+ 399 3C 345 Q ovv 0594 N -.39 —0.64 0.26
1652+ 398 MK 501 B 0 0.033 N 0.74x  —0.25x 0.06
1704+ 608 3CR 351 Q Oovwv? 0371 Y 0.11 -0.77 -0.85
1727+501  1ZW 187 B 0 0.053 N 0.63x -052x -0.18
1730— 130 NRAO530 Q OovVv 0.902 N - - —0.25
1749+ 701 B \% 0.770 N 0.45x —0.50x 0.25
1749+ 096  4C 09.57 B Y 0.322 N 0.52x —0.42x 1.01
1807+ 698 3C371 B ovv 0.051 N 0.55x  —0.48x 0.14
1828+ 487 3C 380 Q \Y 0.691 N 0.17 -0.79 0.47
1831+ 731 S 0 1356 - - - -
1845+ 797  3C 390.3 S \Y 0.057 - 0.68x —0.69x —0.63
1901+ 319 3C 395 Q \% 0.635 N - - —0.58
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Table 1. (Continued)

Source Name Type Var Ze za (B-=V)* (U- B)* o
1929—-293 OV 236 Q Oovw 0352 N - - -
2059+ 034 OWwW 098 Q Y 1.013 N 0.35x —0.84x 0.44
2128— 123 PHL 1598 Q \% 0.501 Y 0.27 —-0.82 -0.11
2131-021 4C0281 B Vv 0.557? N - - 0.13
2134+ 004 PHL61 Q 0 1936 N 0.30x —0.94x -
2135— 147 PHL 1657 Q ovv 0.200 Y -0.03 —-0.84 -
2145+ 067 4C06.69 Q 0 0990 Y 032 -0.76 0.40
2154— 184 Q 0 0.668 N - - -1.17
2155— 304 B \% 0.116 Y 0.35x —0.73x 1.77
2200+ 420 BLLAC B ovv  0.069 N 0.97x -0.10x -0.13
2201+ 315 4C31.63 Q 0 0298 Y 0.09x —0.76x -
2209+ 080 4C08.64 Q 0 0.484 N - - =051
2216—038 4C03.79 Q 0 0.901 N 0.63x -0.71x -0.61
2223—-052 3C 446 Q Oovw 1404 N 0.48 -0.63 —0.08
2223+ 210 DA580 Q 0 1935 Y - - -
2230+ 114 CTA 102 Q \% 1.037 N 0.28 —0.63 0.50
2251+ 113 4C11.72 Q 0 0.323 N 0.15 -0.68 -0.70
2251+ 158 3C 454.3 Q ovv 0.859 N 0.33 —0.66 —-0.79
2251+ 244 4C2461 Q Y 2237 Y - - —-094
2251—178 S \% 0.068 - 0.91x 0.05x -
2254+024 O0OY091.3 Q 0 2091 N 0.083 - 0.17
2254+ 074 OY 091 B ovv? 0.19 N 0.66 —0.44x 1.19
2304+ 187 4C18.68 Q Y 0.313 N 0.13x —-0.75x —0.42
2335— 181 Q \% 1.441 N 0.07x —0.91x -0.18
2344+ 092 4C09.74 Q Y, 0.677 N 036 -0.71 —0.06
2345— 167 0Z 176 Q OwW 0600 N - - -1.82
2349—- 014 PB5564 Q \% 0.174 N 0.12x —-0.90x -0.60
2354— 117 Q 0 0960 N - - -0.18
2354+ 144 4AC 14.85 Q \% 1.816 Y 0.14x —0.90x 1.61

Notes: Q= QSO;S = Seyfert;B = BL Lac; Var = degree of variabilityz, = emission line
redshift;z, = absorption line redshifty = No; Y = Yes;(U — B)* and(B — V)* = continuum

color indicesx under(U — B)* and(B — V)* columns= observed values of color indices;

o =radio spectral index between emitted frequencies of approximately 3.0 GHz and 12.0 GHz.

spectra, and a distinct tendency was exhibited by the mean spectral index to approach
flatness, while the percentage of quasars showing flat radio spectrawas seentoincrease
with increase in optical variability (Basu 1973). On the other hand, optically variable
QSO0s demonstrated significant dependence of the degree of variability on the redshift
(Basu 1980a). It was further suggested that the very long term variability of QSOs
may be caused by changes in the intervening medium over the years along the line of
sight through which light travels (Basu 1980b). Variability of QSOs was also shown
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Table 2. Breakdown of data in Table 1.

QsO BL Lac Seyfert

Sec T 0 \Y ow T OV OW T 0 V O0OVV Total

2 110(74) 27(23) 63(35) 20(16) 283 10 15 7 1 2 4 145
3 144(54) 44(19) 76(22) 24(13) 274 10 13 11 3 5 3 182

4 145(54) 45(24) 75(30) 25(0) 313 14 14 - - - - 176
5@) 71(48) 22(17) 35(19) 14(12) - - - - - - - - 71
5(b) 45 15 24 6 294 14 11 7 1 4 2 81
Note:

e Section numbers in the first column refer to the section where the data have been used. 5(a)
refers to data for continuum color indices, and 5(b) refers to data for observed color indices.

e Numbers within parentheses under ‘QSO’ refer to those used in earlier analyses referred to
in the text.

e Tis ‘Total’, and 0, V, OVV are degrees of variability.

to be independent of the appearance of absorption lines (Basu 1985). On the other
hand, statistically significant relations were found between continuum color indices
and redshifts fov = OVV QSOs, while no such relation existed fér= 0 and

V =V QSOs (Basu 1987).

However, the volume of data has increased enormously since the above analyses
were performed. Furthermore, while the earlier works reported above were carried out
mostly with QSOs, extensive data are now available for other types of extragalactic
objects as well, viz., BL Lacs and Seyferts, which provide an opportunity to compare
properties of these three types of objects. The importance of these objects in such
studies will be appreciated as they exhibit many similar characteristics and also due to
the possibility of existence of continuity in their properties (Thakur & Sapre 1980; Basu
1986). We were therefore prompted to re-examine the relationships mentioned above
with the help of updated data involving the three types of extragalactic objects, viz.,
QSOs, BL Lacs and Seyferts, collectively known as Active Galactic Nuclei (AGNS).

It may be mentioned in this connection that various aspects of AGN variability have
been reviewed recently by Ulriadt al (1997).

Our data base presented in Table 1 has been prepared from Evans (1972); Basu
(1973, 1980a); Burbidget al (1997); Picaet al (1988); Webbet al (1988); Stickel
et al (1991); Elviset al (1994); Hewitt & Burbidge (1993); Padovani & Giommi
(1995); Veron-Cetti & Veron (1996); Fan (1997) and Hatlal (1998). A break-
down of the number of different types of objects in different classes in the present
analysis compared to the same in the earlier work is shown in Table 2. The pur-
pose of this paper is to draw attention of researchers in the field to certain rela-
tionships that exist and/or do not exist although expected to exist, between various
properties stated above of different types of extragalactic objects in relation to their
variability. Throughout the work it has been assumed that the samples used are rep-
resentative of their classes, even though the samples of different AGN classes are
actually heterogeneously selected. Further, the samples comprising the three classes
combined, viz., QSOs, BL Lacs and Seyferts, are hereinafter called Active Galaxies
(AGS).
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2. Optical variability and radio spectral index

A major contribution of optical monitoring of extragalactic objects has been the dis-
covery of theOV Vs which are now thought to possibly represent a separate class
of objects that includes QSOs along with BL Lacs (the so called “Blazars”) which
are believed to be beaming their radiation toward the observer (Angel & Stock-
man 1980). One of the important properties@¥ Vs is that they show flat radio
spectra, as mentioned above, based on which models have been proposed for these
objects. Special attention is therefore needed as to ho@W®'s particularly distin-

guish themselves, if at all, in respect of radio spectra from objects With 0 and

V=V.

We calculated radio spectral index)(d&@om data at observed frequencies of
2.695GHz and 5.0GHz. The observed frequencigg) @re converted to emitted
frequencies (,) as v, = vo(1l + z), wherez is the redshift of the objectr is
defined as S= v¥, wheresS, is the flux value at the frequenay This provided us
with o values between emitted frequencies of approximately 3.0 GHz to 12.0 GHz
for redshift values of the sample used hergvalues of Basu (1973) are usedoas
the present analysis, and additional valuea tfave been calculated and/or obtained
from data available in Stickelt al. (1991), Veron-Cetti & Veron (1996) and Helial.
(1998).

Results are shown in Fig. 1 as the distribution of the radio spectral index for the three
variability classes. For each class, individual samples of QSOs, BL Lacs, Seyferts and
AGs are shown. The mean value of each distribution and the standard devégion (
are presented in Table 3.

Several features are seen in Table 3 and Fig. 1. The way the quaritdg been
defined, a spectra will be called flatdfis more negative than 0.5 or more positive
than—0.5, i.e., ifa remains betweer:0.5. Based on this criteria, all the spectra are
flat from consideration of the mean values of their distributions (with the exception of
BL Lacs forV = V which is also actually nearly flat). This is in contrast to earlier
findings where flatness was found to be related to the degree of variability (Basu 1973).
Furthermore, the present analysis indicates no statistically significant change in mean
values of the radio spectral index at the high frequencies with the degree of variability,
in either of the individual samples viz., QSOs, BL Lacs or Seyferts, or AGs. It is,
however, noted in Table 3 that the standard deviation is quite high in all cases, as in
the previous analysis.

Results presented in Table 4 demonstrates that almost the same proportion of objects
in each of the three variability classes exhibit flat radio spectra, viz., 50 to 60 per cent
of AGs, 40 to 50 per cent of QSOs and 70 to 80 per cent of BL Lacs, while the sample
is too small for consideration for Seyferts.

The analysis confirms earlier findings (Basu 1973) that, contrary to the currently
existing view, in whichO V'V objects are regarded as exhibiting flat radio spectra, this
is really not a unique property ad V'V objects, but the property is almost equally
shared by objects of moderate variablity and non-variables as well.

3. Optical variability and redshift

The dependence of variability on redshift is complicated by the dependence of vari-
ability on absolute luminosity as well, while at the same time the absolute luminosity
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Figure 1. Distribution of mean radio spectral indéx) at high frequencies (rest frame) for
three variability classes. White AGs; Hatches= QSOs; Crossed hatchesBL Lacs; Dark=
Seyferts.

itself is anti-correlated with redshift, and this “has resulted in a complex situation”
(Cristiani et al. 1996). Cristianet al. (1996) have developed a ‘variability index’
(IDX) which is a measure of the intrinsic variance and takes also photometric errors
into consideration. They found that the IDX is anti-correlated with redshift, although
correlated with absolute magnitude. However, since absolute magnitude, in its turn, is
anti-correlated with redshift, these relations may not be real. In practice, it is difficult
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Table 3. Mean values o& and corresponding,, .

Sample Variability No. of objects o o
AG 0 51 —0.1484 0.7586
Y, 91 —0.1681 0.6674
owv 40 —0.1263 0.6094
QSO 0 44 —0.1286 0.8093
V 76 —0.1841 0.6674
owv 24 —0.3143 0.6342
BLLac O 4 0.0667 0.2494
\Y 10 0.5200 0.5671
owv 13 0.2133  0.4097

Table 4. Percentage of objects with= +0.5.

Sample/Variability No. of objects 0 Y ovv

QSO 144 41 50 50
BL Lac 27 75 70 80
Seyfert 11 100 50 25
AG 182 47 53 59

to know the relative dependence of variability on redshift and on absolute luminosity,
individually, and to separate the two from each other. No such attempt has been made
in the present analysis.

Figure 2 shows the redshift distribution of the entire sample for the three different
degrees of optical variability. As in the previous analysis, the striking feature of the
diagram is that while the non-variable and, to some extent, the moderate variable
objects are spread more or less uniformly along the redshift scale 11p-t@.50 to
z = 3.0, OVV objects are concentrated at the lower range of the scale, mostly at
z < 1.0.

Mathematicallyy? testis performed to determine any significant dependency of the
degree of variability on the lower redshift range< 1.0) versus the higher redshift
range (z >1.0) (there is no object in Table 1 with= 1.0) for AGs, QSOs and BL
Lacs, the sample being too small for Seyferts for any such tes?.@ntingency tables
for three degrees of variability against redshifts of lower and higher ranges are shown
in Table 5. The analysis is repeated withx2 contingency tables for nonvariables
(V = 0) and variables{ = V plusV = 0OVYV) against lower and higher redshift
ranges (Table 6). Results given in Table 7 show that the hypothesis of dependency is
statistically significant at high levels for all samples, except for BL Lacs where the
significance is marginal for variables against non-variables. This confirms the earlier
result that optically variable QSOs exhibit statistically significant dependency of the
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Table 5. 2 x 3 tables for variability against

Sample z/Var 0o VvV ow

AG z<10 26 58 36
z>10 25 32 4

QSO+BLLac z<10 24 53 33
z>10 24 32 4

QSO z7<10 20 43 21
z>10 24 32 3
BL Lac z<10 4 10 12
z>10 0 O 1
Seyfert z<10 2 5 3
z>10 1 O 0

Table 6. 2 x 2 tables for variability against

Sample z/Var 0 V + OVV
AG z<10 26 94
z>10 25 36
QSO+BLLac z<10 24 86
z>10 24 36
QSO z<10 20 64
z>10 24 35
BL Lac z<1.0 4 22
z>10 O 1

degree of variability on redshift (Basu 1980a), and the finding is now extended to other
objects like BL Lacs and possibly to Seyferts, and AGs, i.e., extragalactic objects in
general.

This is of course expected, @S ohserved = (1 + z) Afintrinsic; @nd observed high
redshift sources will tend to be less variable in the observer’s reference frame. This
also explains why) V'V objects seem to concentrate at low redshift regions. Moreover,
the known correlation between variability time scales and luminosity (see e.g., Netzer
et al. 1996) would support having less variable sources at higher redshift regions.

4. Optical variability and absorption features

Variability is measured as a change in optical magnitude of the object over a certain
period of time. Such changes may result from physical phenomena occurring in the
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Table 7. Results ofy? tests for var against

Sample Table x2 Sig level
AG 2x3 15.07 99.0
QSO+BLLac 2x3 14.39 99.0
QSO 2x3 11.2 99.0
AG 2x2 7.62 99.5
QSO+ BLLac 2x2 6.52 99.0
QSO 2x2 4.83 95.0
BL Lac 2x 2 1.09 75.0
BL Lac 2x3 36.0 99.9

* Yeates correction applied.

source itself (intrinsic) or from changes occurring in the intervening medium along
the line of sight. It is known that absorption lines may also originate intrinsically to
the object itself or at the intervening medium. Thus the intervening medium may be
the common cause associated with the occurrence of both variability and absorption
lines, at least in some cases, in extragalactic objects.

Analysis of a sample of 54 QSOs taken out of 64 objects, “probably complete”
to m < 18.0, demonstrated (Basu 1985) that optical variability is not associated
with the presence or absence of absorption lines in QSOs. fusst performed
for the absence or presence of absorption lines against non-varlabie Q) and
variable (V= V plusV = O0VV) QSOs did not show any association of variability
with the appearance of absorption features, even though Borra (1975) claimed optical
variability to be more frequent among QSOs with absorption lines than those without
any absorption feature.

Table 8. 2 x 3 tables for Abs lines against var.

Sample Abslines/Var 0 V OWV
QSO+ BL Lac Yes 18 21 12
No 30 68 27
QSO Yes 18 20 8
No 27 55 17
BL Lac Yes 0 1 4
No 3 13 10

Table 8 shows thex23 contingency tables for the presence and absence of absorption
lines against the three degrees of variability for different samples. We also performed
the x 2 test with 2x 2 contingency table for the presence or absence of absorption lines
against non-variabled/(= 0) and variables{ = V plusV = OV V) with the same
sample, and this is shown in Table 9.

As in the earlier work, we repeated the latter analysis by eliminating the objects
with z < 1.0 from the sample, which left us with 59 QSOs (Table 9), in order to look



276 D. Basu

Table 9. 2 x 2 tables for Abs lines against var.

Sample Abslines/Var 0 & OVV
QSO+ BL Lac Yes 18 33
No 30 95
QSO Yes 18 28
No 27 72
QSO(z > 1.0 Yes 15 13
No 9 21
BL Lac Yes 0 5
No 3 23

Table 10. Results ofy? tests for Abs lines against

var.
Sample Table  x? Sig level
QSO+ BLLac 2x3 —20.95 0
QSO 2x3 1.94 <75
BL Lac 2x3 —=1.90 0
QSO+ BLLac 2x2 2.33 <75
QSO 2x2 2.06 <90
QSO(z>1.00 2x2  10.25 99.9
BL Lac 2x2 0.64 50

for any selection effect, as it has been pointed out (Basu 1982) that relatively more
absorption lines are seenat- 1.0.

Table 10 shows thg? values and corresponding significance levels for these anal-
yses. It will be seen that none of the samples considered is statistically significant,
except QSOs with > 1.0. Thus the presence or absence of absorption lines in extra-
galactic objects is, in general, independent of the variability of the object, and this
confirms the earlier findings for QSOs in this respect (Basu 1985).

However, it also appears that the above mentioned selection effect may have influ-
enced the result for the current sample of QSOs with 1.0, in which the presence
or absence of absorption lines is significantly associated with the degree of variability.
More observations are therefore needed.

On the other hand, BL Lac objects individually or in combination with QSOs,

i. e., extragalactic objects in general (QSOs plus BL Lacs) exhibit absorption features
in their spectra independent of their optical variability. The reason may be the low
redshifts (z <1.0) of the BL Lacs. No test was performed for BL Lacs witls- 1.00

as almost all BL Lacs have < 1.00.

The number of Seyfert galaxies in the sample is too small for a separate analysis.
Furthermore, there is no data available for their absorption features. Also, redshifts
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of Seyferts are even smaller than those of BL Lacs, and hence it is very unlikely that
Seyferts will influence the conclusion reached above in connection with extragalactic
objects in general.

Assuming redshift is cosmological, > 1.0 corresponds to objects at very large
distances implying a larger light path through the intervening medium. It may be worth
investigating (which is of course beyond the scope of the present work) whether the
two phenomena, viz., variability and absorption lines for objects with1.0, if there
is no selection effect for the close association between the two, may have a common
origin in the intervening medium, as was pointed out by Basu (1987). It is known that
variability is observed at other wavelength bands as well, e.g., hard x-ray and infra-red,
which are much less affected by absorption. Variability in such cases may be assigned
to be an intrinsic phenomenon.

5. Optical variability and color-redshift relation

Variation of color indices with redshifts is known to be complex and does not exhibit
any correlation (McCrea 1966; Strittmatter & Burbidge 1967; Goldsmith 1972; Basu
1981, 1986, 1990). The importance of such study lies in the fact that a simple rela-
tionship between the redshift and color indices may lead to the prediction of redshifts
from photometric observations, a rather much easier way of determination of redshifts.
Derivation of energy distribution function is another possibility, although continuum
color indices have to be used for the purpose. The effect of variability, if any, in such
investigations would certainly throw more light on the phenomena involved.

Basu (1980b) analysed continuum color indices (Evans 1972) and found a statisti-
cally significant correlation between redshift and continuum color indice® oV
QSOs, although no such correlation was exhibited by the other two classeg, w2,
andV = V. As was indicated in Basu (1974, 1980b, 1986), continuum color indices
are better suited for such analyses since observed indices are contaminated with the
presence of emission lines.

Nevertheless we have also added observed color indices in Table 1 for objects
for which continuum indices are not available. As far as is known to us, continuum
color indices have not been determined other than the work of Evans (1972), and
more recently, that of Elviet al (1994), used in the present analysis. Published data
and work with observed color indices are actually more common in catalogues and
literature (e.g., McCrea 1966; Strittmatter & Burbidge 1967; Goldsmith 1972; Hewitt
& Burbidge 1993; Veron-Cetti & Veron 1996). The present study with observed color
indices may provide a comparison.

Figures 3 to 5 show plots of color indices, both obsernvéd € B)x, (B — V)x)
and continuum (U — B)*, (B — V)*), against redshifts for QSOs, BL Lacs and
Seyferts separately, for the three degrees of variability. The plots may appear random
distribution of points, but following up individual symbols would demonstrate some
significant correlations, and these are presented in Table 11 (we did not consider any
correlation for samples with total number of objects less than 15).

In case of AGs, significant correlation is established for redshift agéinst B)*
forV.=0andV = OVV,and(B — V)* for V. = V. As for QSOs, whereas the
previous analysis showed significant correlation(@r— B)* and(B — V)* against
redshifts only forO V Vs, the present analysis demonstrates such relatiq/ferB)*
forV=0,and(B — V)*forV =V andV = OVV.
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Figure 3. Plots of color indices against redshifts for variability cl&ss- 0. Circles and crosses
= QSOs; filled circles and crossed circlesBL Lacs; squares and crossed squateSeyferts.
Crossed symbols: (U — B)x or (B — V)x; Non-crossed symbols (U — B)* or (B — V)*.

On the other hand, observed color indi¢gs— B)x and(B — V)x show significant
correlation forvV = vV andV = 0 (latter, although negative) respectively for AGs.

As for QSOs, such relations are demonstrated by bGth- B)x and(B — V)x for
V=V,and(B—V)xforV=0VV.

Significant correlation of color indices against redshift is therefore not limited to
O VYV objects only, as was found in the earlier analysis (Basu 1986).

The relationships shown by the observed color indices against redshifts are important
from the practical point of view in the sense that redshifts can be predicted and/or deter-
mined from photometric observations. A statistically significant relationship between
the two quantities has long been sought for in the past (see Basu 1986, in this respect).
In general, extragalactic objects do not show such a relation. However, Table 11 would
demonstrate that for non-variabl® (= 0) and moderate variablé/(= V) objects
highly significant linear relations do exist for the observed color indiéés- B)x
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Figure 4. Same as Fig. 3, for variability clags= V.

and(B — V)x. As mentioned earlier, such prediction and/or determination of redshifts
from photometric measurements is a much simpler and easier method and should be
exploited.

We can represent a significant linear relation between a color index (CI) and redshift
(z) by Cl = A 4+ Bz, where Cl can béU — B)x or (B — V)x and A, B are constants.
Determination of A and B from data in Table 1 shown in Figs. 3 and 4 leads to

(U — B)x = —0.7955+ 0.2678zfor AGs forV =V, (1)
(B — V)x = 0.4365+ 0.1578zfor AGs forV = 0, (2)
(U — B)x = —0.9453+ 0.3343zfor QSOs forV =V, 3)
(B —V)x =0.1981+ 0.1133zfor QSOs forV = V. (4)

Equations (1) to (4) can be used for prediction and/or determination of redshifts from
values of color indices obtained by photometric measurements. This can be demon-
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Figure 5. Same as Fig. 3, for variability cla3s= OV'V.

strated for individual objects of our own sample. Thus redshifts computed from the
above equations are 0.9914 (object 185818), 2.0057 (object 1328 290), 2.708

(object 0805+ 046) and 1.3407 (object 2059034), the spectroscopic values being
0.888, 1.703, 2.88 and 1.013, and hence accuracies 11.6, 17.8, 6.4 and 32.3pc respec-
tively. Accuracies appear reasonable and bettef@b~ B)x values than those for

(B — V)x values, which can also be seen from the relatively larger correlation coeffi-
cients of(U — B)x versus than those fofB — V)x versus.

It is, however, admitted that although the statistical significance levels are high,
appreciable scatters are present in Figs. 3 and 4. More data obtained from future obser-
vations would probably make less scatters in the diagrams, and hence better prediction
and/or determination of redshifts from such relations. Furthermore, equations (1) to
(4) obtained for the present sample can be used for prediction and/or determination of
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Table 11. Correlation coefficients with redshift.

Sample Parameter Vat 0 Var =V Var = OVV

r L Sig? r L Sig? r L Sig?

AG (U-B)* 03554 95 Y 0.1056 0 N 04832>95 Y
(B—V)* 02859 90 M 0.4089 99 Y 0.2923 85 N

(U—-B)x —03306 93 M 0.5714 99 Y -0.0071 0O N

(B—V)x —04012 97 Y 0.1791 88 N -0.1814 <80 N
QSO (U -B)* 03554 95 Y 0.1056 O N 0.4443 999 Y
(B—V)* 02851 90 M 0.4089 99 Y 0.5600 999 Y
(U—-B)x —04182 92 M 0.6664 99 Y 0.1171 0 N
(B—V)x 0.0667 O N 0.4061 98 Y 0.9748 999 Y

Notes: r = Correlation coefficientt. = Level of significanceSig? = whether significanty =
Yes;N = No; M = Marginal.

redshifts from photometric measurements f@r— B)x > —0.7955, (B— V)x <
0.4365, (U— B)x > —0.9453 and B — V)x > 0.1981 respectively.

6. Conclusion

The foregoing analyses lead us to make the following important conclusions with
respect to optical variability of extragalactic objects in relation to their redshifts and
other properties. It is, however, admitted that some selection effects have not been
taken into consideration. As an example, low redshift objects are likely to be nearer
and brighter and hence better studied than high redshift ones which are expected to be
fainter. Some degree of caution is therefore suggested with respect to the conclusions
stated below.

o Radio spectral index at high frequencies (rest frame) does not change significantly
with the degree of variability of extragalactic objeasV V objects which have drawn
special attentionin this respect exhibit flat radio spectra at high frequencies (restframe),
but this is not an exclusive property 6fV Vs only, as has so far been considered, since
objects of lower categories of variability and non-variables also show such spectra.

e The degree of variability of AGs depend significantly on redshifts in the sense
that smaller redshift objects exhibit a higher degree of variablity.

e Presence or absence of absorption lines in AGs does not depend on the degree of
variability except for QSOs at larger redshifts 1.0).

o Correlation between color indices and redshift depends on the degree of variability
and the sample considered. Thus:

(a) For AGs, in general, continuum color indé& — B)* exhibit significant cor-
relation for non-variables and violent variables awd— V)* for moderate variables.

For QSOs(U — B)* is significantly correlated for non-variables whilg — V)* for
moderate and violent variables.

(b) Observed color indicesU — B)x and (B — V)x exhibit significant corre-
lations with redshifts for moderate variable and non-variable AGs respectively, and
moderate variable QSOs. This is an important property and can be utilized for predict-
ing/determining redshifts from photometric observations.
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In view of the above findings with respect to variability, continued observations
involving monitoring of all types of extragalactic objects is suggested and the relation-
ships checked as more and more data are available.
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Abstract.  We present the results from ROSAT observations of 3C273
in the soft X-ray band. The light variation of 3C273 was investigated for
three different energy bands of soft, medium, and hard. The maximum
variability with a factor of 2 for 551 days was confirmed at all three different
bands. This appears to be a periodic variation within the period of roughly
6 months. However, the short-term or micro variation was not so distinct
and the light variation of each band did not show any correlation between
them. The hardness ratio for hard and soft bands shows irregular variation
but there was no correlation between them. There is no distinct variation of
the photon index in the case of simple power law model fitting. For power
law + free absorption model fitting, the average photon indexg12.08.

Key words. Galaxies: individual (3C273), quasar—X-rays: galaxies.

1. Introduction

Bright quasar 3C273% (= 0.158) is one of the most extensively observed extragalac-
tic objects and has been tested by many theories of active galactic nuclei. Bowyer
et al. (1970) detected X-rays from 3C273 for the first time. Tureernl. (1990)
observed it with the EXOSAT and Ginga and they determined the photon index
value of 140 < I' < 1.55 using the simple power law model. The fact that this
value does not correlate with the flux variation in the 2—10 keV band region was also
confirmed.

They also found the existence of soft excess below 1 keV from the analysis of the
EXOSAT data and this was confirmed by Courvoig¢ral. (1987); Masnowet al.
(1992), and Wilkes & Elvis (1987) who analyzed the Einstein data. Furthermore, it
was found that this soft component flux varies during a one week period. The existence
of a soft excess component was again confirmed by Staubert (1992) from the analysis
of the ROSAT and Ginga data.

Hence there has been no doubt about the existence of the soft excess component to
3C273, but there has been no agreement with the spectral model fitting to it. Based
on the analysis of the Einstein data, it was argued that the broken power law or power
law + black body model is better than other models. However it was reported that
the black body, steep power law, or thermal bremsstrahlung model is good for the
EXOSAT data.

Leachetal. (1995) analyzed the ROSAT PSPC data through 14 times of observations
for 25 days and they found that the variations of the overall count rate is 20 per cent in
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2d and the count rates, when splitinto hard (1.5-2.4 keV) and soft (0.1-0.3 keV) energy
bands, are not correlated, showing that two physically distinct emission components
are present. They also reported that the spectra are modelled best by a combination of
two power laws with absorption at the galactic value, the spectral index of the softer
power law (soft) is 2.7 when the photon indeX{arq) of the harder power law is fixed

at 1.5, and there are small but significant variatioriSsgx which do not correlate with

the soft count rate.

Fanet al(2001) used a database of measurement of 110 years in the B-band in order
to search periodicity of 3C273 and they argued the existence of periods of 2.0 years.
By encouraging this discovery, we try to analyze the four ROSAT PSPC data sets of
3C273 which were not included in the investigation by Leathl. (1995) in order
to search any periodic long-term soft X-ray variation. We present the observation in
section 2, an analysis and the results in section 3, and discussion and conclusion in
section 4.

2. Observations and data analysis

The X-ray data described here are from observations carried out at four epochs between
December 15th, 1991 and June 17th, 1993 using the X-ray telescope on board the
ROSAT Observatory (Trinper 1983) with the position sensitive proportional counter
(PSPC; Pfeffermanet al. 1987). The bandpass of the PSPG-i6.1-2.4 keV and the

field of view was~ 2° diameter. The energy resolutiondst /E = 0.43(E/0.93)%°
(FWHM) where the unit of is keV. The spatial resolution at the central parti&5’
(FWHM) (Hasingeret al. 1992). To eliminate the shadow effect due to the grid in
front of the detector window, the satellite was wobbled at a period 400 sec with

a wobbling angle ot 7'-8".

In order to investigate the long-term variation, we searched all the ROSAT PSPC
archive data for 3C273. The selection criteria were first, observations should cover a
long enough duration — at least more than one year —and, second, the count rate should
be higher than about 10 (c/s) for more reliable timing and spectral analysing results.
We selected four sources observed by different observers from 1991/12 to 1993/06 for
about one and half years. 3C273 was at the center of the PSPC field of view during
two of the observations. In the other two it was at different off-axis angles. We will
refer to them as P1, P2, etc. The log of observations is presented in Table 1 where the
source number, observation date, exposure time and count rate are given.

All data sets were analyzed using the MIDAS-EXSAS software package (Zimmer-
mannet al. 1994). The imaging analysis, background subtraction and various detector
corrections like vignetting and dead time corrections are included in data reduction.
The source was extracted from a circular region of 1.5 arcmin. The background was
computed in an annulus between 2.0 and 3.4 arcmin centered on the source cell. For
the off-axis sources, a larger circular region was taken for source extraction and other
nearby regions without faint sources instead of an annulus centered on the source were
taken for the background subtraction.

3. Analysis and results

Because the typical X-ray spectra of AGNs show a distinct structural pattern caused
by the soft excess, absorption by cold material in the host galaxy, anichK etc.,



285

X-ray Variability of 3C273

ou €992 0€€E  /G:EETT/LT/I0/E6 80:20:9T/90/90/€6 d60STYT d
sak 06'6T 0€8¥Z  6S:91:22/92/2T/26 9€:TEIST/VZ/ZT/Z6 T-dZ¥2009 ed
sah GO'TE 8.0¢  €¥:SS:TZ/TT/LO/Z6 9€:/1:12/12/L0/26 d2v2009 2d
ou v9'vT Ov19  TO:OT:¥0/ST/ZT/T6 9G:75:80/7T/ZT/T6 dT6T00. 1d

sixe-JO (s/s10) (0ds) [Ln] [LN] laquinu aureu

alel unonH awn ainsodx3 awin pu3 awin ueis 92In0S 92In0S

'SUOIEAIBSA0 DdSd-1VSOY Jo BoT T 9jqel



286

Figure 1(a—d). The X-ray light curves in the three X-ray bands (top three panels) and hardness
ratios of 3C371. Note that the scale of X-axes is not the same for all observations.

it is necessary to investigate the light variation for different energy bands. Figure 1
shows the X-ray light curves for the three energy bands of soft, medium, and hard
energy regions. These three bands correspond to channels 11-19, 52-69, and 132—
201, respectively. Data were rebinned into 400 sec bins. Note that the scale of X-axes
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Figure 1 does not exhibit any distinct short-term variation. However it can be seen
that the count rate in the three different bands varies alternately for four data sets.
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Table 2 represents the mean count rate for different bands.

Table 2. Mean count rate for soft, medium, and hard band as well
as the hardness ratio for four data sets.

700191p 600242p 600242p-1 141509p
Hard(c/s) 0.8 1.2 0.7 1.2
Medium(c/s) 0.5 0.9 0.5 0.9
Soft(c/s) 0.9 2.0 1.3 2.0
hrhard 0.2 0.2 0.2 0.2
hFsoft 0.1 -0.2 -0.2 -0.1
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Figure 1(b). (continued)

The mean count rate for the hard band varies from 0.8 (c/s) in 700191p to 1.2
(c/s) in 600242p, then recovered to 0.7 (c/s) in 600242p-1. Again the count rate
increased to 1.2 (c/s) in 141509p. For medium and soft bands, the light varia-
tion shows a similar pattern. Because the observation of four data sets carries out
with crudely every half year interval, this alternate variation seems to be a peri-
odic phenomenon. Also the amount of increment or decrement is largest for the
soft band. And, in addition, the soft flux varies more largely than the hard flux
especially for 600242p-1. A more detailed discussion will be given in the last
section.

In order to investigate the presence of any correlation between the hardness ratio
and light variations, we calculated the hardness ratio-gf; andhrnag. The hardness
ratio is defined as equation (1) and (2) below whered,, band,, bands, andband,
are the count rates in channels 11-41, 52-201, 52-90, and 91-201 respectively.

(bandy — bandy)

(bandy + band,)’
(bandy — bands)

(bandy + bands)”

(1)

hrsoft =

)

hrhard =
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Figure 1(c). (continued)

The lower two panels for four data sets in Figs. 1 sthow; andiraqversus time.
We can see that bothrr andhrpargvaried irregularly on short time scales. For all four
data set&rnarqvaried from 0.14 to 0.22, buitrses varied strongly from 0.08 te-0.19.
A variation in the hardness ratio exhibits spectral variability during the observations.
However, any correlation between the hardness ratio and the light variation cannot be
seen. Furthermore it was also found that there is no correlation between the variation
of thEhrsoﬁ andhrhard.

The X-ray spectra of AGNs are complex (see Turtaal. 1993; Nandra & Pounds
1994; Pagest al. 1999). The energy source belewlOkeV is composed of at least
two parts, i.e., a power law component which reaches to the higher energy region
(> 40keV) and a soft X-ray component appearing in the lowerl(0 keV) energy
region. The power law component seems to be produced in the hot corona surrounding
the relativistic accretion disk (see Nandhzal. 1997).

For the spectral analysis we excluded bad PSPC channels 1-9 and 241-256 and the
data were rebinned to have a S/N ratio of 8. A simple power-aabsorption model
was fitted and the best-fit parameters are presented in Table 3. In Fig. 2, we show the
observed spectra for all four sources with the best-fit model and residuals between the
spectra and the model are shown in the lower panels of this figure. We can see from the
x? statistics that this model provides acceptable fits to all data sets except the spectrum
of 600242p-1.
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The column density values of the hydrogew() along the line of sight to 3C273
are smaller than the Galactic value o779 x 10, H-atom/cn? (Dicky & Lockman
1990). This loweVy, i.e., “NegativeN ", implies a “soft excess” due to ionization.

Residuals of this figure clearly show the existence of the “soft excess” and the soft
emissions are variable. Because our main purpose is the investigation of the long-term
variation, we did not try to apply other models for a better fit except a few models such
as power law+ fixed absorption, black body, exponential, thermal bremsstrahlung,

Table 3. Spectral fits to the spectra of 3C273: Power-kawabsorption model.

Source name pe N? N§ x?/d.of L4
P1 1.92+0.04 1.85+0.03 1.67+0.10 1.16/198 1.03
P2 218+0.05 281+0.06 1.62+0.12 1.62/174 2.00
P3 2184+ 0.05 1.57+0.02 1.67+0.05 4.40/206 1.23
P4 205+ 0.04 286+0.04 1.46+0.09 1.15/190 1.78

4Photon index.

bNormalization at 1 ke V.
¢Column density Ny) 1029 H-atom/cn?.
4Luminosity[1d erg/s].
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Figure 2. Observed spectra of 3C371 along with the best-fit model (poweralsorption).
Residuals between the spectrum and the model are shown in the lower panels.
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and power laws+ exponential. From theg? statistics for these models, it was found
that the simple power-law absorption model gives the best fit.

The photon index varies froml = 1.92-2.18 which is not much different from
2.1 by Leachet al. (1995). However this value is different from= 1.4—1.55 from
the EXOSAT ME and Ginga spectra for 2-10 keV band (Tueted. 1990), and also
I' = 1.3 from the Einstein spectra for 0.2—3.5 keV band (Wilkes & Elvis 1987). This
difference can be understood by the fact that the spectral slope of AGNs is flatter as
the band is towards hard X-ray.

Using the relation of Schmidt & Green (1986), assumifg= 50 km/s/Mpc and
qo = 0.5, the luminosity of 3C273 was determined. The result is given in Table 3 and
again light variation is evident.

4. Discussion and conclusions

In order to search for short- arfdr long-term variations and spectral properties of
3C273, we have examined the soft X-ray emissions using hardness ratios and spec-
tral analysis of four ROSAT data sets. It was found that light variation for all three
different bands during 551 days was in the order of two, but short-term or micro
variation was not confirmed. Interestingly light increment alternates with light decre-
ment and the amount of variation is almost the same. It would be difficult to say
that this is a periodic phenomenon occurring about every six months because the
total number of data sets is only four. However this is different from the gradual
decrease in X-ray brightness over about three years detected in Mrk 926 by Kim &
Boller (2002).

The long-term variation is difficult to explain. One possibility is a change in the
accretion rate which is expected to occur on a time scale of the radial infall of matter
onto the central masssive black hole. The infall time scale of the order of months to
years can be estimated (see Kim & Boller 2002). If the alternate variation in 3C273 is
periodic, the plausible explanation can, therefore, be a periodic accretion rate variation.
In order to confirm this as well as the periodicity of 3C273, observation of this object
for a longer time for multi-wavelength bands is absolutely required.

On the other hand the variation of the soft hardness ratio is evident from 0.08 to
—0.19, but this variation does not show any correlation with that of brightness. However
soft hardness varies from 0.080.15, —0.19, to—0.05 for four sources in Table 2, but
the photon index varies from 1.92, 2.18, 2.18, to 2.05 in Table 3, i.e., variation of soft
hardness ratio is the reverse of that of the photon index. Similar variation pattern can
be seen for hard hardness ratio, but the amount of variation is much smaller. However
the meaning of this is not so evident.

Because photon index is an indicator of a soft excess, a variation of soft hard-
ness ratio reflects a physical afmt morphological variation in the original source
of a soft excess. If the soft excess is due to the most promising mechanism of the
thermal radiation from the accretion disk surrounding a super massive blackhole (see
Arnaudet al. 1985; Ross, Fabian & Mineshige 1992), variation of the soft hardness
ratio can be understood as a variation of thermal radiation output caused by a varia-
tion of the amount of gas infalling on the accretion disk. However because the soft
hardness ratio does not correlate with the variation of brightness, the variation of
infalling gas on the accretion disk is too small to have an effect on the change of
brightness.
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Abstract. We investigate the possibility of probing the large scale
structure in the universe at large redshifts by studying fluctuations in the
redshifted 1420 MHz emission from the neutral hydrogen (HI) at early
epochs. The neutral hydrogen content of the universe is known from absorp-
tion studies forz < 4.5. The HI distribution is expected to be inhomoge-
neous in the gravitational instability picture and this inhomogeneity leads
to anisotropy in the redshifted HI emission. The best hope of detecting
this anisotropy is by using a large low-frequency interferometric instru-
ment like the Giant Meter-Wave Radio Telescope (GMRT). We calculate
the visibility correlation functionV, (U)V,,(U)) at two frequencies and

V" of the redshifted HI emission for an interferometric observation. In par-
ticular we give numerical results for the two GMRT channels centered
aroundv = 325MHz andv = 610 MHz from density inhomogeneity
and peculiar velocity of the HI distribution. The visibility correlation is

~ 1071%-10-° Jy?. We calculate the signal-to-noise for detecting the cor-
relation signal in the presence of system noise and show that the GMRT
might detect the signal for integration times100 hrs. We argue that the
measurement of visibility correlation allows optimal use of the uncorre-
lated nature of the system noise across baselines and frequency channels.

Key words. Cosmology: theory, observations, large scale structures —
diffuse radiation.

1. Introduction

Various observations indicate that around 90% of the HI mass in the redshift range of
2 to 35 is in clouds which have HI column densities greater than12”%atoms,/cm
(Lanzetta, Wolfe & Turnshek 1995; Storrie-Lombardi, McMahon & Irwin 1996; Per-
oux et al. 2001). These high column density clouds are responsible for the damped

*On leave from Harish-Chandra Research Institute, Chhatnag Road, Jhusi, Allahabad 211 019, India.
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Lyman-« absorption lines observed along lines of sight to quasars. The flux of Hl
emission from individual clouds £ 10uJy) is too weak to be detected by existing
radio telescopes unless the image of the cloud is significantly magnified by an inter-
vening cluster gravitational lens (Saini, Bharadwaj & Sethi 2001). Although we may
not be able to detect individual clouds, the redshifted HI emission from the distribution
of clouds will appear as background radiation in low frequency radio observations.
Bharadwaj, Nath and Sethi (2001; hereafter referred to as BNS) have used existing esti-
mates of the HI density at~ 3 to infer the mean brightness temperature-af mK

atv >~ 320 MHz for this radiation. The fluctuations in the brightness temperature
of this radiation arise from fluctuations in the HI number density and from peculiar
velocities. As shown in BNS, the cross-correlation between the temperature fluctua-
tions across different frequencies and different lines of sight is related to the two-point
correlation function (or equivalently the power spectrum) of density perturbations at
the redshift where the radiation originates. The possibility of measuring this provides
a new method for studying large scale structures at high redshifts. Estimates indicate
the expected values of the cross-correlations in the brightness temperature to vary
from 10~" K2 to 10~8 K2 over intervals corresponding to spatial scales from 10 Mpc

to 40 Mpc for some of the currently-favoured cosmological models. Estimates of the
different contributions to the flux expected in a pixel of a radio image show the contri-
bution from galactic and extragalactic sources and the system noise to be substantially
higher than the contribution from the HI radiation. The task of devising a strategy for
extracting the signal from the various foregrounds and noise in which it is buried is
a problem which has still to be solved. A possible strategy based on the very distinct
spectral properties of the foregrounds as against the HI emission is discussed in BNS.

An alternate strategy for using the HI emission from high redshifts to study large
scale structures has been discussed by many authors (Subramanian & Padmanabhan
1993; Kumar, Padmanabhan & Subramanian 1995; Bagla, Nath & Padmanabhan 1997,
Bagla 1998). This is based on detecting the HI emission from individual protoclus-
ters at high redshifts. There have also been observational efforts in this direction (see
Subrahmanyan & Anantharamaiah 1990 and reference therein). No detections have
been made till date. This strategy suffers from the disadvantage that the protoclusters
correspond to very large overdense regions which are very rare events. Protoclusters
with flux in the range 3 to 5mJy are predicted to occur with abundances in the range
108 — 10" Mpc—2in the CDM model (Subramanian and Padmanabhan 1993). In the
statistical approach proposed in BNS fluctuations of all magnitude in the HI distribu-
tion contribute to the signal. The statistical approach allows optimum use of the signal
present in all the pixels of the images made at different frequencies across the band-
width of a typical radio observation. In this paper we take up various issues related to
the statistical approach originally proposed in BNS.

The main focus of this paper is the choice of an appropriate statistical estimator
to quantify the properties of the signal and the system noise. The statistical estimator
proposed in BNS is the cross-correlation between the temperature fluctuations along
different lines of sight in radio map made at different frequencies. While this quantity
is conceptually very simple, complications arise when it is applied to images produced
by radio interferometry, as is the case with most low frequency radio telescopes. Such
observations measure the coherence between the signals arriving at any two antennas,
a quantity known as the visibility’ (U). This is measured for all pairs of antennas
in the interferometric array. Herd refers to the vector joining a pair of antennas,
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measured in units of, projected on the plane perpendicular to the direction which is
being imaged.
The image is produced by a Fourier transform of the visibility

1,6) = / V (U) exp[2ri 6 - U] d?U 1)

whered refers to different positions in the small patch of the sky which is being
imaged, and/, (9) is the specific intensity. The contribution of system noise to the
signal from each antenna is independent, and the visibilities measured by each pair of
antennas are uncorrelated. The noise in the pixels of a radio image constructed from
the visibilities is not independent. The correlations in the noise in the pixels depend
on the detailed distribution of the different separations (baselide®y which the
visibility has been measured. Any strategy based on the statistical analysis of radio
images will be faced with the problem of distinguishing the correlations in fluctuations
of the HI emission from the correlations in the noise. This complication can be avoided
by dealing directly with the visibilities. In this paper we investigate the possibility of
detecting the fluctuations in the HI emission using a statistical estimator constructed
directly from the visibilities measured in a radio interferometric observation, without
making an image.

We next present a brief outline of this paper. In section 2 we calculate the relation
between the statistical properties of the HI fluctuations and the visibilities produced
by these fluctuations. In section 3 we present numerical estimates of these quantites
for some of the currently favoured cosmological models for the system parameters
of GMRT (Swarupet al. 1991). In section 4, we calculate statistical properties of
the visibility correlations arising from the system noise. In section 5 we present the
conclusions and discuss possible directions for future work.

2. From density fluctuations to visibility

We consider radio-interferometric observations of a small patch of the sky whose
center is in the direction of the unit vectoi(Fig. 1). A small patch of the sky may be
treated as a plane, and the anglehich refers to different directions in the sky (Fig.

1) may be treated as a two dimensional vector. Observations at a frequerayd
measure the HI emission from a redshife= (1420 MHz/v) — 1 or equivalently a
comoving distance,. The specific intensity of the redshifted HI emission arriving
from any directiord may be decomposed into two parts

Iv(é)ziv+AIv(§)v (2)

wherel, andAI,(n) are the isotropic and the fluctuating components of the specific
intensity. The isotropic componenhtis related toiy, (z), the mean comoving number
density of HI atoms in the excited state at a redshéhd we have

= Agihpcnn(z)

" 4nH(7) @)
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Figure 1. The geometry for the flat-sky approximation is shown.

whereA,; is the Einstein coefficient for the HI hyperfine transitiép, the Plank con-
stantc the speed of light an#f (z) the Hubble parameter. This is a slightly rearranged
version of equation (11) of BNS. _

The fluctuations in the specific intensityl, (¢) arise from fluctuations in the Hl
number densitny (X) and the peculiar velocity(x), wherex refers to the comoving
positionx = r,(n + 6) The details of the calculation relating these quantities are
presented in BNS, and we use a slightly rearranged version of equation (12) of BNS

(4)

AL@) =1, [An_m(x) n (n-V)(n 'V(X))}

ny| aH

wherea is the scale factor. It should be noted that all the quantities in the right hand
side of equation (4) should be evaluated at the epoch when the radiation was emitted.

In this paper we wish to calculate the contribution from the redshifted HI emission
to the visibilitiesV, (U) that would be measured in radio-interferometric observations.
The relation between the specific intensity and the visibilities is

V,(U) = / d20A@) AL (B) e 127V (5)

Only the fluctuating part of the specific intensity contribgtes to the visibility, and we
have dropped the isotropic component from eq. (5). Hg® is the beam pattern of
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the individual antennas in the array (primary beam). We use equations (4) and (5) to
relate the visibilities to the fluctuations in the HI distribution.

It is convenient to work withA, (k), the Fourier transform of the density contrast
of the HI number densityny (x)/nn. We assume that on sufficiently large scales
Ani (k) can be related ta\ (k), the density contrast of the underlying dark matter
distribution, through a linear bias paraméeiee., Ay (k) = by A(K). We also assume
that the scales we are dealing with are sufficiently large that we can apply linear
theory of density perturbations (Peebles 1980) to relate the peculiar velocities to the
fluctuations in the dark matter distributiontk) = (—iaHf (22,,)k/k)A(K), where
[ () ~ Q28+ 5[1— 3R, (1+ Q,,)] in a spatially flat universe (Lahaat al. 1991).
These assumptions allow us to express the fluctuations in the specific intensity as

- d% Bk?
ALG) =1, / [ 2

W 1+ _:| Ani(K) ei’v(ku'i‘kré) ©)

where we have decomposed the wave vektorto two partsk = kyn + k; where
kn refers to the component of the Fourier mddalong the line of sight to the center
of the patch of sky being observed, akd refers to the component d&f in the
plane of the sky. We use equation (6) in equation (5) to express the visiility) in
terms ofA (k). This allows us to carry out the integral ovewhich gives us

- d>k Bk K.r
) =1 [ o [Hk_zn]e ta(v-57) ™

wherea(U) is the Fourier transform 04(5) the primary beam,

a(U) = / d20 A(G) e 1277 (8)

For a Gaussian primary beam patter(d) = ¢~*/% the Fourier transform also is a
Gaussian and we have

a(U) = 6§ exp[—m205U?] (9)

which we use in the rest of this paper.

Equation (7) relates the contribution to the visibilities from fluctuations in the HI
number density. These fluctuations are assumed to be a Gaussian random field, or
equivalently the different modesy, (k) have independent, random phases. This allows
us to predict all the statistical propertiesaf; (k) in terms of the power spectrum of
the fluctuations in the HI distributioRy, (k) which is defined a$A’,:|(k)AH|(k’)) =
(2m)383(k — k') Pyi (k) where() denotes ensemble average. We use this to calculate
the correlation between the visibilities at different baselldendU’ and two different



298 S. Bharadwaj & S. K. Sethi

frequencies andv + Av. Here we assume that the bandwidth over which the obser-
vations are being carried out is small compared to the central frequencyi.e v
andryiay, =1, + r;Av Wherer; = % Using these inputs to calculate the visibility
correlation function we obtain

, _ d3k o k272
VoWV A, U)) = [Ivegn]zf (Zﬂ)3PH|(k)e’k”’vA” [1+ﬁk—'2:|

2 /2
q°+q
p[—@/—m} (0

withg =k, —27U/r, andg’ = k, — 27U’ /r,. The assumption of linear bias allows
us to relatePy (k) to P(k) the power spectrum of density fluctuations in the dark
matter distribution through the linear bias paraméigik) = > P (k). We use this in
later sections to obtain numerical estimates for different cosmological models.

We next turn our attention to a qualitative analysis of equation (10) to determine
the nature and extent of the correlations between the visibilities measured at different

baselines. This is largely governed by term %x#kkz”u/’“)z“ki‘z”u /1) | which

(2/1,00)?
arises because the observations have a limited sky coverage determined by the primary
beam pattern. This term is very small for all valuesofunless| U — U’ |< 1/6,.
The parametef is related to the FWHM of the primary beam afid~ 0.6 Orwhm,
which allows us to relaté, to D the diameter of the individual antennaslase A/ D.
We also exprest) andU’ in terms ofd andd’, the physical separations between
the pairs of antennas &5 = d/x» andU’ = d'/)" It should be noted that here and
throughout we assume that = A(1 — Av/v) with Av << v. Using these we see
that the condition for the visibilities to be correlated can be expressgd asd’ | <
D. This implies that the visibilities measured by a pair of antennas separated by
the displacemend will be correlated to the visibilities measured by another pair
separated by a displacematonly if difference in the two displacementsand
d is less than the antenna diameter. The consequences of this for a typical antenna
configuration are

e The visibilities measured at various frequencies by the same pair of antennas are

correlated.

e The visibilities measured by different pairs of antennas are uncorrelated.
For the rest of the paper we shall consider only the correlation between the visibilities
measured at various frequencies by the same pair of antennas. We use the notation
(Vu(WVy ,,(U)) to denote the correlation between the visibilities measured at two
differentfrequencies by the pair of antennas at a physical sepatiatiorl) /v. The fact
that this physical separatiaiwill correspond to a different baselite = (v+Av)d/c
at the frequency + Av is ignored throughout a&v <« v. Equation (10) can now be
used to obtain

) a3k o K272
VoV a W) = [L6ga]” [ oy O [Hﬂ k_lz} ’
_ 2
(k. ZnU/rv):| (11)

X exp[_ 2(1/r,60)2
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The role of the Gaussian in equation (11) arising from the primary beam pattern is to
ensure that most of the contribution is from Fourier modes for wkick: (27/r,)U.
Equation (11) is further simplified if we approximate the Gaussian with a Dirac Delta
function

(ky —27U/r)?] 21 , 2
exp[_ 2are? | et KV (12)

whereby only Fourier modes for whidh, = (27/r,)U contribute. This allows us to
do two of the integrals in equation (11) giving us

[L68]° / * gt P

> 257 cos(kr, Av) x

VWV W) =

2 2
x [1 + ﬁﬁ} with & = \ /i + (2r/r,)2U2. (13)
k2 I v

Equations (11) and (13) represent the main results of this section. They relate the
correlation in the visibilities to the power spectrum of fluctuations in the HI distribution.
The visibility correlations at any baseliigare seen to be sensitive to Fourier modes
> 2nU/r,. It comes from the fact that each visibility measurement is sensitive to
one Fourier mode in the plane of the sky, which arises from the projection of three-
dimensional Fourier modes making different angles with the plane of the sky. The
typical length scales: 7/ k that contribute to the measurement for any basdlirsee
< 301 Mpc(100/U).

In the next section we use these equations to make predictions for the visibility
correlations expected in the currently favoured cosmological models and we discuss
the possibility of observing these.

3. Results

Equation (3) can be calculated to give:

- 54hnJy 3 1/2 3
L =20 Qumo(1 Q 1 14
degrea gas2) [Q2mo(1 + 2)° + Q40| " (1 +12) (14)

for a spatially flat cosmological model. Hefe+ z) = 1420/v, v being the observed
frequency. We us€gaqz) = 1072 as a fiducial value throughout far> 1 (Peroux
et al.2001). We give results for the currently-favoured cosmological model: spatially-
flat with 2,0 = 0.7 and$2,,0 = 0.3 (Perimutteret al. 1999; de Bernardist al. 2000).
We useh = 0.7 whenever quoting a numerical value (Freedratal. 2001).

For GMRT 0pwhm = 1.8° x (325 MHz/v). We plot the visibility correlation func-
tion in Figs. 2 and 3 for the GMRT channels centered around 325 MHz and
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2%107°

107° 1.5%107°

VUV (U)> (Iy?)

5%x10710

. . | . | . | .
0.2 0.4 0.6 0.8 1 1.2

U (kN

—5%x10710

Figure 2. For the central frequency = 320 MHz, this figure shows the visibility correlation
function as baselin& varies. The thick curve shows the visibility correlation foe= v'. The
otherthree curves show, from top to bottom, the visibility correlatiomfery = {0.5, 1, 2} MHz,
respectively.

v = 610MHz for COBE-normalized power spectrum (Bunn & White 1996)/ard1.
GMRT has a total bandwidth of 16 MHz at these frequencies in 128 channels. The vis-
ibility correlation function shown in the figures is averaged over one of these channels
with Av = 1.25kHz. The correlation function is not very sensitive to the width of the
channel so long as the channel width is a few kHz.

For v = v/, the signal {/(V,(U)V,(U))) is 10-50udy for baselinegU| =~
100-1000. GMRT has 15 antennas in a central array within a radias afkm.
Antenna pairs formed from these antennas will be most sensitive to the signal.

Forv # v/, the correlation signal is seen to dip sharply as frequency separation is
increased. The signal is anti-correlated and drops beldw:Jy forv' — v > 2 MHz.

Forv' — v < 0.5 MHz the signal is 5-3@.Jy for baselines. < 500.

In Figs. 2 and 3 we assume that the HI distribution follows the underlying dark
matter distribution, i.eb = 1. However this may not be true; observed structures at
any redshift are expected to be biased with respect to the underlying mass distribution
(see e.g., Bardeast al. 1986). This bias is expected to be higher at larger redshifts and
the observed strong clustering of high redshift galaxies is at least partly owing to this
fact (Steideket al. 1998). In this paper we adopt a simple model of bias and assume it
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Figure 3. Same as Fig. 2 for the central frequency 610 MHz.

to be linear and independent of the Fourier mode. Though the exact dependence of the
HI signal on the bias is complicated (equation 13), the signal scales roughly linearly
with bias. This means that for a moderately biased HI distribution 2 the signal

could be higher by a factor of two.

4. Noise

For each visibility measurement in the UV plane, the contribution comes from both
the signal from HI fluctuations,, the detector nois&’,, and various galactic and
extragalactic foregrounds. We consider here the contribution from only the HI signal
and the noise. The visibility measurement gives:

Vu(U) = S, (U) + N, (U). (15)

Both S and N are complex quantities with both real and imaginary parts distributed
as Gaussian random variables (see e.g., Crane & Napier 1989 for properties of noise).
The signal is a Gaussian random field because it is linear in density perturbafipn
which is expected to be a Gaussian random field for large scales (snfa#le e.g.,
Bardeeret al. 1986; Peacock 1999). The signal and noise are uncorrelated with each
other. The reality condition of the surface brightness (equation 1) and the noise in the
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real space implies(—U) = $*(U) and N(—U) = N*(U) Our aim is to construct
bilinear combinations like/, (U)V,5(U) and to detecs, (U)S; (U). v andv’ will in
general be different. The average sign&l(U)S; (U)) is calculated in the previous
section. The average noise correlation,ifee v';

Ty 2
N,(UN*(U)) = | —2 | | 16
(N, (U)N;(U)) [K AuAt} (16)

HereTsysis the system temperatur&y is the bandwidthX is the antenna gain, and
At is the time of integration for one visibility measurement. bog v’ the noise
correlation vanishes as the noise in different frequency channels is uncorrelated.

Estimator of the signalFrom the measured visibility it is possible to write several
estimators of the signal. The simplest such estimator is:

§ = V,(U)Vi(U) — (N,(U)N;(U)). (17)

This estimator is clearly unbiased, i.e.,

A

(S) = (Su(U)S5(V)).

The quantity of interest to us is the variance of the estimated sign&)? = (52) —
(8)2. This quantity is calculated to be (see Appendix A for a derivation):

o2(8) = Z(N,(U)N;(U))? (18)

SIS

q = 2forv = v andg = 1forv # v'.nisthe total number of visibility measurements.
The signal-to-noise for the detection of the HI fluctuation sign@ﬁ}s{a(ﬁ).

The value of: for a given|U| in general depends on the antenna positions, frequency
coverage, and the position of the source in the sky. To calculate the vatueeofirst
consider the case when= v'.

Case |-v = v': To get a simple estimate, assume that a pair of antennas describes
circular tracks in the UV plane with radiysl| and that these tracks do not overlap
with the tracks of other antenna pairs, ther= T /At for each frequency channel,
whereT is the total time of observation. (The actual observation is more complicated
because the antenna tracks cross in the UV plane.) For this case, equation (18) gives,
using equation (16):

2(5) = [&T (19)
CLkVAvT]

Before proceeding further it is useful to calculate the expected noise for the GMRT.
We shall take the fiducial observing frequency tab820 MHz. At this frequency the
GMRT systemtemperatui® ~ 110 K. GMRT has atotal bandwidth of 16 MHz at this
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frequency in 128 channels. To calculate the quantity in equation (16) we take one chan-
nel (Av = 125kHz) and an integration time dft = 30 sec for one ‘instantaneous’
measurement for a given baseline. The antenna gain at this fregkiead.32 K Jy L.

Using this equation (16) gives the noise correlation tabE75 mJy. As this is much
larger than the expected signal calculated in the last section, we are justified in neglect-
ing the signal term in equation (26) in the Appendix. For total time of integration

T = 10 hrs, equation (19) gives(S) ~ 5mJy.

As each frequency channel gives a realization of the signal, the noise can be reduced
further by using all the frequency channels. This gives N¢hanx T/ At With Nepan =
128 for GMRT; equation (19) gives(S) ~ 0.45mJy. Even though we made a few
simplifying assumptions in calculating the noise, this is the typical value obtainable
in a real experiment. The expected noise is much larger than the expected signal
from the HI fluctuations and therefore an experiment like GMRT cannot detect the HI
fluctuation for a givenU| or by using a single pair of antennas in a reasonable amount
of integration time.

To reduce the noise further one must consider averaging the signal over more than
one pair of antennas. One such estimator is the map RMS which uses information from
all possible baselines. The total number of ‘instantaneous’ baselines for an experiment
with N antennas iV(N — 1)/2. This givesn = NchanlV (N — 1)/2 x T /At and
gives a further decrease of a facterN /+/2 in the sensitivity. In the previous section
we showed that much of the contribution to signal comes from basetiné800..

GMRT has 15 antennas in the central array within a radius dfkm. Much of the
contribution to the signal will come from these antenna pairs.

Taking N = 15 in the calculation of noise sensitivity, we getS) ~ 40uJy for
10 hours of integration. The average signal (averaged over 15 antennas of the central
GMRT array) is>~ 20-40uJy. This means that a few sigma detection of the signal
might be feasible in integration time 100 hrs using the central array of GMRT.

Case ll-v # V': In this case(N,(U)N}(U)) = 0 and the variance of the sig-
nal estimator is smaller by a factor of 2 (equation (18)). The rest of the calculations
proceeds similar to the first case. The number of distinct pairs for two different fre-
quencies will depend on the separation of the frequencies. However, one must also take
into account the line width of the damped Lymarelouds which is~ 200 km sec*
(Prochaska & Wolfe 1998). The line width of each GMRT channel 520 km sec?.

This means that one damped Lymartieud will spill over in many frequency chan-
nels, thereby creating a correlation in the signal for nearby channels. This correla-
tion must be accounted for before the HI fluctuation signal can be extracted. It is
hard to do it analytically and this issue will be addressed in future using simulations
of the HI signal. However it is possible to get the typical noise sensitivity for this
measurement.

The total number of frequency channel paird/iga Nchan— 1) /2. Each pair gives
a different realization of noise. If we average the signal over all baselines and all fre-
quency pairs, we get = N(N — 1)/2Nchan(Nchan — 1)/2. This is larger than the
maximum value of: in the first case by a factor af Ncnha/2. However it would
be meaningful to average over all channel-pairs if the signal is significant for all
such cross-correlations. As seen in the previous section, the correlation between dif-
ferent channels falls rapidly for separation1 MHz, therefore the number of use-
ful channels pairs is less than the maximum possible. The value fafwever is
still likely to be more than in the previous case. For example if we average the sig-
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nal over all the frequency channels with— v < 0.5MHz, the expected signal is

~ 10-20uJy. The number of frequency pairs are5Nchan in this case. This gives

o (S) ~ 15uJy for ten hours of integration. From this discussion we can conclude
that it might also be possible to extract this signal for integration @0 hrs using
GMRT.

The noise in detecting the HI signa($) is comparable to the sensitivity for detect-
ing continuum sources. This is so even though the HI clouds emit line radiation.
Therefore the method of observing fluctuations in HI radiation makes more optimal
use of all the frequency width available in the experiment. The individual clouds are
very faint (flux < 10uJy (Sainiet al. 2001)) and cannot be detected using GMRT
because the line sensitivity 50 1 Jy for 100 hrs of integration needed to detect the HI
fluctuations.

5. Conclusions and discussion

Our main results are:

e The correlation in measured visibilities owing to density inhomogeneities and
peculiar velocities of the HI distribution at high redshifts can be related to the
power spectrum of the HI distribution (equation (13)). The visibility correlation
for any baselindJ is sensitive to Fourier modes 27 U /r,. This means that the
typical length scales probed for any baseline are30h ! Mpc(100/ U).

e The signal is strongest for baselines 1000 and forv = v/, i.e., on the same
two-dimesional map, the correlation is betweer 207° Jy? and 101° Jy?.

e Forv # 1/, i.e., cross-correlation signal, the correlation signal is°200~11 Jy?
for baselinegU| < 500 forv’ — v .< 0.5MHz. The correlation is negative for
most baselines for' — v < 2 MHz and falls below 10 Jy?.

e GMRT might detect these signals for integration tim&s100 hrs. We argue that
measuring visibility correlations in the presence of system noise makes optimal
use of the fact that the noise is uncorrelated across baselines and frequency chan-
nels. The error for these measurements is comparable to and can even be smaller
than the continuum sensitivity of the instrument.

The signal and noise analyses given in this paper are for the system parameters
of the currently-operational GMRT. However it can be easily extended to future tele-
scopes like Square Kilometer Array (SKAand Low Frequency Array (LOFAR)

Our analysis can also be extended to higher redshifts-(5) as the HI content
of the universe at these redshifts is beginning to be known (see e.g. Raralix
2001).

In this paper we neglected two other contributions to the visibility correlations:
galactic and extra-galactic foregrounds and the Poisson fluctuations owing to point-
like nature of HI clouds. The galactic foregrounds are expected to be dominated by the
fluctuations in the synchrotron radiation from the Galaxy. The only existing all-sky
map at low radio frequencies is the 408 MHz Haslam map (Haslzaath 1982). This
map has an angular resolutionaf 1° and therefore cannot give much information

* Seehttp:/iwww.nfra.nl/skai/
TSeehttp://www.astron.nl/lofar
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on the angular scales of interest to us. The extra-galactic foregrounds get most of its
contribution from the radio point-sources. Little is known about the radio point sources
at sensitivity levels (S 100xJy) and frequencies of relevance in this paper.

Even though not much is known about Galactic and extra-galactic foregrounds at
angular scales and sensitivity levels relevant to this paper, extrapolation from known
foregrounds suggest that these foregrounds are likely to dominate over the HI signal
(BNS 2001). A possible strategy to remove foregrounds was discussed in BNS (2001).
Long GMRT baselines £ 1 km) will be useful (the signal is negligible at such base-
lines) in removing the radio point sources and galactic foreground at angular scales

< 1. Any strategy to remove the foregrounds might degrade the signal-to-noise for
the detection of the HI signal. This issue will be discussed in a later paper by using
simulations of the HI signal and the foregrounds.

The Hl atlarge redshiftis locked up in discrete clouds. This will give rise to visibility
correlations even in the absence of gravitational instability. This signal also depends
on the mass function of the HI clouds (Sa@tial. 2001) and therefore the detection of
this signal can give an important clue about how the HI at high redshift is distributed.
We shall attempt to estimate this signal from simulation of the high redshift HI in a
later publication.
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APPENDIX A

The HI fluctuation signal and the noise satisfy the following conditions:

(S,(W)Sy (UY)) = (S, (U)S,(U))sp(U — U) (20)
(N, (U)Ny (U)) = (N, (UN, (U))dp (U — U)ép (v —v). (21)

Note that the signal is correlated across frequency channels while the noise is not. Let
us assume that any interferometric experiment makasasurements of the visibility

for given|U| and the quantities (like visibility correlation function) are estimated by
averaging over these measurements. Using this it is seen that the signakfof)

and the noise can be treatednasncorrelated, random variables with the same mean
and variance. In such a case, the estimated average equals the average of any of the
random numbers and the variance of the estimated ‘signafridifnes the variance

of any of the random variables (see e.g., Papoulis 1984, this result is independent of
the probability distribution functions of the individual variables). Of particular interest

to us is the variance of the estimator in equation (17) for a gi¥enThe variance is

estimated fronn realizations of the random variabfe It is given by:

2
28 =L (22)
n
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Hereo? = (§2) — (8)2 is the variance of any realization 8f
It is given by, using the definitions df andN from equation (15):

0% = (V,\Vu V, Vi) + (Ny Ny )2 — 2(N, Ny ) (V, Vi) — (S, S,)2. (23)

To simplify this expression further we use the fact that for a Gaussian random process,
the expectation value of four random numbers is given by

(x1x2x3%4) = (X1x2)(x3Xa) + (X2X3) (X2x4) + (X2X4)(X1X3).
We first consider the case when= v'. Equation (23) then reduces to:
02 = 3(V, Vi) + (NuNy)? = 2(N, Ny ) (Vi Vi) = (Su80)%. (24)
Again using equation (15) for the definition Of, V), this simplifies to:
02 =2x ((5,8,) + (N,N,))?. (25)

The case when = V' is slightly more complicated. Making a simplifying assumption
that the signal contribution can be dropped while calculating the four-point functions
in equation (23) (for justification see the text), we get:

02~ (N,N,)2. (26)
Equations (25) and (26) along with equation (22) gives equation (18).
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Abstract. We present a map for the study of resonant motion in a poten-
tial made up of two harmonic oscillators with quartic perturbing terms.
This potential can be considered to describe motion in the central parts of
non-rotating elliptical galaxies. The map is based on the averaged Hamil-
tonian. Adding on a semi-empirical basis suitable terms in the unperturbed
averaged Hamiltonian, corresponding to the 1:1 resonant case, we are able
to construct a map describing motion in several resonant cases. The map is
used in order to find the — p, Poincare phase plane for each resonance.
Comparing the results of the map, with those obtained by numerical inte-
gration of the equation of motion, we observe, that the map describes satis-
factorily the broad features of orbits in all studied cases for regular motion.
There are cases where the map describes satisfactorily the properties of the
chaotic orbits as well.

Key words. Galaxies: elliptical-orbits-regular and chaotic motion—
maps: averaged Hamiltonian—stability.

1. Introduction

Resonant orbits are very important for systems of 2 degrees of freedom. Stable resonant
tori give birth to families of regular orbits with similar shape to that of the parent
resonant periodic orbit. On the other hand, unstable resonant tori are connected with
a breakdown of regularity and with chaos.

One of the modern and quick methods to study the properties of orbits in a dynam-
ical system is to use a map in order to construct the Poincare phase plane of a given
Hamiltonian system. This technique was successfully used both in celestial mechan-
ics and galactic dynamics (see Caranicolas 1990, 1994; Hadjidemetriou 1991, 1993;
Sidlikovsky 1992; Hadjidemetriou & Lemaitre 1997; Caranicolas & Karanis 1999).

In this article we shall use the potential

1
V =S+ oiy?) — e [B* + 5% + 20077, (1)

wherews, w, are the unperturbed frequencies of oscillation alongxdtand y axis
respectivelyp andg are positive parameters whide> 0 is the perturbation strength.
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This potential can be considered to describe the motion in the central parts of non
rotating elliptical galaxies. We are particularly interested in resonant motion and for
the study of the properties of resonant orbits we shall use a map. We aim to construct
a map describing several resonant cases. The details for the construction of the map
are given in section 2. Section 3 contains some applications while a discussion and the
conclusions of this work are presented in section 4.

2. A map for a group of resonant cases

The Hamiltonian to the potential (1) is

1
H=3S(pi+p)+V=h )

where p,, p, are the momenta per unit mass conjugate tand y while # is the
numerical value ofH. In order to obtain the averaged Hamiltonian we follow the
steps described in Caranicolas (1990). The averaged Hamiltonian in the resonant case
ws:w;=1:1reads

372 3(A — w1 J)? 2eaJ (A — w1 J) T
eB [2—0)% N ] + = [14cos2(0-3)]. @

a)1a)2

where we have set = k. In order to study general resonance casespsayw; = r :

s, wherer, s are integers, we must modify the Hamiltonian (3). A reasonable choice is
to replace the term ca®9 — =) which characterizes the 1:1 resonance with the term
cos(2r6 — sm). In this way we obtain generally the Hamiltonian

2 _ 2 _
8,3|:3J +3(A wlj)]+28(xJ(A w1J)

b4
— 1+ cos2(ro — —)] 4
Za)f 260‘21 wlwg [ (r g 2 “)

which gives (see for details Caranicolas 1990) generally the map

Jn+l = Jn + f(Jn+lv 911)

9n+1 = 9}1 + S(JnJrl) + g(-]n+la 9,,), (5)
where
2sarJ (A — w1J)Sin2r0
fU.6) == . ,
w1y
3eBJ  BPwi(A —wiJ) 2eal  2e0(A —wild)
S(J)=—5 - n - —+ —, (6)

ga(A — 2w1J) Ccos 260

a)la)%

g(J,0) ==
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We use the plus sign when= 2k and the minus signwhen= 2k+1,k =0,1,2...
and return to the originak, p, variables throught = (2J/w1)Y?cosp, p, =
—(2Jw1)Y?sing.

The fixed points of (5) are at

a)l(,Ba)f — aa)g)[\

i J = ) 9 = 07 T,

® Bt — 2awiws + ot

.. w1(3Bw? — aw3)A b1

(i) J=mg L= , 0=+, (7)
3Bw; — 2awiw; + 3Bw] 2

(i) J =0, any 6.

Here we must make clear that we have the above positions of the resonant fixed points
(i) and (ii) whens = 2k while, fors = 2k + 1, the fixed points (i) and (ii) interchange
their 6 positions.

25 T T | T T

_25 | | I | |
-15 -1 -0.5 0 0.5 1 15

Figure 1. Thex — p, phase plane, in the case of the 2:1 resonance, derived by numerical
integration. The values of the parametersate 0.1, h =2, « = 1.2, § = 0.01.
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3. Applications

The general map (5) gives very good results in the 1:1 resonance case. This case has
been studied in detail by Caranicolas & Vozikis (1999). In the following we shall use
the map (5) in order to study the properties of orbits in two additional resonance cases:
the 2:1 and the 3:1 resonant case.

3.1 The 2:1 resonance

In order to make things simple we use the valugs= 2, w, = 1. In this case the
positions of the resonant periodic points are given by

. _ 2(a—4B)A B
@) I=e 175> =07
(8)
; _ 2(a—128)A .7
(i) J_—&x—51;8 , _iz.

2.5 T T | T T

Px

25 1 1 | 1 1

-1.5 -1 -0.5 0 0.5 1 15

Figure 2. Thex — p, phase plane, in the case of the 2:1 resonance, derived by the map. The
values of the parameters are as in Fig. 1.
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It is evident that the existence, position and stability of the resonant periodic orbits
depends on the particular values of the parameteasd 8. An elementary analysis
shows that both resonant periodic orbits (i) and (ii) are present when

a > 128 (9)
while only the resonant periodic points (i) are present when

%3 < a < 48. (20)

The indices of stability (see Caranicolas 1990) for the resonant periodic orbits (i) and
(ii) are

_ 3a _ 21,242
8= ‘2+ 8a_ 175 [90B — 4(a — B)*] e°A%|,
(11)
. o 2 2y 242
52_‘2+—8a_51,3[4(“ + 98%) — 51ap] e°A

respectively. Whed < 2 the orbit is stable, otherwise it is unstable.

25 T T | T T

15 |- .

05

Px
o
!

-05

15 F T .

-15 -1 -0.5 0 0.5 1 15

Figure 3. Same as Fig. 1 whefi = 0.1.
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25 T T | T T

Px

_25 | | I | |
-15 -1 -0.5 0 0.5 1 15

Figure 4. Same as Fig. 2 whefi = 0.1.

Figures 1 and 2 show the p, phase plane, whan=1.2, 8§ =0.01, h=2, ¢ =
0.1, found by numerical integration and the map respectively. As one can see the
basic characteristic, that is position of periodic points and stability, are satisfactorily
described by the map. It is evident that we are in the case (9) where both fixed points
(i) and (i) are present. As, in this caggjs at least two orders of magnitude smaller
thane, relations (11) gives; < 2, §; > 2, which means that fixed points (i) are
stable while fixed points (ii) are unstable. Figs. 3 and 4 are similar to 1 and 2 when
B = 0.1. One observes that the resonant periodic points (ii) are not present now,
because for this value gfrelation (10) is valid. We see that the position of the periodic
orbits is not the same in the two patterns. Nevertheless the general topology and the
stability features of the phase plane derived by the map is similar to that given by the
real system.

3.2 The 3:1 resonance
In what follows we shall study the 3:1 resonance. Here we use the values

w1 = 3, wp = 1. The position of the resonant periodic points, which become again
functions of the parametessandp are at
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(i) J:%, 0 =0,mr,

(12)
3(—9B8)A T

) I = ey 0=%%

Both resonant periodic orbits (i) and (ii) are present when
o> 278 (13)

while only the resonant periodic points (i) are present when

98 <o <278. (14)

2.5 T T T T ) T T T T

Px

25 1 1 1 1 | 1 1 1 1
-1 08 -06 -04 -02 0O 02 04 06 08 1
X

Figure 5. Thex — p, phase plane, in the case of the 3:1 resonance, derived by numerical
integration. The values of the parametersate 0.4, h =2, « = 1.2, 8 = 0.01.
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25 T T T T I T T T T

Px

25 1 1 1 1 | 1 1 1 1
-1 -08 -06 -04 -02 0 02 04 06 08 1
X

Figure 6. Thex — p, phase plane, in the case of the 3:1 resonance, derived by the map. The
values of the parameters are as in Fig. 5.

In this resonant case the indices of stability, for the resonant periodic orbits (i) and (ii),
become

2
5 = |2 -

02— A1R) - p)?— _ 2,52
‘ +9(3a—41ﬁ)[3(a B)? — 4B(19a — 6p)] e°A

9’

(15)
‘ 2

_ _ _ 271 272
8y = 2+—3(9a—41,3) [6408 — 9(a — B)?] £°A

respectively.

Figures 5 and 6 show the— p, phase plane found by numerical integration and
the map respectively. The values of the parametersrare 1.2, § = 0.01, h =
2, ¢ = 0.4. Here one observes that part of the phase plane appears chaotic. This chaotic
behavior is also described by the map. Finally Figs. 7 and 8 are similar to Figs. 5 and 6
but wheng = 0.1, ¢ = 0.25. Here the motion is regular, the central point is unstable
while the resonant points (i) are not present. As one can see the position of the resonant
points is different in the two patterns. On the other hand, we observe that the structure
of and the stability characteristics are the same for the two phase planes.
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25 T T T T ) T T T T

Px

25 1 1 1 1 | 1 1 1 1
-1 -08 -06 -04 -02 0O 02 04 06 08 1
X

Figure 7. Same as Fig. 5 when= 0.25, 8= 0.1.

4. Discussion

In this paper we have tried to present a map describing three different resonant cases.
Of course itis not easy to find a map describing all resonance cases. In an earlier paper
(Caranicolas & Vozikis 1999) we have constructed a map, describing the Hamiltonian
system (2) in the 1:1 resonant case. That map gave results that are in very good
agreement with those found by numerical integration. The construction of the map, in
the 1:1 resonant case was easy because, for the particular resonance, the Hamiltonian
to the potential (1) had suitable terms that favored the above resonant case. On the other
hand numerical evidence suggests that the quartic Hamiltonian (2) gives interesting
results for other resonant cases as well.

On this basis we decided to construct a map that will be adequate to cover several
resonant cases instead of one single resonance. One additional reason for this decision
was that the map gives analytic expressions for the position and stability of the resonant
periodic orbits of the system. Furthermore, the idea to have a tool, that is the map, that
describes a group of resonances seems interesting and attractive.

What we have presented here is a semi-analytical method. In fact we have replaced
in the averaged Hamiltonian (3) the term depending on the @higyea general term,
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25 T T T T | T T T T

Px

25 | | | | I | | | |

-1 08 -06 04 02 0O 02 04 06 08 1
X

Figure 8. Same as Fig. 6 when= 0.25, g=0.1.

containing the integers ands, in such a way as to cover some additional resonant
cases. This was made in a complete empirical basis and our choice was justified by the
satisfactory results. Here we must emphasize that semi-analytical or semi-numerical
methods are of importance and have been frequently used both in galactic dynamics
and celestial mechanics during the last years (see Henrard & Lemaitre 1986, 1987;
Henrard 1990; Henrard & Sato 1990; Caranicolas & Innanen 1992; Caranicolas 1993).

The results of this work suggest that maps can give fast, interesting and analytical
information for systems made up of harmonic oscillators not only for a particular
resonance but for several resonant cases. We believe that it is not too difficult to
construct a map, for any resonant case, in systems made up of perturbed harmonic
oscillators. What we have to do is to replace or to add suitable terms in an averaged
Hamiltonian coming from the real system. This will make maps more useful and
stronger tools for the study of the nice properties of harmonic oscillators. The reader
can find interesting information on the construction and use of maps in Lichtenberg
& Lieberman (1983) and Hadjidemeriou (1991). Another interesting and powerful
tool, for systems made up of harmonic oscillators, is the extension of the lissajous
transformation for the study of the phase space of the above systems in any resonant
case (see Elipe & Deprit 1999; Elipe 2000).
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Abstract.  This paper describes the design, tests and preliminary results
of a real-time parallel signal processor built to aid a wide variety of pulsar
observations. The signal processor reduces the distortions caused by the
effects of dispersion, Faraday rotation, doppler acceleration and parallac-
tic angle variations, at a sustained data rate of 32 Msamples/sec. It also
folds the pulses coherently over the period and integrates adjacent samples
in time and frequency to enhance the signal-to-noise ratio. The resulting
data are recorded for further off-line analysis of the characteristics of pul-
sars and the intervening medium. The signal processing for analysis of
pulsar signals is quite complex, imposing the need for a high computa-
tional throughput, typically of the order of a Giga operations per second
(GOPS). Conventionally, the high computational demand restricts the flex-
ibility to handle only a few types of pulsar observations. This instrument
is designed to handle a wide variety of Pulsar observations with the Giant
Metre Wave Radio Telescope (GMRT), and is flexible enough to be used
in many other high-speed, signal processing applications. The technol-
ogy used includes field-programmable-gate-array(FPGA) based data/code
routing interfaces, PC-AT based control, diagnostics and data acquisition,
digital signal processor (DSP) chip based parallel processing nodes and C
language based control software and DSP-assembly programs for signal
processing. The architecture and the software implementation of the par-
allel processor are fine-tuned to realize about 60 MOPS per DSP node and
a multiple-instruction-multiple-data (MIMD) capability.

Key words. Stars: neutron—pulsars; interstellar medium: dispersion—
Faraday rotation; telescope: GMRT,; instrumentation.

1. Introduction

Pulsars are highly magnetized rapidly-rotating neutron stars radiating predominantly
linearly polarized electromagnetic radiation beamed along its magnetic poles. As the
pulsar rotates, its radiating beam sweeps across the line of sight of the observer peri-
odically, much like a rotating beacon, resulting in a periodic train of narrow pulses of
broad-band radiation, which can be detected using a radio telescope. Different types
of observable parameters, such as the pulse periodicity, its rate of change, the pulse

321
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width, pulse energy, pulse shape and its structures, polarization of radiation received
at different positions within the pulse, and their spatial and temporal variations are
of great interest, besides the characterization of some of the properties of the inter-
stellar medium through which the pulsar signal propagates. This paper describes the
design, tests and preliminary results of a real-time parallel signal processor built to aid
a wide variety of pulsar observations planned using the GMRT (Swetrap 1991;
Deshpande 1995; Ramkumar 1998). Pulsar signals appear as a train of highly periodic
pulses, with period typically in the range of a few milliseconds to a few seconds and
are usually very weak and buried in the noise contributed by the background sky and
the receiver of the radio-telescope (typically 20 to 40 dB below the noise level). During
their propagation through the intervening medium, these signals are distorted due to
dispersion, scattering and Faraday rotation (see Manchester & Taylor 1977; Hankins
& Rickett 1975 for details). Also, due to the relative motion of the earth and the pulsar,
the Doppler acceleration changes the apparent period of the pulses. To correct some
of these distortions in real-time (as the telescope tracks the pulsar), and process the
signal to enhance the signal-to-noise-ratio (SNR), the computations required demand
rates of several Giga-operations per second. Many operations that are common in the
methods used to correct each type of distortion were identified. These redundancies
were removed and a common signal processing algorithm was designed to handle one
or more of the corrections within a single framework. A parallel processing machine
was designed based on ADSP 21020 processors, to implement the algorithm and per-
form the corrections in real-time and the algorithm was then fine-tuned to exploit the
architectural advantages of the DSP chip.

2. Hardware architecture

The front-end receiver system (Swaripal. 1991), which supplies data to the Signal
Processor, consists of RF/IF sections for the signals (with a bandwidth of 32 MHz)
received from two polarization channels of each of the thirty dishes. Each of these
two bands is split further into two sub-bands and converted individually to baseband
outputs, each 16MHz wide, and are processed separately in the FX system that follows.
The Signal Processor for Pulsar Studies (SPPS) will use two identical systems to cater
to the two sub-bands separately. The further description will detail the instrumentation
for only one sub-band (the other being identical). The inputs to the SPPS appear as two
parallel digital streams of complex voltages (corresponding to the frequency spectra
of two orthogonal polarization channels). The input specifications of the SPPS for one
sub-band are summarized below.

Signal source:Combined (sub-band) output spectra (Prabu 1997; Ramkumar 1998)
from a selected number of GMRT antennas with 16 MHz band-width and two polar-
izations.

Nature of input: 256-channel complex frequency-spectrum (per polarization); data
over frequency channels sent in time-multiplexed form at a rate of 16M samples/sec,
new spectra available every 16.

Dataformat: 1-bit sign, 8 bit magnitude each, for real/imaginary part of the complex
voltage for any frequency channel, polarization.

The block diagram shown in Fig. 1 outlines the different sections of the SPPS for
one sub-band.The SPPS has four basic blocks: A Data Input Module (DIM), DSP
parallel-processing nodes, a Result Collection Module (RCM) and the Control and
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Table 1. Computations corresponding to different Stokes parameter
derived from dual-polarization inputs.

Stokes parameters
for linear (circular)
Computation  Products Additions polarization inputs k]

ere1™ + eser* 8 5 (1)
ere1* — eqer* 8 5 Q (V)
Real(21e2*) 3 1 U (Q)
Imag(21e,*) 3 1 V (V)
Total = 34 22 12

Monitoring System (CMS). The DIM links the front end to the parallel processor. It
receives complex-voltage spectra from FFTs over differential-ECL links, computes the
Stokes parameters (1,Q,U,V) for each frequency channel, and distributes the channels
to the DSP processing nodes at a uniform rate. Each of the eight DSP processing nodes
receives all 4 Stokes parameters of a selected band of 32 channels and performs oper-
ations such as pulse folding, Faraday de-rotation, dedispersion, Doppler acceleration
correction, averaging of adjacent sample in time and frequency, pulse gating, data for-
matting, etc.. The RCM collects the results from each of the DSP nodes and renders the
blocks of results at high speed to a fast recorder. In parallel, the same data are buffered
to the CMS, which performs set-up, diagnostic and monitoring operations. The CMS
also down-loads the processing codes and parameters to the DSP nodes, acquires and
stores low-speed outputs (results) from the RCM, performs adaptive modifications to
process parameters and feeds them back to the DSP nodes in real-time.

2.1 Data input module

As shown in the block diagram (see Fig. 2), the DIM has two major blocks, one for
computation of Stokes parameters and another for distributing the Stokes parameters
of different frequency channels to eight different data output paths. The effective data
rate of the first block is about 128 Mbytes per second. The second block splits the data
into multiple paths, so that individual DSP nodes in the following block can accept
data for a smaller number of frequency channels at a slower, uniform rate and process
the data independently in each module. The basic equations (e.g., Kraus 1966) relating
the complex voltage samples ( e,) to the Stokes parameters are as listed in Table 1.
For the specified bandwidth, the total computation rate amounts to about 544 million
operations per second (MOPS) for calculating all four Stokes parameters.

This function has been implemented as a hybrid design involving the use of both
look-up tables and dedicated high-speed logic built into EPLDs. The product of the
magnitudes is calculated separately using EPROM-based look-up tables, while the
resulting sign is from the exclusive-or (XOR) operation of the sign bits of the two num-
bers. The product terms are rounded to upper-most 16-bits to fit within the registered
EPROMSs. The addition and subtraction of the product terms, is performed using ded-
icated pipelined adders, designed and hosted within a pair of EPLDs. The outputs of
these EPLDsrepresentthe Stokes parameters|, Q, U and V. The summation/subtraction
requires pipelined adder/subtractor logic modules (hosted in two EPLDs, consuming



325

Real-Time Signal Processor for Pulsar Studies

“9INpo Induj B1eq JO SIMYBNIYIIY g aInbi4

R0

AspuiBew) uoHesseao JRnaa U - (W' e UOHESRIeE Jen3Ls M - H
‘fieuibewy oEEUR|o JBNAND UeT - 1 |Rel UO(EELRIO MR 4a -

— W

5|

Wil 7
_._.._:.n.u__Jh

A
g
i




326 P. S. Ramkumar & A. A. Deshpande

about 3500 gates). A PASS-THROUGH mode is also provided, in which the look-up
table and EPLD outputs are just replicas of their inputs, so that the raw data can be
directly fed to further stages, if needed. Further, the 256 channels are split into eight
paths of 32 consecutive channels, so as to supply to eight DSP nodes. To avoid burst -
transfers to the DSPs, the Stokes parameters of various channels are written into a set
of DPRAM s as they appear (1, 2, 3,..255, 1, 2.. etc.). After a full spectrum is written,
the read out is started, in a node-sequential channel order (0, 32, 64, .. 224, 1, 33, 65,...
225, 2, 34,.. etc.). Thus the DSP nodes share the data at a slower, uniform rate. After
the first spectrum is written, the read and write operations continue simultaneously
without contention, in two alternating halves of the DPRAMS, through two ports of
the DPRAMSs. The four Stokes parameters of each node are latched in separate set of
parallel-in, serial-out shift registers for each node, and are shifted out with the Stokes
parameters time-multiplexed. After the initial pipeline delay, data appear concurrently
on all the eight data paths, at a uniform speed of 8 Mwords/second. Write-strobe pulses
are transmitted to each node along with the respective data and are synchronized to start
after the pipeline delays in their respective data paths. This entire circuit is designed
to fit in a pair of EPLDs (about 8000 gates), and is down-loaded into the EPLDs from

a PC at setup time. Separate design files for different channel order, node order, etc.,
can be programmed, to route the DPRAM data to any node in any sequence.

2.2 DSP nodes

To perform all operations such as folding, adjacent sample integration, gating, Fara-
day de-rotation, dedispersion and Doppler acceleration correction, a suitable scheme
is needed where the available memory resource can be redistributed between Stokes
parameters, frequency channels and time frames depending on the type of observa-
tion. A parallel processing architecture based on DSP chips with an efficient signal
processing algorithm was an optimal choice for design. Given below is a description
of the architecture of one DSP-node (8 such nodes are to handle one sub-band of the
GMRT) . The corresponding block diagram is shown in Fig. 3.

e The input data are available for the DSP node from a memory located on the
program memory (PM) side. The data flowing in gets written into this memory
at a steady speed, while the processor reads them out as and when required by
the processing algorithm. Since the data flow from the DIl to the DSP node is
unidirectional and the writing/reading operations are independent as well as being
at different speeds, this memory is chosen to be a 32-bit FIFO block. The write
port of the FIFO block is interfaced to the DIl and the read side is connected to
the DSP node.

e The parameters required by the DSP nodes for processing are available from a
separate memory on the PM side. The instruction code for the DSP node is also
located inthis memory. This allows the necessary update of the process parameters
on-line, without disturbing the processor in the DSP node, and provides a common
control block for all DSP nodes from which the instruction code and process
parameters can be down loaded and updated on-line. The controller must be able
to read back and check what it has written into this memory, before letting the
DSP use it. The controller-DSP node communication protocol requires many
semaphores. These semaphores may be bi-directional and are also located in the
same memory for simplicity. A 48-bit dual port RAM block is chosen to hold the
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instructions, parameters and semaphores. One port of the DPRAM is connected
to the controller, while the other is interfaced to the PM side of the DSP node.

e A memory block in the data memory side of the DSP node holds the temporary
results during the data processing. This memory has to be fast enough to match
the DSP read/write speeds without requiring any wait cycles and is dedicated
to the processor. This is realized in the form of a 256K location, 32-bit SRAM
module designated SRAM-A which is interfaced to the data memory (DM) side
of the DSP node. This memory is logically organized into two halves (banks)
which alternate so that when one half is used for processing the previous results
available in the other half can be read out by another task.

e The processed results in one of the two logical partitions of SRAM-A are copied
into a continuous block of another SRAM module designated SRAM-B. This
module is interfaced to the DM side of the DSP through tri-state buffers, such
that it can be attached to or detached from the processor bus under software con-
trol. This SRAM is connected through another set of tri-state buffers to an output
bus, common to all DSP nodes. When the DSP node wants to copy results from
SRAM-Ato SRAM-B, the buffers only on the DSP-node side are turned-on. After
the results are written, SRAM-B (about 25 ns access time) is disconnected from
the DSP node by tri-stating these buffers. Control logic ensures that the output-bus
buffers are enabled only when the DSP node is not accessing SRAM-B and when
the data acquisition system needs to acquire data from this particular node. The
handshake between the DSP node and the RCM is explained later. Even though
the flow of results is always from the DSP node to the RCM, SRAMs are cho-
sen instead of FIFOs to provide flexibility for inter-node communications, such
that the results of one node can be read and processed further by another node, if
required, for other types of processing. With this feature, the architecture provides
a loosely coupled, multiple instruction, and multiple data (MIMD) parallel pro-
cessing system, which could be a very advantageous configuration for a variety
of applications. The handshake for inter-node communications has been worked
out, but is not necessary for the present requirements of pulsar signal processing.
A memory mapped port on the DM side of the DSP node brings all status flags
to the processor, which can be polled during processing.

Each DSP node operates at a 25 MHz clock rate. The code memory of all nodes are
physically bussed together as shown in Fig. 4. All nodes are controlled by a central
controller, implemented on a PC/AT platform, with suitable interface through parallel
I/O ports hosted on the ISA bus of the PC/AT. The parallel ports are grouped to form
the program bus, consisting of address, data, control and status buses which connect
to the DPRAMs in the DSP nodes. The DPRAMSs are 16-bit wide with 8K locations
each, needing a 13-bit address bus and 16-bit data bus. There are 24 DPRAMSs per
sub-band and are organized as separate pages. Initially, the page number is latched in
to a page-selector and subsequent addresses refer within a selected DPRAM until the
page number is changed.

2.3 Result collection module

Two hand-shake signals, namely BUS-FREE and ENGAGED, are dedicated to each
node for communication between the RCM and the nodes. Whenever a DSP node has
its results ready in its SRAM-B, it activates its BUS-FREE line indicating that the RCM
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Figure 4. PC /O interface to code memory of DSP node.

can access its SRAM-B. The RCM polls the BUS-FREE line and if found active, it sets
the ENGAGED line to indicate to the DSP that it has taken over the bus and SRAM-B.
Then it sends a sequence of addresses on the result-address-bus within a preset range.
After asserting each address, it sets a chip-select signal (called OE) for that node, upon
which the data from the SRAM flows onto the “result-bus”. The RCM latches this data
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into a 32-bit register and then sequences the address further. After completing the range
specified for each node, it deactivates the ENGAGED line, indicating to the DSP node
that it has finished transactions with its SRAM-B. This signal is tied to a hardware
interrupt of the DSP chip, and an interruptis issued whenever the ENGAGED line goes
from active to deactivated state. An interrupt service routine in the DSP routine gets
activated immediately and removes the BUS-FREE signal, disengages the SRAM-B
from the result bus, and reclaims the connection to the memory. Meanwhile, the RCM
polls the BUS-FREE line of the next node to set, after which it acquires data from that
node in a similar manner as explained above. This process goes on, and suspends only
when all nodes deactivate their BUS-FREE lines. After each 32-bit result gets latched
in the RCM, it is split into two halves of 16-bits each and is loaded into a local FIFO
block (32 K x 16). The FIFO block is memory mapped onto the PC via ISA bus. The
PC monitors the FIFO flags and initiates a block transfer to the hard disk from the
FIFOs whenever the half-full flags are set. The acquisition is stopped when the control
PC finds that the time specified for ending the observation is reached.
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Figure 5. Architecture of Result Collection Module.
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The block diagram of the RCM is shown in Fig. 5. The DCS is memory mapped
through the PC’s ISA bus. A space of 32 KBytes is mapped to the FIFO bank from
which the results filled by the DCS can be read out. In the upper half, many con-
trol registers are mapped. A decoder generates the appropriate read/write pulses when
the PC presents the respective address of different registers or memory, depending
on the read/write signals of the ISA bus. The DCS is capable of working in a zero-
wait state, 16-bit data transfer mode of ISA BUS. To specify the range of memory
locations in each node from where results are to be collected, two registers, called
lower- and upper-bound registers, are to be loaded with the start and end address
of the result block in SRAM-B (the results are expected to fall in the same address
range in all nodes). Through a programmable counter, the speed of acquisition from
DSP nodes can be varied from 32 Kbytes/sec to 8 Mbytes/sec. Some times all of
the eight nodes are not used or may have to be accessed in a different order to col-
lect the results. To indicate the number of nodes and the node sequence for collect-
ing results, a separate 32-bit register is loaded by a pattern, which uniquely defines
every combination of number of nodes and node sequence. A 29-bit counter, clocked
continuously at 16 MHz, forms the basic control sequencer. The lower most 8-bit
section of the counter can be used to program the data acquisition rate. The next sec-
tion of the counter chain is a 3-bit state counter. For every location to be read out
from any DSP node, the eight states of this counter are decoded to produce the con-
trol signal sequence to complete reading out one 32-bit location, and loading it into
two 16-bit locations of the local FIFO bank of DCS. The 16-bit words going to the
FIFO bank are brought out in parallel along with a write strobe through an ECL dif-
ferential link to a connector, which can be linked to a remote recorder for acquiring
data at speeds higher than the PC’s capability. The next stage in the counter chain
is an 18-bit address counter, which generates an address sequence for read-out from
the DSP nodes in a preset address range (maximum of 256 K locations). The next
section in the counter chain is a Node sequencer, based on a set of shift registers.
The node sequence and the number of nodes are loaded initially into background
registers and the node sequencer cycles through this sequence and order. The state
sequencer uses the node number to route the control signals to the appropriate node.
The entire logic explained above has been built into a single FLEX EPLD chip (4000
gates).

3. Signal processing algorithm

It can be assumed that the input complex spectra are obtained with sufficient frequency
and time resolution, and that consecutive spectra can be arranged to form a matrix,
with the profile in each channel being located in fixed number of memory locations,
say Nper—chan (Which is equal taVyins When folding at the pulsar period is performed).
Consecutive spectra come in at time intervalsTpf,e seconds. The basic opera-
tions required for various corrections are grouped as addition of incoming data to the
matrix at suitably indexed locations. The calculation of index for various corrections
is explained below:

a) De-dispersion (channel based data alignmentDue to interstellar dispersion,

the arrival time of pulsed radiation at different frequencigg (vithin the observed
bandwidth is different and the delay differenc&z() can be calculated relative to
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the arrival of the pulse at the highest frequengyyt), and expressed in units of the
sampling interval as,

.DM
AN(fo) = ar _# [fi % = frign °] 1)

Tframe Tframe

where DM, the dispersion measure, is the column density of electrons along the sight-
line to the pulsar, and is a known constant. This offsatV ( f;) can be subtracted from

the time index and the data sample can be added into the memory location addressed
by the modified time index. This way, as the data of different frequencies get written
into the memory, the dispersive delay is automatically compensated and the matrix will
contain aligned pulse profile sequences. If pulse folding is not required, the relative
delay between channels is compensated by just skipping the corresponding number
of samples in respective channels initially, before starting to write/add the incoming
samples in the output data matrix. In such a case, the matrix data (over the allocated
Nper—chanlOcations per output channel) are read out well before they can be overwritten
by new data.

However, when pulse folding is required, each frequency channel is allo¥gtgd
locations to hold its average profile (over a pulse period P). Here, for a given input sam-
ple ofi"" time frame and' frequency channel, the linear memory destination address
can be found by the relatioA(i, k) = (k.Npins) + REM[(i — AN(f)).Phinc/ Noing]

, Where the first termk( Npins) forms the base addresB,( of the corresponding fre-
quency channels and the REM operator extracts the remainder of the operand ratio.
The remainder in the second term indicates that the result will be magsig ensur-

ing wind back into theVyins space for the&™ channel. ThePhin. denotes the input
frame interval in units of the profile bin-width (P 4iNs).

b) Spectral integration (channel summation):If there areNq,_in input frequency
channels that are to be grouped ing,_ou: bunches of adjacent channels that are added
together, then the memory can be split iMg_o.t banks ofVyins €ach. Itis reasonable

to let New_in be a binary multiple oNg,_out. Then the input and output channel indices
(i.e., k and j respectively) are related gs= INT (k.Nch_out/ Nch—in), Where both
indices start from zero. The destination index in the matrix for any given output channel
j is given asA(, J) = (j-Nper—charD + REM[(i - AN(fk))-Phinc/Nper—chan-la where
k=010 Neh-in —1,] = 0t0Nch—out — 1, 1= 0 t0 Nper—chan— 1. In cases where profile
folding is also required, the index is given by a similar expression WNgge chan iS
replaced byVpjns.

c¢) Pulse folding:If a pulsar has an apparent period P and the interval between consec-
utive frequency spectra Erame, then the number of time samples within one period

is simply Rpins = (P/ Tirame)- ThiS Rpins Value is generally a real number, consisting

of a fractional and an integer part (a default choice Xgis). Since the profile has

to be hosted only in an integer number of locatioNg;{s), the fractional part is the
residual time width that has to be accounted for. A pulse-phase (in units of profile bin-
width) pointer is incremented every time a new sample (i.e., spectral frame) arrives
and its integer part is used to address the memory as already indicated in the index
computations above. The phase increment per data sample (frame) can be estimated
as Phinc = (Npins/ Rbins), and is< 1. In general, when there are multiple frequency
channels, this phase increment is common to all frequency channels. When folding
is not required, theP i would be equal to unity, unless integration over successive
time-samples is required.
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d) Doppler correction: The apparent period at a given epoch and observing location
may be different from the “true" period of the pulsar due to the Doppler shifts in
the observed pulse frequency because of the relative motions of the Earth and the
pulsar and is estimated using standard algorithms. The correction of interest amounts
to compressing or stretching the profile (before folding) in a direction opposite to that
due to the Doppler effect, so as to ensure that every new profile is in phase with the
old ones as folding progresses, and thus avoids time-smearing of the details within
the folded pulse. Once the new peridgl,, is known, the compression or expansion
can be implemented by changing the phase incremeht,{) value adaptively, as
Phind™V = Phinc®.(Poid/ Paew). Typically, the interval between updates #h;,.

values will be in the order of a few seconds, to ensure that the phase error never
accumulates to more than a sample interval.

e) Successive time-sample integration (smoothingJhis integration can be imple-
mented in a simple manner while folding by just changing (reducing) the number of
bins (Ming) into which the profile has to be fit, thus reduciBgi,. correspondingly.

Then the suitable value favyins would be the integer part of GRs/ Nsmooth, Where
NsmoothiS the number of time samples to be integrated. In the absence of folding, such
an integration can be effected by definif¢jinc = 1/ Nsmooth

f) Pulse gating: A time window within a pulse period is specified as that containing the
pulse (plus more), so that the data within the on-pulse window are processed retaining
the required resolution, when the samples outside the window can be rejected. Initially,
the window width is set equal to the full period. The input data are folded until a
significant deflection above noise (corresponding to the pulse-peak) is detected, and the
window is then shrunk around the “on-pulse" region to a suitable width. This adaptive
phase-locking of the window is automated under software control. Within the window,
the matrix address is extracted from the phase pointer every time it gets incremented.
However, during the off-pulse window region, the phase increment proceeds, but the
index address is jammed to a constant value, so that all the time frames outside the
window get added onto a single bin, which may be ignored.

Itis clear from the above discussion that all these operations can be clubbed together,
by simply manipulating the index to the time-frequency matrix and adding the incom-
ing sample to the matrix at that index.

g) Faraday de-rotation: Initially, a known approximate value of Rotation Measure
(RM) is used to find the differential Faraday rotation of the polarization position angle
at a given channel (frequencf) with respect to one of the edge channels (say, at
fhigh) in the band as

0(fi) = C.RM.(fi 2 — frigh 2 )

wherec is the speed of light. Then the rotatiércan be corrected for by equivalently
rotating the phase of the Stokes parameter combingdien jU, in each frequency
channel, by an amout=-26, such that Q + jU)corrected= (Q + jU)observed COS¢ +

j sing). Thereatfter, the time averaged Stokes parameters Q and U can be used to find
the residual error, so that the corrections can be adaptively changed.

h) Parallactic angle correction: In case of an alt-azimuth mount telescope (at latitude

L), the parallactic angle change as a function of Hour Angle (HA) can be expressed as

cos(L).sin(HA) B
cos(8).sin(L) — sin(s). cos(L).cos(HA)] =—(9,/2 (3

Qpar == tan_l [
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where$ is the declination of the source. The parallactic angle is corrected for, by
rotating the phase angle ¢ + jU) by ¢, in all channels, since it is purely a
geometrical effect and is independent of frequency.

4. Software architecture

ABOOT routine has been developed to perform the basic house-keeping functions such
as memory checks, allocation of logical memory partitions for data, code and para-
meters, identifying and short-listing working nodes, and forming the node-sequence,
etc.. After booting the DSP nodes, the control PC loads the signal processing code and
associated parameters into the dedicated regions of DPRAMSs and releases the “reset"
for only the short-listed nodes. Each DSP starts executing the outer shell of the signal
processing task immediately. The DPRAM memory space is logically partitioned into
Code, Semaphore and Parameter space. The parameter space is further partitioned
into several tables and values. Initially, the DSP node clears its SRAM memories and
initializes its FIFOs and disables the bus transaction for SRAM-B and establishes a
header table in SRAM-B. The header is recorded along with the results, to help in
tracking any data loss. The DSP then loads some ‘constants’ required for processing
into its computational registers. As a next step, the DSP initializes its internal Data
Address Generation (DAG) index registers with pointers to the FIFO, SRAMs and the
different tables within the parameter space of the DPRAM. The beginning addresses
of the profiles in each output channel are pre-stored into a circular table to allow fast
generation of pointers while processing. Two such tables are established to contain
the starting addresses in the two alternate processing banks of SRAM-A. A register is
initialized to contain the total number of folds to be performed before switching the
SRAM-A banks for fresh processing. Once these initial configurations are setup, the
DSP sends a config-done semaphore to the Control PC through its DPRAM ports. Upon
receiving the semaphore, the PC enables clocks to flow to the entire system. The DSP
nodes await the onset of their FIFO half-full flags and then invoke further processing.
The signal processing routine was split into two tasks, one for data processing and
another for data communication to update process parameters on-line and send the
results to a data recording system. To facilitate fast context switching, two sets of
registers, called the primary and alternate registers, are used, to hold data corresponding
to Task 1 and Task 2 respectively.

TASK 1. This task is the core routine for processing the data from the FIFOs
using SRAM-A for temporary storage of intermediate results and using the param-
eters from DPRAMs. The code packed into this task is a highly optimized, parallel
instruction sequence which loops for every channel. The data of parameters | and
V are directly added to their old profiles in SRAM-A, but parameters U and Q
are multiplied with a Faraday correction factor read from a table and then added
to their old profiles in SRAM-A. In each iteration, the ‘phase’ index is checked
for completion of a fold. On completion of a fold, the phase pointer is wrapped
around by subtractingvpins from the current value and the fold count is decre-
mented. Once the required number of folds are completed, the banks are switched
and information is set up for Task 2 regarding the result data size and starting
location from where the results have to be copied to SRAM-B and sent to RCM.
Then, Task 1 loops back to begin a new fold in the alternate bank with fresh data.
Successive folds continue in a phase-synchronous manner. The folding proceeds
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until the data of one half FIFO size is read out, and then the FIFO address reg-
ister rolls back to the beginning address of the FIFO block. This generates an
internal interrupt automatically and the interrupt service routine branches to Task
2 after clearing the interrupt. The process returns from Task 2 only when the
FIFO half-full flags indicate the availability of the next block of input data. On
return from Task 2, Task 1 continues operation from exactly where it had branched
to Task 2.

TASK 2: This task performs the phase error correction, profile rotation, parameter
update and transfer of results.

a) Pulse Phase error correction:The current phase pointer has its upper 16-bits
corresponding to an integer bin address and the lower 16-bits to a fractional bin.
Thus the indicated position is accurate only to (1/65536) of a bin. The residual
error accumulates with every sample, and has to be corrected to avoid pulse-
smearing during folding. The phase error is separately accumulated in a register
and when it exceeds a preset limit, then the accumulated error is subtracted from
the current position for all channels. At this point another facility is provided to
add an integer value to the integer part of the current phase, to force a new posi-
tion from which the folding can proceed, so that the profile gets rotated within
the Npins Span, if required. The rotation value is fed by the PC and can be altered
on-line.

b) Transfer of results: Each time Task 2 is executed, the value of ‘residual’ result size

is examined. If it is a non-zero number, then the DSP node immediately deactivates
its BUS-FREE flag to indicate to the RCM unit that it is going to access the SRAM-

B and disables the bus-buffers of SRAM-B, enables the buffers on its own side. The
results are transferred in small enough blocks such that the time required for each of
these transfers does not exceed the intervals between two FIFO-half-full events. The
DSP updates the ‘residual’ size in successive transfers. When the residue eventually
reaches zero, the DSP buffers are disconnected and the bus-side buffer enabled, and
the BUS-FREE flag is activated, to indicate to the RCM that the results are ready to be
collected. As the data gets transferred from SRAM-A to SRAM-B, the old locations

of SRAM-A are initialized to zeros so that, consequently, the bank can be re-used for
a fresh set of folds by Task 1.

¢) Parameter update: The parameters used by the DSP may change with time and are
updated periodically. The control PC computes the parameters and the time at which the
update is needed. At such atime, the PC stores the parameters in an update table in the
DPRAMs of all nodes and sets up a semaphore to the DSP. This semaphore is written
ata dedicated DPRAM location which automatically generates an interrupt to the DSP.
The DSP may be in the middle of processing data, so the interrupt service routine just
sets a flag, indicating that there are new values. During Task 2, this flag is checked
for and if found ‘set’, the corresponding tables used routinely by the DSP during
processing are changed using the update-table. An acknowledgment semaphore is then
sent to the control PC to indicate that the new parameters have now been accepted by
the node.

After completing the above tasks, the DSP waits in a loop polling for the
FIFO-half-full flag to get set again. Once the flags appear, the DSP switches the
alternative set of registers to primary set, returns from the interrupt service and
continues with the execution of Task 1, from where it left on receiving its internal
interrupt.
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4.1 Time budget

Each DSP node runs at 25 MHz, executing one instruction every 40 ns and processes
8 Msamples per second. This means that on the average only about three instruction
cycles are available for every data point to perform all the functions mentioned in
Task 1 and Task 2! To speed up the code the instructions were heavily parallelized.
The architectural advantages of the DSP chip that were exploited in implementing the
signal processing code are:

e Zero-overhead branching and looping,

Address-based interrupt generation,

Intelligent caching to use effectively the 3 bus architecture,

Parallel multiply,

Add and data access instructions,

Single-cycle task switching,

Circular-buffer addressing with auto increment,

Rolled coding for core loop,

External hardware interrupt service for 1/0O handshake with DCS, and
Use of on-chip decode lines to interface zero-wait-state memories.

With these optimizations, the core loop takes 11 cycles to process 4 Stokes param-
eters and perform the index calculations. This means about 2.75 cycles, or 110ns per
data point. Since a new data point is available every 125ns, the savings is only about
0.375 cycles, or 15ns per data point. This loop iterates “half FIFO size" number of
times before getting an internal interrupt, and the net time ‘saved’ within such intervals
is given by X = half-FIFO-size * 15 (nsecs ). This time must be sufficient to execute
the outer loops of Task 1 and all operations of Task 2. Considering the computational
load for folding, de-dispersion, Faraday correction, adjacent sample integration, chan-
nel integration, Doppler correction of a 1-millisecond period pulsar (in a fast binary),

Table 2. Time bugdet for the tasks and estimation of free-cycles.

No. of cycles
Operation/Task per half FIFO
Task 1
Core loop 11 x 4096 = 45056
Outer loop 1 overheads 3 x 32chx 2 periods= 192 cycles
(after 1 profile is over)
Outer loop 2 overheads 8 x 2 period= 16 cycles

(after N-folds are over)

TASK 1: Total cycles required 45264 cycles

Task 2

Error correction 600 cycles

Transfer of results 820 cycles
(block of 256 locations)

Parameter update 240 cycles

TASK 2: Total cycles required 1650 cycles

Free cycles 4350 cycles
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the number of cycles consumed by these instructions is outlined in the following table.
A set of 4 FIFOs are chosen to form a 32-bit memory of 32K locations so that the time
saved for these operations will be about 6000 instructions cycles between every two
FIFO half-fulls which is sufficient for all the remaining operations. To include pulse
gating, two operations are added in each outer loop 1. This overhead is well within the
limits of the available free time.

5. Tests and results

Initially, a digital ramp pattern starting at value 0 and increasing up to 255 was fed
repeatedly to the DIl module at 16 Msamples/sec, such that each of the 256 frequency
channels gets a constant number every.$6c, and adjacent channels have the ramp
pattern. The polarimeter outputs were obtained satisfactorily on all 8 output paths at full
speed. Subsequently, two DSP nodes were populated and used for tapping the DIl data
to check the signal processing algorithms and the communication links. The Stokes
parameters of 64 frequency channels from DIl were time-averaged independently to
check for long-term stability and the outputs were obtained satisfactorily. Then, a
periodic pulse-pattern with 1-sample pulse-width and period of 256 time frames was
fed and the DSP nodes were run to fold the pulses for 16384 periods with correction
for different RM values (while the input pattern does not simulate any of these effects).
The resultant profile reflected the corrections put in, as an opposite handed rotation
of the “linear polarization" position angle across the band as expected. Similarly, tests
were made using arange of DM values and the resultant profiles showed corresponding
de-dispersion delay gradients across the band as expected.

While the GMRT telescope was getting ready, the SPPS was interfaced to the Ooty
Radio Telescope (ORT) to conduct the primary field tests. Since the ORT is a single
polarization telescope, the FFT outputs of the north and south halves of the ORT
antenna array (same polarization) were connected to two polarization input channels
(e.qg., treating them as they were dual circular polarization channels). In this mode
of connection the Stokes parameters calculated by the polarimeter do not represent
polarization characteristics, but represent physically differentterms, namely, the Stokes
I gives the sum of the total powers from the two halves of the telesdopgyes
the difference in the power from North and South halves @d+ jU) represents
the complex correlation between the North and South array voltages. This method
of connection was sufficient to allow us to critically evaluate the performance of
the machine even though the ORT does not possess dual polarization facilities. The
two DSP nodes together tap a total of 64 channels out of the 256-point spectrum
corresponding to atotal of 4 MHz. The power levels of the North and South halves were
matched by adjusting the gains of respective receivers such that the average spectra
of parameter V was minimized. The difference in the arrival time of the signals in the
two halves is reflected in the cross-correlation phase, defingd-asan*(U/Q),
showing an apparent phase gradient across the band. From this measurement, the
delay was equalized at the IF stage of the two receivers. After phase equalization, a
strong pulsar (B1749-28, Average flux densit§.3 Jy) was observed and the pulses
were de-dispersed and folded on-line. The resultant profile showed that the deflections
corresponding to the pulse are about the samé and Q parameters, while the
contributions inV andU are very small, indicating that the gains and phases were
matched adequately.
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Figure 6. Folded total-power (1) profile of pulsar B1749-28 observed on 5th October 1997
using the Ooty Telescope. (peried0.562 s; DM~ 50.88 pc/cC; Serage™~ 1.3 Jy; equivalent

pulse width~ 7.5 ms; No. of pulses averaged = 580; No. of adjacent samples integrated per
time bin in the profile = 27; 64 channels averaged after dispersion correction) Note: The delay
difference across the observed band at 327 MHz is about 64 ms. The plots in iz topl
bottom(b) panels show the results of the runs without and with the on-line dispersion correction
respectively. In both cases the pulse-phase error was allowed to accumulate without correcting
it. Significant smearing due to lack of this correction is still present in (b).
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Figure 7. Folded profile (signal-to-noise ratio versus pulse phase) of pulsar B1749-28 observed
on 13th December 1997 using the Ooty Telescope. Here, the time resolutioB58 us (27

sample smoothing) and both dispersion and pulse-phase error corrections were enabled during
folding. No. of folds: (top) 18 and (bottom) 1160.

The clock was derived from a programmable frequency generator, which was phased
locked to a stable reference signal from a Rubidium oscillator to obtain high accuracy
(about 1 part in 18) and stability. As mentioned earlier, due to finite representation
of the pulse phase (32 bit), the residual error will accumulate as the folding pro-
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Figure 8. Average pulse profiles (across a 16-MHz band at 610 MHz; 256 channels) from an
observation of the Vela pulsar (B0833-45) using one dish of GMRT are shown in the central
panel and the average over the entire spectral band is given in the bottom panel. The profiles
shown are for the Stokes parameter | (uncalibrated), where the relative delays due to dispersion
(DM ~ 68 cn13pc) have been corrected. The x-axis scale is in milli-periods where the pulsar
period is~ 89 ms (with 512 bins across the period). The left panel shows the apparent intensity
variation across the spectral channels, and reflects primarily the spectral gain response of the
analog (RF/IF) system. The polarization data (for all the 4 Stokes parameters) were recorded
after on-line folding over 3000 pulse periodsZ70 seconds integration). The two polarizations
channels input to the system were dual-circular.

gresses, which s corrected periodically. The data of pulsar PSR 1749-28 was processed
(dedispersion- folding) with and without the phase-error correction and a significant
change in the pulse shape was observed (see Fig. 6). After this, the phase increment
value was updated every second so as to adapt to any changes in the period. Further
observations were conducted in this mode. To test the spectral-integration function,
pulsar PSR 1749-28 was observed with dispersion correction and all frequency chan-
nels added together and folded over the pulsar period. Such observations were repeated
for different lengths of time and a corresponding improvement in signal to noise ratio
(SNR) was as expected (see Fig. 7). Subsequently, many other pulsars were observed
covering a wide range of periods, flux-densities and DMs (Ramkumar 1998).
Subsequent tests checked another feature of the instrument, namely, the pulse-gating
operation. Also, the feedback from these tests was used in improving the performance
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Figure 9. A full set of Stokes parameters for one of the 256 channels from the observation
mentioned above (i.e. Fig. 8) is used to compute profiles in total intensity (Stokes 1), the linear and
circular polarized intensities (L & V) and are shown in solid, dashed and dotted lines respectively.
The lower panel shows the corresponding position angle (PA) profile. Please note that these
profiles are shown only as an example of typical raw data output from the processor and are
not corrected for any (complex) gain differences between the input polarization channels (and
their possible coupling). However, the high degree of linear polarization and the PA sweep rate
apparent in the raw data are generally consistent with known polarization properties of the Vela
pulsar (see, for example, Radhakrishnan & Cooke 1969). The PA profile shown includes the
offsets due to Faraday rotation and the (feed) parallactic angle.
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of the system. While an enhanced version of the SPPS system was being reproduced
to handle full 32 MHz bandwidth at GMRT, the two-node 4-MHz system was used for
conducting further tests with the dual polarization antennas of the GMRT array. Aresult
from a series of test observations with the final full bandwidth system commissioned
later at GMRT, and now available for observations, is shown in Figs. 8 and 9. A
user-friendly software package for the post processing of pulsar data recorded by this
processor has been developed.

The system can be used, in general, as a networked, high-speed parallel (SIMD OR
MIMD) signal processing computer for many other signal processing applications.
Program development tools provided by third-party vendors can be used to develop
software in C/Assembly languages and downloaded to a chosen set of nodes. The
resources of each node are scalable in terms of the depth of a FIFO and SRAM mod-
ules. Provision has been made for additional dynamic RAM interfaces on both the
programme and data memory sides of the DSP chip allowing for larger size applica-
tions. A separate shared, scalable memory module can be added and shared by all the
nodes, if required, by suitably designing a memory bank with an interface that mimics
the hand-shakes of a DSP slave node. With such an interface, the memory bank can be
treated as an additional node of the parallel processor and this memory can be directly
accessed by other DSP nodes in the system. The PCBs are capable of performing at
higher clock rates and the frequency of operation can be scaled up with the availabil-
ity of suitable devices. With minimum modifications in the control software, the DSP
nodes can be configured to execute together and perform either parallel (identical)
tasks or different tasks/jobs that can be arranged for parallel execution.
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